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Zusammenfassung

Im Zentrum der Milchstra e existiert ein massereiches Objg¢ mit etwa 4 Millionen mal
der Masse der Sonne. Beobachtungen dieses Objekts sind ibeigut genug so dass viele
alternative Erklarungen au er einem schwarzen Loch ausgehlossen werden kennen. Nahe
dem schwarzen Loch kann man komplexe Gas und Sternstruktardeobachten. Unser
Hauptinteresse gilt den zwei entgegengesetzt rotierendernh8iben von Sternen in etwa
einem halben parsec Entfernung vom schwarzen Loch.

Der Ursprung dieser Sternscheiben ist schwer erklarbar mitem Standardmodell der Ster-
nentstehung welches die Entstehung von Sternen in isoliert Gaswolken die unter dem
Ein uss von Gravitation kollabieren annimmt. Nahe dem schwezen Loch warden Gezeit-
enkrafte jede Gaswolke zerrei en und so den Kollaps der W@ verhindern. Die Annahme
dass die Sterne in gm erer Entfernung entstanden sind undann nach innen gewandert
sind ist problematisch aufgrund des geringen Alters der Stex von etwa 6 Millionen Jahren.
Die Lesung dieses auch \Paradox of Youth" genannten Probhes war die Hauptaufgabe
dieser Arbeit.

Bisherige Arbeiten die sich mit dem \Paradox of Youth" beschftigt haben bevorzugen
ein Modell in dem die Sternscheiben immer noch von einer Gadise stammen, wobei die
Entstehung der Scheiben aber in einem Prozess von zwei Sitbn abluft. Zuerst wird
die Wolke eingefangen und von dem schwarzen Loch zerriss&adurch bildet sich eine
Gasscheibe um das schwarze Loch. Die Masse dieser Scheilmenhimmer weiter zu, bis
sie gravitativ instabil wird und sich Sterne bilden kennen

Wir verwenden numerische Simulationen um den Einfall und Bfang einer Gaswolke, sowie
die Anschlie ende Sternentstehung um das schwarze Loch zmsiieren. Inspiriert von dem
analytischen Modell von Wardle & Yusef-Zadeh (2008) simelien wir eine Wolke die das
schwarze Loch wahrend dem Einfall teilweise uberlappt. &lurch rotieren unterschiedliche
Teile der Wolke mit entgegengesetztem Drehimpuls um das s@rze Loch. Das fahrt zu
einer sehr e zienten Umverteilung des Drehimpulses am KoBionspunkt. In unserem
ersten Paper in Kapital(3 zeigen wir wie dieses Modell mit Héfvon hochaufgel®sten Sim-
ulationen die Bildung einer kompakten Akkretionsscheibe kdaren kann. Im Vergleich zu
vorigen Modellen, welche auch Wolken voraussetzen die saulf fast radialen Orbits bewe-
gen aber an dem schwarzen Loch in einigem Abstand vorbei iggé®nnen sogar stark nicht
gebundene Wolke eingefangen werden wenn Teile der Wolke delswarze Loch uberlappen.

Im ersten Paper haben wir uns Hauptsachlich auf die Entsteimg der kompakten Akkre-
tionsscheiben konzentriert. In Kapite[# untersuchen wirtgrnentstehung in den simulierten
Scheiben und versuchen die Ergebnisse mit Beobachtungervergleichen. Die Beobachteten
Sternscheiben zeigen ein charakteristisches Merkmal daanbtzt werden kann um Entste-
hungsmodelle zu testen. Sterne die in einer kollabierendéaswolke entstehen zeigen eine
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typische Massenverteilung. Es gibt viele Sterne mit eineredrigen Masse wie die Sonne und
einige Sterne mit hohen Massen. Die Sternscheiben zeigdardings nur Sterne mit hohen
Massen. Diese Tatsache kann man benutzen um die Gultigkedtnes Entstehungsmodells
zu testen. Die Simulationsergebnisse deuten darauf hin dasr sehr massereiche Sterne
entstehen. Allerdings fahren numerische Probleme beim aasen der sehr dannen Scheiben
dazu das wir diesen Ergebnissen nicht trauen kennen.

Die Masse und die Ausdehnung der aus den Simulationen stamrden kompakten Akkre-
tionsscheiben sind vergleichbar mit den Beobachteten Stacheiben. Allerdings gibt es
einige Nachteile des Wolkeneinfang Modells. Erstens mus® d\olke fast radial auf das
schwarze Loch zufallen. Zweitens, wenn wir eine zweite $ae¢ Scheibe erzeugen wollen
brauchen wir eine zweite Wolke mit dem gleichen fast radialeOrbit die kurz nach der
ersten Wolke einfallt, um das ahnliche Alter aller Sterne a erklaren. Um eine entge-
gengesetzt rotierende Scheibe zu erzeugen brauchte dieitg/\Wolke schlie lich noch einen
entgegengesetzten Drehimpuls.

Test-Simulationen mit dem Ziel den Ursprung einer masserben Wolke die fast radial auf
das schwarze Loch zufallt zu erkiaren haben zu einem neu&mtstehungsmodell gefahrt,
welches die Entstehung zweier Entgegengesetzt rotierendgcheiben mit einer einzigen
Kollision erklaren kann. Im zweiten Paper in Kapite[5 prasentieren wir dieses neue Entste-
hungsmodell, in welchem wir die Kollision einer einzelnendke mit einem Ring aus Gas in
einigen parsec Entfernung von dem schwarzen Loch annehm&®obachtungen zeigen das
einahnliches Ereignis gerade im Galaktischen Zentrum psisren kennte wo eine Gaswolke
mit der Beobachteten zirkumnuklearen Gasscheibe kolligte In unseren Simulationen
bilden sich durch die Kollision mehrere Streams aus. Diesgeéams erreichen das schwarze
Loch zu unterschiedlichen Zeiten und bilden dabei massive Kietionsscheiben. Die Mis-
chung aus Wolken und Gasring Materie bestimmt den Drehsinnaser Scheiben.

Ein weiterer Aspekt der Physik des Galaktischen Zentrums aneth wir gearbeitet haben,
welcher aber nicht direkt mit dem Hauptfokus dieser Arbeit vésunden ist, sind Simula-
tionen der kleinen Gaswolke G2 auf ihrem Weg zu SgrAAhnlich wie in unseren vorigen
Simulationen betrachten wir wieder den Einfall einer Gasvike auf das zentrale schwarze
Loch, diesmal aber auf einer viel kleineren Skala. Da die Welden kleinsten Abstand zum
schwarzen Loch Anfang 2014 erreichen wird ist gerade ein guEeitpunkt fur diese Sim-
ulationen. Die Entwicklung der Wolke hangt stark von den Egenschaften der Umgebung
von SgrA* ab. Deswegen hilft der Vergleich von Simulationened Entwicklung der Wolke
mit Unterschiedlichen Parametern far die Umgebung zu der Béachteten Entwicklung
der Wolke um ein besseres Verstandniss der Umgebung von SgraAr bekommen. Der ex-
treme Dichte und Temperaturkontrast der Umgebung von SgrA* ilZVergleich zu G2 fahrt
allerdings zu Problemen mit der Standardimplementierunged numerischen Methode die
wir far unsere Simulationen benutzen. Anhand der G2 Simulainen diskutieren wir diese
Probleme in Kapitel[8. In Kapitel[d zeigen wir Simulation vonG2 aus unserer Gruppe die
eine andere numerische Methode benutzen bei der keine Peshé auftreten.
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Summary

At the centre of the Milky Way lies a massive object of around 4nillion times the mass

of our sun. Observations of this object are already good ergiuso that many alternative

explanations besides a supermassive black hole can alrebdyruled out. Around the black

hole one can observe complex gaseous and stellar structut@sr main interest focuses on
the two inclined, counter-rotating discs of stars at aroundhalf a parsec distance from the
black hole.

The formation of those discs is di cult to explain with the help of the standard model
of star formation in which stars form in an isolated gaseoudotid that is able to collapse
under the in uence of gravity. Close to the black hole, tidafforces would tear the cloud
apart, preventing collapse of the cloud. The assumption thahose stars formed further
away from the black hole and then migrated inwards is probleatic due to the common
young age of the stars of around 6 Myrs. Solving this so call&daradox of Youth" was
the main goal of this thesis.

Previous work which has already been conducted on the \Parax of Youth" favoured a

model in which the discs of stars still originate from a gasas cloud, however this forma-
tion happens in a two step process. First the cloud gets capd and torn apart by the

black hole, leading to the formation of a gaseous disc aroutite black hole. This disc then
grows in mass and at some point becomes gravitationally uastie so that stars can form
inside the disc.

Using numerical hydrodynamics simulations, we study the iafl and capture of a gaseous
cloud and the subsequent star formation around a supermassiblack hole. Inspired by
the analytical model of Wardle & Yusef-Zadeh (2008) the infing cloud overlaps the black
hole in parts during the infall, so that di erent parts of the cloud rotate with opposite
angular momentum around the black hole. This leads to a veryagent redistribution of
angular momentum at the collision point of the two streams ofjas rotating around the
black hole. In our rst paper in chapter[3 we present how this mdel is able to explain the
formation of a compact accretion disc around the black holesing high resolution simula-
tions. Compared to previous models, which assume clouds ahiare also on nearly radial
orbits towards the black hole but which pass the black hole atome distance, even highly
unbound clouds can be captured when parts of the cloud ovesl#he black hole.

In the rst paper we mainly concentrated on the progenitor acretion disc formation. In
chapter[4 we study the fragmentation behaviour of the simutad discs and try to compare
the results to observations. Observations of the stellar sis show a distinguished feature
that can be used to test formation models. Normally stars whicformed in a gaseous
cloud show a typical distribution of masses. There are manyass which have a low mass
like our sun and there are only a few stars with high masses. Hever the observed discs
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show only stars at high masses, a fact that can be used to chélak validity of a formation
model. The simulation results seem to indicate that only hlg mass stars are forming,
however numerical problems with resolving the razor-thinaretion discs prevent us from
being able to trust those results.

So far the resulting simulated accretion discs are compatalio observations of the stellar
discs in size and mass. However there are several drawbackfeblack hole cloud-capture
model. First the infalling cloud needs to be on an extremeladial orbit towards the black
hole. Second, if we want to create a second stellar disc we Wbneed a second cloud with
a similar nearly radial orbit falling in shortly after the r st cloud to explain the similar age
of all the stars. And nally to create a counter-rotating disg the second cloud would also
need opposite angular momentum.

Test simulations to understand the origin of a massive cloudith a nearly radial orbit
lead us to a new formation model which can explain the formatn of two counter-rotating
accretion discs using a single collision event. In the sedopaper in chapter® we present
simulations of this new formation model in which we assume ehcollision of a single cloud
with a circum-nuclear ring of gas at parsec scale distanceoin the black hole. Obser-
vations indicate that a similar event might be happening aga right now with a cloud
crashing into the observed circum-nuclear disc. Our simulans show that several streams
form during the collision event. Those streams arrive at thelack hole at di erent times
and form compact accretion discs. The mixture of cloud andrcum-nuclear ring material
determines the direction of rotation.

Another aspect of the physics of the Galactic Centre which weorked on, but which is
not directly connected to the main focus of this work are sintations of the small gaseous
cloud G2 on its way towards SgrA*. The situation is similar to ar previous work in the
sense that we have again a gaseous cloud which is falling tosgathe central black hole,
however this happens on a much smaller scale. The simulatsoare also timely since G2
will pass the supermassive black hole at the beginning of 20IThe cloud will be a sensitive
probe of the close environment of SgrA*. Thus comparisons afmsilations with di erent
parameters for the environment to the observed evolution dhe cloud will help to get a
better understanding of the vicinity of the central black htée. The extreme contrast in
density and temperature between the cloud and the environmehowever puts great stress
on the numerical method used for our simulations. Using the Gamulations we discuss
the problems the standard implementation of the numerical ethod encounters in chapter
B. In chapter[d we present simulations of G2 which we have caraled using a di erent
numerical technique which does not encounter those problem
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Chapter 1

Introduction

1.1 The Galactic Centre of the Milky Way

We start with an historical and observational overview of tie Milky Way Galactic Centre.
During the course of the introduction we also gather the prdéms and questions we will
address and try to answer in this thesis.

1.1.1 Discovery of the Galactic Centre

Following the old paradigm of putting humanity at a special pace in the universe, it was
rst thought that if the earth was not the centre of the solar g/stem, at least the solar
system was the centre of the Milky Way Galaxy. It was in 1914 vén Harlow Shapley,
using the 60-inch re ecting telescope at Mount Wilson Obseatory in California started

a survey of globular clusters. Using Cepheid variable stans the closest globular clusters
and applying the luminosity-period relationship of Cepheis he determined their relative
distances ((Russell & Sha.plé;L_lQlM). To derive absolute wdisces the actual distance to
at least one Cepheid had to be measured, which was done in 19%thg parallax methods

[1918).

Shapley analysed the obtained distribution of globular chkters in space and found its cen-
tre to be located within the Sagittarius constellation at a @stance of roughly 50,000 light
years or around 17 kpc from earth. Shapley then claimed thiomt would be the centre of
the whole Galaxy, which turned out to be correctmm). The measured distance
however was not correct. This places the Sun at a distance afband two third of the
radius of the Galaxy away from the Milky Way Galactic Centre destroying again our view
of a special position for humanity within the universe. The @aradigm was resurrected with
the claim that at least the Milky Way must be placed at the cente of the universe (which
also turned out to be the wrong point of view).
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In 1918 the role of absorption due to the concentration of gasd dust close to the galactic
plane was not yet fully understood. Because of this e ect thdistance Shapley measured
was overestimated. Taking absorption into account, the actl distance from the Galactic

Centre was reduced from 17 kpc to around 9 kpc in the 193@).

In 1927 Jan Oort found a similar result for the centre of our GQaxy by studying the motion
of stars close to the Sun. He noticed that the stars are di eréially rotating, with stars
closer to the centre of the galaxy travelling faster compadeto stars at a larger distance
from the centre. The centre of the rotation then determineshie centre of the Galaxy.
Jan Oort found a distance of 19,000 light years or around 7 kM Ei). Modern
measurements|(Gillessen et al., 2Qd9b) determine the dista towards the Galactic Centre
to be 8.33 0.35 kpc.

Now that it was known that we are not placed at the centre of our @axy, there was a
strong interest in actually observing this special place iin our galaxy. However direct
observations of the Galactic Centre are very di cult for optical astronomy since the line-
of-sight is obscured by gas and dust which is impenetrable kisible light. It took until the
invention of radio astronomy by Karl Jansky in the 1930s thats was possible to directly
observe the central part of the galaxy.

Jansky's 1932 data (20.5 MHz) already showed a strong conaation of galactic back-
ground emission originating from the direction of the Gala Centre m@) Still
technology had to advance until in 1951 Piddington and Minrte conducted a high fre-
guency observation (1210 and 3000 MHz) and found what they t=d a \new, remarkable
and powerful discrete source"”, the so called \SagittariuScorpius” source (Piddington &
Minnett, 1951). This is commonly credited as the discoveryfdhe core of the Milky Way
Galaxy. In a 1954 report on a 250 MHz all sky image made by Kraus Ko, the source
was called SgrA for the rst time, a nhame that was already comonly adapted in 1958

, ). General acceptance that SgrA marks tledre of the Milky Way took
until 1960 when nally Oort and Rougoor conclude in a seriesf papers on the position of
the Galactic Centre that it is almost certain that SgrA is siuated at the centre of the galaxy.

The astonishing success of radio astronomy in the 1950s af6Qs, leading to new discover-
ies that were not possible before, including the observatimf the centre of the galaxy lead
to the rise of observational techniques outside the tradiinal visible wavelength regime.
Especially the birth of modern infrared and X-Ray astronomy pvided to be extremely
useful for observations of the Galactic Centre. Whereas ib¢e light, ultraviolet light and
soft X-rays from the Galactic Centre are obscured, radio, irdred light, gamma rays and
hard X-rays are detectable on earth.
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Figure 1.1: Radio data (90 cm) of the Galactic Centre taken byhe National Radio
Astronomy Observatory's Very Large Array. The Sagittarius rgion is shown, with the
bright SgrA source at the centre. The diameter of SgrA is roidy 75 pc. All the bright
features are labelled by capital letters. The abbreviatio®NR refers to a supernova rem-
nant. Credit: N. E. Kassim, D. S. Briggs, T. J. W. Lazio, T. N. LaRsa, J. Imamura
(NRL/RSD).

Figure[1.1 shows an image of the Galactic Centre at radio-walengths (90 cm) obtained
with the National Radio Astronomy Observatory's Very Large Aray (LaRosa et al.| 2000).
All the bright features are labelled by capital letters with §rA being the central and
brightest feature. Supernova remnants are labelled SNR andeaclearly distinguishable as
spherical features. The diameter of the SgrA source is rodglY5 pc in this image. The
galactic plane runs diagonally through the image. There amaany distinguished features
like threads, arcs and laments visible which are still not ompletely understood. These
features have been detected rst in 1984 by Yusef-Zadeh et €1984b,a) using the VLA.

They were rst attributed to bad data, but additional data con rmed their existence.

One interpretation is that the laments and threads are magaetic features, providing clues
about the Galactic Centre magnetic eld morphology.
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Sgr A West

Figure 1.2: This X-ray image shows that the source SgrA itsetfin be divided into further

parts. The most interesting part is the small bright sub-soxce called SgrA* inside the SgrA
West region. Credit: NASA/Penn State/Garmire (2001), data talen with the Chandra

X-ray Observatory in the 0.1 - 10 keV regime by the Advanced CCDrlaging Spectrometer
(ACIS).

Switching to X-ray, Figure[1.2 shows an image taken in X-rays bghe Chandra satellite
(Garmire, 2001). The resolved SgrA source now reveals a igsmall sub-source called
SgrA* inside the SgrA West region.
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Figure 1.3: Resolving the SgrA West region (the central fewapsec of the galaxy) in radio
(3.6 cm) shows a spiral like structure of gas which seems to t#ating around the point
like source SgrA*. The box size is roughly 2 pc. Credit: Robertet al. NRAO / AUI /
NSF. Radio data taken at the Very Large Array.

Going back to radio, Figured_1.B resolves the SgrA West regiorevealing a spiral like struc-
ture of gas around the still point like source SgrA*. The souscSgrA* was rst discovered
in 1974 at the NRAQO's Green Bank Interferometer in West Virgim. In 1983 Lo and
Claussen created a detailed image of the region that for thest time clearly separated
SgrA* from any other structure in the central region (Lo & Clawssen, 1983). The source
SgrA* remains point like until today (2013). Even the most powrful telescopes so far are
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not able to resolve any sub-structure of the object.

The origin of the radio source SgrA* was not known for quite soentime. However, as
telescopes became more powerful, infrared imaging and gpascopy was able to follow
the orbits of individual stars at the Galactic Centre. In 20@, |Schedel et al. (2002) at
the MPE (Max Planck Institut far extraterrestrische Physik) reported about their 10 year
observation of the star S2 which orbits SgrA* with a period of .2 years and a pericentre
distance to SgrA* of only 17 light hours. Analysing the Keple&an orbit leads to a mass of
around 2.9 1P M within the central 17 light hours. This already strongly costrained
the number of possible models for SgrA*.

Finally in 2009 the MPE group reported a summary of their 16 ya&s of observations of
stellar orbits around SgrA* LG.iJJess&n_el_dl.LZD_O_%) and thgroup leader R. Genzel con-
cluded that the central mass concentration, which was nowdad to be more than 4 1¢°
M must be a black hole beyond any reasonable doubt.

Lynden-Bell and Rees already suggested in 1971 that the MilkVay could contain a super-
massive black holel(Lynden-Bell & Rees, 1971), however theopf took nearly 40 years.
Today it is assumed that almost every galaxy contains a cemtr super-massive black hole.
The radio source SgrA* itself is believed to originate from @se to the black hole, either
inside an accretion disc around the black hole or from a jet.

Commonly the inner 500 pc around SgrA* are de ned as the centreegion of the galaxy
(Morris & Serabyn, 1996). We will now look in more detail at tie individual components
of the Galactic Centre region, starting rst with a summary d how material from the
outskirts of the galaxy is transported into the central regin.
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1.1.2 The Milky Way's Bar and Transport of Material into the
Galactic Centre

Annotated Roadmap to the Milky Way

(artist’s concept])

NASA / JPL-Caltech / R. Hurt (SSC-Caltech]) ssc2008-10b

Figure 1.4: Artist's concept of the Milky Way, centred on our 8n. The spiral arms
are visible together with the prominent bar at the centre. Cedit: NASA/JPL-Caltech/R.
Hurt (SSC-Caltech).
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There is strong evidence for a bar in the Milky Way extendingu to the co-rotation ra-
dius (the radius at which the stars rotate at the same speed #se spiral arms) at around
2.4 kpc (Morris & Serabyh, 1996). The bar contains a total masof roughly 2 10'°
M . The existence of a bar strongly determines the dynamics dfd gas near the Galactic
Centre, with the possible bar induced in ow of material intothe central region being the
most interesting e ect. Figure[1.4 shows an artist's concémf the Milky Way, with the
prominent bar clearly visible at the central region.

A strong bar leads to deviations from circular orbits and totsong shocks. At a radius of
around 200 pc a transition from the outer mixed atomic/moledlar layer of gas towards a
mostly molecular high density layer occurs. This so calleceotral molecular zone (CMZ)
consists mainly of two components. An outer dense tilted ringhe so called 180 pc molec-
ular ring and an inner molecular disc which lies within the dactic plane. Studying the
velocity eld of the 180 pc molecular ring provides evidencabout the shape of the central
gravitational potential.

Gas moving inside a bar potential tends to settle into closedand elongated orbits due to
the dissipation of energy resulting from collisions. The ggial orbits at radii between the
co-rotation radius and the inner Lindblad resonance (resance of the orbital frequency of
individual stars with the large scale (e.g. spiral) structte frequency) are called X orbits.
They are basically oval orbits with major axis along the bar.At the innermost edge the
X, orbits become self crossing, leading again to dissipatiohenergy and further inward
migration. The gas settles in a closed oval orbit deeper withthe potential, the so called
X, orbits. This time the major axis is oriented perpendicular vth respect to the bar and
the outermost edge of the X orbits touch the innermost orbits of X. Thus, gas migrating
inwards from X; crashes into % shocking the material.

Figure [LB which we adapted from_Morris & Serabyn (1996) shewa illustration of the

shape and orientation of the X and X, orbits, as well as the 180 pc molecular ring. The
X, orbits major axes are always perpendicular to the more extéed X; orbits major axes.
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Figure 1.5: Schematic of the shape of the;xand X, orbits in the Milky Way. Adapted
from IMorris & Serabyn (1996).

The 180 pc molecular ring is thought to consist of the innernsd X, orbits (Binney et al,
1991). Shocks at the inner edge of the ring convert the gasaninolecular form (the shocked
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high density gas can cool e ciently). Enclosed inside the mecular ring is a population of
molecular clouds which is believed to be distributed on the orbits. All the material on
the X, orbits is estimated to contain around 85 to 90 percent of theotal molecular mass
within the Galactic Centre region, thus the X orbits seem to be more stable compared to
X,. Still, gravitational torques due to the faster rotation ofclouds on % compared to the
bar lead to the loss of angular momentum. Additional e ects leding to inward migration
are movement within the strong magnetic eld (see sectionI.I1) inside the central 100
pc, tidal friction from the bulge stars and the viscous evotion in a di erentially rotating
disc. This way, large clouds can reach the core region withantimescale of around 100
Myrs.

Assuming that gas inside the innermost X orbit moves inwards on a timescale roughly
equal to one orbital period and taking into account the totalgas inside X one can esti-
mate the rate of in ow of material into the central region to ke around 0.1 to 1 M /yr,
depending on the uncertainty in the mass contained in X The gas migrating inwards
can either form stars (the dominant process), lead to a gakac wind or move towards the
inner 10 pc, contributing to the circum-nuclear disc. The ccum-nuclear disc is a thick
and clumpy ring of gas of roughly 10to 10° M rotating around SgrA* within the galactic
plane which we will present in more detail in section 1.1.5.

The conditions for star formation in the central region di e a lot from the outside re-
gion. The strong tidal eld sets a lower limit of 10 cm 3 (16 )18 on cloud density
(Morris & Serabyn, |11995), withr the distance from the galactic core, below which tidal
forces are stronger than the self-gravity of a cloud. Also @sure, temperature, magnetic
eld strength and velocity dispersion are much higher compad to the outer parts of the
galaxy. Only very dense clouds can thus collapse. It is reasile to assume that many of
the star formation events in the central region are actuallyriggered. Collisions of clouds,
supernova events or even out ow from the core may tip over mginally stable clouds and
initiate star formation. Metallicity in the central region can be up to two times solar. The
changed conditions for star formation within the Galactic @ntre might be re ected within
the stellar IMF, leaning towards more heavy stars and a higheuto in low mass stars.

The e ect of stellar winds on the Galactic Centre environmenhas only been reliably
demonstrated for the very central star cluster extending tgghly 10 pc around SgrA*. Here
it is believed that the inner 1.5 pc cavity of the circum-nu@ar disc has been evacuated
by winds originating from the star cluster. This also implis that the in ow onto SgrA*
might be completely due to those winds.
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1.1.3 Clouds and Star Formation in the Galactic Centre region

Commonly the Galactic Centre region is de ned to be the innenost 500 pc of the Milky
Way. Molecular clouds in the Galactic Centre region tend to ®di erent (\more extreme")
compared to their counterparts in the outer regions of the dgctic disc. Gusten & Philipp

) compiled an observational comparison of the commomoperties of both cloud
populations. Table[I.1 shows a side by side comparison of thperties of the gas layer
outside of and inside the Galactic Centre, which we adaptetbin Gusten & Philipp/ (2004).
Table[1.2 shows the same comparison for the cloud population

Central 500 pc Galactic Disc
Masses and Densities

Stars M-] 10°8M {{

Gas, atomic 164M 10°M
molecular 1G°M 10°M
Molecular Gas fractionM g=M, 0:.01 0:.05 010

Fract. abundance [HIHH,] 0:05 2

Gas density 100 cm?® 1{2cm 3
Gas surface density 100M pc ? 5M pc ?
Star Formation Rate

Rate 0.3{06M yrt 55M yr !
Eciency =M, 5 10 °%r 1 10° 10°8yr 1t

Table 1.1: Comparison of the properties of the Galactic Cemr gas layer to the gas layer
outside the Galactic Centre, adapted fronh_QaﬁLen_&_Ehjﬂpb(IECg)}).
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Center Clouds Disc Clouds
Cloud Characteristics
Mass spectrum: dN/dM/ M 1.6 ( 10°M ) 1.6-1.7
Vel. dispersion [km/s] 15{30 5
Vel.dispersion-Size4 V [km/s] 12 RS 2 RO®
Mean Gas Density [cm?] 10%0 107°
Temperatures [K]: Gas bulk: 50 { 70 15
wide range of coex. hot phases
: Dust 21 2

Magnetic Field [mG] order mG 0.1
Isotopic Abundances

[2CI*3C] 25 75

[*eO]q*0] 200 400

[**N]=*°N] 1000 400

Table 1.2: Comparison of the properties of Galactic Centréauds to the cloud population

outside the Galactic Centre, adapted from Gusten & Philipp(2004).

Inside the Galactic Centre there is a large amount (around §0 ) of mostly molecular
gas. The distribution of gas is asymmetric and densities peéowards the Sgr B2 complex
(See Figurd_1.1). Also the gas is mostly concentrated in cloedmplexes which can be as
large as 50-70 pc.

A comparison to normal clouds in the galactic disc shows thahe Galactic Centre clouds
are denser, warmer, more massive and more turbulent. Due tmlal friction inside the
steep gravitational potential in the central region it is Ikely that only those extreme clouds
survive long enough in the central region to be observed, tiag to the di erent cloud pop-
ulations.

Studies using density tracers like CS, H CO and HC; show that the average cloud density
is around 1¢ cm 3. On the other hand excitation studies show a higher densityf d0°
cm 2 for the clouds which are embedded in a lower density medium afound 167 cm 3.

A more detailed study of the Galactic Centre clouds has beemmducted by Miyazaki &
Tsuboi d;ogj)). Using the tracers CS(1-0) and CO(1-0), the alibrs mapped each individual
cloud in the Galactic Centre region, leading to a table of 158ouds. Using their data they
nd a mass spectrum for the clouds that can be described by a wer law
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Figure 1.6: Distribution of the identied 159 Galactic Cente molecular clouds (open
circles) overlaid on the CS(1-0) integrated intensity mapni the velocity range of (sr =
200 km/s. Contour intervals and the lowest contour level aréoth 35.7 K km/s. The

plot has been adapted from Miyazaki & Tsubbil (2000).

dN
SN oM use 007
dM

with M & 10* M . The size spectrum also follows a power law that can be deberil by

dN
2V R 397 036
dR

with R & 3:3 pc (the resolution limit). The identi ed clumps are shown n Figure[1.6.

Although the conditions in the Galactic Centre region couldwsygest a higher star formation
rate, the rate is only around 10% of the outer regions. E ectthat suppress star forma-
tion could be the large turbulence in the Galactic Centre clals and the strong tidal forces.

A more recent study nds evidence for current star formatiorevents even within the very
inner parts of the Galactic Centre. Figure_L]7 shows an ALMA iige of the inner 6 pc
region around SgrA*. In red, regions of Si-O (5-4) line emissi are marked which indicate
regions of star formation. One has to be cautious though seclump-clump collisions are
an alternative source for the Si-O emission. Yusef-Zadeh & (2013) argue however that
the number of sources detected is too large to be accounted liy collisions only.
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lonized .
mini-spiral Molecular Ring —

Figure 1.7: The inner 6 pc around SgrA* recorded by ALMA (Atacara Large Millime-
ter/submillimeter Array), adapted from Yusef-Zadeh et al. 2013). The red areas represent
Si-O (5-4) line emission and indicate regions of star fornmian.
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1.1.4 Nuclear Star Cluster

The Galactic Centre contains a number of star clusters whicare the densest found in the
whole galaxy (Buchholz et al.] 2009; Schedel et al., 2008)n particular the star cluster

around the central black hole SgrA* exceeds the density of @yeother cluster (Genzel
et al.,2010). Figure_L.B shows the central 7 7 pc region around the black hole, with the
nuclear cluster inside the white box.

Figure 1.8: Large scale view of the Galactic Centre, compads&om ISAAC (Infrared
Spectrometer And Array Camera, ESO) observations at 2.09m and J-band data. The
image size is roughly 7 7 pc. The blue sources are foreground stars. The data shown in
Figure[19 is taken from the box marked around the centre of éhcurrent Figure. Adapted
from |Schedel et al. (2007).
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(] vy

Figure 1.9: Mosaic of the cluster stars, taken at the ESO VLT usg adaptive optics and
the near infrared camera CONICA. Adapted from Schedel et al ).

The distribution of stars can be described by a broken poweaw dQ_enzeJ_el_aLLZO_dB):

(R)=1:2 1¢F %pc M pc? (1.1)

with  =20forR 0.4 pcand =1.4forR < 0.4 pc.

Observations indicate that the cluster is not completely hmogeneous, there are density
clumps detected at projected distances of 1.5 pc and 3.5 porfr SgrA*

). The stellar population can be well described by assing a collection of old and
metal rich stars, together with a contribution from young, arly and late-type stars at the
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bright end.

However there is a strong break in the stellar population with the very central parsec
around SgrA*. Here the population shows a featureless lumintysfunction. This suggests
that old and low mass stars are lacking and that the central goulation consists mostly of
bright, early type stars which are strongly bound to the blak hole.
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1.1.5 Circum-nuclear Disc

19.7 pm

Tww

1pc

31.5 pm

1 pc

37.1 pm

1 pc

Figure 1.10: The inner 6 pc around the black hole (marked as ad dot) taken at the
wavelength shown in the top left of every subplot. The ringke structure of the circum-
nuclear disc together with the minispiral inside the centdacavity of the circum-nuclear
disc are visible. On the left side the images have been stie¢d linearly to show emission
from the ring, on the right side the images have been stretathdinearly to show emission
from the mini-spiral. The data has been taken with the Faint ®@ject Infrared Camera

19.7 pm
1pc
a b — a,
31.5 pm
-
1 pc
b, o — b,
37.1 pm
-
1 pc
¢ [®] el €

using SOFIA. The plot has been adapted from Lau et all (2013).
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Embedded into the nuclear stellar cluster and surroundinggbA*, a large number of gas
and dust clouds can be found. The kinematics and distributioof those clouds show that
they are mostly contained within a very clumpy, thick and tous like structure, the so called
circum-nuclear disc. The circum-nuclear disc extends fromoughly 7 pc (there is still a
debate if there is a real outer edge (Vollmer & Duschl, 20013)own to 1.5 pc distance from
SgrA*.

Figure [1.10 shows a recent observation by SOFIA (Stratospti@ Observatory for Infrared

Astronomy) of the central 6 pc region around the black hole. Bide the central evacuated
region of the circum-nuclear disc the mini spiral is visiblewvhich we will present in more
detail in the next section.

The sharp inner ionised boundary at 1.5 pc is a ected by the fesing radiation from the
young stars within the central parsec region. The small volae Iling factor of the circum-
nuclear disc with clumps allows ionising radiation to traviefar beyond the boundary layer.
The possible large interclump velocity dispersion in the imer region implies frequent shocks
and clump collisions within the circum-nuclear disc. Modslhint towards circular orbits
as a good rst order approximation for the observed kinemats (Mgms_&_s_er_ab;m,LlﬂG).

Temperature maps reveal a decreasing radial temperatureagiient. The ring temperature
at the inner edge is found to be around 85 N@p_e__tjal 13). hE interclump medium
density is found to be 10* cm 3, the clump density and diameter at the inner edge of
the circum-nuclear disc is found to be 5 -9 10* cm ® and 0.15 pc. The fact that
those clumps should only be able to survive half an orbit (du tidal friction) provides
an interesting problem. In the course of this thesis we had weate a computer-model of
the circum-nuclear disc which encounters exactly this préém. Since there is no solution
so far of how to stabilise those clumps the circum-nuclearsdi was modelled as a constant
density disc as a rst approach.



20 1. Introduction

Face on View Observed View

Molecular disk
(unobserved)

Emitting dust
region (CNR)

Figure 1.11. Orientation of the circum-nuclear disc withirthe plane of sky, adapted from
Lau et all (2013). From earth the circum-nuclear disc is seeimost edge-on.

Figure[L.11 shows the orientation of the circum-nuclear disvithin the plane of sky. The

disc is seen almost edge-on from earth. To understand how tremaining components of
the Galactic Centre region at even smaller distances from ehblack hole are oriented we
adapted Figure[I.IP from Paumard et al. (2006). Those compenmts will be described in
more detalil in the next sections.

In Figure [L.12 the orientation of all planar structures belw 6 pc at the Galactic Centre is
shown. The black face-on circle represents the plane of skjhe black edge-on circle shows
the galactic plane together with the direction of rotation epresented by the white arrow.
The stellar discs are shown in blue (clockwise disc) and redo{unter-clockwise disc). The
circum-nuclear disc is marked with magenta. The two stelladiscs and the circum-nuclear
disc are almost perpendicular to each other. The mini spiradorthern arm is marked in
green and the mini spiral bar is marked in cyan.
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Figure 1.12: Orientation of individual planar components tathe Galactic Centre in the
plane of sky, adapted from Paumard et al|(2006). The black da-on circle represents the
plane of sky. The black edge-on circle represent the galacfilane. Arrows always indicate
the direction of rotation. The clockwise stellar disc is shen in blue and the counter-
clockwise disc in red. The Northern Arm of the mini spiral is maed as green and the bar
of the mini spiral as cyan. The circum-nuclear disc is marked magenta.
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1.1.6 Mini Spiral

SOFIA/FORCAST
(19.7,31.5, and 37.1 pm)

East-West Western Arc

Bar

Figure 1.13: SOFIA image of the mini-spiral, inside the citan-nuclear disc cavity taken
with the FORCAST (Faint Object Infrared Camera) camera, adaped from [Lau et all
(2013). The image is a combination of blue, red and green fdret three wavelengths shown
at the upper right. SgrA* is marked as red dot, the source IRS 8saa red cross. The very
prominent spiral arms are marked with a red dotted line.

The so called mini-spiral is a system of three ionised strearf gas within the central 3 pc
around SgrA*. The arms are commonly called the Northern Arm, th&astern Arm/Bar
and the Western Arc as shown in Figuré_1.13. Also visible in Figeil[1.13 is a source
called IRS 8 (the only source within the circum-nuclear digavhich could be a young and
(possibly very) massive star|(Geballe et al., 2006).
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Minicavity

Northern Arm

Eastern Arm

Figure 1.14: Box of the inner 2 pc region of the mini-spiral usgg BEAR (an imaging
Fourier Transform Spectrometer) at the Canada-France-Hawalelescope in Br , between
-350 (purple) and +350 km/s (red), adapted from_Paumard et al(2004). The Minicavity
next to SgrA* becomes visible.

Close to SgrA* a small cavity inside the mini-spiral can be foud, seen in Figure[1.14.
Yusef-Zadeh et al. [(2012) argue that this might be the resuldbf a weak jet originating
from SgrA*. The total mass within the mini-spiral is a matter d debate and ranges from
roughly 1¢ to 10° M .
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DEC offset (arcsec; J2000)
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Figure 1.15: 3D velocity eld of the mini-spiral in a 3 pc box btained from VLA data,
adapted from|Zhao et al. (2009). The colour map shows radia¢hocity in km/s, whereas
vectors show the mean transverse velocity of di erent radioomponents. The annotations
mark_the di erent points at which transverse velocity was masured (see Figure 18 in Zhao
et al. (2009) for details). The black dot marks the position foSgrA*.

The complex velocity structure of the mini-spiral has beenbserved by Zhao et al.|(2009).
They reconstructed a 3D velocity eld shown in Figurd_1.15. Bdial velocity is colour

coded and vectors represent the mean transverse velocitynqgmonent of a number of radio
components within the mini-spiral. This velocity eld can ke modelled well using three
Keplerian elliptical orbits (one for each stream). The redting orbits suggest that the

northern and eastern arm are colliding within the bar region There are also hints from
those observations that the northern arm reveals a helicatracture, which suggests that
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MHD (Magnetohydrodynamics) might play a role in the formatiom of the mini-spiral. As we
will see in the second paper, similar morphologies like theimxspiral can also be obtained

within our model for the build-up of the young stellar discs.
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1.1.7 Galactic Centre Stellar Discs

10 5 0 5 210
x [arcsec]

Figure 1.16: A sample of 90 Wolf-Rayet and O stars within theentral 0.5 pc observed
with SINFONI at the ESO/VLT, adapted from Bartko et al.|(2009). Clockwise rotating
stars (61) are marked in blue, counter-clockwise rotatingass (29) are marked in red.

The existence of twelve young massive O and Wolf-Rayet staosbiting the Milky Way
central black hole SgrA* was rst reported in|Krabbe et al. [(191). The number of O
and Wolf-Rayet stars has increased over time with advances observational techniques
(especially SINFONI on the ESO VLT) and there are currently arond 177 known stars

, |2Q1£b). The stars are found at distances of anad 0.05 to 0.5 pc from SgrA*
and their common age is around 6 2 Myrs (Paumard et al., ZOOB).

Most of the stars are rotating within a well de ned, clockwig rotating disc. But there is
also evidence for a number of stars rotating counter-clocise inside a second disc which
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Figure 1.17: 3D representation of the tted stellar orbits ér the warped clockwise disc
and the at counter-clockwise disc. Adapted from Bartko et al (2009).

is strongly inclined with respect to the rst disc (Genzel etall, [2003; Ghez et al., 2005).
Figure [1.16 shows an observational sample of 90 of those stativided into clockwise ro-
tating stars (blue) and counter-clockwise rotating starsréd).

The statistical signi cance of the second, counter-clockge rotating disc is questioned in
Lu et all (IZQ_O_Sb) using a sample of 6 counter-clockwise rotag stars and additional lower
quality data from Paumard et all (2006).

In Bartko et all (2009) the authors improved the observatioal data of |[Paumard et al.

) (reducing the uncertainties in proper motion by a fdor of four) and increased
the sample of counter-clockwise stars to 29. They nd (usingimulations) that there is a
slight chance of 2% for an isotropic distribution, con rmirg a disc-like distribution of the
counter-clockwise stars at a con dence level beyond 98%.
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They conclude that the signi cance of the counter-clockwes system is about as large as
can be reasonably expected on the basis of the small numbefstars contained in it, as
well as its observed azimuthal and broader angular distrittion of stars.

Figure [IIT shows the best t disc of Bartko et al.[(2009) usinthe stellar orbits of the
clockwise disc, which turns out to be moderately warped andé¢ at counter-clockwise
disc (tted by using the innermost 16 counter-clockwise sta).

The IMF of the disc stars is shown to be extremely top-heavy @tko et al., [2010), however
a more recent study |(Lu et al., 2013) nds that the IMF is not asextreme as in Bartko
et al. dZQlLb) but still top-heavy compared to a standard Sakter-slope.

Figure[1.18 shows the number of stars plotted against K-bardminosity for three di erent
radial bins. The red triangles (scaled by a factor of 0.05) st the radial bin below 0.05 pc
from SgrA* and thus represent the S-stars. The blue circles @ the radial bin between
0.05 and 0.5 pc and thus represent the stellar discs. Finallye black stars show the radial
bin at distances larger then 0.5 pc and represent eld starsThe distinct distribution of
the stellar discs can be tted well with a top heavy IMF (assurmng an age of 6 Myrs)
power law:

d_N/ m 045 03
dm
The similar distributions of eld and S-stars can be both tted with a power law

d_N/ m 215 03

dm
which is consistent with a standard Salpeter IMF. The surfae density of stars in the
clockwise disc can be best t by a power law:

( R)/ R 1:5 0:2

The mean eccentricity of the clockwise system is measureddae around 0.34 0.06 (Bartko

et al., [209;9) and the combined mass of both discs is 1.510° M . Since the stars inside
those discs are all very similar in type and age, it is genelahssumed that they all formed
at the same time in a single, short time event around 6 Myrs ago

The young age of the disc stars and also the S-stars (placece\closer to SgrA*) which
we will discuss in the next section, presents a puzzle. Cloge 1 pc radius) to the black
hole tidal forces are very strong, ripping apart even denseahecular clouds without prob-
lems. Thus one would expect that if you nd stars close to thelback hole, they must have
formed further away and then migrated close to SgrA* by some rdeanism since standard
(molecular cloud collapse) star formation does not work. Tit however leads to problems
since the migration process will have to be very quick due tdhé¢ age of the stars (such a
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Figure 1.18: Number of stars against K-band luminosity, adaed from

). The red triangles represent the S-stars at distaredelow 0.05 pc from SgrA*
(scaled by a factor of 0.05), the blue circles represent thieekar discs at 0.05 pc to 0.5 pc
distance from SgrA* and the black stars represent eld starstalistances larger than 0.5
pc. The S-star and the eld star population show a very similadistribution, whereas the
stellar discs show a very distinct distribution which can bet by a top-heavy IMF.
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migration model will be discussed in section 1.2.1).

The question is then how these young stars formed, this prah is also known as The
Paradox of Youth'. One of the main goals of this work is to addss this paradox. The
results will be presented in the rst two papers. Also the impdant task to understand
the unique top-heavy IMF of the disc stars was one of the goat$ this work.
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1.1.8 S-Stars

Figure 1.19: Orbits of the S-stars within the central 0.05 paround SgrA*. The small

orbit of the famous S2 star which was used to constrain the naef SgrA* can be seen.
Until the discovery of a new S-star in 2012, S2 had the smallestbital period of all S-stars

with only  15.5 years|(Schedel et al!, 2002). Credit:._Gillessen et §2009a).

Inside the inner edge of the stellar discs observations showe more cluster of young stars,
which are mainly B-type stars. These so called S-stars resiéth a spherical cluster and
are the closest stars next to the black hole. Eccentricitieare rather large for the S-stars
(Schedel et al.,[2003). They provide an excellent laboraty for studying SgrA*, as already

pointed out in the introduction.

Figure [L.I9 shows the orbits of a number of S-stars, espelgiaghe famous S2 star which
was used to constrain the mass of SgrA* and which has the smatlpericentre distance (17
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light hours) of all S-stars and had the shortest orbital pead of only  15.5 years (Schedel
et al., [20_012) until the discovery of a new S-star in 2012.

In 2012 the S-star called S0-102 was found (Meyer et al., 2D®2th an even smaller orbital
period of 11.5years. Explaining the origin of the S-stars provides avslar puzzle like the
origin of the stellar discs. One idea is that the S-stars oliigate from the inner edge of the
stellar discs and that relativistic (Lense-Thirring) preession (combined with scattering by
an intermediate mass black hole) tilted the orbits into the bserved spherical distribution.
There is a number of other formation scenarios (Perets et/g2009; Leckmann et al.| 2008,
2009; Genzel et dl.), 2003), but so far there seems to be no sgaonsensus as to which
model is favoured.




1.1 The Galactic Centre of the Milky Way 33

1.1.9 G2 Cloud

The recent detection of a small gas cloud called G2 (Gillesset all,[2012) which is on an
almost radial orbit towards the central black hole has spadd a lot of research interest.

The long term evolution of G2 will depend critically on the poperties of the accretion zone
of SgrA*, thus providing an excellent probe to study the immeidte environment of SgrA*

(Burkert et al., 2012). Figure[I1.ZD(c) shows G2 approachirBgrA* (marked as white cross)
over the last years.
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Figure 1.20: VLT images of G2, adapted from Gillessen et |al. 22). The object is

visible in L'-band (b) but not in K s-band (a) which indicates that it is not a star, but
a dusty cloud at a temperature around 550K. Panel (c) shows t#afrom 2004.5 (red),
2008.3 (green) and 2011.3 (blue) overlaid onto askband image from 2011, showing that

the cloud is moving towards SgrA* (marked as white cross). Théted orbit is shown in
panels (d) and (e).

The cloud's mass is only around 3 earth masses and it alreadgrss stretching around the
pericentre of the orbit, which is 20 light hours away from the black hole according to
the newest observational data of Gillessen et lal. (2013b).
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A number of simulations have been performed (Anninos et lal.022;|Schartmann et al.,
@) trying to predict the future evolution of G2 and trying to validate the compact
source scenariol (Ballone et all, 2013) which states that G2taally is only the hull of a

small compact object. Models for the origin of G2 have beengposed in a number of
papers (Murray-Clay & Loeb,|2012| Schartmann et all, 2012,c8ville & Burkert, 2013).

We later present simulations of the evolution of G2 we perfored in the course of this
thesis. However due to restrictions with the standard formakion of the SPH simulation

technique we use, a number of problems arise which we discurssgetail.

Using a grid based code, which is better suited for the extrendensity contrasts one has to
deal with when modelling the Galactic Centre environment ahthe G2 cloud, we performed
similar simulations together with improved models for G2 usg the PLUTO code. The
resulting paper is present as the third paper of this thesis.
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1.1.10 Central Black Hole SgrA*

In 1969/ Lynden-Bell (1969) proposed that the centres of mogalaxies could harbour a
supermassive black hole. Given enough resolution one cotddgt if the orbits of objects
close to the nucleus are dominated by a mass concentrationathcan not be explained
other than being a black hole. Obviously this test is hard fovery distant galaxies. The
most promising candidate for such a test hence is the nucleoour Milky-Way, although
the direct view towards the central region is obscured by dus

VLBI observations of the NGC 4258 nucleus from Miyoshi et al. @b5) gave the rst evi-
dence that there is a central mass concentration that can nbie explained with alternative
models like clusters of neutron stars or white dwarfs.

As already pointed out in[(I.1.1, the object which drives the swce SgrA* at the centre of
the Milky Way Galaxy is now known to be a black hole beyond anyelasonable doubt after
16 years of observations of the S-star S2 close to SgrA*.

The current mass estimate is 4.31 0.06 10° M (Gillessen et al.| 2009b). Determining
the black hole spin proves to be rather hard and the results epla ued with large uncer-

tainties (Broderick et all, 2009/ 2011; Aschenbach, 20060,

However the general consensus seems to be that the black hgms quite rapidly with
a spin parameter a> 0.9. Also the spin axis orientation is quite uncertain, hereawer
observations of a possible jet out ow from SgrA* could lead ta more direct measurement

of the black hole spin axis|(Yusef-Zadeh et al., 2012).

For a long time there have been speculations that a number aftermediate mass black
holes could orbit the supermassive black hole. In Maillardt @l (2004) the authors show
some proof that a system of 7 stars close to the supermassiack hole is orbiting a com-
mon, unseen central object, which itself orbits the supermsaive black hole. This at least
hints towards the existence of such an intermediate mass bkahole.

The GRAVITY instrument (Eisenhauer et al!, 2008, 2011) planed by a collaboration lead
by F. Eisenhauer at MPE has the goal to empirically test if Sgx* really is a black hole.
It will combine all four 8 metre telescopes at the VLTI and redt a 10 as astrometric
precession, which will allow to measure orbital motions meraccurately than ever before.

Direct imaging of the event horizon of SgrA* is currently onlypossible through means of
computer simulations. Using Ray-Tracing techniques withithe Kerr metric of a rotating
black hole one can produce images of how observations of tHack hole accretion disc
would look like. The \shadow" of the black hole (due to light lending backwards into the
black hole and never reaching the outside world) is visiblesaa central dark area in the
resulting Ray-Tracing images.
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Figure[1.21 shows the resulting Ray-Tracing image for a rdtag black hole, adapted from
Muller & Camenzind (2004). Shown is the redshift factor g fiothe emitted light of a Kerr
black hole accretion disc. A factor of ¢ 1.0 corresponds to blueshift, a factor of g 1.0
to redshift. The shadow of the black hole can be seen at the ten

relativistisch
verallgemeinerter
Doppler-Faktor

Rotverschisbung

Figure 1.21: Redshift factor g for the light emitted from theKerr black hole accretion
disc. A factor of g> 1.0 means the light is blueshifted, a factor of g 1.0 means the light
is redshifted. Adapted from Muller & Camenzind (2004).
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1.1.11 Magnetic Fields in the Galactic Centre

In general, magnetic elds play an important role in the phygs of the ISM. They help to
stabilise the ISM against gravity and also in uence the dynaical behaviour of the ISM.
The MRI (magneto-rotational instability) helps to drive the transport of matter and an-
gular momentum in a black hole accretion disc.

In the optical, the polarisation of light from stars by dust gains in the line of sight can be
measured. Because of the elongated structure of dust grathgy can align perpendicular
to the magnetic eld lines. Due to the obscuration of the Galetic Centre the fact that
the dust grains also emit polarised infrared emission can lised to measure the magnetic
eld within the Galactic Centre. Other methods to measure tle magnetic eld include
measurements of the Zeeman splitting of radio spectral lim@&nd synchrotron emission due
to the movement of cosmic-ray electrons within magnetic el lines.

The polarisation vector is normally perpendicular to the éd orientation. However the
polarisation vector can be rotated on the path to the observeoy Faraday rotation. This
requires a magnetised plasma in the line of sight. The degrekrotation is determined by
several factors, including the strength of the magnetic el along the line of sight. If the
eld points towards the observer, the polarisation vectord rotating counter-clockwise, if
the eld points away from the observer the polarisation vedr rotates clockwise. Combin-
ing the polarisation measurements together with the line afight measurements obtained
from Faraday rotation yields the 3D structure of the magnet eld.

On large scales the total magnetic eld strength can be measd relatively accurately
using the intensity of the total synchrotron emission and @&siming equipartition between
magnetic elds and cosmic rays. Typical values for the magtie eld strength of spiral

galaxies would be 5 10 6to 5 10 5 G (Widrow, 2002). The Milky way mean eld
strength is around 6 10 ® G near the sun and increases to 20-40 10 ® G near the
Galactic Centre. The manifestation of the magnetic eld wihin the Galactic Centre region
is demonstrated by Non-thermal Filaments (NTFs) within the IMF, which are unique to
the Galactic Centre. Examples of those structures can be se@ Figure 1.1
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Figure 1.22: Mosaic of the 300 pc Galactic Centre region taken with the IRSF telescopes

NIR camera SIRIUS, adapted from Nishiyama et al. 0). Ovelth on the J (blue),
H (green) and Ks (red) band image are the K band polarisation vectors, with length

indicating the degree of polarisation.

Figure [1.22 shows the magnetic eld distribution within thecentral 300 pc around
SgrA*, taken from [Nishiyama et al. k;0_1|0). The yellow blob at te middle of the pic-
ture is the nuclear starcluster (see sectidn_1.1.4). The @lcon guration depends on the
distance from the Galactic plane (y-axis) and seems to be hogeneous along Galactic lon-
gitude (x-axis), thus indicating a toroidal eld con guration for the central part of the eld.

The magnetic eld strength within 27 individual clouds of the Milky Way has been mea-



1.1 The Galactic Centre of the Milky Way 39

sured by Crutcher (1999). It can rise up to several 100 10 ® G. The results show that
magnetic pressure plays an important role in many clouds arttlat it can even dominate
over thermal pressure in many cases.



40 1. Introduction

1.2 Origin of the Galactic Centre Stellar Discs

In this section we will summarise the work already done on th€aradox of Youth". We
present di erent models that try to explain the formation of the young stellar discs at the
Galactic Centre and brie y summarise our own models which Wibe fully presented in the
rst two papers of this thesis.

1.2.1 Stellar Cluster Model

The rst theoretical approach to explain the formation of a snall (sub-parsec) disc of stars
close to the Galactic Centre black hole comes from Gerhard0@L1). Because of the strong
tidal eld in the Galactic Centre region the author assumesthat in-situ formation of these

stars is problematic. In his model a massive and young stauster spirals into the Galactic

Centre, looses most of its mass on the way and then forms a digcstars around the black

hole.

Examples for nearby clusters are the Arches and the Quintupleluster which are at a dis-

tance of about 30 pc from the Galactic Centre. The orbit of siica heavy cluster evolves
due to dynamical friction with eld stars, given a dense enagh stellar system (Tremaine
et al., 1975). Calculations show that at a cluster mass of 48 and an initial distance

of 30 pc, the cluster can spiral into the centre within the Idtime of most of its massive
stars (3 Myr). For a smaller initial distance of 10 pc, the cluster mss can be reduced
to around 1 M . Since the outer parts of the cluster are stripped, only theoce survives

and forms the stellar disc around the black hole. The requidlecore density to explain the
observed stellar disc is very high with cge =2 10 ';"?

Simulations carried out by Kim & Morris (2003) and McMillan & Portegies Zwart (2003)

to study the estimates of Gerhard (2001) show that only extree parameters lead to the
formation of a system similar to the observed disc. The clust has to be very massive
(> 10° M ) and only a low number of core stars ends up inside the nal dis Also the

system needs extreme ne-tuning to end up in the desired coguration. For a smaller

cluster mass ( 10° M ) the number of stars ending up inside the disc can be highemth

the required core density is unrealistic.
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1.2.2 Accretion Disc Origin

An alternative explanation for the origin of the stellar discaround the Milky Way black
hole quickly gained popularity and now seems to be widely aquted as the origin of the
disc stars. In Levin & Beloborodov (2003) the authors sugges compact, self-gravitating
accretion disc as the origin of the disc stars.

From the orbits of the 13 known stars back in 2003, a sample 00 lockwise rotating
stars is shown to move within a common plane. The disc is fourtd be rather thin, with

a half-opening angle that does not exceed 10The proposed origin of such a disc could
be a dense gaseous accretion disc formed by an infalling noalar cloud which is tidally
disrupted and captured by the black hole. Since there is no @etion disc observed at the
Galactic Centre currently, the disc itself must have been aceted by the black hole and/or
destroyed by the star formation event and thus is no longer sible.

The accretion disc model o ers a number of properties that arcompatible with observa-
tions of the disc stars. The properties of the clockwise-dipresented in 1.1.7 (eccentric,
top-heavy IMF) can be reproduced quite well with simulatios of fragmenting accretion
discs (Nayakshin & Cuadra, 2005; Alexander et al., 2008).

The authors of Alexander et al. (2008) showed that in an ecceit accretion disc, the
formation of low mass clumps can be suppressed due to tidasdiption during pericentre
passage. Also an eccentric accretion disc can be heated dgrpericentre passage of the
gas, leading to a large Jeans length and thus higher mass cpsn The suppression of
low-mass clumps leads to a top-heavy IMF in the formed stars.

The accretion disc origin scenario has been rst tested by Nakshin & Cuadra (2005) and
the authors conclude that the origin from a self-gravitatig accretion disc is very likely.
The minimum required mass for such an accretion disc to expleobservations is estimated
to be around 18 M . Precession due to self-gravity sets an upper limit of 1M on the
total mass of the stellar system.
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1.2.3 Forming the Progenitor Accretion Disc

The next step was to explain the origin of the compact, selfrgvitating accretion disc itself.
Since the disc stars are all almost the same age (62 Myrs) a quick one time deposit of
a large amount of gas was favoured. This would require a maléar cloud of several 16
to 10° M to fall into the central region.

This model has been simulated by several groups (Bonnell &dei, 2008; Alig et al., 2011,
Mapelli et al., 2012; Lucas et al., 2013) and it has been coudkd that a cloud of around
10° M is able to produce a compact self-gravitating accretion disvhich can produce a
top-heavy clump mass function.

However the cloud model requires some extreme parameters tloe cloud which are very
unlikely. The cloud needs to be on an extremely eccentric,nabst radial orbit towards the
black hole. Since there is no large>(1® M ) reservoir of gas in the inner few parsec, the
cloud must originate from further out.

The cloud infall model also has the problem that it can only g®ain the formation of a
single disc. Two counter-rotating gaseous accretion disslsaring the same volume can not
co-exists without destroying each other (Nixon et al., 2012)To explain the formation of
a second disc one would require a second cloud falling in aféeshort time with opposite
angular momentum but the very same unrealistic infall paraeters as the rst cloud, which
makes the whole scenario very unlikely. This argument hassal been made in Lu et al.
(2009) to strengthen the position that only the existence ad single stellar disc would be
preferable since no second star formation event would them lbequired.

One way to de ect a cloud into the central region and to reducé&s angular momentum
would be to assume the collision of two clouds further awaydim the central parsec region.
This has been tested in Hobbs & Nayakshin (2009) and the authostiow that this leads
to two streams of gas, forming an inner compact accretion digogether with an outer
counter-rotating ring of gas. This already shows that sinceome mechanism is required to
de ect a cloud and reduce its angular momentum we would rathexpect streams of gas
falling into the central region as opposed to a single comgadoud.
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1.2.4 Single Cloud infall

Figure 1.23: Stellar disc forming during the infall of a ¥OM cloud onto a 16 M  black
hole, adapted from Bonnell & Rice (2008). Shown is a region 0f5 pc around the black
hole, colour encodes surface density ranging from 0.1 g/&mo 1000 g/cn? (logarithmic).

The stars have major axes between 0.11 and 0.19 pc.

The rst simulations to explain the origin of the massive acetion disc that produced

the stellar discs have been performed by Bonnell & Rice (2Q08sing smoothed particles
hydrodynamics. The model assumes the collision of a1 cloud with a 1 M  black

hole and the collision of a 10M cloud with a3 10° M black hole. The clouds are
initially placed at a distance of 3 pc from the black hole and dve impact parameters of
0.1 pc. Initial temperature was set to 100 K, mimicking the UV hckground heating due
to the cluster stars.

Dense fragments (many particles) are replaced by a single ssave so-called sink particle,
which is still able to accrete gas, to speed up the simulatiorThe resulting disc from the

10* M cloud can be seen in Figure 1.23. The logarithmic surface déy in a region of

0.5 pc around the black hole is shown. Stars are quickly forng inside a small disc.
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Molecular Clo

Black Hole
+

Disk

Molecular Cloud

Figure 1.24: Direct collision of a cloud with a black hole, apted from Wardle & Yusef-
Zadeh (2008). After the redistribution of angular momentum aompact accretion disc is
left around the black hole.
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Both initial cloud masses lead to the creation of several hdred stars. The IMF in the
case of the 1®M cloud shows a normal Salpeter slope. However the®1d cloud pro-
duces two distinct populations of stars, with one of them shang a top-heavy distribution.

Another scenario which has been proposed is the direct cabis of a single cloud with the
black hole (Wardle & Yusef-Zadeh, 2008). In this scenario pa of the cloud overlap the
black hole. This leads to two streams of gas around the blaclole, which have opposite
angular momentum. Downstream, at the collision point, andar momentum can be re-
distributed very e ciently so that the gas can settle into a dosed orbit around the black
hole. This scenario has the advantage that the cloud does nbave to be on a bound,
closed orbit around the black hole from the beginning. Figer1.24 illustrates the idea of
this scenario, which we adapted from Wardle & Yusef-Zadeh @28). Our simulations of
this scenario are presented in the rst paper of this thesis.

A similar study to Bonnell & Rice (2008) has been performed bylapelli et al. (2012). The
authors also simulate two initial cloud masses of 4.3 10* M and 1.3 10° M falling

ontoa3.5 1 M black hole. The study compares isothermal and adiabatic sirlations

with radiative cooling. They con rm that a rather high mass doud of 1® M is needed
to reproduce a top-heavy IMF. They also nd from the isothermal simulations that a local
gas temperature> 100 K is necessary to produce a top-heavy IMF.

All these scenarios are still plagued by the problem that theyan only explain the formation

of a single disc. Very recently this problem has been addredsby Lucas et al. (2013). The
authors still assume the infall of a single cloud, which aganeeds to be on a nearly radial
path towards the black hole. The 2 10* M cloud is prolate and oriented perpendicular to
the orbital plane. The spread of angular momentum during thefall leads to the creation

of two misaligned discs, one disc at 0.3 pc and another disc @6 pc distance from the
black hole. Again, the IMF can be shown to be top-heavy. Figurk.25 shows the resulting
two stellar discs created by the misaligned streamers.
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Figure 1.25: Surface density for a simulation showing two palations of stars (white dots)
separated by 17 degrees due to misaligned streamers, adddtem Lucas et al. (2013).

Still those simulations need a cloud on a nearly radial orbdnd lead to the creation of two
nested discs, which are rotating in the same direction. Thebserved stellar discs however
are intersecting, which is not possible to create with two gaous discs existing at the same
time. Also the direction of rotation for both discs has to be tb same whereas observations
show that the stellar discs are rotating opposite to each oghn.
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1.2.5 Cloud-Cloud Collisions

Figure 1.26: Surface density of a simulation of the o -cengr collision of two molecular
clouds. Green dots stand for stars with masses 1-10 Mblue dots for stars with masses
10-150 M . Adapted from Hobbs & Nayakshin (2009). Clearly visible is theofmation of
an inner small stellar disc surrounded by a larger stellarng.

The approach taken by Hobbs & Nayakshin (2009) assumes the tn of two clouds
further away from the Galactic Centre. In this case there ismneed for a radially infalling
cloud and the infalling streams are able to create counteofating streams of gas around
the black hole. Still those streams exist at the same time anithus are not able to ex-
plain the origin of intersecting discs. The clouds in the maad are assumed to have masses
of3.4 10°M and2.6 10*M , with radii of 0.2 and 0.172 pc. The collision is o -centre.

Regions that are not a ected by the direct collison tend to col and settle into orbits
corresponding to the initial cloud orbit, occasionally cdiding with parts of the disc that
formed from gas that took part in the direct collision. Figue 1.26 shows the surface density
for a simulation creating two rings of stars from a collisioof two clouds. The green dots
represent stars with masses 1-10 Mthe blue dots represent stars with masses 10-150 M
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1.2.6 Circum-nuclear Disc Origin

In our new formation model, we assume the collision of a clowdth a ring of gas similar to
the circum-nuclear disc. Since the ring is destroyed in thigrocess, the currently observed
circum-nuclear disc can form afterwards. Observations inghte that such a collision also
happens right now at the Galactic Centre (Montero-Castanet al., 2009) with the current
circum-nuclear disc, providing proof that this is a likely ad probably periodic event. Figure
1.27 shows evidence for the so called 20 km/s cloud close te tircum-nuclear disc mixing
with material of the circum-nuclear disc at the point indicaed by the white cross on the
lower left.

Peak 3

Peak 2 Peak 1

Figure 1.27: Data from the SMA (Submillimeter Array) showingHCN(4-3) integrated

intensity in contours and NH; (3,3) integrated intensity in false colour-scale, adaptefilom

Montero-Castano et al. (2009) and McGary et al. (2001). Thepectra show HCN(4-3)
(black) and NHs (3,3) (red, scaled up by a factor of 50). Peak 2 shows eviderfoe the

20 km/s molecular cloud interacting with -50 km/s material fom the circum-nuclear disc.
Cold, high density material, traced by HCN(4-3) shows the comanm rotation of the circum-

nuclear disc. However, in contrast to peak 1 and 3, the warm lewdensity material traced
by NH; (3,3) in peak 2 shows an opposite velocity peak at 20 km/s commed to -50 km/s
of the cold and dense material. This suggests that materiat &his position is warmed up
by the 20 km/s cloud.

The original idea of the cloud circum-nuclear disc collisomodel was to explain the origin
of a heavy clump on a nearly radial orbit towards the black hel Test simulations set up
to destabilise parts of the circum-nuclear disc however shied that not a single isolated
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clump of material was send towards the black hole but rathetreams of material.

The collision of a cloud with opposite angular momentum diation compared to the circum-
nuclear disc leads to multiple streams of gas owing towardbe central parsec. The timing
of those streams leads to the creation of multiple discs at dient times which are rotat-

ing clockwise or counter-clockwise depending on the mixwirof material from the cloud
and circum-nuclear disc. Using a simple, probable assumptiahis model can explain the
formation of two counter-rotating accretion discs which add be the progenitors of the ob-
served stellar discs. We will present this scenario in detan the second paper of this thesis.

A compelling feature of all the formation scenarios so far the deposit of a large amount
of gas onto the black hole. Taking into account the age of thast stars of 6 Myrs and the
time it takes to form the stars and the disc we would expect allge accretion event around
10 Myrs ago. This coincides well with the age of the Milky Way »Ray Lobes, also called
the \Fermi-Bubbles" (Su et al., 2010; Carretti et al., 2013) which are believed to originate
from a recent accretion event.
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Chapter

Theory

In this chapter we develop the theoretical background necgy to understand the simu-
lation techniques and results.

2.1 Gravity

2.1.1 Point Masses

According to Newtons law of gravitation point masses attractach other with a force that
is inversely proportional to the squared point mass distarecand directly proportional to
the product of the masses. The law can be written as:

mim;
FZ et . - (AY 2.1
! L3R L @1

with Fj the force exerted on particle i from particle j, mand m; the two masses,r;
the vector pointing from particle i towards particle j, rff = J% and G the gravitational
constant. The latest 2012 value for G from the Particle Data @up (Beringer et al., 2012)
is given by:

m3
G =(6:6738 0:0008) 10 '——
( ) kg &
Of all constants of nature, the gravitational constant hashe largest uncertainty in mea-
surement due to the weakness of the force and the resultingatilty of isolating the
measurement against external in uences.

Given a number of point masses, the resulting force on a siagloint mass can be calculated
by summing over the contribution to force (2.1) from all othe point masses. The force
exerted on particle i can then be calculated by:



52 2. Theory

Fi = Fi (2.2)
j6i

Using a computer code that approximates an arbitrary densitgistribution by a number
of point masses, the gravitational forces can be calculateging equation (2.2) for a small
number of particles. However for a large number of particlegjeation (2.2) quickly becomes
extremely expensive to calculate. In section 2.4.3 we wilitroduce a method that is
better suited for calculating the forces between a large ndoar of gravitationally interacting
particles on a computer.
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2.1.2 Point Mass in a Central Force

A central force is a conservative eld. Conservative eldsan always be expressed as the
gradient of a scalar potential:

F= rV
with V the scalar potential. Total energy is conserved in a e¢servative eld. Assuming a
particle moves within a central force in the xy-plane, the agular momentum vector will
be aligned along the z-axis. Let the absolute value of angulmomentum be called I,

the particle mass m and the vector connecting the particle #i the central point +. Then
energy conservation can be written as:

= :—2Lmj12}2 + U (2.3)

with U = V + % the e ective potential and £the time derivative of ¥. The e ective
potential is a combination of the contribution to the potental from the conservative eld
and the potential from the centrifugal force. The form of thee ective potential determines
the orbits the particle can have. A local minimum of U opens t possibility of closed orbits.

We now assume a special potential, the gravitational poteiatl of a point mass:

GmM
r
with m the mass of a test particle within the eld of the heavy @rticle M (M m).
Using energy conservation (2.3) one can solve feand integrate. This leads to the orbital
equation:

V =

P

= 2.4
1+ cos( ) (2.4)

. . . L2 q 2EL 2 e .
with substitutions p = 3 and = 1+ 57 55z. Within the plane of motion of the

test particle, equation (2.4) gives the distance from the o&ral mass M in dependence of
the angle . The type of orbit is given by the total energy E:

Circle E = GZ”;'V' (Unmin)
Ellipsis GZ—'EM <E< O

Parabola E =0
Hyperbola E > 0

A closed elliptical orbit has the semi-major axis a:

GmM

2E
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The semi-minor axis b can be calculated from the relatioa = P 1 2. The value is
also called numerical eccentricity. Its value is zero for arcle, between zero and one for
an ellipsis, equal to one for a parabola and larger than onerfa hyperbola. The point of
closest distance of the test particle to the central mass ohe elliptical orbit is called the
pericentre, the farthest point the apocentre.
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2.1.3 Spherical Mass Shell

The Gauss theorem from vector calculus:
Z Z
(F A)dv= (A ndS (2.5)
\Y S

states that the volume integral over the divergence of a (conuously di erentiable) vec-
tor eld A is equal to the surface integral (over the boundary of the vame V) over the
elds ux through the surface. The unit-vector f represents the outwards (away from the
volume) pointing surface normal. In terms of a uid, if we wahto know how much of a
uid ows out of (or into) a certain region, the left side of equation (2.5) sums up all uid
sources and sinks within the whole volume. The right side ofjeation (2.5) sums up the
total amount of uid that ows into and out of the surface of the volume, giving the net
ow into or out of the volume.

From equation (2.1) we know that the law of gravity has the fan F = mg with g§(+) =
%r‘ the gravitational eld of the point mass M. For an arbitrary density distribution
(¥) the gravitational eld can be calculated by summing over tle contributions to the

mass from every point in space:

Z
o= G (9

Applying the divergence operator on both sides and using thadt that JX% =4 (%
with the Dirac delta function (%), one can rewrite:

r o= 4G (¥ (2.6)

Equation (2.6) is called Gauss's law of gravity. To obtain th integral form of (2.6) one can
simple rewrite (2.6) as volume integral on both sides and ug2.5) to arrive at the integral
form of Gauss's law of gravity:
Z
(g N)dS= 4GM (2.7)
S

A direct consequence that can be seen especially good fromu&sas law of gravity in form
(2.7) is that for a spherically symmetric mass distributiong= €(jfj) the mass distribution
can be treated as if it was concentrated within a single pointf mass M (the enclosed
mass). Another consequence is that any test particle which jaced inside the radius of
the mass distribution only feels a force that is exerted by #fimass enclosed by radii smaller
than the radius at which the particle is placed.

The gravitational eld is conservative, thus we can express in terms of the gradient of a
scalar eld
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9= (2.8)
Substituting (2.8) for gin (2.6) gives:

2 =4G (¥ (2.9)

which is called Poisson's equation for gravity.
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2.1.4 Black Holes

Equating gravitational potential energy and kinetic energ one can calculate the minimum
velocity needed for a test particle to leave the gravitatioal in uence of a massive object
with mass M. No further acceleration is needed to escape the ss&ve objects in uence if
this so called escape velocity is reached at the distance orft the massive objects centre.
The escape velocity is given by

r

2GM
r

Now the question arises what happens if the escape velocitysmso large that even the
velocity of light, which no object can exceed, was not fast engh to escape the massive
object. A massive object with a large enough mass concengdtwithin a small enough
volume of space such that the escape velocity above the sadaxceeds the velocity of light
is a black hole. Contrary to popular belief the total mass of alack hole does not have
to be high, even particles inside an accelerator could in pdiple get so close that enough
mass was inside a small radius to form a black hole (Alig et a006). The resulting black
hole would not be a large world eating object like commonly geeted in movies, the total
mass would still only correspond to the combined mass of theitial particles.

VvV =

(2.10)

Setting the velocity in equation (2.10) equal to the velocyt of light ¢ and solving for r we
get the Schwarzschild radius

(- 2GM

s = C2
If all the mass M of an object is concentrated within a radiussaller than the Schwarzschild
radius, the object will be a black hole. For earth this radiuss only 10 mm. For a non-
rotating black hole, the Schwarzschild radius is also equtd the so called event horizon,
the boundary below which events can no longer in any way in uee events outside the
boundary. Due to the fact that not even light can escape from hlack hole, one would
imagine that black holes are perfectly black. However, acabng to J. Bekenstein and S.
Hawking taking quantum mechanical e ects into account (elémon/positron pair creation
close to the event horizon) black holes can evaporate, withe rate of evaporation (the
\temperature” of the black hole) inversely proportional tothe black hole mass.

(2.11)

Thus a low mass black hole could actually be quite \bright". Tis process takes energy
from the black hole, leading to its evaporation. However mase black holes at masses
larger than the mass of the sun evaporate so slowly that evehet absorption of new mass
from the cosmic microwave background is enough to replenitiiie mass lost from evapo-
ration and even grow in mass.

Due to the extreme nature of black holes, the classical mecties approach in dealing with
the properties of black holes quickly breaks down and the ects predicted by general
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relativity have to be taken into account. The fact that a bla& hole basically \shields"
all information beyond the event horizon from the outside wid is formulated in the no-
hair theorem. It states that all black hole solutions obtaied in general relativity can
be characterised by three external and observable propesi of the black hole. Those
properties are mass, angular momentum and electric chargktbe black hole. All other
information about the matter which formed the black hole isdst behind the event horizon.

For a rotating black hole the event horizon is no longer sphieal but rather a spheroid. A
rotating black hole is characterised by the spin-parametex:

_Jc
47 Gm?

with black hole angular momentum J and mass M. The spin-paragter is equal to O for
a non-rotating black hole and equal to 1 for a maximally rotahg (maximally allowed by
general relativity) black hole. A prediction of general reltivity is that a rotating massive

object actually distorts the space-time metric, thus alteng the orbits of test particles
within its sphere of in uence. This e ect is called frame-dagging or Lense-Thirring e ect.
The orbits of particles close to a rotating black hole can beedcribed using the Kerr-metric,
a vacuum solution of the Einstein eld equations of generalefativity for rotating black

holes.

Restricting ourselves to the equatorial plane of the blackdte, one can derive from the
Kerr-metric the angular speed at which the frame-dragginge ect would force space time
to rotate (Tartaglia, 2000):

rsC

= AT (2.12)

with = Nf—c and rs the Schwarzschild radius. Applied to the Galactic Centre btk hole
SgrA* this would result in 0.023 full rotations every Myr, at adistance of 25000 4 or
0.01 pc from SgrA*. This assumes that SgrA* spins nearly maxirtia with a = 0.99, a
lower spin would even lower the number of rotations. In our siulations the very inner
boundary is set to 0.01 pc and the maximum time that anything &ppens close to the
inner boundary is around 1 Myr. Considering that this distane represents the innermost
border close to which physics is not resolved well anywaysdathat most of the interesting
physics happens at distances 0.1 pc (with 2.3 10 ° full rotations every Myr) we can
safely ignore the e ect of frame dragging as a rst approxintson using our non-relativistic
simulation code.
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2.1.5 Timescales in the Galactic Centre

The seminal paper of Kocsis & Tremaine (2011) gives an exeell overview of timescales
due to gravity within the Galactic Centre.

Figure 2.1: Timescales in the Galactic Centre, adapted froiocsis & Tremaine (2011).
The plots are from the following equations. Orbital time on e lower right in black,
equation (2.13). Relativistic precession in magenta, eqti@n (2.14). Newtonian precession
in magenta, equation (2.15). The magenta dots represent theum of equation (2.14)
and (2.15). Solid cyan (Lense-Thirring precession) equati (2.12). Dashed black, the
precession time due to the circum-nuclear disc/torus, eqtian (2.16). We are not interested
in the relaxation times here. The Galactic Centre stellar dics extend and age is marked in
the plot in order to see which timescales are important in iruencing the evolution of the
discs. The left boundary marks the gravitational radius (Sovarzschild radius) of SgrA*
and the upper boundary the age of the Milky Way Galaxy.

For simplicity the timescales have all been calculated assing a SgrA* mass of M = 4
10° M and a distance of 8 kpc from the Galactic Centre. The orbitakéquency of a star
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with semi-major axis a is given by:

a3 1=2 a 3=2
1 —

—_— = 236yr

GM y 0:1 pc
The relativistic apsidal precession timescale (also seanthe famous Mercury precession,
that can only be explained by general relativity) is given by

(2.13)

a2l &) a >
| L= A =/ Q- Y
I om 3GM)2 4:11 10yr (1 ¢€°) 01 pe

with eccentricity e. The plot of equation (2.14) in Figure 2L assumes nearly circular orbits
(e 0.

(2.14)

In section 2.1.4 we already presented the frame-dragging¢hse-Thirring timescale due to
a rotating mass, dragging space-time itself with it.
The Newtonian precession timescale is given by:

L o1 21 10yr (r=0:1pc) °3; if r < 0:22 pc
FNET=0 13 10fyr (r=0:1pc)®?5; if r > 0:22 pe
This precession is caused by the gravitational eld of a spheal stellar cluster. Equation

(2.15) was adapted to the Galactic Centre nuclear star-cltes values presented in section
1.1.4 in the introduction.

(2.15)

Also an external perturber in uences the stellar discs. Thernpcession timescale due to the
in uence of the circum-nuclear disc (assuming that all the mss is concentrated within a
ring at a given distance) is given by:

M r, ° Olpc °? 05
M, 1:5pc r cosl
with | the relative inclination between the circum-nucleardisc and the stellar discs, M

the circum-nuclear disc (perturber) mass andyrthe radius of the ring at which all of the
mass of the perturber is placed.

t,' 85 1Cyr ! (2.16)

Another perturbing process, which we do not present here, ddue an internal perturber
(inside the inner region of the stellar discs) like an interediate mass black hole. The sce-
nario of an external perturber has been tested by many grougslunter & Toomre, 1969;
Nelson & Tremaine, 1996; Ulubay-Siddiki et al., 2009; Nayakshi2005; Leckmann et al.,
2009; Leckmann & Baumgardt, 2009). They nd that an extern& perturber can warp the
stellar discs signi cantly if the inclination angle | is nottoo large. However we know from
observations (see section 1.1.5) that the circum-nuclearsd is almost perpendicular to
both stellar discs. This could hint towards a scenario in whh at least the clockwise stellar
disc was initially aligned with the circum-nuclear disc andater on changed its inclination.
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From Figure 2.1 we see that relativistic e ects play nearly a role, however the in uence
of the nuclear star cluster and the circum-nuclear disc canohbe neglected and have to
be included when studying the formation of the stellar discs
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2.1.6 Tidal Forces

A small, extended object passing close to a massive objecperences higher forces on the
side facing the massive object compared to the side pointiagray from the massive object.
If the internal gravitational force of the small object is no strong enough to hold against
this gradient in external force, the small object starts to eak apart and shear within the
gravitational eld of the massive object.

The radius at which this happens is called the Roche Limit. Auid like object like a

molecular cloud should have a much larger Roche Limit compeat to a massive object like
a moon. The Roche Limit can be calculated by equating the fa®f the small object itself
onto a small part facing the massive object with the force thenassive object exerts on
that small part. This gives a Roche Limit of (Roche, 1849):

1
3
I'Roche;solid = 1:44R — (2.17)
m

with R the radius of the massive object and ,, . the mean densities of the massive
object and the small object. Equation (2.17) assumes a soligst-object. For a uid like
object the calculation becomes more complicated (the shapan change) and the solution
can not be written down in an analytically closed form. An appsximation (Rappaport
et al., 2013) is given by:

Wl

I'Roche; uid 2:44R 1 (2.18)
m
with the same labelling as in equation (2.17). As expected, é¢hRoche Limit is larger for
a uid like object with the same density as a solid body. Usiny = ‘5‘ riand = v we
can rewrite (2.18) as:
M 3

I'Roche; uid 244 —
with r the radius of the small object, M the massive objects n&s and m the small objects
mass. Inserting typical values for SgrA* as the massive objeand a molecular cloud as
the small object (M=4 10°M ,m=10*M ,r =4 pc) gives a Roche Limit of around
72 pc.
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2.2 Hydrodynamics

2.2.1 Boltzmann and Vlasov Equations

Our main goal and interest in this section is to calculate pqmerties of a uid like velocity,
density, pressure and temperature as function of positiomd time. One can take on two
points of view in following the evolution of a uid. An Eulerian reference frame stays xed
in space and describes the ow of the uid in and out of the xedspace. A Lagrangian
reference frame moves with the uid. Depending on the probie one is trying to solve,
either view can be more useful. Astrophysical uid simulatio codes that employ the Eule-
rian reference frame are grid codes like FLASH, Pluto, RAMSES drAthena. Codes that
employ the Lagrangian reference frame are SPH (smoothed pae hydrodynamics) codes
like Gadget, VINE and Seren.

We start with a derivation of the Boltzmann and Vlasov equatios and de ne a distribution
function f(x,w,t) such that

f(x;v:;1) d® d®v = dN (2.19)

gives the number of particles within the volume elemerd®x around % and with velocity
inside the velocity cubed®v around v at the time t. The distribution is normalised such
that integrating gives the total number of particles N of thesystem.
z Z
f(xxt) d®x d®v=N
space velocity
We assume that all the particles in the system have the same ss&am. The principle
statement is that the change of f with time is only due to threen uences. First, an
external force can lead to a change in f. Second, diusion fidom movement) of the
particles can lead to a change in f. Finally collisions betwa particles can lead to a change
in f. In equation form:

@f  @f N @f N @f
@t @torce @Hiffusion @Eollision
We want an equation which describes exactly this behaviourFor that we rst ignore
collisions and only look at changes due to an external forcedadi usion. An external force
acting on the particles during a time interval of dt changesheir positions and velocities,
which we now call% and w. The relation to the old values is:
% = %+ vdt

and

w = v+ adt
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with athe acceleration due to the external force. The new phase spavolume (position
and velocity) is related to the old one by:
%o dPvy = I (% w=x; Ydx d3v
with J the transformation Jacobian. To rst order in dt the Jacobian is equal to unity, so
that in rst order one can write:
d®x, By, = d®x d3v (2.20)

Due to the absence of collisions and the conservation of maa#l the particles from the
original volume must end up within the new phase space elemefJsing equation (2.19)
for the number of particles inside both phase spaces and etjng them using (2.20) gives:

f (x+ vdt; v+ adt;tp + dt) = f (%;v; 1)

which simply states that in the absence of collisions, the stribution function is invariant
against changes in time due to an external force. Expanding trst order in dt gives:

X
@f, @f, _ ef

@t v.@( a.@ (2.21)

i=1:3

This equation is also known as collisionless Boltzmann edioen or Vlasov's equation. Tak-
ing into account collisions between particles can force panles to end up within di erent

phase space volumes than before. This leads to the additiohamother term on the right
hand side of the Vlasov equation, that symbolises the net rat which particles end up
in the current phase space element.

ef, X of _ef _d

@1 er, ot _a 2.22
@t vi @}( a @,V dt coliision ( )

i=1::3

This is the so called Boltzmann equation. It describes theatistical behaviour of a thermo-
dynamical system. The 6 dimensional Boltzmann equation isormally hard to handle and
provides a lot more information than is necessary to know. Tis commonly the momenta
of the Boltzmann equation are taken resulting in the equatits of motion of hydrodynam-
ics. The density of a uid at the point % at the time t is obtained from the distribution
function by integration:

Z

()= mf (v )dv

The zeroth moment of the Boltzmann equation is obtained by nitiplying with m and
integrating over d®v which results in the continuity equation:

@ r (u)=0 (2.23)
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with ¢ the mean uid velocity at x. The continuity equation states the conservation of
mass. In mathematical terms the zeroth moment corresponds the mean of a distribution.

The rst moment of the Boltzmann equation is obtained by multplying with m+ and again
integrating over d®v. This results in the momentum equation (in component form):

@ X @
—(u;)+ —(uju + P j i)= a; 2.24
@{ J) @x( 1] 1] IJ) J ( )
with P the pressure, j the viscous stress tensor and; the Kronecker-Delta. The momen-
tum equation describes local momentum conservation with egleration due to an external
force, pressure gradients or viscous forces.

Finally, the second moment of the Boltzmann equation can bebtained by multiplying
with mv? and integration. The obtained equation is called the energgquation:

P
@rur = Pr
@t

with the speci c internal energy,F the conduction heat ux and the viscous dissipation

rate. Changes in internal energy are due to PdV work, conduon and viscous heating.
One can also add external heat sources and sinks as additibteams to this equation.

EF F+1

H (2.25)

The set of equations (2.23), (2.24) and (2.25) forms the solleal Navier-Stokes equations.
Di usive e ects like heat conduction and viscosity are ofte small compared to the other
dynamical e ects and thus can be neglected. Neglecting thoserms in the Navier-Stokes
equations gives the Euler-equations of hydrodynamics. Teiper with an equation of state,
the Euler-equations describe the dynamics of a perfect uidvhich is the goal we wanted
to reach.

The simulation code we are going to work with in this thesis maerically implements the
Euler-equations. However there are situations in Astronomyniwhich the di usive ef-
fects can not be neglected. This is normally \repaired" by imoducing arti cial sources of
di usion which are then added to or subtracted from the calclated quantities. Shocks,
viscously evolving accretion discs or a multiphase mediunteaexamples in which those
terms can not be neglected. As we will see when we present siatioins of the G2 cloud
neglecting any one of the di use terms can lead to a completedakdown of a simulation.
In the following we will derive the Euler continuity and mom&tum equations using a more
intuitive approach.



66 2. Theory

2.2.2 Continuity Equation

Following Greiner & Stock (1991) we rst we look at a certain glume V inside an ideal,
streaming uid. The mass M inside that volume is then given byintegrating the uid
density over the volume:

Z

M= dv
\%

Now let dA be a surface element of the volume witfdAj = dA the size of the area. The
orientation of dA is such that it is parallel to the normal of the surface pointig away from
the volume.

The mass that ows through the surface element during the timdt is then given by

v dAdt (2.26)

If mass ows out of the volume (parallel to the surface normal(2.26) becomes positive.
When mass ows into the volume (anti-parallel to the surfacenormal) (2.26) becomes
negative. Thus the total change in mass over time can be calated by integrating

Z

dM,=dt v dA (2.27)

But mass can also change due to a change in density with timeside the volume. So we
also have

y4
@

dM, = dt —dVv 2.28
2 o (2.28)
When mass is conserved, the two terms (2.27) and (2.28) must lequal so that we can
write:

Z Z

@
A‘V d v@{j (2.29)

Using the divergence theorem (2.5) we can turn the surface égral on the left side of
(2.29) into a volume integral:

Z Z
v dA= [ (w)dV (2.30)
A \Y
Inserting (2.30) into (2.29) we get
Z
@
—+7 (%) dv=0 231
AN ) (231)

This equation is true for all volumes. If we go to an in nitesinal volume, the variables
and v take on the local values at the place of the volume. So, the vahing relation (2.31)
is equal to the statement



2.2 Hydrodynamics 67

@,

— 4+ 7
@t
which is the continuity equation. The termj = « is called current density vector. Its
direction points into the direction of motion of the uid and its absolute value gives the
amount of uid per unit time that ows through a unit area perp endicular to7.

(¥)=0 (2.32)
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2.2.3 Momentum Equation

Again we look at a volume V inside an ideal, streaming uid. Analgously to point particles
where the movement is governed by the forces acting on the peles, a uids movement
is also governed by the acting forces. We assume a forcE acting on the uid inside the
volume V. We can express the force as a force density

z

F= fav
v

In the case of the earth gravitational eld we would havd™= ¢

Now the uid inside the volume V also acts on the surrounding wh a pressure, leading
to a force given by

Z

Fo= pdA
A
with p the pressure and the surface integral taken over the surfacéthe volume V. Sum-
ming up the forces, after using (2.5) to turn the surface intgal into a volume integral,
gives
z d Z

Gdv= - rp dv (2.33)

Again this is true for all volumes and if we go to an in nitesim&volume, the acceleration
% will have a uniform local value inside the volume. So we canplace (2.33) with the
local statement:

dv
A
dt P
Using the general relation- = €%+ (v )X for a scalar eld component shifted in time

X(#+ vdt;t+ dt) to substitute ‘3—}’ we can rewrite as

@v,
@t

This is the Euler momentum equation.

(v Py = 7 p (2.34)
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2.2.4 Turbulence

First, we rewrite the momentum Navier-Stokes equation (2.24n terms of dimensionless
variables with 70 = v=\§, X0 = %=L, P° = P ¢Vy), t° = t=(Lo=W), °= = , and

%= Lor . Lo, Vo and o represent a characteristic length, volume and density of ¢h
observed ow. Also assuming an incompressible uidf{ = 0) the equation is:

Do rpo

S5 T Lovorozvo (2.35)

with the kinematic viscosity . In this form the equation does not depend on any input
besides a single numbef—- which completely determines the type of ow. The inverse of
this number is called the Reynolds number:

Re= oVo (2.36)

The Reynolds number determines if a ow is \laminar" or \turbulent". The Euler equa-
tions are always in the limit of Re! 1, which means that viscosity is unimportant and one
approaches an ideal gas. A Reynolds number of 1 means that the system is completely
dominated by viscosity. As the Reynolds number inside a ow @. around a cylinder
increases, the onset of \turbulence" can be seen. At Re 0.1 the ow is completely sym-
metric around the cylinder. At Re> 10 eddies (swirls) start to form behind the cylinder,
whilst the overall ow still is symmetric. At Re > 100 eddies form all over the place behind
the cylinder and the symmetry of the ow is broken.

There is no real de nition for \turbulence". The breaking of the symmetry of a ow
and the appearance of chaos are associated with turbulent®ys turbulence is a statistical
phenomenon. In the sub-sonic case a turbulent ow can ofterelireated as incompressible.

In 1941 Kolmogorov formed a theory about turbulence, basedh dhree hypotheses. First,
for high Reynolds numbers all symmetries of the Navier-Stokeequations are restored in
a statistical sense at distances far away from the boundasie Second, for high Reynolds
numbers the ow is self-similar on all scales. Third, the tusulent ow has a nite, non-
vanishing rate of dissipation per unit mass.

For the largest eddies in a high Reynolds number ow, viscdgiis not important. However,
the eddies are unstable and transfer their energy to smalleddies. This continues until
the Reynolds number for the observed scale reaches ordertyiniFor those eddies viscosity
is important and the kinetic energy will be dissipated. Thidransfer of energy to smaller
scales gives rise to the energy cascade of turbulence.

The hypotheses of Kolmogorov resulted in a phenomenoloditaw, describing the form of
the energy cascade if we inject energy at a certain scale:
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E(k; )= Ck 3 3
with  the energy injection rate per unit mass and k :ﬁ The highest energies will be

found at the injection scale and the energy drops with the faous g slope down to the
dissipation scale. The constant C is universal, but has to be#etermined by experiment,
which gives a value of C 1.5.
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2.2.5 Thin Accretion Disc

We now investigate the dynamics of a thin accretion disc arod a central object of mass
M, following the work of Lin & Pringle (1987). The matter is asumed to move in circles
with Keplerian angular velocity

1
GM 2
R (2.37)
and thus circular velocityv = R..

The central object accretes gas from the disc, hence the cilar motion is overlayed by a
small radial component % which can be a function of radius R and time t. We now want
to derive an equation for the surface density = ( R;t) of the accretion disc. For this we
use the equations for the conservation of mass and angular mentum. A segment of the
disc, positioned between R and R + R has the mass 2R R and angular momentum

2 RRR 2.

We can calculate the rate of change of these quantities due tbe in and out ow of
neighbouring disc segments. For the mass we get

g{m R)= wk(R:)2R ( Rit) w(R+ R:t)2 (R+ R)( R+ R;t) (2.38)

For small R we can rewrite (2.38):

@ @ _
Rgtt @R W =0 (2.39)

The conservation of angular momentum can be done analogouginly this time we get an
additional term on the right side

R@@{ R?)+ @@Fs vrR3®) = (2.40)

Here encodes the e ect of the viscous torques due to the neighbg disc segments. If
we have an outer disc segment acting on a neighbouring innereothen we nd

_ 1@6G
with G(R,t) = 2 R3 %and the prime mark denoting the radial derivative.
Combining (2.40) and (2.41) we get

@ 1 @, s 1 @ 3
—( R R"—( R = R "— R 2.42
ot BT R gk R ok © ) (2:42)
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Combining the mass equation (2.39) and the angular momentusguation (2.42) we can
eliminate v to get

@ @
o @[(2>ﬂngR3( )
We now insert using (2.37):
@ @ Ri
o =3R ! 2_F£ Rz] (2.43)

Equation 2.43 represents the basic equation for the time dution of the surface density
of a thin Keplerian accretion disc. If the initial con guration is ring like, it spreads over
time, transferring angular momentum from the inner to the oter parts.

Assuming a hydrostatic equilibrium for the disc (z-componérof the Euler momentum
equation forv = 0 and the z-component from the central objects force), we nand the
vertical disc thickness H:
! #
leP_ @ GM

@z @z (R2+ 2?)1 (2.49)

Taking the derivative on the right side and replacing R + z2 with R? in the denominator
using the assumption of a thin disc (R z), we can replace the right side With%.

Assuming a typical scale height of H in z direction, the terrr%z on the left side of (2.44)
can be replaced withf- (now implying that R~ H). With P c 2 (adiabatic equation
of state, ¢2 the sound speed) we can solve (2.44) for H:

N[

R

H G GM R
The requirement that H R is ful lled if:
GM ?
R

which states that for the disc to be thin, the local sound speemust be smaller than the
rotational speed (the Kepler velocity must be supersonic).
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2.2.6 Accretion

The radial transport of material within an accretion disc de to the viscous dissipation of
energy leads to material falling onto the central object, wibh we will assume to be a black
hole in our case. In contrast to Bondi-Hoyle accretion, whicassumes spherical infall onto
the central object, the infall from an accretion disc will benostly constrained to within the
plane of the disc. For the sake of simplicity we will restricourselves to spherical symmetric
accretion in the following.

Accretion onto a massive object provides an energy source lhetrelease of gravitational
potential energy. This energy release can be described imbs of a luminosity, which leads
to a outward directed radiation pressure acting against then ow of material. This results
in a self regulating process. With a high accretion rate, theutward radiation pressure will
become high, suppressing the accretion of material. The l@aecretion rate in turn will lead
to a lower outward radiation pressure, so that the accretiorate can rise again. Assuming
a steady accretion ow and spherical symmetric accretionhe luminosity at which the
outward pressure and the accretion rate are in equilibriunsicalled Eddington-Luminosity,
given by:

with m, the proton mass and 1 the Thompson cross-section. The Eddington luminosity
is derived assuming low-energy elastic scattering of photo of the outward radiation ow
on the in owing electrons of the ionised accretion ow (Thompson scattering). Protons
inside the accretion ow will be dragged along by the electrs due to the Coulomb force.
If accretion occurs only on a fraction f of the sphere but stibnly depends on the distance
from the central object, the Eddington luminosity is given g f L gqq.

We now assume that the central object accretes matter at a @t and that a fraction
of the rest mass energy is radiated away. Then the luminositan be written as:

L= Mc& (2.46)

However, we know that luminosity can not exceed the Eddingtoluminosity. Setting the
luminosity (2.46) equal to the Eddington luminosity (2.45) we can solve for the limiting
accretion rate:

4GMm ,

T

Medq =

This is the so called Eddington accretion rate, the maximumllawed rate of accretion of
material. A typical value of (which is also called accretion e ciency) for accretion ora
a black hole would be around 0.1 (10 percent). The Eddingtorate is not a strict global
limit. Objects can accrete at rates higher than the Eddingto rate, for example if the ac-
cretion disc is geometrically thick and optically thin (whch allows black holes in the early
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Universe to grow very fast) or if the outward radiation is extemely collimated towards a
direction di erent from the infall of material.

The sphere of in uence of a black hole, also called the acawet radius, can be calculated
by simply equating the escape velocity (2.10) at the distaecr from the black hole to the
local sound speed. If the escape velocity is larger than thechl sound speed, gas can no
longer escape the in uence of the black hole and will start fang towards it. The accretion
radius is given by:

. _2GM
acc Cg
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2.2.7 Gravitational Disc Instabilities

Following the lecture of Weinberg (2003) we consider a plamparallel ow problem (no y
or z dependence). In this case the continuity, momentum andayity (Poisson) equations
are given by:

@ + u@ + @U: 0
@t @x @x
@u  @u_ 1@P,
@t @x @x
@g: 4G
@x
We assume a uniform and static medium, such that u =0, P=F = 4. Now we
introduce small perturbations, u, Py, 1, gy with = o+ ,P=Py+P,, u=u;and

g = g:. The last equation assumesyg= 0, which would require = 0 from the gravity
equation. Since we only approximate to lowest order we camigre this problem (the so
called \Jeans swindle").

After substitution into the equations, keeping only terms tlat are rst order in the pertur-
bations we get:

@ Qu _

@’ “ex’
eu_ 1@r,
@t 0 @x

Qg _

ex ‘¢

With P = P( ) and multiplying by  the momentum equation can be rewritten as:

@U+ dP. @;

@t d_JO@X_ Ji o
Taking the time derivative of the continuity equation and the spatial derivative of the
momentum equation gives:

@., @ Qv
@ ‘@t @x
@ @u N dP. @ ; _ @g
(=~~~ ~Jo =5 = 5,0
@x @t d T @% @x
Substituting the gravity equation for on the right side of the second equation and
subtracting the second equation from the rst, gives the edtion:
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@ . dP @ 1

@t @ @z =4 G o1 (2.47)
In the case of negligible self-gravity, the right side of e@tion (2.47) is zero. Then (2.47)
is simply a wave equation for a wave propagating at sound sje€ = dP . Perturbations
thus propagate like waves.

Taking the case of non-negligible self-gravity in equatiof2.47), we consider a special form
for the perturbation:

L= expli(lt kx)] (2.48)

From Fourier analysis we know that the superposition of sugherturbations can form any
periodic function. In linear perturbation theory the di erent modes do not interact to
rst order, so we can solve for the general representation abe and later add up modes by

inserting speci ¢ values. Inserting the second derivatigeof (2.48), which are% 12,
and @@3; = k2 ; into equation (2.47) gives:
12=K3¢2 4G (2.49)

De ning k; = p“cf o we nd for k > k; that ! is real which implies oscillating sound
waves that propagate without growing. For k< kj, ! is imaginary and long wavelength
perturbations grow exponentially due to self-gravity. Foik  k; the growth timescale is
approximately the free fall time G o)%.

The so called Jeans length is de ned by; = k . Perturbations are gravitationally unstable
if a sound wave can not cross within a free faII time. Equatio(2.49) can be rewritten in
terms of the surface density of a gaseous disc. A useful quanis then represented by the
Toomre Q parameter, which determines the threshold betwedhe gravitationally stable
and unstable regime. The parameter is de ned as:

with the disc surface density and the epicyclic frequency (rate of oscillation of a radially
displaced uid element). A Toomre parameter of X 1 means the region is gravitationally
unstable, whereas a @ 1 means the region is stable.
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2.2.8 Shocks and Hydrodynamical Instabilities

In general a shock is a pressure driven compressive disturba in a ow, which produces
irreversible change in the uid state due to the increase oh&opy. Assuming certain con-
ditions in the unshocked ow, namely a density ; and a temperature Ty, it is possible to
relate those quantities to the post-shock state, and T,. The derivation of those \jump
conditions" uses again the momentum and energy uid equatis.

The results are the so called Rankine-Hugoniot jump conditis (for a plane-parallel shock):

1Us = 2(Us  Up)
1UsUz = Uz(Us  Uy)

1
2Up = 1Us(§U§ +e e)

with ug the shock wave speed,,uthe uid velocity inside the shock and g, e, the specic
internal energy of the uid before and after the shock.

The strength of a shock is characterised by the ratio of the spd of sound of the pre-shock
ow U ; to the shock wave speed:

This number is called the Mach Number. A shock is supersonicM > 1 and strong if
M 1

Hydrodynamic stability is an important part of uid mechanics. The onset of instabilities
rapidly changes the ow and can lead to the development of tbulence. We restrict our-
selves to two well known types of instabilities, the Kelvirdelmholtz instability and the
Rayleigh-Taylor instability.

The Rayleigh-Taylor instability occurs when a dense uid iplaced \above" (in the sense
of the direction of a external force) lower density uid, leding to acceleration of one uid
into the other. Figure 2.2 shows a density plot from a simulan of the Rayleigh-Taylor
instability. The characteristic mushroom like feature is wll developed, together with eddies
at the edges.
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Figure 2.2: Density plot of a simulation of the Rayleigh-Talr instability using di erent
modes of operation of the simulation-code. Adapted from Almgn et al. (2010).

The Kelvin-Helmholtz instability can occur due to a velocityshear within a single (contin-
uous) uid or at the interface of two uids with di erent velo cities. Perturbations at the
interface start to grow and form eddies that start mixing thetwo phases. Figure 2.3 shows
a density plot from a simulation of the Kelvin-Helmholtz insability. The characteristic
eddies at the interface between the low density uid part andhe high density uid part
are clearly visible.
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Figure 2.3: Density plot of a simulation of the Kelvin-Helmhtiz instability, adapted from
Springel (2010).

An analytic analysis of those instabilities, again using thequations of motion of hydro-
dynamics and applying perturbation theory yields severahtts. For the Kelvin-Helmholtz
instability, the growth rate of the perturbation is proportional to the component of the
wave number in the direction of the ow. This implies that the smallest wavelength per-
turbations (with largest wave number) grow fastest. The gmwth rate reduces to zero
perpendicular to the direction of the ow. And nally the perturbations diminish expo-
nentially away from the uid interface. In the case of the Raleigh-Taylor instability it can
be shown that the growth of perturbations at the uid interface is exponential and that
the smallest wavelength also grows the fastest.



80 2. Theory

2.3 Smoothed Particle Hydrodynamics

In order to solve the equations of motion of hydrodynamics téollow the evolution of a
given uid system we have to rely on computers in most casesnse analytic solutions are
only available for a number of idealised systems. However asiation always means that
certain simpli cations have to be made. One can not represeavery single particle within
a uid due to memory restraints. Also a nite time di erence in the time evolution has
to be used. There are many considerations and constraintseohas to take care of when
doing simulations in order not to produce garbage results.

Smoothed Particle Hydrodynamics (SPH) is a particle based (gaangian) method to nu-
merically solve the equations of motion of hydrodynamics. He original approach to SPH
can be found in the papers of Gingold & Monaghan (1977); Monlagn & Gingold (1977)
and Lucy (1977). Here we follow the approach of Price (2012) tterive the equations of
motion from rst principles.

2.3.1 Calculating Density

In SPH the density at positionr is calculated using a weighted summation over the neigh-
bouring particles:

N)(zigh
(r) = mW(r ri;h) (2.50)

i=1

Here, h is a scale parameter that determines the fall-o ratefahe weight function W. The
weight function W is also called the smoothing kernel and thecale parameter h is called
the smoothing length. One can make some reasonable requiesns for the smoothing
kernel. First the weighting of the kernel should be positiveand decrease with distance.
The kernel also should have smooth derivatives. Second therikel should be symmetric
with respect to (r r;j). And third, the central part of the kernel should be at so that
the density estimate is not too strongly in uenced by a smalthange in position of close
particles.

The standard choice for simulations is a Gaussian shaped kel that is truncated at a

nite radius. This has the advantage that the sum (2.50) musinot be taken over all the
particles inside the domain, which greatly increases thelcalation speed for a large num-
ber of particles.

A popular choice in SPH codes are B-spline functions which qoximate the Gaussian.
The lowest order B-spline which is useful for SPH (derivablg least two times) is the cubic
spline:
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8
< %(2 d® @1 9% 0 g<1
W= . ;@ 9% 1 gq<2 (2.51)
O q 2
with g = jr rY. The variable d stands for the number of dimensions and is a normal-
isation constant given by = £;19;1 for [1,2,3] dimensions. The kernel is truncated at

2h, particles beyond that distance no longer contribute tohe density sum.

One choice for the smoothing length h can be that the mass idsi the smoothing sphere
is constant. In a high-density region (a large number of padles, which we all assume to
have equal mass) the smoothing length automatically shoulde small so that the mass
inside the smoothing sphere stays constant. In a low-densitegion the smoothing length

needs to increase to engulf enough particles so that the masside the smoothing sphere
is the same constant as in the high-density region. Thus SPH inherently adaptive and

can automatically treat high density regions with a better acuracy.

An obvious choice for the mass inside the smoothing sphere isrmally a multiple of
the mass of a single SPH particle. Depending on the kernel tlohoice for this number
of neighbours is di erent. In the case of the cubic spline inhree dimensions around 60
neighbours are normally used. If the number of neighbours teo small there can be
increased noise and inaccurate wave propagation speedsr{® et al., 2004). In case the
number of neighbours is too high the particle pairing instalty can occur (Price, 2012).
Higher order B-splines need a larger number of neighbours aimtrease the accuracy of
the density estimate. However this leads to increased compaiibnal cost.
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2.3.2 Equations of Motion

The fully conservative SPH algorithm can be derived from rsprinciples by using only
the density estimate (2.50). Dissipative terms can be inded later by hand. To derive the
equations of motion we start with the LagrangianL = TV with T the kinetic and V
the potential (here thermal) energy. A single point partict hasT = Emivi2 andV = mju;.
Here m; is the particle mass,v; the particle velocity and u; the internal energy per unit
mass. In general the internal energy is a function of densityand entropys, u; = u( i;si).
For a system of particles the Lagrangian can then be writtensa

L = m; =V Ui (2.52)

Using the Euler-Lagrange equations

d @L @L_ .
we can derive the equations of motions from the Lagrangian.§2). The derivatives are:
@L
—— = M;V;
@i
@L_ X @y @
@ |, 'O .6 (259

We assume here that the entropy is constant, thus only the depdence of u on is
important in the derivative. From the rst law of thermodynamics we know that

du=TdS Pdv (2.55)

where Q TdSis the heat added to the system per unit volume andV  PdV is the

work done by expansion and compression of the uid. The voluens not computed directly
in SPH, but instead one can use the volume estimate given by= m= resulting in change
in volume given bydV = m= 2d . Switching to quantities per unit mass instead per unit
volume (i.e.,du instead ofdU) equation (2.55) can be rewritten:

du= Tds+ Ezd
With constant entropy, the term T ds vanishes and the change in thermal energy is:

@u _ P,

@, 2%

The term g—?‘ in (2.54) can be rewritten using the rst law of thermodynamces in this form.

(2.56)

To rewrite the term %"i we use the total derivative of the SPH density estimate (2.50
Assuming that the smoothing length is a function of density weet:
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@ _ 1X m, @ () |
@i - j ) @I (]I kl) (2-57)
with de ned as
" #
| @t  @w(h)
i 1 @ m; @n (2.58)

and W; the kernel (2.51) evaluated for particle i and j. For a consta smoothing length
becomes equal to 1. Now we can insert (2.56) and (2.57) into (24) to get

dv; X P @W(h) P @Ww(h)
- = m; + 2.59
dt j 2 o i f @ (2:59)
Rewriting the equation for speci c internal energy (2.56) kelds
dUi _ P; d i
Again we use the SPH density estimate (2.50) and substituterfo:
. - X
WP v v W () @61

dt_iizj
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2.3.3 Atrti cial Dissipation

Equations (2.50), (2.59) and (2.61) form the full set of eqtians necessary for conservative
SPH. We can now add dissipative terms to the equations of motido introduce for example
viscous e ects. A commonly used form for arti cial viscosy is given by Monaghan (1992):

dv = % m; Cii i * ﬁf\ E. - o= hvij rj
dt ) J R ij Tij o ij r + h2
diss i ij i i
with barred quantities denoting the average i.e. j = ( i + ;)=2, ¢ the sound speed,

and dimensionless (strength) parameters and 0:01 a small parameter to prevent
divergences. Typical values for and are =1and =2. For shock-capturing viscos-
ity only acts when particles are approaching, which requisev; r; < 0, otherwise j is
set to zero. Advanced viscosity formulations use an adaptiwgscosity strength instead
of a xed value to reduce viscosity within a smooth ow and aply su cient viscosity at
discontinuities.

The Euler equations were derived from the Navier-Stokes edimms by neglecting the
dissipative e ects of viscosity and thermal conduction. Ths we can add another dissipative
term which also introduces di usion in the thermal energy:

du X m 1
s = - évsig(vij f )2+ quig(ui uj) Fi (2.62)

diss i ij

with  the arti cial viscosity strength parameter, , the thermal conduction strength
parameter andF; = f; r ;W;. The signal velocityvsj is given by:

l[Cs-- + Cq Vi P ] Vi P 0:
= 2 LYsii il ij ij b ij ij )
Vsio 0; vi f >0 (2.63)
and the thermal signal velocity in the commonly used fornvg, = P jPi Pjj=j. The

signal velocities correspond to the maximum (averaged) s@ speed between a pair of
particles. The left part of the sum in brackets in (2.62) repsents the change in thermal
energy due to the dissipation of kinetic energy by viscosityl' he right part of the sum in
brackets represents the di usion of thermal energy due to #hconduction of heat.

SPH simulations of the Kelvin-Helmholtz instability for exanple need the arti cial conduc-
tivity term (2.62) to be enabled, otherwise surface tensioa ects will prevent the formation
of eddies at the uid interface. We will discuss this e ect inmore detail when we present
SPH simulations of the G2 cloud in chapter 6.
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2.3.4 Timestep

The concept of a signal velocity (2.63) provides an intuiterway to de ne a hydrodynamical
timestep size. This requires de ning the signal velocity @i that it reduces to the sum
of the sound speeds instead of zero in the non-approachinge&a Information between
particles is exchanged with the signal velocity. Thus if a gnal has travelled far enough
to a ect other particles, we have to do a force update. A natwal scale for the sphere of

in uence in SPH is the smoothing length h. A simple choice fahe timestep of particle i
is then given by:

2h;
max; (Vsig;j )
with the maximum of all signal velocities with respect to i inthe denominator. The so
called Courant-Factor Gouant depends on the solver used to integrate the equations of

motion. A value of Couant < 1 is used to ensure convergence (Courant-Friedrichs-Lewy
Condition). In our simulations we use a value of Gyrant = 0.65.

ti = Cecourant

In practice a number of di erent timesteps will be calculatd for di erent physics parts, like
radiative cooling, gravity calculations and so forth. The rmimum of all those timesteps
will then be chosen for the evaluation of the particle in quésn.
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2.4 Numerics

2.4.1 Integrating the Equations of Motion

After deriving the equations of motion for SPH (2.50), (2.59and (2.61), we need a scheme
to integrate those equations so that we can follow the time elution of the system. The
partial di erential equations of motion can be transformednto a set of ordinary di erential
equations (ODEs), with a wide range of possible solving meitls from mathematics. The
solvers can be as accurate as one wants them to be, but a highecuracy always brings
increased computational cost. Thus a trade-o has to be madeetween accuracy and a
reasonable time the integration can take.

ODEs of higher order can always be transferred into a systerh ost order ODES, so that
we always end up with a coupled system of n rst order ODEs witlthe general form:

d .
d—);' = fi(t Y1 Y2 it Yn)
with i = 1 ::n. In our case the boundary conditions are always given astial conditions

y? at the starting time t,. We then want to nd y ¥ at time ty.

The rst naive approach one could take is assuming a xed tinstep t and just advance
all quantities by this timestep. For a single rst order ODE this would look like:

yk+1 — yk + tf (tk;yk)

This method is called Euler forward and a Taylor expansion siws that the leading error
term is of the order t2 thus the method is called rst order accurate in t. The method
assumes a simple linear interpolation from time-point to the-point, using the slope at the
old point in time as estimate for the linear interpolation tothe next point.

For this method to be accurate, the slope should not change oiubetween the current
and the next point in time. If we choose the timestep t to be smaller and smaller this
condition will be better and better ful lled (given a smooth enough function to approxi-
mate). For large timesteps however the assumption that thdape at the current point in

time is a good estimate to reach the next point in time on the cue to approximate will

completely break down at some point.

The Euler method can be modi ed and improved. This is done byaking the derivative at
the current point and also the next point in time into account This results in a so called
predictor-corrector scheme. First a prediction for §/* is made using the Euler forward
method. This predicted value is then used to calculate theagpe at t.;. Finally y** is
calculated again (corrected) using the average of the slopethe current point in time t
and the one calculated for t.; . The predictor step is:
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Yok = Y+t (YY)
Using Yoy We getf pea(tiss ; Yiray)- The corrector step is:
f+ fpred
2

This method is second order accurate, thus reducing the tirstep by a factor of 10 reduces
the error by a factor of 100.

yk+1 — yk + t

The so called Runge-Kutta method evaluates the slope at midmts between timesteps.
For example second order Runge-Kutta does Euler forward tands the middle t=2 of
the timestep. Then, using the slope estimated at the midpdina full Euler forward step
is taken. As the name suggests, second order Runge-Kutta isakecond order accurate.
Higher order Runge-Kutta divides the timestep into even morsub-steps.

Another class of solvers is designed to control the error ofdghresult. The goal is to have
adaptive accuracy, so that the integration can be re ned uriik the error is below a given
threshold. An example would be the Fehlberg method, which raes the timestep until
the wanted accuracy is reached.

Another important example for a solver is the Leapfrog algahm, which we will be mainly
using in this thesis. The position update is given by:
Ht+ t)= #t)+ tv(t+ t=2)

and the velocity update is given by:

Mt+ =2)= Mt t=2)+ at) t

The positions are evaluated at full timesteps and the veld®@s (\leaping” over the posi-
tions) at half-timestep. A great advantage of the Leapfrogsithat it is reversible in time. It
also conserves energy especially well, which is called a pigutic integrator, thus providing
long term integration stability for example in orbital dynamics.
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2.4.2 A Small SPH Implementation

To get a better understanding of the SPH algorithm we implermted a small SPH toy code
during the course of this thesis. The code uses the conseivatSPH formulation from
equations (2.50), (2.59) and (2.61). Numerical integratiors performed via the leapfrog
integrator presented in section 2.4.1. An adaptive hydro smthing length is used, as well
as the standard arti cial viscosity prescription from sedbn 2.3.3. The code is weakly
parallised using OpenMP and can be used for 1D, 2D and 3D simtibns. The nearest
neighbour search is also only weakly optimised, giving agditly better result compared to
a direct search over all particles.

In Figure 2.4 we present the result of a standard Sod-Shockte test conducted with our
code in 1D. The red lines show the expectation from the analgtsolution, the black dots
represent simulation values.

Density Velocity

0.8+ 1 0.8+

0.6r 1 0.61

0.4~ 1 0.4r

0.2r 1 0.2r

Pressure

0.8-

0.6r

0.4r

0.2r

Figure 2.4: Results of a Sod-Shocktube test conducted withurotoy-SPH code. The
analytical expectation is shown in red, the values from thearaulation as black dots.

Due to the simple nature of the code, it is ideally suited forujck tests involving changes
in the SPH formalism. For normal simulations, involving a lege number of particles we
employed the workhorse code Gadget (Version 2 and 3) writtdsy V. Springel (Springel,
2005). Gadget will be introduced in more detail in the rst paer.
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2.4.3 Gravity Tree

Calculating forces for a large number of gravitationally iteracting particles can become
quite costly because the force of every particle towards eyeother particle has to be cal-
culated. One approach to circumvent this problem is to handla group of particles like
a single particle with the combined mass of all the particlegoncentrated at the particle

groups centre of mass. This approach is valid if we want to callate the force onto a test-
particle far from this group. Then the force of the single cobined mass point onto the
test-particle gives an approximately correct estimate fothe sum of the individual particle

forces from the group.

An algorithm which implements this approach is the so calledBarnes-Hut" algorithm. If
we imagine a 2 dimensional distribution of point masses, ttagorithm starts with subdi-
viding the square containing all the particles into four sulsquares. Every sub-square is
divided into four sub-squares again, until at some point a $usquare only contains a single
particle.

If we want to calculate the force exerted onto a given test-picle, we start with the largest
sub-squares and calculate for each one the distance r towaittie centre of mass from the
test-particle. If we call the side length of the sub-square, dve obtain the ratio:

d

r
The ratio determines the quality of our approximation. Normally a xedvalue o< 1
is set at the beginning and the approximation is accepted if . If the criterion is not
satis ed for a given sub-square, we have to go into the subtsayes of the sub-square and
test the criterion again (until we hit a sub-square contaimg only a single particle). If the
criterion is satis ed, the approximation is accepted and weéreat all particles within the
corresponding sub-square as a single mass point, conceeitiaat the centre of mass.

For o = 0 we never satisfy the criterion which corresponds to the flusummation over
all particles. Larger values of , correspond to an increasing error in the approximation.
The choice of ( re ects a trade-o between increased computation speed aratcuracy. In
Figure 2.5 an example for a Barnes-Hut tree can be seen, ob&infrom a code we wrote
to calculate the gravitational potential for individual simulation snapshots.
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Figure 2.5: Example of a Barnes-Hut tree using input data frorone of our simulations.

Another method to calculate gravitational forces more e ciatly is the so called particle-
particle-mesh method. Here the density distribution of the @rticles is mapped onto a grid.
Using Fourier-transformation the potential energy at eachrgl point can be determined
very e ciently. For close interactions the mesh is ignored ad the direct particle-particle
forces are calculated. For far interactions the grid is used
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2.4.4 Resolution Constraints

We start by considering the impact of the smoothing length osimulations. We assume
a xed gravitational smoothing length and an adaptive hydro-smoothing length h, with
a minimum allowed value R. At distances smaller than or hg, gravitational and hy-
dro forces are strongly suppressed, thus it would be desilabf those distances are never
reached. However processes like a gravitational collapsadeto ever-collapsing regions,
which will reach the minimum values in any case.

In Bate & Burkert (1997) the authors examine how the choice of and hy in uences the
result of simulations. The results show that if the values & chosen such that > hg, then
in a collapsing region gravity will be suppressed before thgdro forces are suppressed.
Since the thermal pressure support can dominate, the regi@an no longer collapse thus
arti cially stabilising a potentially still gravitationa Ily unstable region.

In the case of < hg the hydro-forces are suppressed before the gravitationarées. In this
case a potentially thermal pressure supported region can tanger withstand the gravita-
tional forces and starts to collapse, thus arti cially enhacing collapse. The best choice in
this case would be = hg so that hydro and gravitational forces are being suppressed
the same scale.

Using an adaptive smoothing length at rst gives no spatial reolution limit, since we can
choose the minimum values always as small as we want. Howevermally in SPH the
smoothing length h is chosen such that a xed number of SPH picles lies within h. This
corresponds to a xed mass within the adaptive smoothing lggth region. A consequence
of this fact is that SPH has a mass limited resolution. For a gen mass, SPH has to use a
certain h, which could be too large if one would be interested a region small compared to
h. To make sure that a region of a certain density is still rebged with a small enough h so
that the physics inside is handled correctly and not smootleout, the authors of Bate &
Burkert (1997) developed a formula for the critical densityn simulations of gravitationally
unstable regions:

3 BRyT ° N 2
crit T ‘ “ (2-64)
4 2G 2N neigh M tot
with R4 the gas constant, T the temperature, the mean molecular weight, Meign the num-
ber of particles within the smoothing kernel, I; the total number of particles and My the

total mass. The simulation results can no longer be trustefithe local density exceeds,;; .

Another important study on numerical simulation requiremets has been conducted by
Nelson (2006). As a result, three requirements for SPH simuians of gaseous, fragment-
ing discs are given. The rst requirement reproduces the rel of Bate & Burkert (1997).

The second requirement is that particle based codes with Egravity should also use an
adaptive gravitational smoothing length instead of a xed éngth. Test simulations have
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shown that even if the critical density criterion is ful lled, a bad choice for the xed grav-
itational smoothing length can arti cially enhance or preent fragmentation.

The third requirement is that 3D SPH simulations should redee the vertical disc structure
with at least  4h per scale height in both directions from the disc mid plane Test
simulations show that a failure to ful | this criterion can lead to an underestimation of the
disc mid plane density of up to 30-50 percent, which is quitaugstantial. The resulting
underestimation of the gas pressure can again lead to artially enhanced fragmentation.
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2.4.5 Radiative Cooling

Adiabatic and isothermal test-simulations have shown that &arge range of densities (1¢2
- - 10 *° %) and temperatures (50 K up to several 100.000 K) are possildering the
course of a simulation which implements the Galactic Centrgcenario we are interested in.

In order to carefully account for the thermodynamics of disformation, we implemented
the cooling formalism of Stamatellos et al. (2007) into Gadyg. It approximates cooling
processes for optically thin, as well as optically thick régns by applying an approximative
radiative transfer mechanism using the di usion approximaon. We assume metal abun-
dances that are solar, following observations of Davies dt £009).

The basic equation determining the cooling rate is given by:

du _ 4 (TH T9

@G L GT) (265

with T, the background radiation temperature, T and the particle temperature and den-
sity, the pseudo-mean surface density, , the pseudo-mean opacity and , the Planck-
mean opacity.

To model the environment around an SPH particle the method aames that each SPH
particle is embedded into a pseudo cloud with a central detsi . and a scale radius R

The method uses the particle density, temperature and graetional potential to calculate

a pseudo-mean surface density and pseudo-opacity for thiewd. If the pseudo cloud has
a high pseudo-mean surface densityand a high pseudo-mean opacity ., the cooling

radiation is assumed to be trapped inside the environment drthe cooling rate (2.65) is
decreased.

The density pro le of the pseudo cloud is assumed to be a sailom of the Lane-Emden
equation

LSy =0 (2.66)

Solutions of the dimensionless Lane-Emden equation deberithe structure olf a self-
gravitating sphere of uid, obeying a polytropic equation 6 state P = K *a. Here
P is the pressure, K a proportionality constant, the density and n the polytropic index.

Now suppose the SPH particle sits at radius within the pseudo cloud with O B
and g the radius of the pseudo cloud. The dimensionless radiusrelates to the real
Radius viaR = Ry . We choose . and Ry such that it reproduces the actual density and
gravitational potential of the particle at its radius Ry inside the cloud.
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To get the surface density at the particle radius inside thegeudo cloud, we integrate over
density times di erential radial element from the particleradius up to the cloud surface.

Z o

()= ¢ "(YRod ° (2.67)
Now de ne a pseudo-mean surface-density by using the averagfe ( ) over all possible
radii
d 1z
= 2 () S () "() ™ (2.68)

The trick here is that since we do not know the actual positionf the SPH particle within
the pseudo cloud, we just average over all possible posittonThe rst term in (2.68)
represents the dimensionless mass of the polytrope, so therage is mass weighted. Figure
2.6 shows a sketch of the pseudo-cloud model.

pseudo-cloud

SPH particle

possible positions of
the SPH particle
inside its pseudo-cloud
(dashed-circles)

Figure 2.6: A sketch depicting the position of the SPH partle within the pseudo cloud at
radius , adapted from Stamatellos et al. (2007)

The Planck-mean opacity is implemented using the simple pametrisation by Bell & Lin
(1994):
p(;T)= o °TP (2.69)

with o, a and b parameters that depend on the dominant physical press contributing
to the opacity in di erent temperature and density regimes.Table 2.1 gives an overview of
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the used values and Figure 2.7 shows the density and tempena regimes for the di erent
processes.

Dominant process 0 a b
Ice grains 2 104 0 2
Evaporation of ice grains 2 10 o0 -7
Metal grains 0:1 0 3
Evaporation of metal grains| 2 10 1 -24
Molecules 10 8 2 3
H- scattering 10 3¢ g 10
Bound-free and free-free | 1.5 10 1 -2
Electron scattering 0:348 0O O

Table 2.1: Table of processes that contribute to opacity, agpted from Bell & Lin (1994).

Figure 2.7: Temperature and density range in which the prosses from Table 2.1 are
valid, adapted from Stamatellos et al. (2007).
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In the same way as before (just replace in (2.67) by ) one can calculate the radial
optical depth and from that a pseudo-mean optical depth.

De ne a pseudo-mean opacity by using = — to get:
Z _ Z o
d 1 = B - B
= n sd_( B)
-0 0=
n n+2 1=2
(9" O (9 o2y

) ® ()

We can now act as if radiation has to pass through surroundingaterial with an optical
depth = and calculate how much of this radiation gets absorbed.

The pseudo-mean opacity can be pre-calculated for a range of values suited for the sim
lation, thus reducing the computational demands of the coiolg routine. The pseudo-mean
surface density depends on the gravitational potential of the particle, soit can not be
pre-calculated, but it can be integrated analytically so taAt no numerical integration during
the simulation is necessary.

Figure 2.8 shows our pre-calculated values for the Planckeain opacity and the pseudo-
mean opacity for the range of temperatures and densities g&d for our simulations.

Assuming a mixture of (X = 0.7) 70% hydrogen, (Y = 0.3) 30% helim (metals are neg-
ligible although their contribution to opacity is large) the specic internal energy is a
composition of:

U= Uy, + U4 + Uhe + Up,diss + UH, + Uneg, + Uper (2.70)

ion ion
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Figure 2.8: Our pre-calculated values for the Planck-mearpacity and the pseudo-mean
opacity. Di erent curves represent di erent density values, from 10 2> cm 2 (bottom) to
10 ° cm 3 (top).

The abundances of the individual components are calculateing the Saha-equation:

Nis1 Ne _ 2 Giva iv1 o
n - g exp T (2.71)

with n; the particle density, i the ionisation degree, nithe electron density, g the degen-
eracy of states for the ion,; the energy required to reach ionisation degree i startingdm
neutral and the thermal de Broglie wavelength of the electon.

Using the de nitions

Y = Npo=2ny, (the degree of dissociation of hydrogen)

X = N+ =NHo (the degree of ionisation of hydrogen)

Z1 = Nyer =Npee (the degree of single ionisation of helium)
Z, = Nye =N+ (the degree of double ionisation of helium)

the mean molecular weight is given by

X Y
i= (;T)= 1+ y+2xy)5+(1+ Z1+ 2122)2
and the speci c internal energy can be calculated using:

Ky Ti

3
U = XA Y) G+ e(T)

2

U= Xy 1+ %) el
H
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Uhe = Y (1 + 20 + 212,) ikr;:u
UH,DISS = X DSZTDLSS
Union = X XY I':nLHN

Ugeton = Y 22 (1 2p) IZG;Y'::\‘

Unesion = Y 2122 | H4er+nI:N

with Dy,piss = 4:5eV the dissociation energy of Hand | yion = 13:6eV, | yejon = 24:6eV
and | e+ 1on = 54:4 eV the ionisation energies of H§ He® and He".

The function
2 2 _T
CI(TI) — TROT f (TI) + TVIB exp(Tvua _TI) .
Ti T [exp(T,, =T) 1]

with T.., =85:4Kand T, =6100K accounts for the rotational and vibrational degrees
of freedom of H. The function f (T;) depends on the relative abundances of ortho- and
para-H,. The authors of Stamatellos et al. (2007) assume a xed ortHo-para ratio of 3:1.

For a small optical depth 2 _(;T) J1(;T) equation (2.65) reduces to the usual
cooling term for the optically thin cooling regime.

du

—' 4 T T

dt SB P( )

For a large optical depth 2 _(;T) .1(; T ) equation (2.65) reduces to the di usion
approximation.

du, 4 T4

da 2 (T)

The actual implementation of the cooling into Gadget worksafollows. At each simulation
timestep the following steps are undertaken:

Approximate the mean optical depth of the environment of eaclsPH particle by
using the density and gravitational potential following tre procedure as described
above. In the case of non-SPH particles, exclude them frometlyravitational poten-
tial calculation.
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Calculate the compressive heating rate and radiative cong rate. In the case of T
< Ty we have radiative heating instead of cooling.

In contrast to the original implementation of Stamatellos eal. (2007) we do not
adjust the individual particle timesteps. The particle desity should not change
much during the particle timestep due to the stability criteion of the hydrodynamics
calculations. Instead we force the particle onto the coolincurve by only allowing a
certain percentage of the speci c internal energy to be raalied away at a constant
cooling rate. For this the particle timestep is subdividedriside the cooling routine.
As soon as a certain percentage of the total internal energy liadiated away, the
cooling rate will be re-calculated. This process is repedtentil the particle timestep

is used up. Tests have shown that the results are relativelpsensitive to the actual
value. We choose a value of 10 percent for our simulations ¢tlvalue is a trade-o

between computational cost and accuracy). Tests have beearformed down to 0.1
percent.

Update the internal energy of each SPH particle according tché total change in
heating plus cooling.
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3.1 Simulations of Direct Collisions of Gas Clouds
with the Central Black Hole

C. Alig, A. Burkert, P.H. Johansson, M. Schartmann
Published in MNRAS, 2011, Volume 412, Pages 469-486

We perform numerical simulations of clouds in the Galactic €htre (GC) engul ng the
nuclear super-massive black hole and show that this mechami leads to the formation of
gaseous accretion discs with properties that are similar tbe expected gaseous progenitor
discs that fragmented into the observed stellar disc in the G As soon as the cloud hits
the black hole, gas with opposite angular momentum relatived the black hole collides
downstream. This process leads to redistribution of angulanomentum and dissipation
of kinetic energy, resulting in a compact gaseous accretidisc. A parameter study using
thirteen high resolution simulations of homogeneous closdalling onto the black hole
and engul ng it in parts demonstrates that this mechanism isable to produce gaseous
accretion discs that could potentially be the progenitor othe observed stellar disc in the
GC. A comparison of simulations with di erent equations of tate (adiabatic, isothermal
and full cooling) demonstrates the importance of including detailed thermodynamical
description. However the simple isothermal approach alrepd/ields good results on the
radial mass transfer and accretion rates, as well as disc ecticities and sizes. We nd
that the cloud impact parameter strongly in uences the acation rate whereas the impact
velocity has a small a ect on the accretion rate.
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3.2 Introduction

Observations reveal an interesting feature in our Galacti€entre (GC): one (Lu et al.,
2009) or two (Genzel et al., 2003; Ghez et al., 2005; Paumardat.,, 2006; Bartko et al.,
2009) sub-parsec-scale rings of young stars near the radomree SgrA* which cannot be
explained by normal means of star formation due to the hosty of the environment. Tidal

forces would disrupt typical molecular clouds in the vicily of the central black hole, pre-
venting their normal condensation into stars due to the seljravity induced collapse of the
cloud.

Observations nd around 100 young and massive stars distuibed in a warped clockwise
rotating disc/ring and a second inclined counter-clockwesrotating disc/ring, the existence
of which is still a matter of debate (Lu et al., 2009). The obseed outer edge of the system
is at around 0.5 pc. This estimate is still increasing due tche addition of newly observed
stars belonging to the disc structure. The inner edge is at@und 0.04 pc (Genzel et al.,
2003). The mean eccentricity of the clockwise rotating syam is measured to be 0.34
0.06 (Bartko et al., 2009).

The currently most plausible formation scenario postulatethat the stellar rings formed
by fragmentation of self-gravitating (in some cases ecceia) accretion discs (Poliachenko
& Shukhman 1977; Kolykhalov & Syunyaev 1980; Shlosman & Bégman 1987; Rice et al.
2005; Alexander et al. 2008 and rst applied to our GC in Sanderl998; Levin & Be-
loborodov 2003). These studies concentrated mainly on theagmentation of an already
existing accretion disc. The question how these discs forche the rst place has only
recently been discussed, e.g. by Wardle & Yusef-Zadeh (2pQ@apelli et al. (2008), Hobbs
& Nayakshin (2009) and Bonnell & Rice (2008). In their modelsieviving the origin of
the stars from a molecular cloud, the accretion discs are luup by the rapid deposition
of gas around the central black hole through the infall and dial disruption of a gas cloud.
However, here the problem arises that a gas cloud that mostéily formed far from the GC
where tidal forces are ine cient must be placed on an orbit wh a close passage around
the black hole.

Furthermore, the cloud should not be disrupted by internaltar formation processes before
encountering the black hole. Mapelli et al. (2008), Hobbs & Nakshin (2009) and Bonnell
& Rice (2008) studied the formation of a disc by a cloud or clals passing the central
black hole at some distance larger than the cloud radius. Hovex, Wardle & Yusef-Zadeh
(2008) showed that it is very unlikely for a cloud to be captwed by the black hole without
engul ng it during the encounter, as only a small set of inital parameters would lead to
such an event. Thus Wardle & Yusef-Zadeh (2008) proposed a dab in which the infalling
cloud covers the black hole in parts during its passage. Thisocess e ciently redistributes
angular momentum through the collision of material streamig around the black hole with
opposite angular momentum, nally resulting in a compact agretion disc. A related sce-
nario for the e ective cancellation of angular momentum haalso been simulated by Hobbs
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& Nayakshin 2009, who studied the collision of two clouds witbpposite angular momen-
tum close to the GC black hole.

In this rst paper we elaborate on this scenario and study dect encounters of gas clouds
with the central black hole in detail using high-resolutiomumerical simulations. We focus
on the resulting gaseous disc properties for cloud impactaaneters that match the Milky
Way GC. The resulting gas disc could then be the progenitor ¢ie observed stellar disc.
Clearly, a potential caveat is the fact that the GC stellar déc is already many orbital
periods old and could have undergone substantial secularrdymical evolution (see e.g.
Ulubay-Siddiki et al. 2009; Leckmann et al. 2009; Madigan edl. 2009).

Arguments have however also been presented that the obsenstéllar disc properties are
more or less set by the initial gaseous disc properties (Alexaer et al. 2007; Cuadra et al.
2008). The estimated mass of the gaseous disc that formed thtars is expected to be
around 1¢ ®* M (Nayakshin & Cuadra, 2005; Nayakshin et al., 2006). Some framn of
the disk might have been accreted onto the central black hol®&lote, that here, we are not
focusing on this long term viscous evolution of the resultghaccretion disc which we are
in any case unable to follow and resolve with our current numeal scheme. Instead we
focus on the formation of the initial gaseous disc resultinjom the collision of the cloud
with the black hole. In a follow-up paper we will discuss fragentation and star formation
inside the accretion disc.

This paper is structured as follows. In Section 3.3 we pregemmotivation for our model.
In Section 3.4 the numerical method and the initial setup ofite model are presented.
The main results as a function of varying impact parametersnitial cloud velocities and
di erent equations of state are presented in Section 3.5. kally, we summarise and discuss
our ndings in Section 3.6. In the appendix, code tests to deomstrate the numerical
stability of our results are presented.
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3.3 Motivation

In order to motivate our model we consider a cloud (modelledsa homogeneous sphere of
gas) on an arbitrary Keplerian orbit around the black hole. W de ne d, to be the initial
distance of the cloud from the black hole, yto be the initial absolute cloud velocity with
respect to the stationary black hole, to be the angle between the radial vector and the
velocity vector and 1y to be the cloud radius (see Figure 3.1). In addition we de nehe
plane opened by the radial vector and the velocity vector todthe xy-plane in Cartesian
coordinates. We also restrict ourselves to = 0 - 5 due to symmetry.

Figure 3.1: Coordinate system used to calculate the cloud guar momentum. We de ne
do to be the distance from the black hole to the cloud, gvto be the initial absolute cloud
velocity, to be the angle between radial vector and velocity vector ang, to be the cloud
radius. Lmax IS the point with largest angular momentum and Ly, the point with the
smallest angular momentum (as long as the cloud is not enguab the black hole).

The minimum/maximum angular momentum of the cloud is then gien by the points on the
cloud-surface in the xy-plane for which the velocity vectas tangential to the cloud surface
(L zmin Will only be the minimum angular momentum as long as the clouid bypassing the
black hole). The z-components of the speci ¢ angular momann for these points are:

Lzmin =+ Vo(ra  sin( )do) (3.1)
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Lzmax = Vo(ra + sin( )do) (3.2)

All parts of the cloud will have the same direction of rotationf the sign ofL ..,y is equal to
the sign ofL . max. Otherwise, a part of the cloud will rotate in the opposite diection. Since
all quantities are larger than zero, the sign of ,.mi, IS given by the termry  sin( )do. If
this term becomes negative the whole cloud will bypass thedak hole, if it becomes posi-
tive parts of the cloud will engulf the black hole (and now Lni, represents the maximum
angular momentum of the counter-rotating part of the cloud) Both of these scenarios can
lead to the formation of an accretion disc.

In general, a clump of gas coming from in nity can still be cajured by a black hole due
to dissipation of its kinetic energy induced by the gravitabnal interaction with the black
hole. Shearing along the path of infall and tidal compressideads to colliding ows inside
the clump close to the black hole. This e ectively turns kingc energy into thermal energy
and thus reduces the cloud velocity. This way a previously biound cloud can become
bound to the black hole. However, angular momentum needs to lbenserved. As long as
the cloud stays on an eccentric orbit, tidal forces will leatb dissipation of kinetic energy
during every pericentre passage until the cloud nally endap on a circular orbit with the
same angular momentum as initially. By comparing the angutanomentum of a circular
orbit to the initial angular momentum we can therefore calclate the radius of the nal
circular disc. UsingL ;. max We get:

_ Va(re + sin( )do)?
Idisk = GMoan

In order to estimate the likelihood of a cloud bypassing or gual ng the central black hole

and thus forming the observed stellar disc we restrict our pameters to values suited for
the Milky-Way GC. We take d, to be in the range of 5 - 50 pc and uniformly distributed.
Here 5 pc corresponds to the centre of the circum-nuclear diféollmer et al., 2003), a

reservoir of clumpy, molecular gas (around 2 ) which is the rst substantial source of

gas near the black hole. Following Vollmer et al. 2003 we rést the source of our clouds
to be within the central 50 pc region. We already restricted to 0 - ; and assume a
Gaussian distribution in  centred on since it should be very unlikely that a cloud is on
a direct radial orbit towards the black hole or that it originates exactly from the apocen-
tre of an elliptic orbit. For the cloud velocity we take xed values of 20, 30, 50 and 80 km/s.

(3.3)

We restrict the cloud radius g to be in the range between 1.8 - 10 pc, which is motivated
as follows. Based on a GC region survey, Miyazaki & Tsuboi 2D@ere able to derive the
distribution of molecular cloud sizes to be dN/dg  r,* which spans a range between 10
pc and their resolution limit of 3.3 pc. Taking into account he total molecular gas of 19
M in the inner 500 pc (Gasten & Philipp 2004), the observed nubrer of clouds of 160
and a mean cloud mass of 30M , we nd that there should be roughly an additional
1000 clumps of 10M . We note that the required mass in the gaseous disc that forahe
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the observed stellar disc is around 2aM (Nayakshin & Cuadra, 2005; Nayakshin et al.,
2006). Thus the smallest cloud radius, if we assume the dismtion dN/dr rcl4 to be
still valid, should be around 1.8 pc.

However, this assumption will strongly overestimate the nuber of small clouds at the
rather high mass of 1®8M . Our aim is to show that it is more likely that a cloud engulfs
the black hole forming the observed stellar disc than just Ipassing it. Since small clouds
are more likely to bypass the black hole we overestimate thenaunt of bypassing clouds
this way. In addition, since e.g. a cloud of 10 pc radius cannhetart at a distance d,
smaller than 10 pc, we also assume the upper limit o to be 3.5 pc at the smallest
distance @.min (domin - 3.5 pc gives roughly the inner edge of the circum-nuclearsdi at
1.5 pc) increasing linearly up to the maximum of 10 pc at the tgest distance @ max. We
note that we exclude a number of possible formation scenaisuch as the formation of a
small disc by capturing only part of a larger cloud or the podsility of a small stellar disc
formed by a large accretion disc only fragmenting in the inmgarts. Thus, the discussion
presented in this section only gives a rough estimate for tHielihood of such an event.
A detailed study including hydrodynamics and also other fonation models such as the
plausible cloud-cloud collision model of Hobbs & Nayakshin @9 is beyond the scope of
this paper.

We use a Monte-Carlo approach to sample values from the cap®nding distributions,
calculate the corresponding outer disc radius and check ifé cloud would bypass or engulf
the black hole. Tests have shown that convergence in the r¢tree digits after the decimal
is reached after roughly 1diterations. We de ne Nengur and Nyypass to be the total number
of cases that lead to a small disc & < 0.6 pc) out of the total number of 18 values.
The ratio Nengut/N bypass for di erent cloud velocities determines the likelihood othe two
scenarios. The ratio Nnguit:bypass/N otal gives the absolute likelihood of the individual sce-
narios.
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Voows [kmis] g G- g
20 275 217% 0.79%
30 - 0.75 % 0%
50 - 0.006 % 0%
80 - 0% 0 %

Table 3.1: Likelihood of the two scenarios of a cloud bypasgi or engul ng the black
hole during passage, calculated for values suited for the Iki-Way GC. For a low cloud
velocity of 20 km/s it is around three times more probable thiaa small disc will be formed
by a cloud engul ng the black hole than by a cloud bypassing #hblack hole. For higher
velocities a bypassing cloud is no longer able to form a smelkc at all. In the case of a
high velocity cloud of 80 km/s neither of the two scenarios iagble to produce a small disc.

Table 3.1 summarises the results. For cloud velocities lagthan 20 km/s the bypassing
scenario is not able to form a small disc at all. For the 20 km/sloud it is still almost
three times more likely that the disc was formed by a cloud enbgng the black hole instead
of a bypassing cloud. At velocities of 30 km/s or higher only aeloud engul ng the black
hole during passage is able to form a small disc. The most prim@ant observed cloud near
the GC has a velocity of 50 km/s. For higher cloud velocitiesush as 80 km/s neither of
the two scenarios can produce a small disc, which limits theebocity of the original cloud
that could have formed the observed disc to below 80 km/s. Thesults can be explained
by the fact that for the engul ng scenario we can have smalleimpact parameters and
thus lower maximum angular momentum compared to the bypasg) scenario. Thus even
a rather large cloud can lead to a small disc. With this we cohme that it is very likely
that the cloud that formed the progenitor gaseous accretiodisc of the observed stellar
disc, engulfed the black hole during its passage through tivery centre of the galaxy.
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3.4 Model and Numerical Method

3.4.1 Simulation Code

The hydrodynamical evolution of the impact of the gas cloud ih the central black hole

is studied using simulation runs performed with the N-body Soothed Particle Hydrody-

namics (SPH) Code Gadget2 (Springel, 2005). The code solvéeg tEuler equations for
hydrodynamics which neglect friction. To enable frictionGadget2 uses a modi ed version
of the standard Monaghan, Gingold; Balsara (Gingold & Mondtan 1983; Balsara 1995)
arti cial viscosity:

_  (at+tg 3wy)w
1] 2 ij
with wj = & +; 5], ¢ being the sound speed of particle i,jy rj the relative particle

velocity and separation respectively, ; the mean density and the arti cial viscosity
strength parameter.

(3.4)

The modi cation is necessitated, as the original form weidh viscous forces strongly to-
wards particles with small separation. In the new formulatin the induced pressure does
not explicitly depend on the hydro-smoothing length or paitle separation. Tests have
shown that in simulations with dissipation this has the advatage of reducing very large
viscous accelerations (Springel, 2005). Gadget2 also ud#s an additional viscosity-limiter
to remove spurious angular momentum transport. This is impmented by using the mech-
anism proposed by Balsara (1995) which adds a factor (f f;)/2 to the viscosity tensor,
where

f= 0 M (3.5)
Ir Vit

measures the shear around particle i.
It has been shown that the standard SPH arti cial viscosity poduces a signi cant shear
viscosity in rotationally-supported discs, leading to spipus transport of angular momen-
tum and that numerical dissipation is almost never negligile and can be dominant (Balsara
1995; Murray 1996; Lodato & Rice 2004; Nelson 2006). Thus werfoemed stability tests
as shown in the Appendix to demonstrate that the above modi dions are su cient to
make our results numerically stable and that we are not domatted by numerical viscos-
ity. For our standard simulations we used a value of = 0.75. The tests shown in the
Appendix 3.8.1 vary in the range between 0.5 - 1.0 which is the suggested rangetesii
for numerical simulations (Springel, 2005).

Springel 2005 conducted a number of tests to show that Gadges able to resolve strong
shocks. The main di erence of SPH codes compared to grid bdseodes is that droplets
of gas which form during shocks can survive rather long and dot mix as e ciently with

the background material as in grid codes (see e.g. Steinmé&Mueller 1993; Agertz et al.
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2007). This is due to the fact that in SPH the forces at the edgebetween two phases
are smoothed out since there are always contributions fronoth SPH particles inside the
clump and from SPH particles in the surrounding medium.

In order to carefully account for the thermodynamics of disformation, we implemented
the cooling formalism of Stamatellos et al. (2007) into Ga@d?. It approximates cooling
processes for optically thin, as well as optically thick régns by applying a approxima-
tive radiative transfer mechanism using the di usion apprgimation. The basic equation
determining the cooling rate is given by:

du _ 4 L (TH T9

dt 2 GT)+ 2GT)
with T, the background radiation temperature, T and the particle temperature and den-
sity, the pseudo-mean surface-density, , the pseudo-mean opacity and , the Planck-
mean opacity. We refer to Stamatellos et al. (2007) for the dgtion and interpretation of
the pseudo-mean surface-density and the pseudo-mean opaevhich are crucial for their

method in approximating radiative transfer (see Equationd8 and 23 in Stamatellos et al.,
2007).

(3.6)

The method uses the particle density, temperature and graational potential to estimate
a mean optical depth for each SPH particle which then regules its heating and cooling.
For a small optical depth, Eqn. 3.6 reduces to the usual cong term for the optically thin
cooling regime.

%I
dt

For a large optical depth, Eqn. 3.6 reduces to the di usion ggroximation (see Eqn. 27
and 28 in Stamatellos et al. (2007)).
At each timestep the following steps are undertaken:

4 LT .(GT) (3.7)

Approximate the mean optical depth of the environment of eaclsPH particle by
using the density and gravitational potential following tre procedure as described in
Stamatellos et al. (2007). In the case of non-SPH particlesxclude them from the
gravitational potential calculation.

Calculate the compressive heating rate and radiative cong rate. In the case of T
< T, we have radiative heating instead of cooling.

Update the internal energy and temperature of each SPH partec according to the
total change in heating plus cooling.

In this cooling formalism the molecular weight is temperatte dependent, taking into ac-
count the degree of dissociation and ionisation of hydroges well as the degree of single
and double ionisation of helium. The speci c internal enesgof an SPH patrticle is the sum
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of contributions from molecular, atomic and ionised hydragn as well as the contributions
from atomic, single and double ionised helium together witthe associated dissociation
energies. The method is suited for a wide range of temperagsr (T = 10 - 1 K), a wide
range of densities ( = 10 ' g/cm?3 - 10 ? g/cm?) and optical depths in the range of 0
< < 10 as shown in tests performed by Stamatellos et al. (2007). Thelditional com-
putational overhead for this method is not too high, since itan primarily be implemented
through look-up tables and requires only a few real-time aallations.
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3.4.2 Numerical Parameters

The simulations are run with a total number of 16 SPH particles. To test the resolu-
tion dependence of our results we did one very high resoluticimulation with 5 1°
SPH particles presented in the Appendix 3.8.2. The number o8l neighbours is set to
Nneigh = 50 5. All simulations use a gravitational softening length of = 10 3 pc. In
what follows we only discuss the gravitational softening tgyth since the code only allows
to change this value directly and sets the minimum hydro-snmthing length to a fraction
of this value. In our case we choose the minimum hydro-smoatg length to be equal to
the gravitational softening length according to Bate & Burlert 1997. We use the standard
Gadget2 implementation of a xed gravitational softening éngth and a variable hydro-
smoothing length, thus the gravitational softening lengthis always = 10 3 pc. The
softening length strongly in uences the simulation runtine, with a lower value leading to
a longer runtime. To test the dependence of our results on t&fing length we performed
test simulations with a softening length of = 10 # pc. The outcome of this test is pre-
sented in the Appendix 3.8.3.

In order for the simulations not to become too time-consumgas a result of very small
particle time steps in the vicinity of the black hole we de nean accretion radiusr 5. within
which all SPH particles are considered to be accreted by théabk hole. These particles
are removed from the simulation and will no longer take partni the dynamical evolution.
The xed-position sink is not associated with a particle. Tis mechanism does not strictly
conserve linear or angular momentum, but due to the small amnt of accreted gas (at
most 1% of the black hole mass) the violation of angular momgm conservation is neg-
ligible.

We want the accretion radiusr .. to be larger than the softening length of 10° pc and
smaller than the observed inner disc edge of 410 2 pc. Test simulations showed that a
value ofraee =2 10 2 pc allows us to simulate the encounter within a reasonabletsd
runtime such that the whole cloud has passed the black hole gamn compact accretion
disc has formed.

We investigate three di erent types of simulations. The rd type of simulations are purely
adiabatic simulations with cooling only due to adiabatic egansion. The second type of
simulations are isothermal simulations and nally, represnting the most realistic case,
we performed simulations using the full cooling prescrin of Stamatellos et al. (2007)
presented in section 3.4.1.

Adiabatic simulations

Using the ideal gas approximation we have an equation of stabéP = X&' with |, T gas

m y

density and temperature respectivelykg the Boltzmann-constant,my the hydrogen mass
and the molecular weight = 2:35 assuming a mixture of 70% hydrogen and 30% helium
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(molecular). The initial temperature is set to Tyoug = 50 K which is a typical temperature
for a cloud in the GC (Gusten & Philipp, 2004).

Isothermal simulations

The isothermal simulations represent the case for which dow is balanced by heating.
Given our assumed low temperatures, it corresponds to verycient cooling. The isother-
mal simulations use an equation of state & = ¢ with the gas density and the sound
speed of the gas, calculated initially by using? = ‘fﬁ: . Again the initial temperature is
set to 50 K.

Heating and cooling processes in the disc will however play anportant role when in-
vestigating the fragmentation and condensation of the disato stars (see e.g. Bonnell &
Rice 2008). Observations have shown that the stellar disc BVis very top-heavy (Bartko
et al., 2010), indicating that a large Jeans-mass is requdrdor the forming stars, which in
term implies that cooling should not be too e cient. On the other hand the temperatures
have to remain low enough for the system to form. If compressial heating becomes too
e cient the strong expansion of the gas prevents the formatin of the accretion disc, as
our purely adiabatic simulations show.

Full Cooling simulations

Our third set of simulations uses the full cooling prescrippn of Stamatellos et al. (2007)
presented in section 3.4.1. The ideal gas approximation isad again, assuming initial
cloud temperatureT,,g and background radiation temperaturely (due to the old spherical
cluster of stars near the GC) to be 50 K. The molecular weighs ia function of temperature
and takes into account the processes described in sectioa.B.
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3.4.3 Initial Conditions

D 2 % v[kmis] b[pc] jspesic [Bo]

01 0.28 0.29 50 1 50

102 0.57 0.41 50 2 100
VOl 0.85 0.3 30 3 90

V02 0.85 0.5 50 3 150
VO3 0.85 0.8 80 3 240
V04 0.85 1.0 100 3 300
C01 0.57 0.98 120 2 240

Table 3.2: Summary of initial conditions for our simulatios. The cloud velocity is varied
for VO1, V02, VO3 and V04. The impact parameter is varied for I010R and V02. CO1 is
a comparison setup with the same initial speci ¢ angular moamtum (jspecic) as VO3.

In this rst study we start with a spherical and homogeneousloud of radius 3.5 pc which
is typical for the GC (Miyazaki & Tsuboi 2000, derived from C&L-0) radio surveys). The
H, gas density is 16 cm 2 (Gssten & Philipp 2004, taken from high-resolution surveg
of CS and CO in the GC), leading to a cloud mass of&L 10* M . The SPH particle
mass is thenmgpy = 8:81 10 2 M and the corresponding minimum mass that can be
resolved iSMmin = Npeigh  Mspn = 4:4 M (following Bate & Burkert, 1997).

The black hole is included as a static potential of a point masof Mgy = 3:5 10°F M
(Genzel et al., 2003) placed at the origin of the coordinateystem. We do not include
black hole growth in order to speed up the simulations. Thisrgwth is anyhow negligible
since at most only around one percent of the black hole masssnaccreted at the end.
Energetic feedback from the accreting black hole, (see edphansson et al., 2009) might
however be important and will be investigated in a subsequepaper. The Gadget2 Code
treats gravitational forces as Newtonian up to 2.8 times thergvitational softening length,
which in any case is beyond our accretion radius for the safieg length.

Initially, the centre of mass of the cloud is placed at a distece d,(=5 pc from the ori-
gin/black hole on the x-axis (the direction of motion) and ano set b on the y-axis. Note
that compared to the coordinate system used in the motivatio (Sec. 3.3) where we de-
ned the x-axis to be along the line connecting the centre ohee cloud with the black hole,
we now de ne the x-axis to be parallel to the cloud velocity v&or passing through the
coordinate origin/black hole position. This way the cloud ¢ black hole distance glde ned
in the motivation section relates to ¢, and b by d3 = b* + d?,.

We have chosen this relatively small distance in order to prent the cloud from collapsing
before it reaches the black hole. Additionally this is also # distance of the so called
circum-nuclear disc (a reservoir of clumpy, molecular ga$ around 1¢ M ) from the GC
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(Vollmer et al., 2003) for which there is evidence for infabhf gas towards the GC (Montero-

Castano et al., 2009). The origin of gas with low enough arngu momentum to feed the

GC in general (e.g. King & Pringle 2007) is still an area of asie research and beyond the
scope of this paper.

The free fall time of a cloud withn = 10* cm 2 is only around Q36 Myrs. For an av-
erage infall velocity of 50 km/s the cloud's centre of mass stld reach the black hole
after roughly 0.1 Myrs (assuming no acceleration due to thddrk hole). The evolution is
characterised by the fraction% where 1, is the cloud radius andb is the initial cloud's

centre of mass o set on the y-axis.% Is always smaller than one in our case of a cloud
Cl
engul ng the black hole.

The initial cloud velocity vq in (negative) x-direction is a typical value, taken from the
observations presented by Miyazaki & Tsuboi (2000). The eldion is then characterised
by the ratio > where \ is the initial cloud velocity and Vi = ZGMb“ is the black hole's
escape velouty at distancé. The initial conditions of our parameter studies are showmi

Table 3.2.

Three setups (101, 102, V02) use a xed initial cloud velocityf 50 km/s and varying o sets
b, setto 1, 2 and 3 pc, respectively. In addition there are fowetups (V01, V02, V03, V04)
with b xed to 3 pc and varying initial cloud velocities, set to 30, B, 80 and 100 km/s,
respectively. The comparison setup CO1 has the same initigheci ¢ angular momentum
as V03 but a smaller impact parameter and higher velocity.

We do not include the potential of the massive stellar cusp ithe GC (Genzel et al., 2003)
into our simulations which would lead to precession of the bits on a time-scale that is
short compared to the infall time (lvanov et al., 2005). In ths rst step we only concen-
trate on the dynamics due to the black hole cloud interactiomnd postpone investigation
of the e ects of including the stellar cusp to the next papern our series.

The simulations were typically run for an evolutionary timeof 0.25 Myrs which corresponds
roughly to the instant when all parts of the cloud have crossethe black hole. Taking into
account that disc formation is nished after roughly 0.15 Mys, when the disc becomes
almost static, we evolve the disc for a bit less than 2 full oits at a radius of 1 pc. During
this short time period, viscous evolution does not play anyigni cant role.

Only simulation 101 was stopped already after 0.2 Myrs. At tht time, due to the small
impact parameter, the time step became very small making theimulation very time-
consuming and too expensive to continue. Again we want to s that in this paper we
are only interested in the resulting gaseous disc propeuiglirectly after the collision with
the black hole without following the viscous evolution of th accretion disc and we defer
the study of fragmentation and star formation to a follow-uppaper.
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3.5 Results

3.5.1 The Adiabatic Case

Figure 3.2: Logarithmic density in units of';)"? in the xy-plane with z=0 pc for purely
adiabatic simulations using initial conditions VO1 (a) and V@ (b) shown at the nal time
step of t=0.25 Myrs. Velocity vectors are all set to the sameshgth and only indicate the
local direction. Clearly visible in (a) and (b) is the sphegally expanding shell of gas due
to the strong adiabatic heating. In addition, an extended rig of gas formed in the inner
5 pc around the black hole.

The rst simulations we present are purely adiabatic withoti cooling and use initial con-
ditions VO1 and V04, which di er only in initial cloud velocity with 30 km/s for VO1 and
100 km/s for VO4. The resulting densities in units o% in the xy-plane for z=0 pc at the
end of the simulations (t=0.25 Myr) are shown in Figure 3.2. Alvelocity vectors are set to
the same length and thus only represent the correspondingcld direction of the velocity
eld.

The gas is strongly spherically expanding as a result of thee&ting due to adiabatic com-

pression during the initial impact. This mechanism basichl completely prevents the

formation of a disc. Only an extended ring-like structure enlves inside the inner 5 pc as
seen in Figure 3.2. A huge bubble of hot gas with a radius of rglly 30 pc forms around

the ring which is still expanding at the end of the simulation

Figure 3.3 shows the increase in thermal energy over time footh simulations. The thermal
energy for the 100 km/s cloud rises by a larger amount compakréo the 30 km/s cloud
as expected due to the stronger shocks. At a later point the panding gas starts to cool
because of adiabatic expansion. Since there is more gasiatly bound to the black hole in
the case of the 30 km/s cloud, more material is still in the cére and thus shocks inside the
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surviving ring generate more heat compared to the faster ¢id. The nal energy can rise
up to several times 10! erg and becomes comparable with supernova energies of tgfiic
10! erg. From this we conclude that if cooling becomes too ine eint, the interaction of a
cloud with the central super-massive black hole will lead tan explosion and the formation
of a hot, expanding bubble with energies comparable to supeva explosions. However
this is a very unlikely scenario since high gas-densitiespigally lead to strong cooling.

Figure 3.3: Evolution of total thermal energy as a function fotime for the two adiabatic
simulations, which increases nearly four orders of magnda. This is already comparable
with supernova energies of typically around P& erg. Shown are the cases for initial
condition VO1 (red, solid line) and V04 (blue, dotted line).
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3.5.2 The Isothermal and Full Cooling Cases

We used initial conditions 102, V01, V02, VO3 and CO1 for the isbermal and the full
cooling cases. As already mentioned, 101 is a very time-congng setup and we have only
run this setup for the computationally faster isothermal cse.

The Isothermal Case

From a simulation standpoint an isothermal equation of sta is easy to implement and
thus a good starting point in a number of cases. Judging fromup results in this case
compared to the more realistic case using the full cooling gscription we can say that at
least some results can already be obtained with the isotheamapproximation. Still one

has to keep in mind that there are problems with the isothermapproach, which we will

show in the following sections and which we already mentiothén section 3.4.2.

First we note that with an isothermal equation of state fragrentation is arti cially en-
hanced because of our extremely low temperatures. Howeveg do not yet include star
formation and are only interested in the properties of the faing gaseous disc. Another
point is that in all isothermal simulations, the SPH partices in the inner 0.1 pc reach the
minimum softening length so that we are limited by numericaiithis region and the physics
is not resolved due to the strong softening over the forcesdthus we cannot make any
reliable predictions about the disc properties here.

Figure 3.4: A comparison of the surface-density in units épfc—z in the xy-plane for the full
cooling case (a) and the isothermal case (b) at the nal timésp of 0.25 Myrs using initial
condition CO1. Both discs are very similar in terms of size dnshape. As expected the
isothermal disc shows stronger signs of condensation comgghto the hotter disc from the
full cooling simulation.
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The time evolution of surface density of the discs in the xylane in the isothermal case is
very similar to the full cooling case (as shown for CO1 in Fig3.4) we will present next.
However the isothermal discs are very at in the z-direction de to the low temperature
in comparison to the full cooling discs. Because of this theaution of density in the xy-
plane for z=0 pc di ers for the isothermal and full cooling dscs, with the full cooling discs
obviously showing lower densities. Still the evolution andeneral shape of the forming disc
as presented for the full cooling case in the next section calso be taken as representative
for the isothermal discs.

The Full Cooling Case

The time evolution of density in units of'l\o% in the xy-plane (z=0 pc) for initial condition
CO01 can be seen in Figure 3.5 for the cooling case. Velocitetas are all set to the same
length and only represent the local direction in the xy-plaa. We have chosen to show C01
(cloud velocity of 120 km/s and impact parameter of 2 pc) simcit represents an extreme
case in which nearly no gas is bound to the black hole initiglldue to the high cloud
velocity. Nonetheless, we form a gaseous accretion disc arduhe black hole at the end
of the simulation.

After starting the simulation, the cloud approaches the bldc hole from the right hand
side along the x-axis. Due to tidal forces the parts closesb the black hole quickly start
to form a nger-like extension stretching towards the blackole located at the coordinate
origin as seen in Figure 3.5a.

The gas passes the black hole on orbits corresponding to itstial angular momentum.
12000 yrs later (Figure 3.5b), this material begins to cotle with gas streaming around
the black hole from the opposite side. This leads to a high dgty region along the line of
impact between the two streams. The high density region algrthe negative x-axis, as seen
in Figures 3.5b,c and d, is created by material with a large iimal distance in z-direction,
concentrated into the z=0 pc plane.

Due to the larger amount of gas initially rotating counter-tockwise the overall rotation
follows this direction, but the interaction with the clockwise rotating gas removes kinetic
energy and lowers the angular momentum, forcing the gas onumal orbits or to fall di-
rectly into the black hole. This bound gas builds up the acct®n disc as seen in Figures
3.5d,e.

The simulation was stopped after 0.25 Myrs when the cloud psed around the black hole.
An inner gaseous accretion disc has formed at that time. Thiv@utionary state is shown
in Figure 3.5f. Figure 3.6 shows a larger region around the ah state shown in Figure 3.5f.
Clearly visible is the escaping part of the cloud below -10 pmn the x-axis and at around
-10 pc on the y-axis, as well as material still falling onto t accretion disc.
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Figure 3.5: Logarithmic density in units of'g'? in the xy-plane with z=0 pc at di erent
times using initial condition CO1 with cooling enabled. Vealcity vectors are all the same
length and only indicate local direction. Gas rotates arouhthe black hole from opposite
directions and collides, leading to a high density regionatg the line of impact between
the two streams. The high density region seen in b,c,d alongd negative x-axis is created
by material with a large initial distance in z-direction, cacentrated into the z=0 pc plane.
Global rotation is counter-clockwise due to the initially &rger amount of gas on counter-
clockwise orbits, however due to the interaction at the higbensity region more gas becomes
bound to the black hole than expected from the initial setupCO1 represents an extreme
case in which there should be nearly no gas bound to the blacklé at all. Thus, the
formation of an accretion disc supports our proposed mecham.
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Figure 3.6: A zoom-out of the logarithmic density plot from kgure 3.5f in units of'\"—C3
in the xy-plane with z=0 pc. Velocity vectors again only indcate the local direction, all
vectors are set to the same length. Clearly visible is the eg@ng part of the cloud in the
lower-left part of the plot, as well as material still falling onto the accretion disc.

In general other initial conditions show similar behaviouas described above. They dier
in the amount of gas which is already bound to the black holeitrally due to lower cloud
velocities and thus lead to more massive discs. For largerpact parameters the amount
of gas on clockwise orbits is smaller and thus the interactioinside the region where
the counter-rotating streams collide is not as strong as irme cases with smaller impact
parameter. This can also be seen when we discuss accretidarlan section 3.5.4. Cloud
velocity determines the nal rotation of the resulting diss semi-major axis with respect to
the x-axis in the xy-plane. For a 50 km/s cloud the semi-majoaxis aligns directly with
the x-axis, whereas for a 80 km/s cloud it is rotated towardshie negative y-axis and for a
30 km/s cloud towards the positive y-axis.
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3.5.3 Eccentricity and Mass Distribution

In order to derive the mass fraction which is bound to the bl&chole, we calculate the
orbital structure of the gas by using eccentricity

2J ZEmech
G2M g, m?3

=1+ (3.8)

where J is the angular momentum of the SPH particle, M; the black hole mass, m the
SPH particle mass and Eeq, the total mechanical energy of the SPH particle (Bech =
Epotential + Einetic ). Here eccentricity e = 0 corresponds to a circular orbit, & e< 1
to a elliptic orbit, e = 1 to a parabolic or radial orbit and e > 1 to a hyperbolic orbit.
SPH particles with e< 1 are on bound orbits, SPH particles with e 1 are on unbound
orbits and can escape the black hole potential. For SPH pactes with e = 1 which are on
radial orbits, the SPH particle velocity must be compared tdhe black hole escape velocity
V2, = 2Me at SPH particle radius r in order to determine if they are boud to the black
hole or if they can escape to in nity. Table 3.3 summarises thtotal bound mass for all
initial conditions in the full cooling and the isothermal caes.

ID M bnd;ini ! M bnd;iso:L M bnd ;cool:L
101 88.10 48.03 -
102 88.10 76.20 85.20
VOl 88.10 83.37 82.82
V02 88.10 85.58 85.35
V03  15.50 51.53 49.78
Cco1 0.84 19.03 17.61

1Al masses in units of 18 M

Table 3.3: The total initially bound (eccentricity e < 1) massSMypng.ini compared to the
total bound mass at the end of the simulations (0.25 Myrs) fahe isothermal caseM png:iso

and the full cooling caséM png.cooi- Only for initial conditions CO1 and VO3 not all the mass
(88.1 10° M ) is already bound to the black hole initially. Due to accretn the bound
mass is lower than the initial value for the initial conditios that have all mass bound to
the black hole initially. This represents just the di eren@ between initial total mass and
nal total accreted mass. For initial conditions CO1 and VO3 here is a signi cant fraction

of the initial total mass that got bound to the black hole (20%- 40%) and a part that is
still unbound and escaping.

We use initial condition VO3 as an example here (cloud velogiof 50 km/s and an impact
parameter of 3 pc) since we used VO3 for our numerical tests shmin the Appendix where
we performed a simulation with numerical viscosity turned oand we need this special
setup for comparison to the standard simulations in this séon. In Figure 3.7a we show
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the distribution of mass onto orbits of di erent eccentricty. The black (double-dotted)
line shows what we expect from initial condition V03. The redplid) line shows the result
of the isothermal simulation using initial condition VO3 wih arti cial viscosity turned o .

In this case (isothermal and no arti cial viscosity) there ae no large pressure gradients
during the simulation so that the change in mechanical eneygand eccentricity is small.
Because of this the nal distribution approximately re ects the initial conditions. Running
the same simulation (isothermal and initial condition V03) wth arti cial viscosity turned
on leads to the distribution shown by the blue (dotted) curve Here it can clearly be seen
that more material is on bound (& 1), more circular orbits than expected from the initial
conditions.

Figure 3.7: Comparison of the distribution of mass onto orts of di erent eccentricity
(a) and semi-major axis distribution (b). The black (dash-dtted) line in (a) shows the
expected distribution from initial condition V03. Particles with e > 1 are not bound to
the black hole, indicated by the grey background. The red (Bd) line shows an isothermal
simulation without arti cial viscosity using initial cond ition VO3 at the nal time step
of t=0.25 Myrs. In this run there are no large pressure gradms during the simulation
so that the change in mechanical energy and eccentricity isnall. The nal distribution
thus approximately re ects the initial conditions. The blue (dotted) curve shows the same
simulation (isothermal and using initial condition V03) at t=0.25 Myrs with arti cial
viscosity now turned on. In this case signi cantly more massettles into closed, more
circular orbits than expected from the initial conditions. In (b) the black (dash-dotted)
line represent the distribution of mass onto orbits with dierent semi-major axis for initial
condition V03, compared to the isothermal (blue, dotted) andull cooling case (green,
dashed) at the end of the simulations. A signi cant amount ofjas settles into orbits very
close to the black hole. Table 3.4 summarises the canceltatiof angular momentum which
leads to the formation of the compact (semi-major axis 1pc) disc.

Figure 3.7b shows the distribution of (bound) mass onto orts of di erent semi-major
axes for initial condition VO3 in the full cooling and isothemal case at the end of the
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simulations. Again this plot shows that at the end of the simations we accumulate a
signi cant amount of mass onto orbits close to the black holeompared to the initial con-
dition. Using the information from Figure 3.7a and 3.7b we capcalculate the degree to
which the cancellation of angular momentum contributes tohte formation of the compact
disc. We de ne the compact accretion disc to be all material th a semi-major axis below
1pc. First we calculate the mean change in angular momentunoropared to the initial
angular momentum for all particles present at the nal timesgep. This is done by taking
the ratio of the absolute value of the nal angular momentum ¢ the absolute value of
the initial angular momentum for every particle from the las snapshot and averaging over
those values. We ignore all particles which have already lreaccreted (around 2%-15% of
the total initial particle number) since they are no longer pesent in the nal snapshot. In
general the mean change in angular momentum is around 10%830f the initial angular
momentum for all particles that have not been accreted. The @an values for the individ-
ual simulations are listed in Table 3.4. The small impact pameter simulations 101, 102
and CO1 lead to a larger change in nal angular momentum comped to the large impact
parameter simulations V01, V02 and VO3 because of the larger ammb of material which
can collide with a small impact parameter.

ID Isothermal* Full cooling® Compact disc

101 0.58 - 0.47
102 0.76 0.76 0.67
V01 0.89 0.90 0.87
V02 0.87 0.88 0.81
V03 0.85 0.86 0.70
Co1 0.72 0.75 0.37

Mean of the ratio of angular momentum/>= L

Table 3.4: Ratio of the absolute value of angular momentum dhe nal timestep to the
absolute value of initial angular momentum, averaged ovetlgarticles for the isothermal
and the full cooling case. Only particles which are present ithe initial and the nal
snapshot are compared. This neglects already accreted pelgs (which make up 2-15%
of the total initial particle number) since they are no longepresent in the nal snapshot.
Also shown is the mean change in angular momentum for all pastes inside the compact
disc, which we de ne as all material with a semi-major axis safler than 1pc. In this case
the values for both the isothermal and the full cooling simakions only di er after the
third decimal after the comma, hence we only show them for omase.

Cancellation of angular momentum is only strong in those pts of the cloud streaming
around the black hole from opposite sides. Since the impacanameter is not zero the
cancellation of angular momentum will not be 100% e ectiveral there is always a part
of the cloud which just follows its initial orbit around the black hole without encountering
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material with opposite angular momentum. This material caronly change its mechanical
energy. Since angular momentum is conserved this gas canyomiove to a larger radius.
The only way to transport material below the initial lower baindary of the semi-major
axis (which is roughly 2pc in Figure 3.7b) is the cancellatigredistribution of angular
momentum. To estimate the degree of cancellation of angulavomentum needed to form
the compact accretion disc we calculate the mean change irgathar momentum for material
which has a semi-major axis below 1pc in the nal snapshot. Eresults for all simulations
are summarised in the third column in Table 3.4. Compared tahe value for all particles
the cancellation needed to form the compact disc is alwaysghier, as expected. In the
extreme case of CO1 more than 60% of the initial angular montam needs to be cancelled
in order to form the compact disc.

ID M acc;expl M acc;iso1 M acc;cooll
101 2.45 40.07 -
102 2.10 11.90 13.03

V01 3.14 4.72 5.27
V02 1.26 2.51 2.71
V03 0.50 1.57 1.76

Co1 0.37 11.32 11.85

1Al masses in units of 18 M

Table 3.5: The accumulated mas®l 5cc.exp ON Orbits within the accretion radius as expected
from the initial conditions compared with the resultM 4..iso for the isothermal simulations
and M 4cc.co0 fOr the full cooling simulations after the nal time step of +0.25 Myrs. The
isothermal simulation using initial condition VO3 without arti cial viscosity presented in
Figure 3.7 accreted a mass of 0.4910° M at the nal time step of t=0.25 Myrs compared
to 0.5 10°M expected from initial conditions. This clearly demonstrats that the large
di erence in expected accreted mass to actual accreted massthe table is due to the
interaction of the two streams of gas around the black hole wdin does not happen in the
special simulation without arti cial viscosity.

Figure 3.8 shows the distribution of mass onto orbits of di eent eccentricity for all simu-
lations in the isothermal and cooling case compared to the @acted distribution from the
initial conditions. As can be seen, the simulations with comlg tend in general to have
more gas mass on more circular orbits compared to the isoth&l case. Since the orbits
become more circular the smaller the distance from the blatiole gets, this corresponds
to more mass closer to the black hole. In the cooling case thisat are a lot more extended
in z-direction compared to the isothermal discs (this will b discussed in detail in section
3.5.5) which basically just consist of a single sheet of SPHuticles in the xy-plane. Thus,
in the cooling case, material can move a lot easier in radialréiction compared to the
isothermal case. In addition, in the isothermal case the SPplarticles get very close to
the softening length already at a moderate distance from thielack hole. This increases
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smoothing over the forces and also prevents radial movemaitparticles. Still the isother-
mal case already yields a useful approximation of the gas msadistribution compared to
the more realistic cooling case.

When calculating the initial orbits, we can also calculatette minimum distance ,, for
every SPH patrticle to the black hole on its specic orbit. All $H particles which are
initially on an orbit with a distance r.,, smaller than the accretion radius 4. should be
accreted. In Table 3.5 we compare the accreted mass expectean this calculation to
the actual accreted mass during the whole simulation. Themsulations result in values
that are a factor of 3-30 larger than naively expected from thinitial orbits. Again we see
that radial movement is suppressed in the isothermal casealding to lower values for the
total accreted masaMV 5.iso @t the end of all simulations compared to the full cooling cas
Ignoring the gas physics (taking the isothermal simulatiorusing VO3 without arti cial
viscosity again) we accreted almost exactly what we would p&ct from initial conditions
when comparing the 0.49 10° M accreted at the end of the simulation to the 0.5
10° M expected just from the initial conditions. Thus the resultsn Table 3.5 support
the claim of our model that we can e ciently dissipate kinetc energy and redistribute
angular momentum forcing more gas onto lower, more circularbits, often even below the
accretion radius.
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Figure 3.8: Comparison of the distribution of mass onto orts of di erent eccentricity for
all initial conditions using isothermal simulations and agbatic simulations with cooling.
Particles with e > 1 are not bound to the black hole, indicated by the gray backgund.
The black line always shows the distribution resulting fronthe initial conditions. The
red (solid) line shows the distribution for the isothermal snulations and the blue (dotted)
curve the distribution for the simulations with cooling. Ingeneral, the more realistic full
cooling simulations tend to form more circular discs comped to the isothermal case. Still
the isothermal simulations already yield results similard the cooling case for most initial
conditions.
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3.5.4 Accretion

Figure 3.9: The red (solid) and green (dashed) lines show tlagcretion rate in '\g—r (left
y-axis) for the isothermal and cooling case. The thin horizbal black line shows the
Eddington limit of a 3:5 10° M black hole at 10% accretion e ciency. Also plotted
is the total accreted mass in blue (dotted) and black (dashedted) in M (right y-axis)
again for the isothermal and full cooling cases. The low impaparameter simulations can
accrete at Super-Eddington rates since we do not include bkahole feedback, whereas the
high impact parameter simulations stay below Eddington acetion at all times. In general
the isothermal and cooling simulations show a very similarcaretion behaviour.
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Accretion rates are calculated from material which falls beWw our accretion radius of
racc =2 10 2 pc. We note that our simulations can lead to Super-Eddingtoaccretion
rates with the prescription we are using, since there is noduak hole feedback regulating
the accretion rate. However, accretion in our case does notcessarily mean black hole
accretion since the formation of a small and hot black hole @@tion disc evolving viscously
is beyond the resolution limit and outside the scope of our oent simulations. Neverthe-
less, it is interesting to compare our accretion rates for lasimulations to the Eddington
rate of the black hole which is shown in Figure 3.9.

The Eddington mass accretion rate is de ned alleqs = “="-2472, with mj, being the pro-
ton mass, the accretion e ciency and 1 the Thompson scattering cross-section. From
this we get an Eddington rate ofMegq = O:O775My—r using an accretion e ciency of 10%

and a35 1 M black hole as in the Milky Way GC.

Figure 3.9 shows that the isothermal and full cooling simulens di er only marginally in
their accretion behaviour, thus we will describe accretioimdependent of the used equation
of state. Note that the y-axis is scaled di erently for di erent simulations due to the large
range of accretion rates we get. At the end of all simulationse reach very low accretion
rates indicating that we have reached a nearly stationary ate. The accretion rates of the
large impact parameter simulations using initial conditias V02 and V03 stay below the
Eddington rate at all times.

A comparison of the simulations with initial conditions 101 102 and V02 in Table 3.5 shows
that the impact parameter plays the most important role in déermining the nal accreted
mass while the cloud velocity has a much smaller e ect (compa V01, V02 and V03).
This is also con rmed by comparing the simulations using itial condition C01, which has
the same initial speci ¢c angular momentum as V03, to simulatins using V03. Clearly the
main factor determining the nal accreted mass is the impagbarameter. In all simulations
we still have accretion at the end of the runs, however at verpw rates, thus the values
shown in Table 3.5 would only slightly increase if the simuteons were continued for a
longer time.



3.5 Results 129

3.5.5 Disc Structure

Figure 3.10: Logarithmic density in units of'\p"? in the xy-plane for z=0 pc at 0.25 Myrs
for initial condition V02 with cooling. Velocity vectors areall the same length and only
indicate local direction. The semi-major axis of the nal dic aligns well with the x-axis.

Finally, we study the structure of our discs in the z-directn at the nal timestep. For this

we de ne our disc scale height to be the position where the daty in z-direction drops
to e ! times the mid-plane density. We take the simulation using itial condition V02 as
an example since in this case the disc aligns well in the xyaple with the semi-major axis
along the x-axis as can be seen in Figure 3.10.

The Isothermal Case

For a standard thin accretion disc assuming hydrostatic edibrium in z-direction, where

thermal pressure is balanced by the z-component of the cealtforce we can calculate the
1=2

disc scale height. The resulting disc scale height is H & % with r,, the SPH

particle distance to the black hole in the xy-plane andscthe SPH particle sound speed.

For our initial temperature of 50 K in the isothermal case weet a scale height of 510 °

pc at the inner boundary of 0.02 pc and a scale height of the @dof the softening length

at 0.5 pc. Thus the accretion disc scale height gets arti cily blown up to our softening
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length of =10 3 pc in the inner region. The disc scale height should be reseti/to at
least four times the softening length according to Nelson (@6), thus we would need a
softening length of around 10° pc or preferably better at the inner boundary.

This is however not feasible with respect to the simulationuntime. From this we can

conclude that it is important to include the detailed thermalynamical treatment of the

full cooling prescription in order to investigate the z-stucture of the accretion disc, which
is more extended due to the higher temperature and thus can besolved using a realistic
value for the softening length.

The Full Cooling Case

Here we resolve the disc scale height to at least four times theftening length at a radius
of 0.1 pc and up to 40 times the softening length at a radius ofdc. A test-simulation
using initial condition V03 and a softening length of = 10 # (presented in the Appendix)
resolving the disc scale height to one order of magnitude neoin softening length shows
no di erence in the results compared to the larger softeningngth of = 10 2 indicating
that we reached convergence.

The green line in Figure 3.11a shows the disc scale heightuiéisg from our simulations
for a y=0 pc slice along the x-axis for the disc shown in Figurd.10 in the full cooling
case. This is compared to what we would expect from assumingdnostatic equilibrium in
z-direction, shown by the blue line in Figure 3.11a. The owgotted structure shows the
absolute value O%Z l%Zwith the point-mass potential of the black hole. Black indicates
the minimum value (normalised to the global minimum value).The colour gradient from
black to white spans two orders of magnitude in the deviatiofrom the global minimum
deviation. We see that the central part of the disc (pure-blgk in the plot) is close to
hydrostatic equilibrium with a good t to the expected theoretical value (blue line). The
outer parts of the disc consist of fresh material that just #eonto the disc and did not yet
settle into hydrostatic equilibrium.
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Figure 3.11: In (a) the green line shows the disc scale heighsulting from our simulation
for VO2 in the full cooling case. The blue line in (a) shows whas expected from theory
for a hydrostatic equilibrium. The over-plotted structurein (a) shows the deviation of
the simulation from a hydrostatic equilibrium (%Z 1@P). Black indicates the lowest
deviation, normalised to the global minimum deviation. Thecolour gradient from black to
white spans two orders of magnitude in the deviation from thglobal minimum deviation.
The pure-black part which is close to a hydrostatic equilibum is in good agreement with
the expectation from theory (blue line). Plot (b) shows the ime the gas spent inside the
accretion disc. Red shows all gas which spent more than 45%tlué total time inside the
disc, green all gas which spent 25% to 45% of the total time ide the disc and blue shows
all gas which spent 10% to 25% of the total time inside the dis@he old (red) gas settles
into the disc mid-plane whereas the young (green/blue) gasiibds up the atmosphere which
is not yet in hydrostatic equilibrium (comparing gas at xedradius along the z-axis). We
also see that the disc is growing inside out since in generahtarial at larger radii is
younger. This hides the atmosphere described above in therywenner parts of the disc
where all gas is very old and in the outer parts where all gasvery young. At around
0.75 pc on the x-axis the atmosphere around the older gas thalready settled into the
disc-midplane can be seen the best.

This can be seen in Figure 3.11b, where the age of the gas ieside disc is plotted. Red
shows all gas which already spent more than 45% of the totahte inside the disc, green
all gas which spent 25% to 45% of the total time inside the disend blue shows all gas
which spent 10% to 25% of the total time inside the disc. Old €d) gas is concentrated
more in the disc mid-plane, whereas fresh (green/blue) gasilds up the atmosphere of
the disc, which is not yet in hydrostatic equilibrium (compaing gas at xed radius along
the z-axis). In addition Figure 3.11b also shows that the disis growing inside out since in
general the material at larger radii is younger. This hideshie atmosphere described above
in the very inner parts of the disc where all gas is very old anith the outer parts where
all gas is very young. At around 0.75 pc on the x-axis the atmosphere around the older
gas that already settled into the disc-midplane can be seehd best.



132 3. Paper |

3.6 Summary and Discussion

We have performed simulations of a gas cloud colliding with super-massive black hole,
with parts of the cloud engul ng the black hole during the pre@ess. We demonstrate that
even when the cloud is initially unbound to the black hole du¢o a high velocity, sub
parsec-scale gas discs can form. Clearly, there are a lot did#éional details that can
be studied, which we will explore in a subsequent paper. Fkg we did not investigate
fragmentation and star formation yet which is necessary toigkctly compare the simula-
tions with the observations. Secondly, the potential of thetellar cusp observed in the GC
clearly in uences SPH particle orbits around the black holeFinally, black hole and stellar
feedback could also play an important role in the formationnocess.

An adiabatic equation of state leads to an explosion of the ald during infall with thermal
energies comparable to supernova energies of'1€rg. This prevents formation of a com-
pact accretion disc and leads to a large expanding bubble obthgas. For very ine cient
cooling, this could be an alternative interpretation for a bt bubble of gas seen near a black
hole like e.g. Sgr A East in our milky-way GC, which has been taibuted to a supernova
explosion (Herrnstein & Ho 2005).

The isothermal case produces already viable results for tlaecretion behaviour and dis-
tribution of mass onto orbits of di erent eccentricity compared to the full cooling case.
However, numerical and other problems especially with resolg the disc in z-direction
lead to the conclusion that a full thermodynamical treatmenis necessary. In addition,
the isothermal approach enhances fragmentation stronglipue to the low Jeans-mass at a
temperature of 50 K a huge number of low mass fragments form study fragmentation
in detail, again a full thermodynamical treatment will be neessary.

The simulations using the full cooling prescription of Stamtellos et al. (2007) represent
the most realistic case. Here we are not dominated by numeriaed resolve the disc scale
height to multiple times the softening length due to the higlr temperatures resulting in

a larger scale height. In this case we do not arti cially supess radial movement, leading
to more circular orbits compared to the isothermal case.

We nd that the disc mid-plane consists of old (= already insile the disc for a long time)
gas close to hydrostatic equilibrium, surrounded by an atnsphere of young gas that was
just falling in and that did not yet settle into hydrostatic equilibrium. This explains the
deviation of the disc scale height we nd in our simulationsa@mpared to what we would
expect from gas in hydrostatic equilibrium.

Generally we nd that the impact parameter is the dominant fa&tor in determining the
accretion rates, from Sub-Eddington accretion rates for ige impact parameters to Super-
Eddington accretion for small impact parameters. Cloud vetity determines the nal
rotation of the resulting discs semi-major axis with respédo the x-axis in the xy-plane.



3.7 Acknowledgements 133

Fast clouds (%oug > 50 km/s) lead to discs that are rotated towards the negative -axis
and slow clouds (¥oug < 50 km/s) to discs that are rotated towards the positive y-as.
Also cloud velocity strongly determines the amount of gas bad to the black hole ini-
tially. Low velocities lead to more mass inside the nal discompared to simulations with
velocities such that nearly no SPH particle is bound to the Btk hole initially.

The goal of this paper is to provide a proof of principle of thédea of a cloud engul ng
the black hole during passage. With this mechanism we are ablo produce parsec to
sub-parsec sized dense accretion discs even when the ihttlaud is unbound to the black
hole.
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Figure 3.12: The impact on accretion rate and total accretethass as a function of the
numerical viscosity parameter for the isothermal case. To visualise the di eraes better,
the plots are shown only from O to 0.15 Myrs. Red (solid) shovike results for = 0.5,
green (dashed) shows the results for= 0.75 and blue (dotted) the results for =1.0. The
black line (dashed-dotted) shows the special case= 0, which turns o the interaction of
gas so that only material which initially already was on an diit smaller than the accretion
radius gets accreted. As expected with higher viscosity theg interacts stronger and thus
more material falls onto the black hole, but the results areat strongly dominated by the
actual choice of the viscosity parameter. The thin black harontal line in the accretion
plot again shows the Eddington limit for the GC black hole.

3.8 APPENDIX: Numerical Stability

In this section we present results of our numerical stabijittest-simulations, for which we
used isothermal and full cooling simulations with initial ondition V03.

3.8.1 Articial Viscosity

To study the dependence of our results on arti cial viscogitwe performed a parameter-
study in  of the arti cial viscosity presented in section 3.4 for thedgothermal and the full
cooling case. The range of suited for simulations is = 0.5 - 1.0 (Springel, 2005). We
performed test simulations with =0, 0.5 and 1.0. The simulations presented throughout
the paper used = 0.75. Figure 3.12 and 3.13 show the dependence of accretrate and
total accreted mass on the parameter in the isothermal and cooling case. As can be
seen, the results are stable as a function ofwithin the range suited for simulations. The
special case = 0 leads to no transport of material at all into the accretionboundary
region, only material which initially already was on an orli smaller than the accretion
radius gets accreted here. As expected, a high viscosity pareter leads to a somewhat
higher transport of material, however this arti cially enhanced gas transport is negligible
compared to the physical processes described in this paper.
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Figure 3.13: Same plot as 3.12, but for the cooling case.

Figure 3.14: Comparison of the distribution of mass onto oits of di erent eccentricity
depending on numerical viscosity for the isothermal and cooling case. SPH particles
with e > 1 are not bound to the black hole, indicated by the gray backgund. In the
isothermal case the suppression of radial movement as désed in section 3.5.3 leads to
a similar behaviour for all values of the parameter. In the full cooling case we expect
a larger di erence in the results due to stronger interactio of the initial colliding ows

of gas with a larger parameter and the relative ease of radial movement becaudetize
higher disc scale-height. The choice of = 0.75 gives a good mean between the results of
the suggested range of:B< < 1.
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Figure 3.14 shows the distribution of mass onto orbits of derent eccentricity for di erent
values of the numerical viscosity parameter. As described in section 3.5.3 in the isother-
mal case radial movement suppression gets larger the closer get to the black hole. This
leads to the di erence especially at low eccentricities b&ten the full cooling case and the
isothermal case. In the full cooling case di erent values ifdhe strength of the numerical
viscosity lead to a stronger e ect on the nal distribution compared to the isothermal
case, as material can move in radial direction more easily. 8o not expect the resulting
distributions to be exactly the same for the cooling case sia clearly a stronger viscous
force should lead to more interaction of the initial collidig ows of gas, transporting more
material onto lower, more circular orbits. However, we are malominated by this e ect,
as the outer parts, the total amount of gas and the general spa are very similar for all
cases. The choice of = 0.75 gives a good mean between the results of the suggestaadge
of 05< < 1.
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3.8.2 Resolution

Figure 3.15: Impact on accretion rate and total accreted masas a function of simulation
resolution in the isothermal case. Red (solid) shows the tdts for 10° SPH particles, blue
(dotted) the results for 5 10° SPH particles. To visualise the di erences better, the plat
are shown again only from 0 to 0.15 Myrs. The high resolutiomnsulation shows somewhat
larger accretion rates during the impact.

Figure 3.16: Comparison of the distribution of mass onto oits of di erent eccentricity
for our standard resolution and a high-resolution test. Theli erence is very small, with
the high resolution simulation leading to a bit more circulaorbits compared to the lower
resolution case. SPH particles with & 1 are not bound to the black hole, indicated by

the grey background.
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To study the e ect of resolution on our results we repeated #isothermal simulation using
V03 with SPH particle number increased to 51¢° SPH particles, compared to 1D SPH
particles for the normal runs. Figure 3.15 shows the resuitj accretion rates and total
accreted mass. The high resolution simulation shows sligftstronger accretion at the
beginning.

Figure 3.16 shows the distribution of mass onto orbits of derent eccentricity for the high
and standard resolution isothermal simulation. Here the derence is very small with the
high resolution simulation leading to slightly more circudr orbits compared to the lower
resolution case.
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3.8.3 Softening Length

Figure 3.17: Accretion rate and total accreted mass as a fummh of softening length.
Red (solid) shows the results for = 10 2 pc, blue (dotted) the results for =10 4 pc. To
visualise the di erences better the plots are shown only fro 0 to 0.15 Myrs. The di erence
is almost completely negligible.

Figure 3.18: Comparison of the distribution of mass onto oits of di erent eccentricity
depending on softening length. Again the di erence is almostompletely negligible. SPH
particles with e > 1 are not bound to the black hole, indicated by the grey backgund.

Finally, we studied the dependence of our results on the sefting length. For this we
repeated the full cooling and isothermal simulation using \®with softening length =
10 4 pc (compared to our standard simulations with = 10 2 pc) making it very expensive
in terms of computing time. Figure 3.17 shows the resultingcaretion rates and total
accreted mass and Figure 3.18 the distribution of mass ontabits of di erent eccentricity.
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It can be clearly seen that the di erence in both cases is alrabcompletely negligible.
In the isothermal case we still do not resolve the disc scaleight to even one time the
softening length, so that we expect the in uence of an orderf magnitude smaller softening
length to have no real impact. In the cooling case we alreadgsolve the disc scale height
to multiple times the softening length for our standard vale of = 10 3, thus the stability
of our results in this case indicates that we have reached cengence.



Chapter

Stellar Disc Formation Studies

In this chapter we present simulations of fragmenting compa accretion discs. The sim-
ulations were intended to explain the top-heavy IMF of the Glactic Centre stellar discs.
However numerical problems which we present later prevent iom being able to trust
the results. We also present other aspects of the infall of éoad onto a black hole which
we studied.

4.1 Fragmentation

4.1.1 Compact Accretion Discs

In this part we are assuming the same model as presented in th&t paper. We investigate
the model in more detail by studying the fragmentation behawur of the accretion disc
to compare the formed clumps directly to observations of thstars. To nd a better t
in terms of size of the disc compared to our previous work werfimed a number of low
resolution simulations. Using the initial conditions from he best t of those simulations
we run a high resolution simulation which we present in the lowing.

Again the cloud orbit is set such that a part of the cloud will réate clockwise around the
black hole. The larger part of the cloud will rotate counterclockwise around the black hole
thus setting the rotational direction of the nal accretion disc. The collision of material
with opposite angular momentum leads to redistribution of mgular momentum and the
formation of a compact accretion disc.
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Figure 4.1: Comparison of simulation time against total rddime for a low resolution disc
formation test-simulation. Gadget3 needs around 40% lessne to advance to the same
point in the simulation as Gadget2.

To simulate the cloud infall we are using the N-body Smoothedarticle Hydrodynamics
(SPH) Code Gadget3. The physics included into Gadget3 is aftdy described in the Gad-
get2 part in the rst paper. Gadget3 increases the simulatio speed compared to Gadget2
with a new domain decomposition scheme, which balances waikd memory-load at the
same time, but requires more communication. Figure 4.1 shewa comparison of the time
it takes Gadget2 and Gadget3 to advance to a certain simulat time. For the type of
simulation we are interested in, Gadget3 shows an improventef up to 40% in simulation
speed for an evolution time up to 0.3 Myrs.

In order to prevent arti cial fragmentation we make sure tha we ful | the resolution re-
guirement given by (2.64). We check if the density of an SPH particle is above ; and
adjust the temperature of the particle such that o = . A particle inside a collapsing
core will quickly reach the critical density since we do notdve in nite resolution. Those
particles will be heated during the exponential collapse ise, thus reaching very high
temperatures. This can lead to overheating and the suddenpia expansion of a former
collapsing region if we follow the exponential collapse ava few orders of magnitude in
density. To prevent this from happening we also check if a p#gle is a xed factor of 10
above the tidal density for a uid (2.18). At 10 times the tidd density we turn o the arti-
cial heating prescription and let the particles heat and col due to adiabatic compression
and our cooling formalism.

The simulation does not include any feedback from the blackole or the forming stars.
While feedback from the black hole could be important, depeing on the angle of the
out ow with respect to the gaseous disc, we do not expect angddback from the stars to
be important during the short simulation time of only 0.16 Mys. At this point, as test
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simulations show, all collapsing regions have entered thgp®nential collapse phase and
can not return below the tidal density at any point on their obit.

We do not include sink particles to replace forming clumps ding our simulation. This
makes the simulation very expensive in terms of runtime whethe clumps have formed.
The minimum hydro-smoothing length prevents the clumps fr collapsing in nitely, thus
setting a lower limit on the clump size. However with this pregiption we do not have to
make any assumptions about accretion like in the sink parle case. The accretion here
occurs "naturally”. We can also study the clump structure inmore detail, for example the
internal rotation or stripping of a clump during pericentre passage.

We identify clumps in our simulation in a post processing sgeby using a clump nder,
which searches minima in the local gravitational potential The clump nder then com-
pares kinetic, potential and thermal energy of the SPH parties. If the total energy is
below zero the particle is bound to the local minimum.

The initial particle distribution for the cloud is cut from a glass in order to remove any
residual forces. A glass is created by evolving a random dibution of particles with a
reversed sign (repulsion instead of attraction) in gravitylnitially the cloud centre of mass
has a distance of 4 pc from the coordinate-origin on the x-axand 0.7 pc on the y-axis.
The cloud velocity is set to -80 km/s. We also include the adtional potential of the
nuclear star cluster (1.1).

The cloud approaches the black hole from the positive x-axiseen in the density cut
through the equatorial plane in units ofL"? in Figure 4.2a. Quickly a disc forms around
the black hole (Figure 4.2b) which circularises (Figure 4cX) due to dissipation of kinetic

energy and starts to fragment (Figure 4.2e,f). In the last thestep, shown in Figure 4.2f
one can still see the rest of the tail of the infalling cloud othe right side, which did not

redistribute enough angular momentum or dissipate enouglietic energy to be inside the
compact disc.
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Figure 4.2: Time evolution of the logarithmic density in unis of M—CB in the xy-plane with
z=0 pc. Velocity vectors are all the same length and only indate local direction. The
cloud approaches the black hole from the right side. The glabrotation of the forming disc
is counter-clockwise due to the initially larger amount of @ on counter-clockwise orbits.
Quickly a compact and strongly fragmenting accretion disofms.



4.1 Fragmentation 145

log density

ylpe]
S

x[pe]

Figure 4.3: A zoom-out of the logarithmic density plot from fkgure 4.2f in units of';)"?
in the xy-plane with z=0 pc. On the left side a stream of gas cahe seen created by a
clump from the cloud tail which dragged gas along its path tlmugh the disc. The stream
of gas on the right side is highly eccentric gas from the clowshich did not redistribute

its angular momentum.
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Figure 4.4: A zoom-in of the logarithmic density plot from Fjure 4.2f in units of';,"? in
the xy-plane with z=0 pc. The compact disc shows strong sigred fragmentation. There

is also a visible void created by a clump originating from theloud tail.
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There is also another stream of gas visible falling back ontiee disc from the left side. The
cloud tail and the stream of gas can be better seen in Figure34vhich shows a zoomed out
plot of Figure 4.2f. The stream of gas on the left side is creat by clumps that formed in-
side the infalling tail of the cloud, which dragged gas out dhe disc while crossing through
it. Figure 4.4 shows a zoom onto the compact accretion dismfm Figure 4.2f. Clearly
visible are the dense clumps across the disc. We will discubg evolution of the very
prominent clump seen on the left side at around -0.5 pc on theaxis and 0.15 pc on the
y-axis in detail later. There is also a gap visible around 0j2c above the coordinate origin,
created by a clump that originates from the cloud tail which wnt through the disc and
dragged gas along with it.

In Figure 4.5 the temperature distribution of the disc is shen in units of Kelvin for a slice
at z=0 pc in the xy-plane. Compared to the initial cloud tempeature of 100 K the disc is
rather hot with roughly 1500 K on the average. Due to adiabaticompression the gas can
heat up to 2500 K during pericentre passage.

E—

0.5 -

Temperature

y[pc]

= = 1000

-0.5 0
x[pc]

Figure 4.5: Temperature distribution in Kelvin for a slice &z=0 pc in the xy-plane. The
overall disc temperature is at roughly 1500 K. During pericdre passage the gas can heat
up to 2500 Kelvin due to adiabatic compression.
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4.1.2 Clump Evolution

We follow the evolution of the most prominent clump seen in Gure 4.4 at around [-0.5,
0.15]. Figure 4.6 shows the density in units o'fg in the xy-plane for a slice at z=0 pc.
The plots are always centred on the centre of mass of the clumpd show a region of 0.1
pc around this centre. Velocities are shown relative to theelocity of the centre of mass
of the clump. The length of the velocity vectors indicate spal in units of km/s. The top
left corner in each plot shows which vector length correspds to which velocity. Note that
we changed the units in Figures 4.6 d,e and f so that the vectoare still visible during
pericentre passage.

Figure 4.6a and b show the clump before pericentre passageheTclump is rotating and

gathers material from its surrounding seen as a large red bahround the central yellow

part. During pericentre passage in Figure 4.6c we can see ttlamp stripped of its halo

but also passing a dense lament. This way the clump is able @ather a lot more material

compared to the previous orbit leading to the very large haltorming around the clump

in Figure 4.6d. Figure 4.6e shows the clump shortly before ather pericentre passage.
Compared to Figure 4.6b the halo is now multiple times largeand also denser. In Figure
4.6f the clump enters again a dense region during the peritenpassage. This time the
halo is not stripped completely due to the higher density.

The clump evolution shows that the process is highly-dynami stripping and growth is
dependant on the current environment, thus it is hard to pret the global clump mass
distribution.
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Figure 4.6: Evolution of a single clump. Density is shown innits of

a slice at z

pcs

0 pc. The top left corner of each plot shows whicheetor length corresponds

to which velocity (given in units of km/s). The plot is always centred on the centre of
mass of the clump and shows an area of radius 0.1 pc around thentp. Velocities are
shown relative to the centre of mass. The clump is rotating ahcollects material from its

surrounding (a,b). During pericentre passage the clump idripped to its dense core (c)

but crosses a dense lament. This way the clump can grow a larger compared to before
(d,e). The nal plot shows the clump again during pericentrgpassage, this time without

loosing a large fraction of its accumulated mass.
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4.1.3 Clump Mass Function

In order to compare our simulation to observations of the sllar disc at the Galactic Cen-
tre we will look at clump formation in more detail. Since we dmot use sink particles in
our simulation, it becomes very slow as soon as clumps stad form. Thus we want to
end the simulation as quickly as possible. On the other handewhave to make sure that
we are converged as good as possible in the number of clumpet thave formed and that
the mass of the clumps is not growing too much if we would run ¢éhsimulation any further.

o
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Figure 4.7: Maximum distance of all particles of a single atp from their centre of mass
over time, for all clumps. In black all clumps originating inthe accretion disc are shown
and in red all clumps originating from the infalling cloud ta are shown.

At the nal simulation time (0.16 Myrs) we count a total number of 277 clumps using the
clump nder. The total mass in clumps is 1292.6 M, with a mean clump mass of 4.66
M and a maximum clump mass of 29.96 M Figure 4.7 shows for every clump that is
identi ed at the nal time the maximum distance to the centre of mass of all particles that
will end up in a single clump, plotted over time. Thus for ever timestep there are 277
data points.

The plot shows an interesting feature, the division of clunginto two distinct populations.
The population shown in red forms quickly and already collages to a tight bound clump
early on. Those clumps are the ones originating inside theodd tail and are thus little af-
fected by the harsh environment of the black hole. The secopadpulation quickly spreads
out and takes a lot longer to form a tight bound clump. The tigh bound state is only
reached a short time before the end of the simulation. The ehps in this population are
formed inside the accretion disc.
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Dividing the clump population shows for the disc clumps a tal number of 246 clumps
and a combined mass of 1226.4 M The mean mass is 4.98 M and the maximum mass
29.96 M . There are in total 31 clumps that formed inside the cloud t&iwith a combined
mass of 66.2 M, a mean mass of 2.13 Mand a maximum mass of 7.6 M.

Figure 4.8: Core mass function (CMF) for the dierent clump mpulations at the nal
timestep. In black the combined distribution of clumps forred inside the accretion disc
and inside the cloud tail are shown. In red the disc-only popation is shown and in blue
the clumps formed inside the cloud tail.

In Figure 4.8 we plot the clump-mass-function (CMF) for the lumps identi ed at the last
snapshot at 0.16 Myrs. The combined population is shown indik, the disc population in
red and the tail population in blue. Fitting the disc populaion gives a slope of -0.34, which
compares well to the observed top-heavy IMF slope of -0.450.3 (Bartko et al., 2010).
Note that we compare the clump mass function to the stellar magunction since we do
not want to make any assumptions on the conversion of the CMFotan IMF. A t to the
cloud tail population (although the statistics are low) gies a slope of -1.78, which is more
consistent with a standard Salpeter/Kroupa IMF. The combired CMF has a slope of -0.41.

However, comparing the mean mass of the disc clumps of arounil5 to the mean mass of
the observed stars of around 30 MBartko et al., 2010) we are way below the mean mass
observed in the Galactic Centre. One way to increase the massuld be to increase the
temperature inside the disc (for example through black holeedback). This would lead
to a lower number of stars at a higher mass. But since we alrgateproduce the number
of observed stars inside the disc (around 200) quite well, weuld also have to increase
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the mass of the initial cloud to get a higher number of starshus increasing the problem
of how to stabilise the initial cloud even more. The star-fenation e ciency is quite low

with only around 1 percent.

Figure 4.9: Mean clump mass in M plotted against simulation time in Myrs. The
distribution converges against a value of roughly 5 M

In Figure 4.9 we show the mean clump mass for all 277 clumps otiemne. The distribution
looks reasonably at at the end indicating convergence. Fige 4.10 shows the total mass
in clumps for all clumps over time. Although there are uctuatons, the distribution seems
to have reached convergence at around 1300 MFinally in Figure 4.11 the total number
of clumps is plotted over time. Again the distribution still uctuates but settles around a

value of 250.
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Figure 4.10: Total mass in clumps in M plotted against simulation time in Myrs. The
distribution is uctuating, but reaches a mean value of rougly 1300 M at the end.

Figure 4.11: Number of clumps detected plotted against simatlon time in Myrs. A mean
of roughly 250 is reached at the end.
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4.1.4 Stellar Disc Evolution
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Figure 4.12: Distribution of stars at the beginning of the N-bdy simulation (red) and at
the end of the N-body simulation (black) at 6 Myrs. Due to phasenixing the distribution
evolves from the initial eccentric disc towards a circularidc. The outer radius of the initial
eccentric disc is still retained in the nal state.

The Galactic Centre stellar discs are around 6 2 Myrs old. We stopped our hydro-
simulation already at 0.16 Myrs, keeping in mind that the nurber of clumps and the
clump masses are reasonably well converged at this point. Wk the distribution of
clumps to set up a pure N-body simulation, taking the centre omass of the individual
clumps as position of a single N-body particle with the mass dfie whole clump. We
evolved this distribution within the same potential as the lgdro-simulation, up to a time
of 6 Myrs.

The initial and nal distribution of stars at 6 Myrs can be see in Figure 4.12. The stars
are precessing inside the cluster-potential. Due to phasexing, the nal distribution looks
circular, although the individual stars are still on eccenic orbits. The central dense disc
of around 1 pc radius is formed by the clumps originating fronthe accretion disc. The
outer disc, spread up to 4 pc in radius is formed by the clumpsiginating from the tail of
the cloud. Those stars closely trace the original orbit of #hinitial cloud. Observationally
they should be detectable if the cloud scenario is valid, hewer they follow a di erent IMF
compared to the disc stars which are mostly O/B and WR stars.
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We already see that the disc of 1 pc radius we form is still to@rge compared to the
observed outer disc radius of 0.5 to 0.6 pc. We could decre#ise cloud impact parameter

so that the redistribution of angular momentum becomes strger. But then the problem

arises that an increasingly larger amount of the cloud willd accreted onto the black hole
so that we would have to put more mass into the cloud to providenough material for the

accretion disc.

Figure 4.13: Stellar surface density of stars per bin, divedl by the total number of stars
against distance from the black hole in pc at the nal N-body snulation timestep. The
distribution is rather at compared to the observed slope 0f1.95 0.25.

In Figure 4.13 we show the surface density of the disc starslpat the nal timestep of the
N-body simulation. With a slope of around -0.769 our distribtion is too at compared to
the value of -1.95 0.25 from observations (Bartko et al., 2009). If we compar&é mean
eccentricity of 0.62 from the central stellar disc to obseations which give 0.34 0.06
(Bartko et al., 2009) our disc is also too eccentric. Overalle can say that apart from the
top-heavy IMF and the number of clumps our disc does not compavery well to observa-
tions. The solution to improve the correspondence is always increase the cloud mass or
to reduce the cloud size, which would make the cloud infall exgario even more unlikely as
the cloud parameters become more and more extreme comparedhe observations.
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4.1.5 Resolving Fragmentation

In Figure 4.14 we calculate the expected scale-height of arthaccretion disc at di erent
temperatures for di erent distances from the black hole. Ta red line represents the inner
edge of our disc simulations, the green line the outer edgehd& black horizontal line marks
the minimum feasible smoothing length of 1¢* pc for the disc simulation. A value of 10°
pc or lower slows down the simulations so much that they becenunfeasible.

Figure 4.14: Theoretical scale-height of a thin accretionigt at di erent temperatures.
The colours represent distance from the black hole. The reithé represents the inner edge
of the disc in our simulations, the green line the outer edg&he horizontal black marker
shows the minimum feasible smoothing length for the simuian.

We know from the resolution requirements section 2.4.4 thate have to resolve the disc
scale height to at least 4 times the minimum smoothing lengthThus in total we should
resolve the disc by roughly 10 times the minimum smoothingngth. At the lowest tem-
perature in Figure 4.14 this would not be possible, even fohé outer edge of the disc.
The scale-height of the disc itself is already almost at 10 pc, so that we would need a
minimum smoothing length of 10® pc to resolve the disc. The inner edge would even
require 10 & pc to be resolved.

Figure 4.5 showed that the temperatures in the disc can risgpuo 2500 K. Even in that
case the inner edge is not resolved well and we would need ism 10 © pc to resolve
the inner edge. At 104 pc minimum smoothing the outer edge is barely resolved. Thus
we conclude that we can not fully trust the fragmentation simlation presented in this
part. The closer we get to the inner edge of the disc, the wortee resolution constraint is
ful lled and the less we can trust fragments to be real.
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Looking at the density temperature plot in Figure 4.15 for te SPH patrticles of the accretion
disc at the nal timestep, we can see several important poist In black, resolved gas is
plotted. In blue, gas that has to be heated due to the resolutn criterion is plotted leading
to a tight correlation between temperature and density. Ined collapsed regions that are
resolved are plotted. Green just represents a higher densiegion of resolved gas.

Figure 4.15: Temperature/density correlation for all SPH prticles from the nal timestep
of our compact accretion disc simulation. In black resolvegas is plotted. In blue gas that
has to be heated to ful | the critical density criterion is plotted. Green shows a high density
region of resolved gas and red shows resolved clumps.

If we now look at the structure of the disc itself in Figure 4.6 and again mark the particles
in the same colours as in Figure 4.15 we see that large partstioé disc are not resolved
well (blue) and have to be arti cially heated. This gas makesip 50% of the total disc
mass.
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Figure 4.16: The accretion disc plotted in the colour codingf Figure 4.15. The blue
unresolved gas makes up nearly 50% of the disc.

One problem in dealing with resolution is that the structureof the nal accretion disc is
not clear from the beginning. In our rst simulations the nal accretion disc was density
capped due to a high minimum smoothing length (The right sidef Figure 4.15 was com-
pletely cut o). After using a smaller minimum smoothing lengh the background disc
density was resolved but now cooling was more e cient so thdbwer temperatures could
be reached and the critical density criterion is no longer Flied. To resolve the critical
density at all times, judging from the above plots we would rezl a factor of 10 (or more)
particles at the same initial cloud mass, which would requeraround 50 million SPH par-
ticles. Together with the scale height requirement of a mimum smoothing length of 10°
pc to resolve the inner disc edge scale height, the resultisgnulation would be extremely
expensive.

The above considerations should also apply to other simulahs of a compact fragmenting
accretion disc, like the ones we presented in the introduoti. Typical values used in those
simulations would be around 2 million particles and a smooithg length of around 103 pc.
Thus it is not yet clear if any of those simulations really haproven that an infalling cloud
leads to a top-heavy IMF. Most of the simulations use sink p#cles instead of keeping
fragments. Still the question is if such a sink would have fored in the rst place if the
scale height was really resolved.

Second, if sinks are not implemented correctly they can artially enhance the resulting
clump mass. A simple sink particle just acts like a little ha which leads to extreme ac-
cretion rates onto the sink inside the very dense disc. Impred sink particle formulations
also introduce a pressure from the sink itself so that thers ino pressure hole inside the
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disc. In addition to a higher resolution and a lower minimum rmoothing length it would
also be desirable to use an adaptive gravitational softergriength instead of a xed value,
as pointed out in Nelson (2006).

As a nal remark, the disc scale height was calculated for a thiaccretion disc in hydrostatic
equilibrium. In our case we normally have eccentric, selfayitating accretion discs, so
that the assumptions in calculating the scale-height are ndully valid. The disc is not
completely in hydrostatic equilibrium, which we showed intie rst paper in Figure 3.11.
A strongly self-gravitating accretion disc can make the stadard thin accretion disc (also
called -disc) prescription invalid (Balbus & Papaloizou, 1999). Rsolution requirement
tests for self-gravitating accretion discs have been pemfioed for a number of examples by
Lodato & Clarke (2011) and the results indicate that the basi requirements we presented
in section 2.4.4 still hold.
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4.2 Inuence of Turbulence

Figure 4.17: Initial and nal state of a comparison simulatn using a turbulent cloud on
the right side and a homogeneous cloud on the left side. Thepgr panel shows initial
conditions, the lower panel the nal state.

To test the in uence of the initial cloud structure on our resilts we performed a comparison
study between an initially homogeneous cloud and a turbulenloud. The turbulent cloud
is cut out from a turbulent box. The turbulent box is created with all kinetic energy within
the rst three modes. We then let the box evolve so that the tuoulent energy cascade
can form. Since we are not actively driving the turbulencehe mean mach number drops.
At a mach number of around 20 we stopped the simulation (veyiing the Kolmogorov
spectrum) and cut out the cloud.

Figure 4.17 shows the comparison between the homogeneoud tire turbulent cloud sim-
ulation. In the upper panel, the initial condition is shown,with the cloud approaching
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from the right. The lower panel shows the resulting accretiodiscs at the nal simulation
timestep. Both discs are very similar. In the turbulent cas¢he disc is a bit more di use.
Still, the simulations con rm that the in uence of the initi al cloud structure is not strong,
which re ects the fact that the black hole orbital velocities are so large that they dominate
over the internal velocity structure of the cloud.
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4.3 Clump Merging

Figure 4.18: Idealised simulation of a circular compact a@tion disc to test the clump
merger prescription.

In our second paper, we are not interested in fragmentationngse we can not resolve the
accretion disc scale height anyways. To speed up our simudats we merge SPH particles
within a clump. This is a trade o between a sink particle fornalism and calculating the

full clump. We still have a pressure acting from the clump, buthe clump itself does not

slow down the simulation as much as before. To test the clumpearging formalism we

performed idealised simulations of a compact accretion djsshown in Figure 4.18. The
disc is set up completely circular.

The merging works as follows. Only two SPH particles of the s mass are allowed to
merge and only if they are both at the minimum softening lengit The resulting replace-
ment particle is placed at the centre of mass of the initial pticles with the combined

particle masses and centre of mass velocity. This consenlggar momentum, but not

angular momentum. The tests show however that the error is gkgible. To take care that

a certain number of SPH particles remains within a clump an @jn can be used to allow
merging only if a certain number of initial merger particless within a potential merger

region.

Figure 4.19 shows the resulting CMF (clump mass function) ¥e allow particles to merge
two times (top left), three times (top right) and three timestogether with enforcing that
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a certain number of particles stays within the clump (lowerdft). In black the CMF if we
do not merge particles is shown. The impact of particle meg is not big, especially in
the case when we enforce that a certain number of particlesags within a clump.

Figure 4.19: CMF for dierent allowed merging numbers. Bldc always represents the
CMF without any merging. In blue, two mergers are shown, in gethree and in green three
together with the requirement that a certain number of partcles stays within a clump.

Simulation runtimes, resulting from the merging prescripobn are shown in Figure 4.20.
Especially in simulations with three allowed mergers (SPHapticles can have up to 8 times
their initial mass) the total runtime can be reduced to neasl one third of the runtime

without merging.
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Figure 4.20: Simulation evolution time against real time. Te black line shows the run
without merging, blue with two allowed mergers and red withliree mergers. The runtime
can be reduced drastically with three mergers.
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Chapter 5

Paper Il

5.1 Numerical simulations of the possible origin of the
two sub-parsec scale and counter-rotating stellar
disks around SgrA*

C. Alig, M. Schartmann, A. Burkert, K. Dolag
Published in ApJ, 2013, Volume 771, Page 119, (Alig et al., 2013

We present a high resolution simulation of an idealized modé explain the origin of
the two young, counter-rotating, sub-parsec scale stellatisks around the supermassive
black hole SgrA* at the Center of the Milky Way. In our model, tre collision of a single
molecular cloud with a circum-nuclear gas disk (similar toite one observed presently) leads
to multiple streams of gas owing towards the black hole andreating accretion disks with
angular momentum depending on the ratio of cloud and circumdclear disk material. The
infalling gas creates two inclined, counter-rotating sulparsec scale accretion disks around
the supermassive black hole with the rst disk forming rougly 1 Myr earlier, allowing it
to fragment into stars and get dispersed before the seconayuater-rotating disk forms.
Fragmentation of the second disk would lead to the two incled, counter-rotating stellar
disks which are observed at the Galactic Center. A similar emt might be happening again
right now at the Milky Way Galactic Center. Our model predicts that the collision event
generates spiral-like laments of gas, feeding the GalactiCenter prior to disk formation
with a geometry and in ow pattern that is in agreement with the structure of the so called
mini-spiral that has been detected in the Galactic Center.
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5.2 Introduction

Recently the Milky Way Galactic Center (GC) region has agairsparked a lot of inter-
est. A number of remarkable discoveries were made, includithe detection of two large
gamma-ray bubbles (Su et al., 2010). The bubbles are perpéruar to the galactic plane,
extending 50 above and below the GC and could be linked to the GC star formian event
described in this paper, as pointed out by Zubovas et al. (20l The model we describe
in this work leads to the infall of multiple times 13 M onto the black hole within a short
time. This could be the origin of the accretion event that crated the gamma-ray bubbles.
The age of the stars observed at the GC which, according to onrodel formed as a result
of this accretion event, tells us that this event happened me than 6 2 Myr ago (taking
into account that it takes a while for the stars to form) whichcoincides roughly with the
age of the lobes of 10 Myr.

A new feature has also been detected in the GC region which pieusly was only identi ed
partially and thought of as separate components: the 100 pdiptical and twisted ring of
cold and dense molecular clouds (Molinari et al., 2011). Thstructure ts nicely into the
'stu within stu ' scenario described by Hopkins & Quataert (2010) to explain the radial
transport of material through the galactic disk. According b this scenario, gravitational
instabilities generate a series of rings, bars and spiralstwn each others from galactic
scales down to the central few parsec region. On a smallerlsceompared to the 100 pc
ring we nd the circum-nuclear disk (CND) which is again a ringof gas (Becklin et al.,
1982) extending roughly from 1.5 pc to around 7 pc.

Inside the central evacuated region of the CND the so-calledimspiral can be found (Ek-
ers et al., 1983; Lo & Claussen, 1983), a spiral-like struectiof hot gas with a total mass of
around 1¢ to 10 M on its way towards the black hole. At even smaller distancesewnd
two inclined and counter-rotating disks of young stars, eending from 0.05 pc to around
0.5 pc (Lu et al., 2009; Genzel et al., 2003; Ghez et al., 200&umard et al., 2006; Bartko
et al., 2009) which are the main focus of the work presentedrike

All the central gas is embedded into a nuclear star cluster obaut 10’ M . The cluster
follows a density pro le that has a core of roughly 0.5 pc sizghe stellar disks) and de-
creases in density up to around 30 pc (Genzel et al., 2003).

Finally, very recently a small gas and dust cloud has been fod, called G2. The cloud will
reach its pericenter distance of only 9 10 4 pc on its orbit around the black hole as soon
as in mid 2013 (Gillessen et al., 2012, 2013a). This will pride the unique opportunity for
numerical simulations to make predictions of the future evuotion of G2 and its interaction
with the environment that will be tested directly by observaions within the next years.
One prediction that was already made is that the cloud mightraginate from the inner edge
of one of the two stellar disks (Burkert et al., 2012; Schartamn et al., 2012; Murray-Clay
& Loeb, 2012).
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In this work we will focus on the formation of the two stellar asks, which are an important
ingredient in understanding the GC region. In Alig et al. (201) (denoted as AL1 from
here on) we tested a model that was suggested by Wardle & Yustddeh (2008) to explain
the formation of the progenitor accretion disk (which then Isould fragment into a stellar

disk) by a cloud which crosses over the black hole in parts dng infall. This way parts of

the cloud pass the black hole in the clockwise direction, waithe other parts move around
the black hole counter-clockwise, leading to e cient redisibution of angular momentum

at the focal point of collision, downstream. This model is dé to explain the formation of a
compact accretion disk. In AL1 we used parameters for the i cloud that are common
in the GC region (Miyazaki & Tsuboi, 2000; Gasten & Philipp, 2004), which leads to a
disk that is somewhat larger than the one observed in the GC.

The IMF of the disk-stars is quite unique, Bartko et al. (201pargue that it is extremely
top-heavy whereas Lu et al. (2013) more recently nd that it$ not as extreme as suggested
by Bartko et al. (2010) but still top-heavy compared to a stadard Salpeter-slope. This
provides a hint to the origin of the stellar disks from an ececdric hot accretion disk. A hot
accretion disk would imply a larger Jeans length and thus a sth number of high mass
clumps compared to a large number of small clumps for a coldsdi The mean eccentricity
of the disk stars is measured to be around 0.340.06 (Bartko et al., 2009). It has already
been shown that in an eccentric accretion disk, the formatioof low mass clumps can be
suppressed due to tidal disruption during pericenter pasga (Alexander et al., 2008). In
addition an eccentric disk will be heated quite e ciently duing pericenter passage of the
gas. These mechanisms as well as the feedback from the alyefadmed stars which could
again disrupt low mass clumps, will lead to a strong suppraesa of the low mass end of
the IMF and could explain the observed top-heavy IMF.

The papers of Bonnell & Rice (2008) and very recently Mapekt al. (2012) also explain
the formation of a progenitor accretion disk by infall of a dud with very low angular
momentum into the GC. They studied the subsequent fragmentian and star formation
inside the accretion disk and found that clouds with masses the order 1& M can lead
to a top-heavy clump mass function.

The one disadvantage of those models is that they can only déxjm the formation of a

single disk. Since the stars in both disks are almost equal age (6 2 Myr, Paumard

et al. (2006)) they must have formed almost at the same time. he two stellar disks are
sharing the same region, which is not possible for two gassatbunter-rotating accretion
disks. They therefore must have formed at least shortly ondtar another. The basic idea
here is that the rst accretion disk has enough time to fragmd, before the formation

of the second accretion disk. The fragments and stars are thé&ozen into their orbits

and can share the volume of the second accretion disk, whietdr on also fragments thus
forming the second stellar disk.



168 5. Paper I

The infall of a cloud with a mass larger than 1OM with a sub-parsec impact parame-
ter is already very unlikely. For the two disk scenario a send cloud has to fall into the
central region very shortly after the rst cloud, with a similar small impact parameter but
inclined with respect to the rst clouds orbital plane and wth opposite angular momentum.

In the model of Hobbs & Nayakshin (2009) this problem is address by assuming the
collision of two clouds further away from the black hole. Tl way two streams of gas
can make their way into the central region, leading to the fonation of an inner compact
accretion disk surrounded by a ring of gas. The paper of Lucasal. (2013) tries to explain
the formation of two disks by the infall of a turbulent cloud.

In this paper we present a new model in which a single event,ehnteraction of a cloud

with a gaseous disk around the central black hole, naturalliads to the subsequent for-
mation of multiple inclined and counter rotating accretiondisks around the central black
hole. We present a high resolution simulation which uses i@l parameters taken from a

low resolution parameter study to reproduce the observededlar disk parameters as good
as possible. This model is inspired by observational evidanwhich shows that a similar
event to what presumably happened more than 6 Myr ago might deappening again right

now in the GC. The paper of Montero-Castano et al. (2009) shs evidence for the so
called GC 20%m cloud crashing into the CND, leading to the in ow of gas into tle central

parsec region. This event has already been discussed betord was presented rst in the

paper of Jackson et al. (1993). Recent follow-up observat® of Montero-Castano et al.
(2009) are shown in Liu et al. (2012) and Liu et al. (2013). Thgaseous disk in our model
has similar parameters compared to the currently observed\D.

The extreme parameters of the two disks are quite challengirto reproduce. First they
are almost equal in size, largely inclined and counter-rdiag. Second the total mass in
stars is quite high with 1¢ M for the clockwise rotating disk and 0.5 10* M for the

counter-clockwise disk (Genzel et al., 2010).

In section 5.3 we present our formation model in detail, as Weas a description of the
algorithms we are using for our simulation and the parts we aed to the standard version
of the code. We also summarize the initial parameters for tremulations. The simulations
are shown in section 5.4. Finally in section 5.5 we discussethesults and give a summary
of our work.
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5.3 Model and Numerical Method

First we describe the basic physical ingredients of our mdde section 5.3.1. In section
5.3.2 we present the hydrodynamics code we employed for rimmnour simulations and the
numerical parameters used for the simulations. The paranmess used to model the Galactic
Center environment are summarized in section 5.3.2.

5.3.1 Model

Inspired by observations of Montero-Castano et al. (2009e simulate the collision of a
cloud with a gaseous disk (GD) around the central black holeThe angular momentum
direction of the cloud is chosen to be opposite to the GD angul momentum. A similar
model has been tested by Vollmer & Duschl (2001, 2002) in thewvork of prograde and
retrograde encounters of clouds with the observed CND to irstigate the mass infall into
the central region, but they do not relate this process to théormation of the two stellar
disks.

Since the simulated GD is destroyed in the process, the parataers do not necessarily have
to be the same as the currently observed CND. However, the gealkidea for the creation
of the CND is that a number of clouds with similar angular momemm are captured within
the central region forming a gaseous ring within the galactiplane. Hydrodynamical sim-
ulations of this model have been carried out by Coker et al. @3). This simple process
could also have happened before, thus we assume the paramsetd our GD to be similar
to the CND currently observed. Even if this is not true, it maks sense that a progenitor
disk co-rotates with and lies within the galactic plane, sice the overall source for the gas
is the galactic disk.

In our rst low resolution parameter study we have chosen a maber of di erent inclina-
tions between the GD orbital plane and the cloud orbital plae. These studies have shown
that the best choice, if we want to create a small compact aation disk, is always to
choose those planes to be equal. This choice also makes sgiven the fact that the CND
(and thus also our GD) is aligned with the galactic plane (Pamard et al., 2006) and that
the GC clouds are mostly con ned to the galactic plane (Miyaaki & Tsuboi, 2000). Thus
the probability for a cloud to approach the CND/GD within the same orbital plane is high.

As long as clouds with the same angular momentum direction ake galactic disk and
thus also the GD fall in, the GD will grow in mass. Once in a whdl (a crude estimate
from the two data points we have would be roughly every 10 Myr cloud with opposite
angular momentum direction enters the region. This leads tthe destruction of the GD,
resulting in the formation of spiral-like accretion lameris that feed the Galactic Center
and subsequently form a single or multiple stellar disk(s).

There is a high degree of freedom in the choice of our initiabpameters. The basic sim-
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pli cations we assume are as follows. The cloud is always assed to be spherical and
homogeneous. The GD is also assumed to be homogeneous withnaer cavity. Obser-
vations show that the observed CND is a rather clumpy structw with a volume lling
factor of a few percent (Launhardt et al., 2002). However, iturns out to be hard to model
the clumpy structure of the CND without any additional stabilizing mechanism besides
self-gravity. The clumps are quickly tidally torn apart, reverting the disk into a homoge-
neous state. Since we do not want to deal with the question oump stability, we use a
homogeneous disk as a rst approximation. This point will beliscussed further in section
5.4.4 and 5.5.

Another simpli cation is the assumption that the cloud and the GD always have the same
mass. This is a strong restriction and could very well be dirent but in order to reduce
the degree of freedom we need a starting point. In a subsequeaper we plan to study
the e ect of di erent masses and non-homogeneous densitystlibutions. Our current sim-
ulations do not include any feedback from the black hole or edtar feedback. Again we
discuss possible implications of this simpli cation in se¢ion 5.5.

In our second low resolution parameter study we always stad with the GD aligned with

the xy-plane, rotating counter-clockwise. For the infalhg clockwise rotating cloud, we
vary the radius, mass, impact parameter and o set in z-dirdon. As already explained
we now assume no inclination between the cloud's orbital pla and the GD orbital plane.
For the GD we vary the outer and inner radius and always set thmass equal to the cloud
mass. We present the numerical values of the nal set of paraaters used for the high
resolution simulation in section 5.3.3.
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5.3.2 Numerical Setup

We carry out our hydrodynamical simulations using the N-Bodysmoothed Particle Hydro-
dynamics (SPH) Code Gadget3 (Springel et al., 2001; Spring2D05), which makes use of
the entropy-conserving formulation of SPH. Gadget3 improgethe parallel performance of
the previous version by adding a new domain decompositiorhgtne, which balances work
and memory-load at the same time by a more ne grained distrition of the particles
among the CPUs, requiring slightly more communication betvem tasks. For our setup,
where the time-steps of particles in the vicinity of the blachole are much smaller than in
the outer parts, this already signi cantly improves the e ciency of the code compared to
previous versions. Additionally, we are using some modi cains of the code as described
in the following paragraphs.

The extremely high velocity in the vicinity of the black holeputs great stress on the domain
decomposition. After only a few iterations, particle propdies need to be communicated
to other domains, which could reside on non-local CPUs. Thisrangly increased need for
communication slows down the overall performance. Usage dietnew hybrid OpenMP-
MPI implementation in Gadget3 helps to overcome this probfa. Here we reduce the
number of MPI tasks to the number of physical CPUs on each noded for every MPI
task we spawn additional OpenMP tasks corresponding to theumber of cores on each
of the CPUs. With this approach a larger number of particles cabe processed locally
without the need of MPI communication. Tests have shown thatith our simulation setup
we can expect a factor of 3-4 in performance over the standawPI| only approach.

Our low resolution parameter studies have shown that afterrashing into the GD, the
cloud is compressed into a at pancake like shape. This leadls strong fragmentation
right from the beginning of the simulation. In order to prevet the time step from becom-
ing too small due to the high density fragments we allow SPH pi&cles to merge during
the simulation. This is similar to using sink particles alttough we do not replace a large
number of SPH particles by a single non-SPH particle, we onleplace two SPH parti-
cles by a single SPH patrticle of higher mass. Since we onlyoallequal mass particles
to merge and also only allow them to merge up to 3 times, the maxum mass of a high
mass SPH patrticle can only be 8 times higher compared to thenemon SPH particle mass.

Merging is only allowed for particles which are exactly at & minimum hydro smoothing
length (see the end of this section). All of these particles aiin a totally collapsed region,
arti cially prevented from further collapse by the choice éthe minimum hydro smoothing
length. The minimum hydro smoothing length sets an upper lithon density which should
always be higher than any normal region of interest inside ¢hsimulation. Only Jeans un-
stable fragments which are in nitely collapsing then reaclthe minimum hydro smoothing
length.

With this prescription we reduce the number of particles whin a fragment. To make sure
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that we still resolve the fragment with a certain number of SH particles, we only allow
merging to start if the number of possible candidates withithe hydro smoothing length of
a starting particle (a candidate being a particle at the minmum hydro smoothing length)

is at least equal to the number of SPH neighbors which is 50 imiocase.

Two particles are merged by using the center of mass positi@md velocity of the two

particle system for creating the replacement particle. Tlsiway linear momentum is con-
served but not angular momentum. However, due to the fact thabnly particles within a

minimum hydro smoothing length are able to merge, the errosiextremely small and tests
have shown that this does not in uence the results at all. Thearticle merging approach
is a trade o between the sink particle formalism and a brutedrce calculation of the frag-
ments. Tests have shown that we can expect a factor of 4 or bettin simulation speed
compared to a brute force calculation.

To account for the thermodynamics of disk formation, we uséné same cooling formalism
as in AL1, namely that of Stamatellos et al. (2007). It approxnates cooling processes for
optically thin, as well as optically thick regions by applyng an approximative radiative
transfer mechanism using the di usion approximation. The rathod is suited for a wide
range of temperatures (T = 10 - 10 K), a wide range of densities (= 10 *° g/cm? (and
lower) - 10 2 g/cm?) and optical depths in the range of < < 10" as shown in tests
performed by Stamatellos et al. (2007).

In order to prevent small particle time steps in the vicinityof the black hole we de ne an
accretion radiusr ,¢ (given in section 5.3.3) within which all SPH particles areansidered
to be accreted by the black hole. Those particles are removEdm the simulation and will

no longer take part in the dynamical evolution. The xed-pogion sink is not associated
with a patrticle.

The number of SPH neighbors is set tojggh =50 5 and the xed gravitational softening
length is setto =10 3 pc. The hydro-smoothing length is adaptive, with the minimm
allowed length set to be equal to the gravitational softenmlength to prevent suppression
or ampli cation of arti cial fragmentation according to Bate & Burkert (1997). Gadget3
treats gravitational forces as Newtonian up to 2.8 times thergvitational softening length.

We assume a cloud (and thus also GD) mass of 6 10* M . The number of patrticles in
the cloud is 16, so that the mass of a single SPH particle is gay = 0.06 M . Since the
GD contains the same number of particles as the cloud, the SRH¥article masses are also
the same. Our choice for the particle mass leads to a minimuresolvable mass (Bate &
Burkert, 1997) of Myin = Npeigh  Mspy = 3 M
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5.3.3 Modeling the Galactic Center Environment

(a) Setup (b) Final state

Figure 5.1: The initial setup is shown in (a) together with tle simulation parameters. In
(b) the two resulting accretion disks are shown at the samentie.

Like in our previous work (AL1) the black hole is included as atatic point mass potential,

located at the origin of a Cartesian coordinate system. Howew to account for newer data
from observations we increased the mass of the black hole td 4 1® M (Genzel et al.,
2010) compared to 3.5 1° M in ALL.

For the black hole accretion radius we chose a valuegf. = 0.1 pc.

In addition to the black hole potential we also include the pntial of the old cluster of
stars at the GC. The density distribution is taken from obserations by Genzel et al. (2003)
and has the form

-1 R 3
»(R)=1:2 1¢ Odpe [M pc 3

with- =20forR 0.4 pcand =14forR < 0.4 pc.

The initial cloud has constant density and a radius of,,q = 2 pc. For the mass given in
section 5.3.2 (6 10* M ) this corresponds to a density of around 16° _%;.

We assume an ideal gas with an adiabatic equation of state,tlithe cooling mechanism
included as described in section 5.3.2. The initial cloud drGD temperature is 100 K. The
global minimum allowed temperature is also set to 100 K to acant for the background
UV eld from the old cluster of stars at the GC.
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The cloud's center of mass is initially placed at an o set of x= -10 pc on the x-axis and
an o set of yo = 5.2 pc on the y-axis. There is no o set in z-direction, howesr due to the
random particle distribution there is a slight (0.1 percent abundance of mass above the
xy-plane which e ectively acts like a small z-0 set. The clad velocity is initially set to
Veloud = 145 k?m in the x-direction, thus the cloud's orbit is clockwise arond the black hole.

The GD is modeled as a at disk with an inner edge ofi.k,g = 1.8 pc and an outer edge
of ro.cna = 7.5 pc. It is placed within the xy-plane and rotates counterclockwise. Fig. 5.1
depicts the simulation parameters for the initial setup andhe nal state.
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5.4 Results

In this section we present the results from our high resolwatn simulation. First we describe
the evolution of the infall of the cloud and the interaction vith the GD in 5.4.1. The

amount of mass concentrated around the black hole over time shown in 5.4.2. In 5.4.3
we present the angular momentum distribution of the compadiccretion disks and in 5.4.4
we investigate their Toomre parameter. Finally in 5.4.5 weh®rtly present results on

the similarity between the in ow pattern of gas during the cbud-GD interaction and the

observed mini-spiral.

5.4.1 Evolution of the cloud-GD interaction

Fig. 5.2 shows a large scale view of the evolution of the cle@D interaction. The surface
density is given in units of'\;? and the length units are given in pc. A closer view of the
inner region can be seen in Fig. 5.3 using the same units anché slices as Fig. 5.2.

Figures 5.2 (a) and 5.3 (a) show the initial setup with the chad approaching the counter-

clockwise rotating GD from the left side. In Fig. 5.2 (b) the oud just crashed into the

GD and reached the opposite side. The cloud is strongly conggsed and fragments are
forming inside its high density region. The formerly evacuad central region of the CND

is lling up with low angular momentum gas, better seen in Fig 5.3 (b).

Following its highly eccentric orbit, the cloud moves outsie the central 5 pc region (Fig.
5.2 (c)) and thus will no longer be visible on the next plots. fie cloud is tidally torn apart
and a stream of gas forms that slowly falls back towards thedatk hole, seen on the lower
right in Fig. 5.2 (c). Fig. 5.3 (c) shows the rst sub-parsec cale accretion disk that has
formed around the black hole at its peak mass. The disk has yelow mass (6.5 10
M ), is short lived (roughly 0.1 Myr) and highly eccentric. Thee is still a lot of material
inside the GD, which is now spiraling towards the center.

The tight stream of gas entering from the bottom of Fig. 5.2 (pstill originates from the
cloud. This stream mixes with the ambient gas from the GD (Fig5.3 (d)), by this loosing
angular momentum, and winds up around the black hole. This dels to the formation of
the second accretion disk shown in Fig. 5.2 (e) and Fig. 5.3)(e

The disk has a high mass (1.35 10* M ) and exists for a long time (roughly 0.5 Myr).
Besides forming the rst high mass accretion disk the strearalso collides with material
inside the GD, thus slowly reducing the angular momentum (duto the collision with ma-
terial of opposite angular momentum) of the GD material, mawng it further towards the
center.

The high mass accretion disk is now slowly eroded by GD gas Wwibpposite angular mo-
mentum falling in at the outer edges. This destroys the diskrdm the outside in. A



176 5. Paper Il

Figure 5.2 Large scale view of the cloud-GD interaction ekion. Shown is the log-
arithmic surface-density in units of'\"—c2 and the length units are given in pc. In (a) the
initial setup with the cloud approaching from the left is shan. The cloud crashes into the
GD and gets strongly compressed (b). Next the cloud reachestbpposite side of the GD
and the rst low mass accretion disk forms (c). A stream of cled material ows backward

into the inner region of the GD and starts winding up around tle black hole (d). Plot

(e) shows the rst high mass accretion disk at peak mass. Aftehe high mass accretion
disk is destroyed by gas of opposite angular momentum eatiftgup from the outside in,

another low mass, high eccentricity and short lived accretn disk forms, shown in (f). A
small amount of material left from the original GD starts itslast orbit (g), crossing the

stream of gas from the cloud in (h). After the GD is completely elstroyed, forming the
second high mass accretion disk (i), the stream of gas frometitloud can overshoot the
GD region in (j). This leads to the formation of a large eccent ring of gas around the
central accretion disk (k). This ring slowly circularizes]eading to the nal steady state

shown in (1).
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Figure 5.3: Shown is the logarithmic surface-density in uisi of X, and the length units

c2
are given in pc. In (a) the initial setup with the cloud approahinpg from the left is shown.
Velocity vectors are all the same length and only indicate déction. Panels (b) to (k) give
a close view of the inner region of the cloud-GD interactiorvelution. The cloud crashes
into the GD and the inner cavity of the GD starts to Il up with m aterial (b). Formation
of the rst low mass accretion disk is shown in (c). The streanof cloud material which
ows backward into the inner region of the GD winds up aroundhe black hole (d). Plot
(e) shows a close view of the rst high mass accretion disk ataximum mass. In (f) the
second low mass accretion disk can be seen. The remaining GBtenial is moving into
the central area leading to the formation of the second high ass accretion disk (g, h, i).
The con guration now remains fairly steady for a long time ad the disk circularizes (|,
k). At the nal step (I), the outer ring of gas is almost compleely circular and replaces
the original CND at lower density and with opposite angular mmentum.
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detailed study of the evolution of nested accretion disks thi opposite angular momentum
close to supermassive black holes has been carried out by Mixa al. (2012)). They nd
that accretion rates can increase more than 100 times aboveetaccretion rate of a single
planar viscously evolving accretion disk. This provides avwy e cient way to feed SMBHSs.

After the disk has vanished another short lived (roughly 0.1 M), low mass (9.5 17
M ) and high eccentricity accretion disk forms (Fig. 5.2 (f) ad Fig. 5.3 (f)). The GD is
now almost completely destroyed by the stream of gas owingalsk in from the cloud.

Transition into the nal steady state is shown in the series Pbplots (g-I) in Fig. 5.2 and
Fig. 5.3. In Fig. 5.2 (g) the last material remaining in the GDstarts its last orbit, crossing
the stream of backwards owing gas from the cloud in Fig. 5.2h]. All this material now
winds up around the central black hole and forms the secondghi mass accretion disk
(5.65 10° M ), presented in Fig. 5.2 (i) and Fig. 5.3 (i) at peak mass.

When most of the GD gas has fallen inwards the gas from the ckwase rotating stream,
resulting from the disrupted gas cloud cannot lose angularamentum anymore and feeding
of the central accretion disk stops. Fig. 5.2 (j) shows the am of gas from the cloud
overshooting the GD region since there is ho more materialofn the GD left to collide
with.

Finally in Fig. 5.2 (k) the stream of gas from the cloud forms &arge, eccentric ring of gas
around the inner compact accretion disk. The ring slowly dépates kinetic energy and
circularizes, leading to the nal steady state at 4.5 Myr shan in Fig. 5.2 (I). An interesting
feature of this ring is that it almost replaces the original ® (concerning location and
width, although with a much lower density) but now rotates cbckwise (compare velocity
vectors in Fig. 5.3 (a) and (l)), as it is comprised almost copietely of cloud material.
The subsequent infall of additional clouds with the same antar momentum as the initial
cloud could now add to the mass of this new GD eventually buildg up the currently
observed CND. The infall of a cloud with opposite angular momé&um could trigger the
next accretion phase onto the supermassive black hole, whiave might be witnessing
currently (Montero-Castano et al., 2009). The inner acctien disk is no longer a ected by
the infall of gas and remains more or less steady (Fig. 5.3 K)).

A comparison of the density of the two high mass accretion & in the z=0 pc plane is
shown in Fig. 5.4. Several points which we investigate in merdetalil later are already
visible from these plots. First the disks are clearly countgotating, the rst accretion
disk rotates clockwise, the second accretion disk counteeckwise. Second the disks are
inclined with respect to the xy-plane. They are rotated alog the connection of the high
density parts in Fig. 5.4, almost horizontal for (a) and almst vertical for (b). The disks
can not be inclined in the same way, since the axes of rotati@ane nearly perpendicular to
each other.
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(@) 0.7 Myr (b) 1.86 Myr
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Figure 5.4: Density cut in the z=0 pc plane in units of';"?. We compare the density in
the z=0 plane of the two high mass accretion disks forming at® Myr (a) and 1.86 Myr
(b). Velocity vectors are all the same length and only indida direction. The disks are
counter-rotating, inclined with respect to the xy-plane ad with respect to each other.

5.4.2 Amount of mass within the central region

We now look at the amount of mass within the central 0.6 pc aroul the black hole against
time. This radius is taken simply because it is a bit further ot than the radius of the
largest accretion disk that formed. We distinguish betweenontributions from the cloud
and the GD. This provides a good rst hint for the formation ofthe various disks around
the black hole and about their sense of rotation. A peak in thenass distribution represents
a compact accretion disk. If the contribution to the mass offte disk is dominated by the
cloud we expect the disk to be rotating clockwise, if the GD doinates we expect the disk
to be rotating counter-clockwise. In our low resolution pameter study this provided a
quick way to identify good models.
The arrows in Fig. 5.5 indicate the points at which we plottedhe disks in section 5.4.1.
First we can see that the two low mass disks at 0.2 Myr and 1.3 Myare indeed very
short lived and contain almost no mass above the ambient ldy¢hus they are completely
negligible. On the other hand the rst high mass disk contais around 11 percent (1.35
10* M ) and the second high mass disk around 4 percent (5.6510° M ) of the total
initially available mass (1.2 10 M ). The lifetime of the rst disk of around 0.5 Myr
should be long enough for the disk to fragment if it was unsté A typical value for the
fragmentation time of such a disk is 0.2 to 0.3 Myr as found irhe simulations of Bonnell
& Rice (2008), Mapelli et al. (2012) and our own accretion disfragmentation studies.
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Figure 5.5: Amount of mass within the central 0.6 pc versus siufation time. The black

(solid) line shows the total mass, the blue (dashed) line theontribution from the cloud

and the red (dotted) line the contribution from the GD to the total mass. The arrows
indicate the points at which we plotted the disks in Fig. 5.3.

Figure 5.6: Accretion rate (red, solid line) and total accredd mass (black, dashed line)
over time. The plot is cut beyond 2 Myr since the accretion rat stays near zero until the

end of the simulation at 4.5 Myr.
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The main contribution to the mass of the rst disk comes from e cloud, thus the disk is
rotating clockwise. Although the disk is smaller compared tthe second high mass disk,
it contains more mass and thus is closer to being able to fragmt as we will show in

5.4.4. For the second disk, the contribution to the mass isdtier from the GD leading to

a counter-clockwise rotating disk.

The mass in our disks is opposite to what is seen in observaits The observed larger disk
has double the mass (¥fOM ) in stars compared to the smaller disk (0.5 10* M ). In
our simulation the smaller disk contains roughly three time the mass of the larger disk
(Note that we compare the observed stellar disks to the simu&d gaseous accretion disks).
However, we regard this as a matter of ne tuning, like a more & grained search over the
initial cloud radius or GD size, which is beyond this rst appoach.

Fig. 5.6 shows the accretion rate and total accreted mass otne. In total around 10° M
are accreted over 2 Myr and the mean accretion rate is roughly0O5 M /yr. Accretion in
our case represents the ow of material below the accretioadiusr 5. and is not connected
to a black hole accretion rate. The material could settle it an actual black hole accretion
disk at much smaller radii. The Lense-Thirring e ect alignsthe disk angular momentum
with the black hole angular momentum, thus removing the acetion rate amplifying e ect
of counter-rotating gas falling in at later times. The accréon disk then could evolve
viscously, thus feeding the black hole at lower rates compat to Fig. 5.6.
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5.4.3 Angular momentum distribution and disk orientation

(a) (b)

Figure 5.7: The two high mass accretion disks combined in agle plot, tted at midplane
at the times shown in Fig. 5.3 (e) at 0.7 Myr and Fig. 5.3 (i) at 86 Myr from di erent
viewing angles.

To visualize the disk con guration better, we tted each of the high mass accretion disks
with a thin sheet at the times shown in Fig. 5.3 (e) and Fig. 5.3i), positioned at the
midplane of the disks. Then we combined the results into a gjle plot, shown in Fig. 5.7
(a) and (b) for di erent viewing angles. Clearly the disks ag inclined with respect to each
other and share the same volume. The smallest angle betwedse disks (see Fig. 5.1 (b))
is roughly 4k = 15 in our case, compared to 70inferred from observations (Bartko
et al., 2009). For comparison, the best t of the observatioa data can be seen in Fig. 20
in Bartko et al. (2009). Although the second high mass disk iseakly warped in our case,
the warp is not as strong as the observed one. However, there also cases in the low
resolution runs in which a highly warped disk was produced.

In Fig. 5.8 we show a histogram of the binned cosine of the argumomentum vector

with respect to the x,y and z-axis for all the gas particles whin the central 0.6 pc from

the black hole. The rst disk, shown in Fig. 5.8 (a) has a strog peak in the z-component
near -1, thus the z-component of angular momentum is anti-pallel to the z-axis for all

the gas inside the disk. On the other hand the second high madisk peaks near 1, thus
the z-component of angular momentum is parallel to the z-axi
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(@) 0.7 Myr (b) 1.86 Myr

Figure 5.8: Histogram of the cosine of angular momentum withespect to the x,y and
z-axis. The black (solid) line shows the cosine of angular mentum with respect to the
z-axis, the blue (dashed) line with respect to the y-axis anthe red (dotted) line with

respect to the x-axis. The two peaks near -1 and 1 for the rsta) and second (b) high
mass accretion disks show that the z-component of angular mentum is opposite for the
two disks.

On the plane of sky, the GD is seen almost edge on from earth. ©af the observed stellar
disks is seen almost completely face on in the plane of sky. efeecond stellar disk is again
seen almost edge on, but perpendicular to the GD. This con gation is not too far from
what our simulation shows. None of our simulated disks lies thin the plane of the GD,
both of them are inclined with respect to the GD and with respe to each other, making
our model an attractive formation mechanism for the stelladisks.

To show that the disk angular momentum distribution is detemined by the mixture of
cloud and GD material we now look only at the rst high mass aaetion disk. We isolate
all the particles within the disk at 0.7 Myr and trace them bak to the initial setup. For
every snapshot we then plot the mean of the cosine of angulanmentum with respect to
the X,y and z-axis of those isolated patrticles.

To measure how strongly the material is mixed, we determinerfevery snapshot the mean
number of particles from the GD within the hydro-smoothing éngth of every cloud par-
ticle, as well as the other way around. If a particle is withirthe hydro-smoothing length
of another patrticle it contributes to its density, which by ce nition means that the two
particles are interacting (or more sloppy formulated \mixd").



184 5. Paper Il

(@) (b)

() (d)

Figure 5.9: Shown in (a), (b) and (c) is the mean cosine of anigm momentum with
respect to x,y and z-axis of the subset of particles from therst high mass accretion disk
over time. The black (solid) line shows the angular momenturarientation for the cloud
particles and the red (dashed) line for the GD particles. Ind) we show the mean number
of neighbors within the hydro-smoothing length from the oppsite component for each of
the components (GD and cloud). Again only the subset of parties inside the rst high
mass accretion disk at 0.7 Myr is shown. This provides a way sge how well \mixed" the
two components are. The mean number of neighbors from the GDbrfthe cloud material
is shown as black (solid) line and the mean number of neighisofrom the cloud for the
GD material is shown as red (dashed). There is a clear correten between mixing and
angular momentum distribution.

The distribution of the mean cosine of angular momentum ovdrme obtained this way
is shown in Fig. 5.9 (a), (b) and (c). For comparison the meanumber of neighbors
from the opposite component can be seen in Fig. 5.9 (d). In thHeeginning, cloud and
GD are well separated, with no particle from the opposite coponent nearby and with
the angular momentum only aligned parallel and anti-paradll to the z-axis. At around

0.12 Myr the cloud reaches the opposite side after crashinga the GD. The interaction

of cloud and GD leads to mixing of the particles and now each tiie components has
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a small number of neighbors from the opposite component. Ehis also re ected in the
mean cosine distribution, taking the z-component (Fig. 5.€c)), one can clearly see that a
fraction of the GD material is a ected and now co-rotates wit the cloud material.

At around 0.4 Myr formation of the accretion disk starts. Now he number of neighbors
from the opposite component steeply rises for both the GD artde cloud. This is mirrored
in the angular momentum distribution, again best seen in the-component (Fig. 5.9 (c)).
The plots show that there is a strong correlation between mixg of the two components
and the angular momentum distribution. The contribution of GD material to the cloud
material reduces its angular momentum, so that it can settleto a tight orbit around the
black hole. Fig. 5.9 (b) shows that the particles from the cled which end up inside the
accretion disk already have a small y-component in their aogar momentum, which leads
to the inclination of the accretion disk with respect to the y-plane. This asymmetric
distribution originates from the small imbalance of mass awve and below the xy-plane
due to the random particle setup, which e ectively acts likea small cloud o set in z-
direction. A higher mass imbalance or a non zero cloud o set z-direction would increase
the inclination, which we con rmed in test-simulations.
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5.4.4 Toomre parameter and disk fragmentation

Figure 5.10: Toomre Q at peak mass for both compact accretiahisks. Plotted is the
Toomre parameter in radial bins against distance from the &tk hole. The black (solid)
line shows the rst high mass accretion disk which formed aomd 0.7 Myr, the red (dashed)
line the second high mass accretion disk which formed aroutidB6 Myr.

After we have formed gaseous accretion disks, the next impant step is disk instability.
Our scenario assumes that the rst high mass accretion diskagments into cores before
the gaseous component gets destroyed and the second high snascretion disk forms,
leaving a collisionless disk of star forming cores from thest accretion disk. After that
the second accretion disk fragments, leaving two inclinedstts of cores which turn into
stars and probably undergo further evolution (e.g. changd mclination, warping) leading
eventually to the stellar disks observed today.

To investigate the fragmentation behavior we look at the Tomre instability parameter

for our two high mass accretion disks, shown in Fig. 5.10. Fthis we rotate each of the
disks into the xy-plane and calculate Q for di erent radial ns. The Toomre parameter
for the rst high mass accretion disk, plotted in black (soli), drops to Q=2.8 at around

0.22 pc distance from the black hole, which is still in the skde regime. An even higher
value is seen for the second high mass accretion disk showned (dashed) in Fig. 5.10.
Here Q=23 represents the lowest value reached at around 0.36. pThus both our disks
are stable against fragmentation.

This is not unexpected since we set up our initial conditionwith a rather low total mass.
As already pointed out in the introduction, simulations whit use a cloud of low angular
momentum captured by the black hole need up to 20M of mass in the cloud to explain
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the top-heavy IMF in a single disk. In our case we have a stanj mass of 1.2 10° M
that is potentially available for a total of two disks.

The low initial mass comes from considerations about clouchd GD stability. We already
discussed the problem of stabilizing clumps within the GD/@ID in section 5.3.1. At high
masses corresponding to several times®1d the disk and the GD quickly become unsta-
ble and start fragmenting.

Observations indicate that there are around 0to 10° M of gas inside the currently
observed CND and that the CND is a transient structure (f < 1C° yrs) (Guesten et al.,
1987). However there are also models which assume the CND to beather stable struc-
ture (tjre > 10 yrs) (Vollmer et al., 2003). Our simulations start with a prayenitor of the
current CND, so the mass does not necessarily have to be the saas the current CND
mass, leaving us some freedom in the choice. The issue of howstabilize the GD or a
cloud goes beyond the scope of our work. Hence, our choice afapzeters is a trade-o

between a GD and cloud stable enough to survive the rst encater given our limited

physics and a preferably high initial mass. Turbulent, roting clumps inside the GD to-
gether with a magnetic eld could be ingredients needed to abilize such a system.

(a) Overview at 1.3 Myr (b) Accretion disk at 1.3 Myr

Figure 5.11: Logarithmic surface-density in units o%. A test case with di erent ini-
tial conditions from the simulation presented througﬁout he paper leads to a high mass
accretion disk that breaks up into fragments.

However, even at our current initial mass we were able to nd itial conditions which
lead to enough mass inside the rst high mass accretion disk ¢hat it becomes unstable.
Fig. 5.11 shows such a simulation in which the rst high masscaretion disk that forms
quickly becomes unstable and breaks up into cores. Unfortuedy this simulation evolves
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very slowly and we are not yet far beyond the point at which theimulation is shown. The
results of this improved model will be shown in a subsequengéper.

A number of clumps, originating from the cloud after crashiginto the GD and fragmenting,
are spread out over a large area (up to 40 pc) around the cerittdack hole. Those clumps
might represent the population of young massive stars at radarger than 0.5 pc that were
recently found by Nishiyama & Schedel (2013).
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5.4.5 Formation of the mini-spiral
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Figure 5.12: Density cut in the z=0 pc plane in units o% through the in ow pattern of
gas from a low-resolution test simulation that resembles émini-spiral. The 2D velocity
eld agrees with observations presented in Zhao et al. (200®ut a detailed 3D comparison
still has to be undertaken.

The in ow pattern of gas especially at the beginning of our siulations always consists of
multiple streams of gas owing into the central region from derent points of the inner
edge of the GD. In one particular case of a low-resolution tesimulation, the in ow pat-
tern resembles the mini spiral surprisingly good. We presethis case in Fig. 5.12. The
mini spiral has already been credited as source for the blakbkle SgrA* in its bright state
(Czerny et al., 2013).

A comparison to observations, e.g. Fig. 2 in Zhao et al. (2009hows that the 2D velocity
eld matches observations quite well, especially the smdtbop forming at the upper right
half of the plot. In our picture the eastern-arm (stream of gaon the left side of the plot)
crosses the black hole from below and also forms the so calbad below the black hole.
From the north we have the northern-arm owing past the blackhole on the left side,
colliding with the bar at the crossing point of the streams.

A detailed comparison of the 3D structure of the in ow patten to the t from observations
by Zhao et al. (2009) is still necessary and will be postponed a future publication. The
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formation of a structure similar to the mini-spiral seems tde a natural feature of our model

for the formation of the two counter-rotating sub-parsec sde accretion disks, suggesting
that we observe a similar event today at the GC which happenetD Myr ago and lead to

the formation of the disks.
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5.5 Discussion and Summary

We presented a simple, plausible model for the formation ofrd counter-rotating accretion
disks. This model is for the rst time able to explain the formation of the puzzling con-
guration of the two stellar disks which are observed at the @lactic Center (GC) without
relying on long chains of individual events.

So far it was assumed that a single cloud with a very small (syfiarsec) impact parameter
gets captured and disrupted by the black hole to form a singlaccretion disk. To form
a second disk, one would need within a short time a second, oter-rotating cloud with
equally small impact parameter. Already the existence of amgjle cloud with a sub-parsec
impact parameter is highly unlikely. It would have to be creted very close to the black
hole from the beginning. However, the only real source of gdese to the black hole is the
circum-nuclear disk (CND) (for the current event) or our simlated gaseous disk (GD) (for
the previous event), so it is likely that the gas which formedhe accretion disks originates
there.

The CND/GD is placed far enough from the black hole so that cadlions with clouds be-
come possible. Observations even con rm that there is cunty a cloud colliding with the
CND. Test simulations have shown that it is easy to create muftle accretion disks using
this model. There are cases with up to four compact accretiahsks forming. Sometimes
all the disks have the same rotational direction, sometimamly a single disk forms. But
in all cases the formation of an accretion disk due to low angm momentum gas winding
up around the black hole is possible. The in ow patterns of th streams of gas can even
resemble the mini-spiral which is currently observed at th&C.

Due to the high degree of freedom in our initial conditions weon't expect to get a perfect

match to observations. For our high resolution simulation & took the parameters from a
low resolution simulation that produced two prominent, coater-rotating disks of roughly

the correct size compared to observations, in order to showe basic mechanism of our
proposed model.

The stellar disks themselves had a long time to evolve sindeetr formation and there is a
number of papers (Ulubay-Siddiki et al., 2009; Kocsis & Trenmae, 2011; Madigan et al.,
2009; Ulubay-Siddiki et al., 2013) that deal with how the disk could become warped with
time or increase their inclination. In this work we concentte on the initial formation of
the progenitor accretion disks and hence a perfect t to alllsserved characteristics of the
stellar disks is not intended. Test simulations have showrhat increasing the mass imbal-
ance above and below the xy-plane, as well as allowing a sn@tlud o set in z-direction
also leads to a larger inclination, thus an improved simulan later on could also be able
to explain the high inclination directly.

We have made a number of simpli cations which could impact aguresults, which will be
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brie y presented here. First we always assume the cloud antié GD to have equal mass.
A naive improvement judging from Fig. 5.10 would be to increse the mass in the GD so
that the second high mass accretion disk becomes more massisince the main contri-
bution to mass in this disk comes from the GD. This could alsouysh the rst high mass
accretion disk over the fragmentation point. In addition ths would bring the disks closer
to the observed mass ratio of 1:2 (f0M in the clockwise disk and 0.5 10* M in the
counter-clockwise disk).

Feedback from the black hole would depend on the orientatiasf the black hole spin axis
with respect to the accretion disks. A real rst hint on the spn axis orientation might be
given by the recent possible detection of a jet-like out owrbm SgrA* (Yusef-Zadeh et al.,
2012). Such a jet could prevent the formation of a second digkter material from the rst
disk feeds the black hole.

Another important point to keep in mind is the possible impactof stellar feedback. We
do not include stellar feedback in our simulations. If therare stars forming in the rst
accretion disk, they could possibly in uence the formatiorof the second accretion disk,
given enough time between the two events. Thus it is desirabthat the disks form as short
after one another as possible.

On the other hand, the disks must have enough time to fragmeiait all. This last point
does not seem to be overall problematic judging from our tesimulations. Simulations of
fragmenting high mass (1® M ) accretion disks close< 0.5 pc) to SgrA* typically only
need around 0.2 to 0.3 Myr to form clumps and protostellar ces, as already pointed out
in section 5.4.2. Even in cases where we had four high massreiton disks forming, each
single accretion disk existed for around 0.2 Myr and thus wéihave had enough time to
fragment.

More problematic is the time between the formation of the twalisks. In our case it takes
roughly 1 Myr between formation of the two disks, during whic feedback from the stars
forming in the rst disk could become already important. Howeer, taking the stellar
models of Ekstrem et al. (2012) into account this should behsrt enough, so that stellar
feedback even from high mass stars (60 M ) should not play a role.

Compared to observations we are well within the uncertaintpf age determinations of the
stars of 2 Myr. The stellar and black hole feedback problemsal applies to the low angular
momentum cloud capture model and is not a special property ofr particular formation
model.

Overall, seeing how easy it is to create multiple disks, we erstill con dent that our

results will hold when including additional physics. This rst study already produced a
reasonable t when compared to observations and future reements will surely increase
the agreement. For the rst time we are able to create two mas®, sub-parsec scale
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counter-rotating accretion disks which are inclined with @éspect to each other and with
respect to the CND.
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Chapter 6

The G2 Cloud

In this chapter we present SPH simulations of the G2 cloud tegher with the numerical
problems that arise.

6.1 SPH Simulations of G2

An overview of the physics of G2 will be given in the third papeof this thesis. Here we
present SPH simulations of the compact cloud scenario as delsed in the third paper.
The cloud parameters can be found in Table 7.1. Instead of ngithe density and temper-
ature model for the Galactic Centre atmosphere 7.2, we rsttart with a constant density
atmosphere taking the value of the atmosphere at the distaa®f the cloud from the black
hole given in Table 7.1.

The rst studies with a constant density atmosphere were aied at determining the in u-
ence of hydrodynamics e ects on the evolution of the cloud.of this we simulated the G2
cloud orbiting around the black hole using SPH particles inre simulation and N-body
particles in another simulation. The resulting particle dstributions are plotted over each
other in Figure 6.1. On the left side, the cloud is approachinthe pericentre (we plot the
cloud in the centre of mass frame). The white dots represerhé¢ N-body particles. The
distribution is similar, thus hydrodynamics e ects do not €em to play a large role. After
pericentre passage the distributions start to deviate straly, as can be seen on the right
side of Figure 6.1.
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Figure 6.1: SPH and N-body simulations of G2 within a constantensity atmosphere.
The left panel shows the cloud before pericentre passagee thight panel after pericentre
passage. Before pericentre passage hydrodynamical e edtsnot seem to play a large role
and the cloud evolution seems to be well described by the N-bodimulation.

Other simulations using over and under-pressured cloudsosted that the density and tem-
perature gradient in the atmosphere has to be taken into acant to really see how the
cloud evolves. If the infall time is short enough so that theloud can not react to the
change in atmosphere pressure, the in uence of hydrodynarsie ects during the infall
should be small enough so that the N-body prescription givesgmod rst approximation
of the cloud evolution.

We model the atmosphere at the Galactic Centre using equati® 7.2. Since therl at-
mosphere is extremely unstable in the inner part, we have todat this region di erently.
The particles here are held at xed positions, ignoring alldrces. The outer parts of the
atmosphere can then \rest" on this central pressure support

Figure 6.2 shows the resulting initial setup on the left sideiith G2 starting at apocentre.
After a short time, shown in Figure 6.2 on the right side, the ahosphere already becomes
unstable, despite the treatment of the inner parts. Also aroud the cloud a void forms,
which can be better seen in the zoom in Figure 6.3.
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Figure 6.2: Simulation of G2 using the density and temperata gradient of the atmosphere
given by equations 7.2. The left panel shows the initial sgbuvith G2 starting at apocentre.
The right panel shows the same simulation a short time later.

Figure 6.3: A zoom onto the G2 cloud from the right panel of Fige 6.2. A thick void
region around the cloud forms.
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6.2 Numerical Problems

The e ect that creates the void around G2 is one of the problesof standard SPH which
neglects thermal conduction. We can imagine two uids nextd each other which are in
pressure equilibrium (P = € ). One of the uids is very hot (high ) and has a low
density (low ). The other uid is cold (low cs) and has a high density (high ) such that
the pressure of both uids is the same.

We now look at particles within the low density uid. Even with a sharp boundary be-
tween the uids, the smoothing length of a particle inside tk low density uid close to
the boundary can contain particles from the high density uil. Thus the density estimate
for this particle is higher compared to the common density wiin the low density uid.
The same e ect is true for particles close to the boundary whin the high density uid,
for those particles the density is underestimated.

The e ect of this over- and underestimation close to the boutary is a density transition in
which density gradually increases from the low density regn into the high density region.
However the thermal energy due todoes not show such a gradient, there is only the
sharp jump which was initially set up. Since the distributims of ¢ and now di er, due
to the SPH density estimate at the interface, the resulting ggssure is no longer balanced.

Particles inside the low density uid which are close to the uid boundary have a higher
density compared to normal low density particles but still he same high ¢ as the rest
of the low density uid particles, which results in a higher pessure. On the high density
uid side, the density is underestimated at the boundary, sthat the particles have a lower
pressure in total. This gradient in pressure pushes the twauid phases apart leading to
the void zone between them, which is exactly the e ect we see the simulations of G2.

Figure 6.4 shows the pressure if we start from the atmosphesed go into the G2 cloud.
At the boundary between atmosphere (left) and cloud (right)marked by the black vertical
line, we can see the pressure rising in the atmosphere partdathen dropping inside the
cloud. In total the pressure di erence is nearly two ordersfanagnitude.
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Figure 6.4: Pressure during the transition from the atmospre into the G2 cloud. The
pressure di erence at the edge leads to the void zone, seenwrd G2 inside the simulation.

To x this problem one could introduce a smoothing also in thehermal energy, which is
exactly what thermal conduction will do. In the case of G2 hoewer there is an additional
problem. The density contrast between the cloud and the madhn is extremely high, with
a ratio of nearly 1:3000. Thus for particles within the cloudt is highly likely that they
will not nd any particles of the atmosphere within their smoothing length, basically de-
coupling the cloud from the atmosphere. Particles within tB atmosphere on the other
hand, if they are close to the cloud, will nd enough particle of the cloud within their
smoothing length, so that the density estimate will be extmaely wrong. Following the
density evolution of the G2 simulation one can see individugarticles from within the
atmosphere basically decoupling from the rest of the atmdsgre, hitting the cloud and
then bouncing o .

The above considerations assume that all SPH particles have same mass. One could also
imagine that the particles within the atmosphere get a lowemass, such that the amount of
particles at the boundary is roughly the same for the cloud @hthe atmosphere. However
the number of particles inside the atmosphere would be enooums, rendering this approach
useless. Due to the very low mass, the contribution from pactes within the atmosphere
would also be negligible and only cloud particles would carthute, dominating the density
sum for atmosphere particles close to the boundary. A solaoti to all the problems SPH
has with G2 could be to use a gradient in particle mass close tioee boundary, together
with thermal conduction and a few other modi cations to SPH. The upcoming paper of
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Zintl et al. will discuss this solution in more detail. Bette suited for this type of problem
are grid codes, which have no problem with the density consabetween the atmosphere
and the cloud. M. Schartmann simulated the G2 scenario usinge grid code PLUTO
(Mignone et al., 2007, 2012). The results are presented inethhird paper.
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7.1 Simulations of the origin and fate of the Galactic
Center cloud G2

M. Schartmann, A. Burkert, C. Alig, S. Gillessen, R. Genzel, FEisenhauer
and T.K. Fritz
Published in ApJ, 2012, Volume 755, Page 155

We investigate the origin and fate of the recently discovetlegas cloud G2 close to the
Galactic Center. Our hydrodynamical simulations focussgon the dynamical evolution
of the cloud in combination with currently available obserations favor two scenarios: a
Compact Cloudwhich started around the year 1995 and &pherical Shellof gas, with an
apocenter distance within the disk(s) of young stars and a das of a few times the size of
the Compact Cloud The former is able to explain the detected signal of G2 in thgosition-
velocity diagram of the Br emission of the year 2008.5 and 2011.5 data. The latter can
account for both, G2's signal as well as the fainter extendedil-like structure G2t seen
at larger distances from the black hole and smaller velo@s. In contrast, gas stripped
from a compact cloud by hydrodynamical interactions is notlale to explain the location
of the detected G2t emission in the observed position-veltycdiagrams. This favors the
Spherical Shell Scenari@nd might be a severe problem for th€ompact Cloudas well as
the so-calledCompact Source Scenario From these rst idealized simulations we expect
a roughly constant feeding of the supermassive black holerdlugh a nozzle-like structure
over a long period, starting shortly after the closest appexh in 2013.51 for theCompact
Cloud. If the matter accretes in the hot accretion mode, we do not eect a signi cant
boost of the current activity of Sgr A* for the Compact Cloudmodel, but a boost of the
average infrared and X-ray luminosity by roughly a factor of @ for the Spherical Shell
scenario with order of magnitude variations on a timescalef @ few months. Assuming
that a part of the gas is accreted in cold disk mode, even highboost factors can be
reached. The near-future evolution of the cloud will be a ssitive probe of the conditions
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of the gas distribution in the milli-parsec environment of he massive black hole in the
Galactic Center.
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Figure 7.1: Orbits of our two scenarios: The black line repsents the orbit of G2, as
determined in Gillessen et al. (2012), representative fohé Compact Cloud Scenaricand

the red line denotes the orbit of eG2 as determined in this wkyr representative for the
Spherical Shell ScenarioThe location of the central black hole is denoted by the plusign

and the dashed line denotes the inner rim of the disk(s) of yng stars. The sizes of the
shell and the cloud are shown by the thin black lines.

7.2 Introduction

The Galactic Center harbors a nuclear supermassive blacklagSMBH). Due to its prox-
imity, its mass of 431 10°M (Gillessen et al., 2009b; Ghez et al., 2008; Genzel et al.,
2010) has been derived from direct long-term (20 years) monitoring of stellar orbits
in the sub-parsec-scale vicinity of the central compact ndmermal radio source SgrA* {
thought to be the radiative counterpart of the central SMBH. The uncertainties in the
mass-estimate of the order of 10% are mostly due to the distasm measurement. The
parsec-scale environment of the center is comprised of seweain constituents (e. g. Melia
& Falcke, 2001; Genzel et al., 2010): an atmosphere of di uket gas (e. g. Bagano et al.,
2003,Yuan et al., 2003, see also Sect. 7.4.1), a cluster aflesd stars (Genzel et al., 2003),
one or two warped disks of young stars ranging between 0.04gud 0.5 pc (Genzel et al.,
2003; Levin & Beloborodov, 2003; Bartko et al., 2010; Lu et.al2009; Alig et al., 2011),
the B-stars in the central half-parsec (Gillessen et al., POb), spiral shaped thermal gas
streams in the inner 2 pc, which reaches down to 0.17 pc (call&gr A West, (Ekers &
Lynden-Bell, 1971; Downes & Martin, 1971; Ekers et al., 198Yusef-Zadeh & Wardle,
1993; Zhao et al., 2009)), a molecular dusty ring ranging fro2 pc to 5pc (Genzel et al.,
1985; Montero-Castano et al., 2009) and a shell-like, ptical non-thermal structure with a
size of roughly 6 8pc (called Sgr A East, Ekers & Lynden-Bell, 1971; Downes & M,
1971; Ekers et al., 1975; Maeda et al., 2002). For a more dédireview of the Galactic
Center environment we refer to Genzel et al. (2010).

Recently, a gas cloud has been detected on its way towards Balactic Center (Gillessen
etal., 2012). It consists of a two-component system: (i) th@gh surface brightness compact
component G2 and (ii) a lower surface brightness cone-likegcture, which we will refer to
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as G2t from now on, as it was originally described as thail of G2 (Gillessen et al., 2012).
The whole complex (G2 plus G2t) will be called eG2, thextended G2cloud complex,
in order to avoid confusion. Traced back on archival data, Gessen et al. (2012) were
able to determine an accurate orbit for G2 (Fig. 7.1), which &s a very high eccentricity
(e=0:9384). It will reach its closest approach of only 4 10'° cm to the SMBH in 2013.51
(corresponding to 3100 Schwarzschild radii). Clear evidem for ongoing tidal velocity
shearing and stretching of G2 within the last couple of yeafsas been detected, con rming
its extended nature. This provides an interesting challemgfor hydrodynamical simulations
that aim at reproducing the currently visible tidal shearirg and that can be used to predict
the future tidal evolution over the next couple of years. G2amprises of a multi-phase
medium with the bulk of its mass being ionized gaMg, 1.7 10%fy g, with fy being
G2's volume lling factor, which we assume to be unity througout this paper). lonization
equilibrium with the radiation eld of the nearby massive sars is expected to keep the
temperature of this component at around 10K. Additionally, it contains a small amount
of warm dust with a temperature of 550K. Only very little is known about G2t, but its
mass could be substantially larger than the mass estimaterfG2 itself.

Several questions are of immediate theoretical interest:

Which physical process formed the cloud?

What determines the physical cloud properties (mass, sizéhermodynamic state)
and the dynamics?

Can it be used to probe the direct vicinity of Sgr A*?
What is the fate of the cloud in the next years?
How does it in uence the activity of Sgr A*?

In Burkert et al. (2012) (paperl) we mainly tackled the rst three of these questions
mostly with the help of analytical considerations. We espé&tdly concentrated on possible
formation scenarios and evolutionary paths of G2. Two basimodels proved to be the
most successful:

The Compact Cloud Scenario (CC)
A cloud with uniform density structure can explain the evoltion of the observed
position-velocity (PV) diagrams of G2.

The Spherical Shell Scenario (SS)

A tidally disrupted, initially spherical shell of gas with amuch larger radius and mass
than G2 can account for both, the G2 and G2t component in the ition-velocity
diagram.

In paper| we also found that the cloud is a sensitive probe ohé hot accretion zone of
the SMBH and the currently available observations of G2 arenigood agreement with
models of captured, shock-heated stellar winds. We were altb derive constraints on the
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mass of G2, which is above the critical mass below which claudiould evaporate before
reaching the presently observed radius, and which is smahaugh for the sound crossing
timescale at apocenter to be of order its orbital period. Angtical estimates of various
other time scales showed that many physical processes miglntribute to the evolution
of the cloud. Therefore, detailed numerical simulations arneeded, which is the topic of
this publication. The wealth of available observational dia (now and in future) as well as
its proximity make this event an ideal tool to study gas accten physics in the vicinity of
SMBHs. It will also give us very valuable insight into the evailtion and the activation of
galactic nuclei in general.

An alternative model to our Compact or Spherical Cloud Scenarié called the Compact
Source Scenarion paper | { was proposed by Murray-Clay & Loeb (2012) (see aldMiralda-
Escucde, 2012): a dense, proto-planetary disk, which is bod to its parent low-mass star.
The star is assumed to be scattered roughly 100 years ago fraine observed disk(s) of
young stars. Far away from Sgr A*, the protostellar gas disk reains bound to the star
and resists tidal stretching. When approaching the SMBH, itdoses mass through photo-
evaporation due to the extreme ux of ionizing and FUV photonsn the Galactic Center
and due to tidal stretching. Murray-Clay & Loeb (2012) analyically estimate that this
results in a cloud with similar properties as observed.

The main idea of this paper is to present a rst set of idealize hydrodynamical simula-
tions and to test the in uence of the hot atmosphere on the la-time evolution of such a
cloud for our two best-t cloud infall models as already desibed in paperl, namely the
Compact Cloud Scenariand the Spherical Shell ScenarioWe discuss simple test particle
simulations in Sect. 7.3 before we describe the model we eaypfor the Galactic Center
environment in Sect. 7.4 and review some of the complicatetysical processes in Sect. 7.5.
The results of our hydrodynamical simulations are preserdein Sect. 7.6, followed by a
discussion (Sect. 7.7) and nally the conclusions (Sect.8). We assume a Galactic Center
distance of 8.33kpc, where®= 40mpc = 1:25 10' cm (Gillessen et al., 2009b).
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7.3 Test particle simulations

In order to nd initial conditions for our hydrodynamical studies, which are able to repro-
duce current observations, we calculate a grid of test pacte simulations in two dimensions,
varying a large number of the parameters, as described belowhis is done for both models
of origin as discussed in Sect. 7.3.1 and 7.3.2. Such kind iofidations are very fast and
hence a large number of test calculations can be done on a shonescale (approximately
16 000 simulations for this paper), allowing for a huge scaftbe involved parameters. The
test particle simulations are run with the N-body code REBOUND Rein & Liu, 2012) and
100 test particles are distributed along the boundary of theloud or ring, restricted to the
orbital plane. The particles are then evolved in the gravitonal potential of the black hole
and describe the evolution of the shape of the cloud when tidarces completely dominate.
The best t model is found by comparing the simulated to the oberved position velocity
diagrams. We use these N-body simulations to roughly consimathe formation time and
initial conditions of G2 and eG2, respectively. The best ting initial conditions are then
used to study the detailed hydrodynamical evolution (Sect.6).

7.3.1 Compact Cloud Scenario

Figure 7.2: Possible formation times of the compact cloud rdels as inferred from test
particle simulations for various densities of the atmosphe. The black line corresponds
to our standard atmosphere, whereas the colored lines refer multiples of the density

as indicated in the plot. The 2 value quanti es the goodness of t with the observed
position-velocity diagrams in 2008.5 and 2011.5 (see SetB.1).
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For the compact cloud scenario, we assume that the cloud di@d in situ in pressure
equilibrium with the surrounding hot atmosphere on the obsged orbit of G2 and that G2's
mass is knowh. Then, the initial radius and density of the cloud are xed abng the orbit
and we only vary the date of birth of the cloud. As estimated in @per |, hydrodynamical
e ects { especially ram pressure { play a minor role in the e& evolution of the cloud in the
compact cloud scenario. This means that we can directly corae the resulting distribution
in the position-velocity diagram of the year 2008.5 and 20BLwith the observations and
can expect to get a reasonably well determined initial cortthn. The goodness of t is
judged from the position and spread of the test particles it PV diagram. We compare
the minimum and maximum values of the projected distancedf. . ) as well as the line
of sight velocity (viim. ) of the simulated distribution with the respective extremaof the
observed PV diagram ¢25. . d%s. ). For the latter we chose a representative contour
line (0.8 times the maximum value of the observed PV diagranshown by the two plus
signs in the left two panels of Fig. 7.10). The quadratic sunmf ¢hese relative deviations of
the 2008.5 and 2011.5 observations with the respective siated snapshots are summarized

in an 2-value, used to judge the goodness of the t:

2 _ X Vr?"llm;max V%?r? :max
- yobs
2008:5;2011:5 min;max |
dsim. qobs 2
min ;max min ;max (7 1)
dobs '

min ;max

Fig. 7.2 displays the result of this study for our assumed stdard atmosphere (see Sect. 7.4.1).
It shows a clear 2 minimum around the year 1995.5. A study of di erent density nrmal-
izations of the atmosphere (Fig. 7.2) shows that the prefexd origin of the cloud depends
sensitively on the density distribution of the atmospherelncreasing the atmospheric den-
sity by a factor of two shifts the starting time to the year 198, whereas a factor of ten
would necessitate a starting time of 1967 and a decrease d thensity distribution by a fac-
tor of two yields a starting date of roughly 2000. This can benderstood as the cloud sizes
depend on the atmospheric pressure, when we assume pres®qulibrium between the
cloud and the atmosphere. However, the values also depend twe thoice of the limiting
contour for the tting procedure. Therefore, these studiesnly serve as rough estimates for
possible origin dates of the cloud. To determine and desceilthe future hydrodynamical
evolution, we will start the cloud in 1995.5 (Sect. 7.6.1).

1The observationally determined mass actually depends on t& unknown volume lling factor, which
we assume to be one here.
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7.3.2 Spherical Shell Scenario

Figure 7.3: Distribution of 2-values (see Sect. 7.3.1) of the spherical shell scenario as
inferred from test particle simulations in the initial x-pcsition vs. initial y-velocity plane.

We assume the ring starts at arbitrary time at the apocenterwhich is located on the
negative y-axis. The three dierent panels refer to three emplary initial ring radii:
1:00 10%cm (a), 118 10%cm (b) and 1:36 10'**cm (c). The ? value quanti es the
proximity of the match with the observed position-velocitydiagrams in 2008.5 and 2011.5
(see text for details of the tting procedure).

As shown in paperl, the observations can also be interpreted such a way that G2 and
G2t are parts of a larger cloud complex (eG2), which is alreggartly disrupted by tidal

forces in the 2008.5 and 2011.5 observations. As these shatlks typically a factor of

ve to ten larger than the compact clouds mentioned above, ra pressure e ects cannot
be neglected anymore. In order to nd reasonable starting pameters for this model as
well, we take the ram pressure e ects roughly into account bg setting the comparison

values from the observed contour (compare to blue plus sigmspanelsc,d of Fig. 7.10).
This o set is determined by comparing a number of hydrodynaioal simulations with

test particle simulations. Thought to be the result of emigen of stellar material, we
assume that this shell started close to the apocenter of itdliptical orbit, which lies well

within the disk(s) of young stars (see Fig. 7.1), making it tB most likely origin of the
cloud. For this model, the total mass of the cloud is not xedas the mass of G2t cannot
be constrained observationally very well at present. In theubsequent hydrodynamical
modelling we then choose the density of the shell to reach apgimate pressure equilibrium
with the surrounding atmosphere. Again, we are only interestl in a rough match of the
hydrodynamical realization with the observed PV-diagram imorder to investigate the basic
evolution of such a model. In this case, every time step is cpared to the 2008.5 PV
diagram and the stage three years later with the 2011.5 obsation in order to nd the

best matching timestep, as the date of birth is not xed in the model. The result of this
tting procedure with a grid of 252 test particle simulations is summarized in Fig. 7.3.
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Shown is the distribution of ? values determined as described in Sect. 7.3.1 and equation
7.1 in a plane spun by the initial position on the negative xsas and the initial velocity

in y-direction. The panels display the distribution for three examples of the initial outer
ring radius: 100 10%%cm (panela), 136 10'%%cm (panelc) and our best t value of
1:18 10'%cm (panelb). The minimum 2 valley is quite shallow and we take the global
minimum of our simulated grid, which is a model starting at apcenter in the year 1927.2 at

a distance from the black hole of 68 10" cm and an initial orbital velocity of 125kms .
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7.4 Modelling the Galactic Center environment

7.4.1 The hot atmosphere

X-ray observations of hot gas emission near Sgr A* (Bagano et.a2003) are attributed
to the atmosphere close to the SMBH, which can be explained assgbeing shock-heated
by the interaction of strong stellar winds of the surroundig massive stars (e. g. Krabbe
et al., 1991; Melia, 1992; Bagano et al., 2003; Muno et al.0R4). The observed very low
bolometric luminosity of the order of 3 10 ° Lgyq together with a Bondi accretion rate
of 10 °M yr ! (Yuan et al., 2003) disfavor standard accretion disk theoryShakura &
Sunyaev, 1973). They are rather consistent with so-calld&thdiatively Ine cient Accretion
Flows (RIAFs), in which only a small fraction of the gravitational energy is radiated.
Following Gillessen et al. (2012), we adopt the ADAF Advection-Dominated Accretion
Flow, e. g. Ichimaru, 1977; Abramowicz et al., 1995; Narayan & Yi, 18P model of Yuan
et al. (2003), which is an analytical approximation for such RIAF solution, in concordance
with available Chandra observations (Bagano et al., 2003and rotation measure data
derived from radio observations (Bower et al., 2003). In thielealized simulations presented
in this paper, we neglect the rotation and the actual dynamg of the accretion ow and
rescale the normalization of the temperature distributionaccordingly, in order to yield
hydrostatic equilibrium. This yields the following numberdensity distribution ny and
temperature distribution T, of the hot atmosphere:

14 10'Rs

Nat = 930cm 3 f o — (7.2)
1.4 10°R
Ta =12 10K fg (7.3)
wherer is the distance to the black holeRs is its Schwarzschild radius, 1 and

frot 1 is a factor taking the uncertainty of the model into account A mean molecular
weight of = 0:6139 has been assumed, typical for a gas with solar metatiici

However, as the entropyd = T= 2= decreases outwards, this is not a stable equilibrium, but
unstable to convection (see discussion in paper 1), which wen rmed with the help of test
simulations: small perturbations start growing at the inneboundary surrounding the black
hole, which quickly leads to the formation of unphysically igh pressure bubbles. Due to
the unstable nature of the atmosphere we do expect an inhonsgeous density distribution.
However, setting up a realistic RIAF solution is a complicatedask in itself (e. g. Stone
et al., 1999, Stone & Pringle, 2001 and Igumenshchev et algd) and beyond the scope of
this rst idealized study presented in this article as it wodd require the inclusion of many
more physical processes, like e. g. magnetic elds (see S&ct.3 for a discussion of possible
e ects), thermal conduction, etc. Some of these e ects ardraady taken into account (not
completely self-consistently) in the models of Yuan et al2003). We are rather interested in
the interaction of the cloud with a smooth atmosphere, repsenting an average distribution
in concordance with available observations. To this end, vaeti cially stabilize it and keep
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the atmosphere's density and temperature distribution xeé with time. This is done by
additionally evolving a passive tracer eld (0 tr 1), which allows us to distinguish
between those parts of the atmosphere which have interactedth the cloud (tr 10 4,
see Sect. 7.7.2) from those which changed due to the atmog@e inherent instability
(tr < 10 4. Those cells fullling the latter criterion are reset to the values expected
in hydrostatic equilibrium. We discuss numerical issues dnproof that this is a sensible
assumption in Sect. 7.7.2 below.

7.4.2 The initial conditions of the cloud models and the numer-
ical treatment

We use the two best-t models presented in Sect. 7.3 as basm four hydrodynamical
exploration of the origin and fate of the cloud complex eG2.nlthese rst simulations,
we generally set the adiabatic index = 1, but also present tB comparison to a purely
adiabatic simulation. This seems to be a reasonable assumopt, as the temperature struc-
ture of the atmosphere is supposed to be given by adiabaticdtmg of the accretion ow
itself and stellar processes (see Sect. 7.4.1) and the temgpere of the cloud material is
expected to be set by photoionization equilibrium in the raidtion eld of the surrounding
stars (Gillessen et al., 2012) during the early evolution dhe cloud. In order to explain
the observed position-velocity diagram, two basic scenas have been identi ed in paper|.
Both are based on the simple assumption that the cloud stardewith spherical shape and
in pressure equilibrium with the atmosphere on an orbit congiible with the observed
positions on the sky. In the rst set of models we follow the irpretation of Gillessen
et al. (2012), who discern the observations intoloud headand tail emission. Our second
set of models interprets the observations as being the resaf the disruption of a larger
cloud, which { for concordance with observations { necesaikes the cloud to be a spherical
shell.

Our two-dimensional simulations are done within the orbitaplane of the cloud, with the
major axis parallel to the x-axis and the apocenter of the oibon the negative x-axis
of our xed Cartesian coordinate system with a spatial resation of 7 10%cm. The
computational grid of our standard model ranges from 1:3 10'’cmto 1.2 10'%cm in x-
directionand 6:2 10%%cmto 25 10'%cm in y-direction. The cloud is on a clockwise orbit
with the major axis parallel to the x-axis and the pericenterof the orbit on the positive
x-axis. The black hole is located at the origin of our coordate system. As discussed above
we use a passive tracer eld in order to trace the evolution dhe cloud (and to stabilize
the atmosphere) and initially assign the cloud a value of 1 dnthe atmosphere 0 and let
it evolve.

The hydrodynamical equations are integrated witiPLUTO , version 3.1.1 (Mignone et al.,
2007). For all simulations shown in this article, we use thevo-shock Riemann solver, do a
parabolic interpolation and employ the third order Runge-Kitta time integration scheme.
A cartesian two-dimensional grid is used and the boundary kditions in all directions
are set to the values expected for hydrostatic equilibriumfdahe hot atmosphere, enabling
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out ow but no inow. We introduce an additional spherical boundary surrounding the
central black hole. All gas owing into this part of the integration domain is removed and
counted as being accreted. All values inside this boundaryeaset to the atmospherical
values, in order to mimick the pressure exerted by this regipwhich is necessitated by the

steep pressure gradient.

We neglect thermal conduction, magnetic elds as well as féleack from the central source
for the sake of simplicity. A summary of the used and varied pameters is given in Table 7.1

and Table 7.3, respectively.

Table 7.1: Observed and calculated parameters of the cloud2@nd the Galactic Center

region.

Table 7.2: Parameters of G2 and the Galactic Center obtainedt derived from observations
in Gillessen et al. (2012). (a) Throughout the paper we assuwma volume lling factor of

one.

Parameter

Value

mass of the SMBH
Galactic Center distance
mass of the cloud G2 a
pericenter distance

time of closest approach
orbit eccentricity
semi-major axis

orbital period

inclination of ascending node
position angle of ascending node
longitude of pericenter

M BH
Ro
Meioud
rperi
tperi

dsemi
Torbit
i

431 10PM
8:33kpc
1.7 10%g
4 10%®cm
201351
0.9384
6:49 10%cm
13777
10655

1056
10959

7. Paper lll
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Table 7.3: Parameters of the (hydrodynamical) simulations

0a cloud b Reloud € Xini d Yini € Vi f Vi 9 h fhot 1 X | ok

yr AD 10 gcm 3 1015 cm 10 %6 cm 10 16 cm kms ! kms 103 cm
Ccco1 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 1 1 7:0 10 7
CCo02 1944 :6 2:24 2:63 12:59 0:0 0:0 167:29 1 1 7:0 10 *
CCo3 1944 :6 223:64 0:57 12:59 0:0 0:0 167:29 1 1 7:0 10 *
CCo4 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 5=3 1 7:0 10 *
CCo05 2000 :0 4:33 2:11 5:99 2:24 953:00 5:41 1 0:5 7:0 10 *
CC06 1988 :0 8:57 1:68 8:87 2:03 605 :85 98:85 1 2:0 7:0 10 *
Ccco7 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 1 1 14 :0 10 *
ccos 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 1 1 3:5 10 *
CC09 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 1 1 7:0 10 ©
CC10 1995 :5 6:21 1:87 7:22 2:21 794 :59 48 :45 1 1 7:0 10 2
SS01 1927 :2 1:42 11:80 | 15:80 0:0 0:0 125:00 1 1 7:0 10 *

Table 7.4: CC refers to simulations of the Compact Cloud scano and SS to those of the
Spherical Shell scenario. Simulations CC02 and CCO03 are yuliscussed in paperl. (a)
Start time of the simulation, (b) initial density of the cloud, (c) initial radius of the cloud,
(d) initial x-position of the cloud, (e) initial y-position of the cloud, (f) initial x-velocity of
the cloud, (g) initial y-velocity of the cloud, (h) adiabatic index, (i) uncertainty factor of
the density distribution of the hot atmosphere, (j) cell sie in x- and y-direction, (k) tracer
threshold value, (I) the shell has a thickness of 25% of thisiter radius.
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7.5 Cloud physics

The components of the Galactic Center environment which hawvhe largest impact on the
gas cloud are the gravity of the central SMBH and the hydrodyamical interaction with
the hot atmosphere. Therefore, we restrict our discussion the physical e ects related to
these two components. The relevant physical processes oé ttloud/atmosphere system
are discussed in great detail in paperl. Here, we only brie yusnmarize those important
for the interpretation of our hydrodynamical simulations &ad estimate the timescales of
the various processes for di erent phases of the evolutiori the cloud.

7.5.1 Tidal deformation

Tidal forces lead to a stretching in direction of the black he and a squeezing perpendicular
to it. As G2's orbit has a very high eccentricity, the cloud get distributed along the orbital
path. The acceleration of this stretching is given by

o M
jasj=2 rG ri”; (7.4)

where r refers to the width of the cloud in direction of the black holgG is the gravitational
constant, Mgy is the mass and the distance to the SMBH. Therefore, a change of the cloud
elongation of the order the width of the cloud by tidal forcess expected on a timescale of:

S

3=2

2 r r3=2 r _
106 cm '

jau ] HGMBH

if =10:60yr (7.5)

which varies between 27.6 yr at the 1995.5 position of the aldand 0.5 yr at the pericenter.

7.5.2 Ram pressure compression and deceleration

Ram pressure of the surrounding medium has two e ects: (i) laally, it changes the cloud
structure by compressing the upstream part of the cloud andi) globally it decelerates the
cloud, leads to angular momentum exchange with the atmospteeand nally accretion of

matter towards the center. In paperl we analytically estimge the loss of kinetic energy
for our compact cloud model to be of the order of a few percennder the assumption
of a cloud evolving in pressure equilibrium. In realistic lgrodynamical simulations, the
situation is much more complex as we will show in detail in Se@.6.

7.5.3 Thermal conduction and evaporation

Thermal conduction leads to the evaporation of parts of thelaud. Following Cowie &
McKee (1977) we nd an evaporation time scale of
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15=8 Rc 13=8
10r peri 10 cm
Mc
1.7 10%8g

evap = 81yr
(7.6)

in the so-called saturated limit for a spherical cold gas ad immersed in the hot atmo-
sphere described in equation 7.2 and 7.3. Assuming that theoetl stays spherical and
in pressure equilibrium along the whole orbit, the evaporain time scale changes between
97 yr for the cloud at its initial distance in the year 1995.5d 10 yr when the cloud reaches
the pericenter. However, this neglects tidal e ects and hyddynamical instabilities, which
nally lead to the disruption of the cloud. Thereby, the clow increases in size and the
evaporation time scale might decrease. Hence, evaporatioeats get important mostly
during the late evolution of the cloud.

As was shown in paper | and brie y discussed here, all of the m@med physical processes
are acting on similar timescales close to the orbital timeale of the cloud. This is especially
the case for the late-time evolution and necessitates theausf numerical hydrodynamical
simulations to determine the fate of the cloud.
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7.6 Results of the hydrodynamical simulations

7.6.1 The evolution of the density distribution in the Compa ct
Cloud Scenario (CC01)

Figure 7.4. Density evolution of the compact cloud model CQ0 Overlayed as dotted
white lines are the positions of test particles initially leated at the cloud boundary. The
axis labels are given in mpc (milli-parsec). Mind the di erat scalings of the panels.

The temporal evolution of the two-dimensional gas densityistribution of model CCO1 is
shown in Fig. 7.4. Overlayed are the results of a simulation which we placed test particles
at the boundary of the initial cloud setup and let them evolveunder the in uence of the
gravitational potential alone. They serve as an indicatordr the di erences in the evolution
due to hydrodynamical e ects. We start with a phenomenologal description of the cloud
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evolution and back our ndings in the course of the paper wittseveral analysis tools. The
initially spherical cloud begins its journey at the year 199.5 position on G2's observed best-
t orbit. The early phase towards the pericenter which is reahed in 2013.5 is dominated
by tidal forces (panelsa to e€). Due to the highly eccentric bit, the cloud gets stretched
along the orbital direction. At the same time, the surroundiag density and the increase
in orbital velocity lead to an increase of ram pressure forggresulting in a compression of
the cloud head which can be inferred from the deviation of thdensity distribution from
the test particle model (paneld). The shear ow at the boundey of the cloud leads to
stripping of gas and the formation of a long turbulent wake, hich develops typical rolls
of the Kelvin-Helmholtz instability (KHI, panele). At the tim e of the pericenter passage,
the cloud has developed into a long spaghetti-like lament ore or less aligned with the
test particle orbit of the cloud. This elongation of the clod in combination with the large
velocity and density di erence (along G2's orbit) between lte cloud and the atmosphere
causes a rapid growth of the KHI, well visible by the meanderinshape of the cloud
(panelf). In the subsequent evolutionary phase, a number efects lead to the buckling
of the cloud in direction of orbital motion (panelg): First, the pure gravitational e ect,
leading to a deceleration of the front while the back still hma high velocity. This is the
dominant e ect, as the horizontal width of the test particle distribution almost coincides
with the horizontal width of the gas cloud. Second, this is tl region of the orbit, where
the atmosphere is the densest. Hence, strong ram pressurecésr shape the head of the
cloud and lead to additional compression along the orbit andlongation perpendicular to
the orbital motion. Increasing the cross section, ram prese forces get more and more
important. A boundary layer builds up at the front of the cloud, which looses angular
momentum and cloud material is able to accrete towards the mer, forming a number of
laments pointing towards Sgr A* (panelg). Their number and bcation is dictated by the
earlier growth of the Kelvin-Helmholtz instability mainly during the pericenter passage. In
the course of the following evolution, the rear laments { bag in the shadowof the leading
one { merge with the one in front and form a nozzle-like structre of matter streaming
towards SgrA* and causing an increased accretion rate (Se@t6.3, panelh). The later
evolution of the cloud is dominated by hydrodynamical e ed in our simulations: The
large e ective area of the cloud makes it susceptible to hyddynamical instabilities and
ram pressure. The phase during and shortly after the periceem passage is also the time
when for the rst time, the cloud is able to mix with the atmosghere. Due to the large
temperature di erence between cloud and atmosphere and thmeoderate density contrast
in this region, this mixing is able to increase the cloud tengrature to approximately
10° 10°K. At the end of this mixing process, about 1% of the cloud is nu& up of
atmospheric gas.

Whereas hydrodynamical instabilities shape the outer regi of the cloud, ram pressure
interaction with the atmosphere enables further decelerain and accretion of gas from
the boundary layer. However, it is very di cult to make detailed predictions of the late
evolution of the gas with the help of our idealized simulaties, as by then, several other
e ects become important. Thermal conduction will be able tact on the much increased
surface area of the cloud and will evaporate it outside-in drthe detailed thermodynamical
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treatment might as well signi cantly change the morphologyand accretion behavior in this
evolutionary phase (see discussion in 7.6.5).

Figure 7.5: Density evolution of the spherical shell modelS®1. Overlayed as dotted white
lines are the positions of test particles initially locatedat the outer ring boundary. The
axis labels are given in mpc (milli-parsec). Mind the di erat scalings of the panels.

7.6.2 The evolution of the density distribution in the Spher ical
Shell Scenario (SS01)

Density snapshots showing the evolution of the spherical @hscenario (simulation SS01)
are displayed in Fig. 7.5. The basic physical processes agton the orbit until the pericen-
ter passage are very similar to the evolution of the compacioaid. Firstly, the ring squeezes
into a drop-shaped morphology due to the interaction in thergvitational potential of the
black hole (panela). Secondly, the hydrodynamical interion with the hot atmosphere
leads to the formation of a turbulent wake behind the shell ahat the ring border, KHI start
to grow (panel b). In a three-dimensional simulation, the sticture would correspond to a
hollow conical morphology, with one major focal point at thevery front of the cloud. This
is in good agreement with what is seen in observations: Thectd point then corresponds
to the actual cloud G2 and the conical structure is the di useail G2t, which indeed shows
signs of a conical shape. In reality, the conical appearaniseirregular and not continuous
as the spherical shell is expected to have an inhomogeneoessgity distribution initially.
At pericenter, the front part of the ring { which we interpret as the cloud G2 { has already
collapsed into a thin, spaghetti-like shape. In contrast t@ur compact cloud model (see
Sect. 7.6.1), the thin lament shows already the typical digirbances expected for the KHI
and hence a larger e ective cross section compared to the quact cloud (panelb). Being
very close to the center of the hot atmosphere, the steep dépgyradient causes a rapid
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increase of the ram pressure, decelerating the front part thfe ring. The KHI disturbances

already present before pericenter passage grow on shortéscale and nally lead to a fast
disruption of the ring (panelc). It e ciently exchanges angular momentum with the dense
inner atmosphere and a lamentary disk-like structure is ale to form (paneld). This leads
to a much higher mass accretion rate through the inner bounda(see Sect. 7.6.3). We
refer to Sect. 7.7 for a critical discussion of the in uencef mumerical e ects as well as our
idealized treatment of the atmosphere.

7.6.3 Angular momentum redistribution and mass accretion to-
wards the center

Figure 7.6: Binding energy of the cloud/ring in units of the mitial binding energy.

The temporal evolution of the binding energy of the cloud ($ected with the usual tracer
threshold limit) is shown in Fig. 7.6 for the two models CCOl1 rad SS01. As already
discussed in paper |, the loss of kinetic energy due to ramgsisure in the early evolutionary
phase is minor and the binding energy stays more or less cargtuntil the rst part of
the cloud reaches the dense inner part of the hot atmosphersand the year 2012/2013,
where we see a strong increase of ram pressure deceleratma consequence, the cloud
gets bound more strongly to the SMBH. Ram pressure forces irase with the e ective
cross section of the cloud, they rise sharply shortly aftehé pericenter passage of the CC
model, when the cloud compresses in direction of motion andpands perpendicular to
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the orbital direction. A small fraction of the gas in the mixng zone of the cloud and
atmosphere then carries angular momentum outwards, enafui part of the cloud to be
accreted towards the center. When this outward moving gas sdgecome very diluted and
mixed with the atmosphere, the angular momentum is removedoim the simulation due to
our treatment to stabilize the unstable atmosphere. After te pericenter passage a dilute
high pressure bubble forms (see Fig. 7.4, paneli), which et buoyantly, thereby pushing
some of the gas outward and the remaining gas gets less boundhe SMBH (Fig. 7.6).
Model SS01 forms a disk-like structure, with a large amounf enass remaining in the high
density inner region of the atmosphere.

Figure 7.7: Accreted cloud mass of the models discussed instlpaper relative to their
initial cloud masses. See Table 7.3 for more details on thensilations.

During the simulations, we trace the mass in ow through thenner boundary and the re-
sulting total accreted mass is plotted against time in Fig..7 as a fraction of the initial total

cloud mass. Only the accreted mass originally in the cloud iaken into account. Shortly
before G2's pericenter passage in 2013.5, material movesotigh the inner boundary for
the rsttime, but it takes roughly until 2060 to swallow 40% d the cloud material in model
CCO1. This corresponds to an additional average accretioate of 6 10 M yr ! until

the year 2025. The time resolved accretion rate is shown ing=i7.8 for our standard cloud
and ring model. During the whole simulation, the time averagd accretion rate remains
approximately constant. However, hydrodynamical instahbiies break up the nozzle-like
stream of gas leading to clumpy accretion. Hence we observeriddons from the mean of
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up to a factor of ten with a typical time scale of the order a fewnonths. Concerning the
ring model SSO01, the accretion through the inner boundary atts approximately half a
year later and we estimate the average accretion rate of cthmaterialto4 10 °M yr 1!
(until the year 2025), roughly 67 times higher compared to nael CCO1, again remain-
ing roughly constant on average, but highly variable. Howevethese numbers have to
be interpreted with great care: Firstly, they only concern loud material and secondly, in
these idealized simulations, we do not take the back reaatiof the cloud onto the ambient
atmosphere into account. The latter could cause either enheed accretion due to a frac-
tional destabilization or a lower accretion rate due to thereation of an even hotter inner
bubble or feedback from the central source. What actually fppens depends crucially on
the detailed thermodynamics and the state of the hot atmosyhne in this region, which is
both not very well understood and not easily accessible vidgervations.

Figure 7.8: Measured mass accretion rate through the inneobndary of our standard
model CCO1 (black line) and the spherical ring model SS01 @dine).
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7.6.4 Connection to observations and predictions for future o b-
servations

Figure 7.9: Position-velocity diagram for the simulation €01. The distance to SgrA* {
projected on the sky { is plotted against the line-of-sight ®locity. The colored contours
display the square of a mass histogram, relative to the totahitial mass of the cloud,
representative for the Br emission. The dashed line represents the evolutionary pattf
a test particle in the center of the cloud on the orbit of G2 wih the parameters given in
Table 7.1 for a full orbital revolution. The dotted lines sha the result of the test particle
simulation.

Fig. 7.9 displays the position-velocity (PV) diagram of the \wole orbit of G2. It shows

the projected distance of the cloud material to the black helon sky and the line-of-sight
velocity of the cloud, taking the orbital angles as inferredrom observations into account
(Tab. 7.1). Overlayed as lled contours are the data of the hgrodynamical simulation

CCO01 at various stages of its evolution, as indicated in thelgt. It represents the square
of a mass histogram of the 2D gas distribution, representa& for the Br emission of
the cloud gas. The cloud starts with overall constant velotsi When moving towards the

SMBH, it develops a velocity shear, which is the largest durinpericenter passage. After
being disrupted shortly after the closest approach, the shedecreases when the cloud gets
compressed again, but never reaches the values expectedftest particle simulations, as
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in these stages, hydrodynamical e ects dominate the evolon of the cloud. Nonetheless,
the maximum signal is in this model always expected to ariseofn close to the test particle
orbit of the cloud for the whole evolutionary time probed wih our simulations.

Figure 7.10: Comparison of the position-velocity diagramfer the simulations CCO01 (pan-
elsa,b) and SS01 (panelsc,d) with observations (backgralieontours). The distance to
Sgr A* { projected on the sky { is plotted against the line-of-gyht velocity. The colored
contours display the square of a mass histogram, relative tbe total initial mass of the
respective cloud model. The dashed line represents the exmnary path of a test particle
in the center of the cloud on the orbit of G2 with the parametes given in Table 7.1 for a full
orbital revolution. The green dotted lines show the resultfathe test particle simulation.

We zoom into the lower part of the diagram in Fig. 7.10 for the C model (panels a,b)
and the SS model (panelsc,d) in order to compare to availabtdservations and make
predictions for the near-future evolution. The compact clad model was designed in order
to give a good match with the observed head emission in the BB and 2011.5 data,
which is very well fullled. In contrast to this, we interpret the observations for the
case of the spherical shell model such that thieead (G2) and tail (G2t) emission are
the focal points of an already disrupted large cloud complefeG2). In order to get a
reasonable match with the observed PV diagram, this requsea spherical shell of gas,
realized as a ring in our two-dimensional simulations. As theng starts at its apocenter
distance of 005 pc at the inner edge of the disk(s) of young stars, it seembvious to
interpret it as being the result of stellar evolutionary pre@esses. As can be seen in Fig.7.10
(panelsc,d), it is in reasonable agreement with the combidebservations of theheadand
tail emission of the cloud and can well explain the o set of thetail from the inferred test
particle orbit of G2. Fig. 7.11 show our predictions for obseations in 2013. Distinct
and observable di erences are visible: Whereas our compadbud simulation (panels a,b)
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produces emission spread around the expected location oktltest particle orbit of the
cloud, the spherical shell simulation di ers signi cantly by extending to higher velocities
up to +2000kms ! (panels c,d).

Figure 7.11: Predictions for the distribution of the compaccloud model CC01 (panels a,b)
and the spherical shell model SS01 (panels c,d) in the posiiivelocity diagram for the year
2013. The distance to SgrA* { projected on the sky { is plotted gainst the line-of-sight
velocity. The colored contours display the square of a masstogram, relative to the total
initial mass of the respective cloud model. The dashed linepresents the evolutionary
path of a test particle in the center of the cloud on the orbit 5G2 with the parameters
given in Table 7.1 for a full orbital revolution.

In Fig. 7.12 we restrict the PV-diagram to the expected emissn from the hydrodynami-
cally formed tail of the cloud in theCompact Cloud Scenario As expected, the stripped-o
gas llIs the interior of the test particle curve centered on @ (thick black dashed line). The
earlier the gas was removed from the compact cloud, the lowi&s present velocity due to
the ram-pressure interaction and mixing with the ambient hbmedium. The turbulent
motions of this low-density material can be seen in the largeidth of the distribution in
velocity direction, which even extends to velocities withite opposite sign. The contours
vertically o set from the actual location of G2 could be rel#éed to the stripped-o gas from
the front part of the cloud. Fig. 7.12 shows that what was oftereferred to as thetail of G2
in the observed PV diagram, cannot be explained by stripped aterial from the compact
cloud, causing problems for the Compact Cloud model or any mel where the cloud is the
result of a compact invisible source of gasCompact Source Scenariosee Section7.2 and
Murray-Clay & Loeb (2012)). Instead, the so far undiscussetbntours at low distances to
Sgr A* and low velocities could be related to a hydrodynamicigl stripped tail of gas. In
contrast, our Spherical Shell Scenarigs qualitatively able to explain the whole structure
of the observed PV-diagram.
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Figure 7.12: Position-velocity diagram for the simulatiorCCO01, where we only show the
emission of the tail of the cloud, selected by tracer valuegtween the threshold value and
0.5. The distance to SgrA* { projected on the sky { is plotted aginst the line-of-sight
velocity. The colored contours display the square of a masstogram, relative to the total
initial mass of the cloud. The thick dashed line representhi¢ evolutionary path of a test
particle in the center of the cloud on the orbit of G2 with the mrameters given in Table 7.1
for a full orbital revolution.

A second promising possibility to distinguish between di eent model predictions is via
X-ray and IR-observations. In Sect. 7.6.3, we discussed theass accretion rate through
the inner boundary of our domain. Bagano et al. (2003) obsegationally determine an
accretion rate of 106M yr ! at the Bondi radius, located at 18 Schwarzschild radii
(Genzel et al., 2010). We use the scaling relation
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Min = Mgondi fin ; (7.7)

I'Bondi

whereri,.gongi 1S the inner radius or the Bondi radius and\V,.gongi IS the mass accretion
rate at the inner boundary of our domain or the Bondi radius,@spectively (e.g. Blandford
& Begelman, 1999; Igumenshchev et al., 2003) asd: 0:27 (Yuan et al., 2003) to calculate
the accretion rate expected at the inner boundary of our donrg which is located at roughly
1500 Schwarzschild radii distance from the SMBH. It resultsia value of 3 10 "M yr 1,
As discussed in Sect.7.6.3, the matter streams through ourner boundary in form of
small droplets or laments. Given the proximity of the SMBH, the evaporation timescale
is very short (see equation 7.6). Hence our rst assumption that the cloud material will
evaporate on its further way in and join the hot accretion ow To estimate the e ect
on the observable luminosity of Sgr A*, we use the spectral egg distributions derived
for the ADAF models of Yuan et al. (2004). We interpolate their &Ds for various mass
accretion rates shown in their Fig.5 to match the average masaccretion rates of the
ow through the inner radii of our models and compute the IR (B8 2:5) and X-ray
(2-8keV) luminosity. If the mass accretion proceeds in this ode, we do not expect a
signi cant boost of the X-ray or IR luminosity for the CC01 mocel, as even the spikes
ten times above the average accretion rate would only lead t factor of 1-2 increase
of the IR and X-ray signal. In contrast to this, model SS01 wodl result in an X-ray
luminosity of 4 10**ergs !, corresponding to a boost of a factor of roughly 80 compared
to the quiescent X-ray luminosity of SgrA* (4 10*?ergs ! derived from Yuan et al., 2004,
Fig. 5). The expected IR luminosity amounts to 5 10*°ergs !, roughly the same factor
above the assumed quiescent value (710*3 erg s ). Concerning the spikes of the accretion
rate distribution (roughly a factor of ten above the averageccretion rate), we calculate
boost factors of roughly 3 10* in the X-ray and 6 1 in the IR. These high boost
factors would enable us to test the validity of our sphericashell scenario in the coming
years. However, another possibility (we are unable to test thi our current models) is
that the cold, disrupted cloud signi cantly a ects the thermodynamic structure of the hot
accretion ow close to the GC. This might then prevent the corplete thermal evaporation
of the cloud fragments and enable the formation of a thin andetatively cold accretion
disk. To get a rst rough estimate of the expected signal, wese the average mass transfer
rate through the inner boundary of our domain (Fig. 7.8) and ssume it is representative
for the steady-state mass accretion rate through such an ienaccretion disk, which we
assume forms instantly. Given this assumption, the bolomét luminosity of the disk can
be estimated to be (Krolik, 1999):

— 1 2
Lbo = 1—2M_C (7.8)

This results in an average bolometric luminosity of 8 10°L and 5 1C°L for the cloud
model and the ring model respectively (averaged over a timegpod from the start of the
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accretion until the year 2025). In order to derive the obseable X-ray luminosity, we use
the accretion disk spectral energy distribution construetd in Schartmann et al. (2005)
from a combination of observations and simulations. This selts in averaged values of
Ly gev =4 10¥ergsand L, gev =3  10%Pergs ! for the cloud and ring model in
the energy range between two and eight keV and 31C0°’ergs ' and 1G°ergs ! for the
two models in the IR, the latter being orders of magnitude abe the current quiescent
luminosity. Which fraction of the cloud material will accreée in this mode is currently
unclear and the detailed prediction of the resulting SED islearly beyond the scope of this
publication, but might in uence these values signi cantly However, a similar increase of
the luminosity compared to the current state might in turn inuence the RIAF solution
itself (Yuan et al., 2004) as well as the dynamical evolutionf the cloud via its radiation
pressure interaction, as has for example been investigatbg Schartmann et al. (2011).
More detailed modelling of the physical processes at work asgll as the hot atmosphere is
necessary to determine the expected light curve, triggerdyy the future evolution of the
cloud. Thermal conduction might be one of the key players heras the cloud evaporation
timescale becomes very short in this phase.
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7.6.5 Inuence of the equation of state

Figure 7.13: Comparison of the density of the cloud in 2030rfour standard model (panel a,
CCO01) and the adiabatic test simulation (panelb, CC04).
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Figure 7.14: Comparison of two compact cloud models with ad@r of two decreased
density of the atmosphere (panela,b, CC05) and a factor of twincreased density of the
atmosphere (panelc,d, CC06) with respect to our standard rdel.

A test simulation has been run with an adiabatic equation oftate (simulation CC04). This
represents ine cient external cooling and heating source$ut takes adiabatic cooling and
heating via expansion and contraction into account. The el evolution of the density
distribution is very similar in both cases. Major di erence only arise after the pericenter
passage. A comparison of the state in the year 2030 is presehin Fig. 7.13. We nd
that in simulation CCO01, the pressure inside the remaininglaud gas is larger compared
to the adiabatic case CC04. The reason is that the gas in the iabatic simulation is
able to cool when the cloud expands and gets disrupted aftehe pericenter passage.
This e ect is also visible in the formation of a low density bti high pressure region in
downstream direction of the cloud, which is less pronouncea the adiabatic simulation.
The lower temperature and pressure in the adiabatic case teao a more lamentary
cloud with a stronger density enhancement, whereas in thehar case, the larger pressure
support leads to a more uniform density distribution, spreding over a larger area. This
example shows again that the early evolution of the cloud caasily be understood with
simple hydrodynamical simulations and we can trust the prections for the near-future
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observations. However, the late-time evolution { after tidadisruption has severely a ected
the cloud structure { signi cantly depends on the detailed pysical processes and the
structure of the surrounding atmosphere. For an in-depth wterstanding of the long-term
fate of the cloud, more sophisticated (magneto)-hydrodymaical simulations are required.

7.6.6 Inuence of the atmospheric density distribution

Our knowledge of the temperature and density distribution fothe hot atmosphere in the
Galactic Center region is based on theoretical models, whiare consistent with the small
number of data points observed with the Chandra satellite ahthe rotation measures (see
above). Hence, it is interesting to ask whether the current ahfuture evolution of the cloud
will enable us to probe the hot atmosphere. A rst impressionf the e ect of the density
distribution of the ambient atmosphere on the cloud evolutin was given in Sect. 7.3.2. As
was shown there under the assumption of initial pressure dljorium, the starting date
would be changed by ve to ten years if the atmospheric dengitdistribution would be
changed by a factorf, of 0.5 (CCO05) or 2.0 (CC06). However, the absolute values of
the preferred origin date of the cloud depend on the not veryelt known total mass of
the cloud and hence our results should be taken with care. Henge brie y discuss the
hydrodynamical realizations of these two best- t models &m the test particle simulations
for the Compact Cloud Scenario As expected, both clouds are in good agreement with
the observed PV diagrams in 2008.5 and 2011.5, but the latese evolution of the density
distribution changes signi cantly, as can be seen in Fig. ¥4. The growth of hydrody-
namical instabilities scales with the density contrast offte cloud/atmosphere system and
the importance of ram pressure e ects increases with the dgty of the environment (see
Sect. 7.5). The earlier onset of KHI in the high-density casedlready during the pericenter
passage { leads to a more lamentary cloud boundary. The int®r is a ected as well due
to the partly disruption and the later buckling of the cloud. Gas transfer through the
inner boundary starts roughly at the same time in both caseddowever, the reduced ram
pressure for the case of simulation CCO05 leads to a smallecwiation rate (blue graph in
Fig. 7.7) compared to the high density atmosphere (CCO06), wdh displays a steeper in-
crease of the accretion rate with time (yellow curve in Fig..7). Concerning the evolution
in the PV-diagram, model CCO06 spreads over a larger region dog the late evolution due
to the faster disruption of the cloud in the high density case
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7.7 Discussion

Numerically, the most critical point of the simulations is tre treatment of the atmosphere.
As already discussed in Sect. 7.4, the ADAF solution which ts ta Chandra observations
of the hot atmosphere best is unstable to convection and casinbe modeled in a simple
way. In order to enable a rst investigation of the origin andfurther evolution of the
cloud, we arti cially stabilize the atmosphere and make se&ral simplifying assumptions:
(i) We neglect the accretion ow of the di use atmosphere towards the center and set up
the central hot gas distribution in hydrostatic equilibrium. (ii) We suppress the growth
of disturbances in the atmosphere by re-setting those cellgthin the atmosphere, which
have not interacted with the cloud yet. This is necessary ingsticular close to the central
boundary condition, where disturbances due to the Cartesiagrid start to increase due to
the entropy gradient. To avoid these complications, we useassive tracer eld. Cloud
material is lost in those regions of the computational grid tere the fraction of cloud gas
relative to atmospheric gas is below a threshold of 18 This leads to a roughly linear
increase of the mass loss starting around the time of the pegnter passage in the standard
model CCO1. At the end of the simulation in the year 2060, roldy 1.3% of the initial
cloud mass is removed from the simulation. This also meansaththe angular momentum
and kinetic energy, which the cloud transfers to the atmosge is nally taken out of the
simulation. A critical discussion of the in uence of the theshold value for the tracer is
given in Sect. 7.7.2. Further limitations of our simulatios are the negligence of thermal
conduction, which will be important at least in the late phas of the evolution of the cloud
(Sect. 7.5.3) and the restriction of the simulations to two kinensions. Perpendicular to
the modelled orbital plane, we expect the cloud to collapsender the in uence of the
gravitational force of the black hole, forming a thin disk ad later a thin lament close to
pericenter. After passing the black hole, the cloud is expestt to expand again in vertical
direction due to the overpressure with respect to the surroling medium. Given the larger
contact surface with the hot ambient medium in rest, enhancestripping due to KHI is
expected, which is most important for the late time shreddig of the cloud after pericenter
passage. In contrast to this, we expect less ram pressureeirgction in the 3D case, which
might a ect the angular momentum exchange with the atmosplre and hence slightly alter
the mass transfer towards the center.
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7.7.1 Resolution e ects

Figure 7.15: Resolution study of our standard model. Dispjad is our standard resolution
(panelb, CCO01), half the resolution (panela, CC07) and twe the resolution (panelc,
CCO08).
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The e ects of resolution on the density evolution of our simiations are displayed in
Fig. 7.15. The snapshots are taken from the compact cloud sitation starting on G2's or-
bit in the year 1995.5. Panel b displays our standard resoioh, whereas we decreased the
resolution in both axis-directions by a factor of two in panlea and increased the resolution
by a factor of two for the simulation displayed in panelc. Thesnapshots correspond to
the year 2016, shortly after the pericenter passage. The lb@aslynamical evolution as well
as the disruption due to tidal forces is very comparable. Hower, the expected resolution
e ects are visible in the detailed evolution of the hydrodyamical instabilities. This leads
to a stronger disruption of the nozzle-shaped in ow of gas wards Sgr A* with increased
resolution. In the highest resolution simulation, the stram has broken up already and the
mass- ux through the inner boundary is clumpy, compared tohe smooth accretion of gas
through the nozzle in our low resolution run. Our standard reolution run already shows
some clumpy accretion, which also increases at later stagdshe evolution (Fig. 7.4, lower
row). The mentioned accretion rates through the inner bouraty di er by about 10%
between the highest and the lowest resolution in our study.

7.7.2 Inuence of the choice of the tracer threshold value

Fig. 7.16 displays the in uence of the tracer threshold vakt This is done for our simulation
starting on G2's orbit in the year 1995.5 (model CC01) and wenalyse the state of the
simulation in the year 2025.5, as only the late-time evoludh shows signi cant di erences.
From panel a to c, the tracer threshold value increases fron® 1 (panel a) to 10 4 (panel b)

and 10 2 (panelc). Again, as in the resolution study, the basic dynaral evolution is

una ected by the choice of the threshold value. However, in th series, two systematic
e ects are visible: (i) For too high threshold values (Fig. 716c), the shape of the outer
boundary in upstream direction changes slightly. As soon a$é cloud mixes with the

surrounding medium, gas is removed from the simulation. Téiarti cially suppresses
instabilities. (ii) For too low threshold values, the distubed atmosphere in downstream
direction of the cloud gets susceptible to the growth of copetively unstable regions.
Bubbles are formed behind the cloud as well as in the disturtbeatmosphere along the
traversed orbit of the cloud. Quantifying the e ects of the e-stabilization of a realistic

atmosphere and its back-reaction onto the further evolutio of the cloud is beyond the
scope of these idealized simulations. Given the consideoais brie y discussed here, we
decided to use a tracer threshold value of 10.
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Figure 7.16: Studying the in uence of the threshold value ahe tracer eld for arti cially
stabilizing the atmosphere. Displayed is a value of 10 (panela), 10 # (panelb, our
standard model) and 10? (panelc).
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7.7.3 Possible in uence of magnetic elds on the evolution of the
cloud

Strong magnetic elds of the order of 100G (with a lower limit of 50 G on 400 pc scales)
have been observationally inferred near the Galactic Cemt€vusef-Zadeh & Morris, 1987,
Morris & Yusef-Zadeh, 1989; Crocker et al., 2010). Field gngths of this magnitude might
signi cantly in uence the dynamics and physical interactons occuring in the interaction
region of the cloud. Several e ects might change the dynansicand appearance of the
cloud: (i) magnetic pressure inside the cloud and of the hotraosphere changes the total
pressure balance and hence the size along the cloud's orlfiy magnetic tension forces
can lead to a con nement of the cloud (e. g. Krause et al., 201 2hereby alleviating the
problem of the too fast tidal disruption, (iii) depending on eld morphology, the Kelvin-
Helmholtz-Instability can be signi cantly suppressed, aga leading to a longer survival of
the cloud and signi cant changes in the late time evolution iad (iv) magnetic elds lead
to anisotropic thermal conduction, altering the cloud evagpration time scale. Hence it will
be necessary to consider magnetic elds in future simulatis determining the fate of the
observed cloud. The problem is that this adds additional deges of freedom as neither the
strength of the elds nor its morphology is currently known n the sub-parsec surrounding
of SgrA*.



236 7. Paper Il

7.8 Conclusions

In this paper, we present a set of idealized hydrodynamicahsulations to study the origin
and the fate of the recently discovered cloud complex in thedmctic Center. Building
up on analytical estimates in paperl, we concentrate on twogssible scenarios: (i) the
Compact Cloud Scenario , where the cloud is assumed to have formed in the recent
past on the orbital path of the G2 component of the cloud and ifi the Spherical Shell
Scenario, in which the observations are interpreted as an already digpted spherical shell
(or ring, respectively in two dimensions). The early evolubn until close to the pericenter
is dominated by tidal interaction in both cases. Shortly akr pericenter passage, when
the cloud is already tidally disrupted, secondary hydrodyamical instabilities as well as
ram pressure become important, leading to some angular mamem redistribution and
accretion towards the center. Nonetheless, the cloud keepdaage fraction of its initial
angular momentum, which e ciently hinders direct accretion onto SgrA*. Accretion is
expected to occur via a thin nozzle-like feature connectirige cloud with the SMBH, as a
result of continuous ram-pressure interaction of the upstam boundary of the cloud with
the dense inner part of the atmosphere. Hence { depending oretldestabilization of this
stream (e. g. by thermal conduction) { there might be enhanckcold gas accretion within
the next years, which might boost the luminosity of Sgr A* in arobservable way. However,
according to our simulations, a large fraction of the cloud ¥/ remain on a similar orbit
compared to the test particle orbit and lead to a steady in owof gas towards the Galactic
Center. In contrast to the early evolution of the cloud, the pst-pericenter stage depends
sensitively on the detailed modelling of physical processas well as the atmospheric density
distribution, necessitating more detailed hydrodynamidasimulations to predict the (far)
future evolution of the cloud complex. A more realistic trenent of the unstable nature
of the atmosphere might in uence our derived accretion ragesubstantially, when taking
the back-reaction of the cloud into account.

In summary, we currently favor theSpherical Shell Scenario for the following reasons:
(i) It allows the cloud to be started within the range of the dsk(s) of young stars. (i)
Being a spherical shell of gas further strengthens the noti®f it being the result of stellar
evolutionary processes. (iii) The model is able to explairhé major part of the structure
(eG2) seen in the observed position-velocity diagram, wesrs theCompact Cloud Scenario
only captures the dominant part of it (G2). (iv) Tidally stri pped gas cannot account for the
G2t component of the observed PV-diagram, which disfavors ¢fitCompact Cloud Scenario
and any Compact Source Scenaridout a so far undiscussed component of the PV-diagram
could be directly related to it.
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Chapter

Outlook

We developed a formation model for the two stellar discs thatan reproduce the unusual
con guration observed around the Galactic Centre black hel This model assumes the
collision of a cloud with a ring of gas at some distance from ¢hblack hole. The latter is

a much more likely scenario for the Milky Way Galactic Centr&eompared to the capture

of a single molecular cloud by the black hole. Still simulains show that disc formation is
possible assuming the direct collision of a cloud with a supeassive black hole.

One could try to apply this model to other objects. One examplwould be the stellar disc
observed in the Andromeda Galaxy (M31). At the centre of M31 ancan nd a single
disc of old stars close to the central black hole (Bender et. aR005). The disc is eccentric
(Tremaine, 1995) with a mass of roughly 70OM . The semi-major axis is roughly 2 pc.
In the case of M31 the black hole mass is a factor of 100 high@mpared to the Milky
Way black hole, so that it becomes much easier for a cloud to baptured by the black hole.

Interestingly the centre of M31 does not contain a nuclear &t cluster. Simulations of
an infalling single cloud which do not include a star clustegpotential lead to the creation
of a prominent, eccentric disc. The disc retains this shapeithwout the cluster potential.
In Figure 4.12 we presented such an eccentric disc, whichdaton becomes circular due
to phase mixing (precession inside the cluster potentialfigure 8.1 shows a comparison
study of how di erent the above stellar disc evolves withouincluding the cluster potential.

Test-simulations show that it is quite easy to create an ecetic disc that is similar to the
M31 disc in size and shape. However there is again the drawbatkhe high mass require-
ment. If we assume a star formation e ciency of 10% the initiacloud must have a mass
of around 1§ M with a radius < 10 pc, which is plain unrealistic. On the other hand,
assuming an infall of multiple lower mass clouds raises thei@gtion how the eccentricity
of the disc was retained.
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Figure 8.1: Line of sight velocity dispersion (top row), ste&ar surface density (middle row)
and line of sight velocity (bottom row) of a Nbody simulation hat evolves the fragments
which formed inside an eccentric accretion disc. The leftdg shows the evolution at the
nal timestep (6 Myrs) with the star cluster potential included, the right side without the
potential. Although the individual stars stay on eccentric dbits, the disc shape becomes
symmetric in the case with cluster potential included. Witlout the cluster, the disc retains
its asymmetric shape.
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In both cases (Milky Way and M31) the cloud mass had to be rathénigh compared to
the black hole mass and one must consider if the gravitationan uence of the cloud on
the black hole can still be neglected.

Due to numerical constraints one important test, the compason of the mass function, is
not possible yet. Newer developments in SPH will help redugjmumerical problems in sim-
ulations of fragmenting accretion discs. Adaptive gravitabnal softening is currently being
implemented into Gadget3 as well as an adaptive viscosityrehgth parameter (Cullen &
Dehnen, 2010). Also the possibilities o ered by new hydro-des like AREPO (Springel,
2011) which combines parts from the particle and grid appreh, could proof to be very
helpful in simulations like the G2 scenario and the formatio of the Galactic Centre stellar
discs. Finally there is always the constant increase in comational power (new tech-
nologies like GPU-computing already boost simulation spegdand simulations which are
currently too expensive will become feasible at some point.
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