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Abstract

While a detailed picture of low-mass star formation has evolved over the last years, the process
of forming high-mass stars is much less understood. One of the main observational limitations is the
angular resolution required to resolve the involved processes and structures on small scales. Further-
more, massive young stellar objects are mostly deeply embedded into the surrounding natal cloud and
thus obscured by large amounts of gas and dust, what makes an observation in the optical impossible.
In this thesis | use the recently developed technique of long-baseline infrared-interferometry, which
provides an angular resolution on the scale of milliarcseconds, to spatially resolve the close circum-
stellar environment of young O- and B- stars. One possible application of infrared-interferometry is to
study the structure and composition of circumstellar disks. Circumstellar disks are important for the
star formation process as they can take over part of the angular momentum of the molecular cloud, are
part of the jet and outflow as well as accretion mechanisms, and can help to overcome the radiation
pressure barrier. Furthermore, circumstellar disks are the places where planets are born. Using MIDI
at the VLTI, | spatially resolve for the first time the mid-infrared emission region around the massive,
young stellar object NGC 2264 IRS 1. Measurements at di erent position angles indicate an asymmet-
ric structure, possibly due to a circumstellar disk. Employing a radiative transfer code | find that the
parameters for the disk are consistent with an overall geometrical model based on the jet-like feature
seen to the north-east of IRS 1. This result supports the assumption that massive young stellar objects
form via accretion from circumstellar disks. The current generation of infrared interferometric instru-
ments does not only come along with a high spatial resolution but also with spectroscopic capabilities,
which can provide additional information about the chemical composition and kinematics by resolv-
ing spectral bands and lines. Using AMBER at the VLTI in its medium resolution mode | spatially
and spectrally resolved the near-infrared emission region around the Herbig Be star MWC 147. The
size of the continuum near-IR emission region indicates an emission origin located inside the dust-
sublimation radius. Looking at the spectrum we can detect the Brackett emission line of atomic
hydrogen. The size of the line emitting region is comparable to that of the continuum emission region
and thus points to the disk wind rather than magnetospheric accretion or X-wind scenario. We do not
detect any emission lines originating from molecules. This result is in contrast to the picture of an
inner gaseous disk whose opacity is caused by molecular emission lines and points to a more complex
composition of material than previously thought. Another application of infrared-interferometry is
the detection and characterization of close companions. While spectroscopy can resolve very close
companions (1 AU), adaptive optics searches are only sensitive to companions with separations of
several tens to hundred AU. The remaining gap can only be filled employing infrared-interferometric
techniques. Furthermore, companions in the observed range are attractive targets for tracing their or-
bits due to orbital periods on the scale of only years. | used AMBER to search for companions around
a sample of O- and B-type stars in two star forming regions: In the Upper Scorpius region, part of the
Scorpius-Centaurus association,and in the Orion Nebula Cluster, part of the Orion OB1 association.
In Upper Scorpius, no previously unknown companions are detected using interferometry, but indica-
tions for two new companions come from archival X-ray ROSAT data. Using the new orbit point as
measured with AMBER for the Sco system we can perform an orbit fit which yields a total system
mass of 22 M and an orbital period of  9yrs. Including the new X-ray companions we find 2.0
companions per primary for our Upper Scorpius sample. In the Orion Nebula Cluster we find hints
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for the presence of two new companions, around * Ori D and NU Ori. We furthermore reobserve the
already known companions around ! Ori A and ! Ori C. Our new AMBER measurements confirm
the previously determined orbital and stellar parameters of the * Ori C system and indicate that the
companion of ! Ori A is physically related to the primary and not just a chance projection. Including
the new companions we find  2:2 companions per primary star on average for our sample of stars
in the Orion Nebula Cluster. The number of companion stars per primary is comparable for the both
observed region and around four times higher than for low mass stars.
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Chapter

Introduction

1.1 Star formation

This chapter provides a short overview of the basic processes and theories important for the under-
standing of star formation. Although an elementary picture of the processes involved in star formation
has evolved over the last decades, many questions are still unsolved and need to be investigated. This
includes questions like: Do high-mass and low-mass stars form in the same way or by di erent pro-
cesses? Which fraction of stars forms in multiple systems and on which timescales do such systems
disperse? What is the role of circumstellar disks and how do they evolve? What is the origin of jets
and outflows ejected by young stars? How important is triggered star formation and which are the
relevant processes (e.g., supernova shocks, stellar winds, cloud-cloud collisions)?

The way stars form also has a large impact on other astrophysical fields. The star formation
rate, e.g., influences the dynamics, structure, and evolution of galaxies. Furthermore, also the planet
formation process is closely connected to the formation of the central star and in particular to the
structure and evolution of circumstellar disks.

This chapter follows mainly the detailed descriptions of our current understanding as described
in[Schulz| (2005), [Stahler & Pallal (2005), [McKee & Ostriker| (2007)), (Zinnecker & Yorke| (2007), and
Bodenheimer| (2011)).

1.1.1 The Interstellar Medium

The space between the stars is not empty, but filled with what is called the interstellar medium (ISM).
New stars can be formed in the ISM under certain conditions (which will be discussed later). The
processes that are taking place in the ISM and its di erent phases are therefore important to understand
the star formation process. The composition of the matter in the ISM is: 70 % of the mass is
hydrogen, 28% helium, and 2% heavier elements (e.g., oxygen, carbon, nitrogen). Nearly all of
this matter exists in the gas phase, only 1% is solid (Schulz, [2005), i.e., dust. The interstellar gas
exists in the galaxy in several rather stable phases connected to di erent temperatures: the hot phase
at a temperature of T 10° K, (luminous) ionized gasat T 10*K, neutral gas at T 10? K, and
moleculargasat T 10 K (Cox, [2005).

Discussing the gas content of the ISM, neutral means that the hydrogen atoms are neutral. The
neutral gas can be studied by observing absorption lines (the light coming from a background star
shining through the neutral gas) or emission lines from the atoms and ions in the neutral gas. As the
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most abundant element in the ISM is hydrogen, it is not surprising that the most famous emission line
observed is the so-called 21 cm line originating from the atomic transition between the two hyperfine
levels of the hydrogens ground state (spins of proton and electron parallel or antiparallel).

If the interstellar gas is located close enough to, e.g., a hot main-sequence star (or a cluster of
hot stars), the radiation emitted by the star will ionize the (hydrogen) gas. The ionized regions are
then called H I regions. The radius of the H Il region is depending on the luminosity of the star
and the density of the gas and is called Stromgren radius. If the star emits photons with enough
energy further elements can be ionized. Then inside the hydrogen ionization sphere, a helium and
optionally further ionization spheres will form. For very hot stars the ionization spheres for H and He
will almost be identical. The emission coming from H Il regions consists of free-free emission (e.g.,
Bremsstrahlung), free-bound radiation (recombination continuum), recombination line emission, 2-
guantum emission, and forbidden emission line radiation (Povich| [2012).

The hot phase (T 108 K) of the ISM was discovered first by the presence of absorption lines of
O VI in spectra of stars and also through the detection of soft X-ray emission. It is not clear how this
hot phase is generated, but one possibility is that shock fronts of supernovae explosions insert large
amounts of Kinetic energy into the gas (Pradas & Kerp} [2003).

The most important phase of the ISM in the context of star formation is the molecular gas. This
phase will therefore be discussed in more detail.

Molecular Clouds

The molecular clouds (MCs) are the densest (n 100  1000cm 3) and coldest ( 10 20 K) parts
of the interstellar gas and the places where star formation occurs (Bergin & Tafalla, 2007). The
temperatures are the result of a balance between heating and cooling mechanisms. The clouds are
heated by cosmic rays and the radiation emitted by nearby stars. Typical masses of MCs are between
10° and several 10* solar masses (M ), but can be as high as 106 M for so-called giant molecular
clouds (GMCs) (Blitz et al., [2007; [Fukui & Kawamura, 2010). Molecular clouds can be observed in
thermal continuum from the infrared-, to mm-wavelengths. Spectral lines from various molecules can
be detected in a wide range of spectral windows, ranging from UV- and optical observations down to
radio frequencies. The most abundant molecule, Hy, is di cult to observe due to its lack of a dipole
moment. Several Hs lines can be seen in the UV, but observations of this lines in dense material are
di cult due to the extinction caused by dust (see below). A solution for this problem is to measure
carbon-monoxide (CO) instead, which is the second most abundant molecule (about a factor of 10 *
relative to Hy). As the emission from the most abundant isotope 2CO becomes optically thick in the
denser clouds, the rarer (around 100 times) isotope 3CO is often used (Snow & McCall, [2006).

Molecular clouds are observed to have structures over a wide range of scales (Bodenheimer,[2011).
They are fragmented and clumpy. Star formation takes place in the densest parts of MCs, in clumps
and cores. Clumps are large, more massive ( 10% M ) structures, which are believed to form stellar
clusters (Banerjee et al., 2009). Cores have typical densities of n 10%°cm 2 (Frau et al., 2012),
are thought to be gravitationally bound, and regions forming single or binary stars (Bergin & Tafalla,
2007).

Dust

Although only about 1% of the ISM mass is found to be dust, it is an important ingredient for
star formation as it re-processes and scatters radiation and serves as catalysator for the formation of
several molecules, in particular H, (Gavilan et al.,2012). Dust absorbs a large part of the UV photons
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Figure 1.1: Averaged normalized interstellar extinction depending on the wavelength from [Savage & Mathis
(1979).The number behind the references for the various curves gives the number of objects used to derive each
curve. The extinction bump at 4:6 m ! is due to graphitic dust particles.

emitted by stars. As they are re-emitted in form of IR or mm-wavelength radiation for which the
interstellar gas is transparent, dust helps to cool the molecular cloud. The interaction processes of
dust and radiation are very complex and one usually uses radiative transfer models (see Sect. [1.1.2)
to understand how the photons propagate through a dusty medium.

The combined e ect of scattering and absorption is also called extinction. The amount of ex-
tinction is wavelength dependent. Dust particles in the ISM have typical sizes of 0.01to 1 m and
thus scatter more blue than red light (Draine| [2009). Astronomical objects observed through the dust
appear more red, which is known as interstellar reddening. In Fig. [L.I] typical interstellar extinction
curves are shown. Such curves are obtained by using photometric observations of two stars (having
identical spectral type and luminosity) of which only one is reddened. The di erence in magnitudes
at two wavelengths 1, » is called the color excess E( 1 2). The standard color excess is defined
by using the central wavelengths of the B and V bands g =0:44 mand y =0:55 mand is usually
denoted as E(B V). The extinction curve is then given by E(  V)=E(B V). In Fig[L.T]one can
see an extinction bump at 4:6 m 1. This feature is due to the absorption of graphitic dust particles.
Obviously, there also exist several other absorption features. They are, however, much more narrow
and observed both in emission and absorption. The correlation between the visual extinction Ay in
magnitudes (a commonly used quantity to describe the opaqueness of a cloud) and the standard color
excess is

Ay = E(B V) Ry;

where Ry is the ratio of total to selective extinction and is known to be mostly ~ 3:1 from observations,
but may vary between  2:1 (towards clouds at high galactic latitudes) and 5 (towards molecular
clouds) (Zagury, [2012).

The dust in the interstellar medium consists mainly of amorphous silicates and carbonaceous dust.
The formation of dust is generally thought to happen in the winds and outflows during the late stages
of stellar evolution (Asano et al.,[2012). Asymptotic giant branch stars (AGB stars) of spectral type M
as well as red supergiants (RSGs) are mainly responsible for the formation of silicate dust, whereas
carbon dust is produced from AGB stars of spectral type C as well as Wolf-Rayet stars. Furthermore,
more exotic dust is observed to form also during nova and supernova explosions. Once injected into
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the ISM, the properties of dust are changed in shocks, through cosmic rays and due to accretion and
coagulation in dense molecular clouds and circumstellar envelopes and disks (see also Sect. [1.3).
The silicate dust formed from the AGBs and RSGs is observed to consist of  15% crystalline dust,
which will be amorphized probably by the cosmic ray radiation, such that the percentage of crystalline
silicates in the average ISM is only a few precent (Henning, [2010).

Dust can be destroyed through photodesorption (which is not very e cient) or by sputtering
(atoms or molecules are kicked o the grain surface when colliding with other particles). Such colli-
sions are note cient for high particle energies, i.e. MeV to GeV. Thus, cosmic rays do note ciently
destroy the dust grains.

1.1.2 Radiative Transfer

The expression radiative transfer denotes the propagation of electromagnetic radiation through some
medium. Radiative transfer is essential for astrophysics as radiation originating from astronomical
objects never reaches the observer without interaction with the ISM. There, the radiation can be ab-
sorbed, scattered, and re-emitted.

The fundamental equation of radiative transfer describes the variation of the intensity dI over a
path with length ds at a frequency inamedium with density . The derivation of the radiative transfer
equation can be found in, e.g.,[Chandrasekhar| (1960). The properties of the medium are given by the
absorption-coe cient (and/or scattering-coe cient) and emission-coe cient  (which can itself
depend on the radiation field). The radiative transfer equation is then given by:

dl

e I+ (1.2)
The solution of the radiative transfer equation is
1 (s)=1(0)e GO+ ZOS S e &) g (1.2)
with  being the optical depth between the points s and s’ defined by:
(s;8") = “ ds: (1.3)

I\

Equ. [I.2] can, however, only be solved analytically in special cases and usually has to be solved
numerically, e.g., using Monte-Carlo codes.

1.1.3 Low-Mass Star Formation

Low-mass stars form from the collapse of gravitationally bound cores in molecular clouds [Boden-
heimer| (2011)); [Hennebelle| (2012). To start the star formation process, a large mass of gas has to
be collected in such a small space that the gas becomes self-gravitating. The mass, which is needed
to start gravitational contraction (by some perturbation in a homogenous cloud) was first calculated
by Jeans| (1902) assuming an isothermal gas and including only thermal e ects and gravitation. It is
therefore called (thermal) Jeans mass Myeans:

Mjeans / T3:2 1:2 (14)

Here, T is the temperature and the density of the molecular cloud, i.e., the Jeans mass is higher for
higher temperature of the MC and smaller for denser MCs. However, various other physical e ects
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may hinder the cores from collapsing, although the thermal Jeans-mass is reached, e.g., rotation,
turbulence, and magnetic fields. The e ect of rotation does not seem to hinder the initial collapse of
molecular cores significantly, however, it has an important impact in the later stages of star formation.
The angular momentum caused by rotation of the cloud makes the angular velocity increase the more
the core is contracting. The centrifugal force will thus be too high to allow the core to collapse into
stellar dimensions. Solutions for this problem are the evolution of circumstellar disks (see Sect. [1.3)
and the evolution of multiple systems (see Sect.[1.2). Magnetic fields are also an important ingredient,
as they can prevent the collapse on the one hand, and on the other hand may help to transport angular
momentum away from the cores (Li et al., [2010; [Dapp et al., [2012). Somehow similar to the thermal
Jeans-mass, one can define a magnetic Jeans-mass. However, even if the cores have lower masses than
the magnetic Jeans-mass, they can collapse despite the presence of magnetic fields through ambipolar
di usion (drift of neutral particles across magnetic field lines, [Spitzer[1978). In the case of turbulence,
one can similarly define a turbulent Jeans-mass. The origin of interstellar turbulence is still debated
(Ballesteros-Paredes et al.| [2007; [McKee & Ostriker, 2007 [Tachihara et al [2012). It may be due to,
e.g., colliding flows or magnetorotational instabilities in the galactic disk. Although the turbulence is
on large scales the main mechanism to prevent the collapse of cores, shock patterns created randomly
on small scales can lead to a compression of regions located behind these shocks and thus to a collapse.
Finally it should be mentioned, that the collapse of molecular cloud cores could also be triggered by
events like supernovae shocks, cloud-cloud collisions, or winds from massive stars (e.g., (Gritschneder
et al.|2011}; [EImegreen|[2011; [Duarte-Cabral et al.[2011}; Boss & Keiser|[2012).

Once the molecular cloud cores become unstable, the protostellar phase starts. The pre-stellar
core is optically thin in mid-infrared to sub-mm wavelengths and can radiate the released energy away
freely. As its temperature thus stays nearly constant, this phase can be approximated with an isother-
mal collapse. However, at a density of 10 3 gcm 2 the core becomes optically thick in its center
and is then called protostar. The radiation can not freely escape anymore, the collapse slows down,
and the temperature rises until the center of the core has a temperature of 1600 K. At this tempera-
ture, the molecular hydrogen starts to dissociate. The released thermal energy is mostly used for the
hydrogen dissociation process and the temperature thus increases much slower than before. This leads
to a second collapse of the core center until most of the hydrogen molecules have dissociated. At the
end of the second collapse a stellar core with a temperature of  20; 000 K, a density of 10 2gcm 3,
and a mass of 10 M has formed. Most of the final stellar mass is at that stage still located in the
outer, much thinner parts.

During the protostellar collapse phase, which takes around 10° yrs (Bodenheimer, 2011), a cir-
cumstellar disk starts to form due to the initial rotation and thus angular momentum in the cloud. Part
of this angular momentum can be taken away from the material finally building the star by, e.g., the
disks viscosity (see Sect.[1.3). Furthermore, bipolar outflows remove additional angular momentum
already in the protostellar phase. Material from the disk can accrete onto the central core and emits
radiation due to the kinetic infall energy. This radiation is absorbed by the remaining circumstellar
envelope and re-emitted at infrared wavelengths. The central young stellar object (YSO) begins to
slowly contract. In the later phases of the accretion process the accretion rate decreases and the in-
falling envelope becomes optically thin. This phase is called the pre-main-sequence (PMS) phase.
Low-mass objects with masses up to  2M in the PMS phase are called classical T Tauri stars
(CTTSs). Pre-main sequence stars from  2M to 8M are called Herbig Ae/Be (HAeBe) stars.
PMS objects are still surrounded by their circumstellar disks. The evolution of the disks will be dis-
cussed in more detail in Sect.[1.3] Circumstellar disks are dissipated by photoevaporation after around
1 10 Myrs.

Finally, once the interior of the YSO is hot enough, nuclear reactions, i.e., hydrogen burning, start.
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The formation of the star is finished and it reaches the main-sequence in the Hertzsprung-Russell
diagram, or more precisely the zero-age main sequence (ZAMS). The total time a star needs to form
depends on its mass. The more massive the star is, the faster it will evolve to the ZAMS stage. For a
star with final mass of 0:5M the time spent on the pre-main sequence phase is around 1:5 102 yrs
and for a star with a final mass of 1M (e.g., our Sun) around 4 107 yrs. For a star with final mass of
3M to reach the ZAMS, it takes around 2 10° yrs (Bodenheimer, 2011). These numbers, however,
can vary for di erent evolutionary models and depend on the exact definition of the ZAMS.

The formation of low-mass stars can be divided into an evolutionary sequence also from the obser-
vational point of view. The classes (0-111) were introduced by characterizing the objects by means of
their observed spectral energy distribution (SED) (Lada, 1987; /Andre et al., 1993, [2000). In Fig.[1.2]
the SEDs connected to each class are shown together with the corresponding evolutionary stage.

Class 0 objects are in an early protostellar evolutionary stage. The central protostars are sur-
rounded by large amounts of gas and dust. The mass of the protostar is at that stage less than half the
mass of the surrounding dusty envelope. Thus, only radiation at longer wavelengths is able to escape
and can be observed. Class 0 objects are defined via their bolometric temperatures (Chen et al.}, [1995))
or the ratio between bolometric and submillimeter luminosity (Andre et al., [1993).

The other classes are identified using the slope  between 2.2 mand 10 m, 25 m, respectively:

_dlog F
" dlog

where F is the flux emitted at a certain wavelength . SEDs of class | sources have a slope of

> 0. They are evolved protostars and usually have both, circumstellar disks and envelopes. Class 11
sources are usually believed to be in the pre-main sequence phase, i.e., have circumstellar disks, but
less circumstellar dust in an envelope than Class | sources (i.e., T Tauri or HAeBe stars). They have
slopes between around 1:5 and 0. Finally, Class Il sources ( 1:5) are thought to be pre-main
sequence or young main-sequence stars with little or no circumstellar material or disks. However,
the geometry (e.g., the inclination of the object) has a significant impact on the shape of the SED
(Dunham et al. 2010} [Commercon et al., [2012; [O ner et al.| [2012). The same source could either
appear as Class | or Class Il source, if the inclination angle is large (i.e., the object is obscured by the
disk) or low (i.e., the central star is visible).

1.1.4 High-Mass Star Formation

Compared to the formation of low-mass stars, less is known about the formation process of massive
stars (M > 8 M ). Although massive stars (and also massive young stellar objects, MYSOs) are much
brighter than low-mass stars and thus should be much easier to observe, the number of observations
of adequate objects is still small due to several reasons.

Stars with higher masses are much rarer than star with lower masses, which can easily be seen
from the initial mass function (IMF) (an empirical law which gives the number of stars with a certain
mass built):

AN(M) 41
dlog M '
The exponent x depends on the model chosen and is often thought to vary for di erent mass ranges.
Commonly used values are 1:35 (Salpeter, [1955) and for the upper IMF 1.3 (Kroupa, [2001). Ad-
ditionally, low-mass stars evolve much slower and thus live much longer than high-mass stars. A
1M star lives, e.g., around 2000 times longer than a star with a mass of 30 M . Therefore, we
can expect that around 2 10° more starswith 1 2M thanwith 25 30M exist.
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Figure 1.2: Classification scheme for young stellar objects from |van Boekel et al.[ (2006), pictures of separate
stages: M. McCaughrean. Left: Typical shapes of SEDs connected to the classes as defined by |[Andre et al.
(2000). Right: Artists impression of the di erent circumstellar environments.
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Furthermore, massive stars are seldomly found in isolation, such that their surroundings are very
complex due to gravitational interactions with the cluster members, and outflows, winds, and ionizing
radiation coming from neighboring stars. Other factors which complicate the observation of high-mass
YSOs are that massive star forming regions are mostly far away (e.g., more than 2 kpc for the Carina
Nebula in contrast to, e.g., 140pc for Taurus Auriga) and that the MYSOs are deeply embedded
into their parental clouds. Thus, they can usually only be observed at IR to mm wavelengths, at which
the radiation is able to escape from the dense surroundings. The typically large distances of massive
YSOs lead to a decrease in flux and require a very good angular resolution (i.e., big telescopes or
interferometers) to resolve the complex structure.

Currently, three competing concepts of possible formation scenarios for high-mass stars are dis-
cussed: monolithic collapse and disk accretion in isolated cores, competitive accretion in a protoclus-
ter environment, and stellar collisions and mergers (Bonnell et al.| [1998; |Zinnecker & Bate| [2002).
It is also possible that each of these three formation scenarios occurs in nature depending on the
conditions in the molecular cloud.

The monolithic collapse scenario is in principle a scaled-up version of the formation of low-mass
stars (see Sect.[1.1.3). In this scenario, massive stars would form from high-mass cores, i.e., the mass
of the core would determine the mass of the star taking into account an e ciency factor, which is
usually assumed to be  30% (Alves et al.| [2007). Only little interaction between the cores takes
place as soon as they have formed. The radiation pressure problem that would prevent spherical
accretion as soon as the protostellar mass exceeds 10M is solved by stellar outflows and accretion
via an accretion disk. The outflows open a bipolar cavity in the polar directions. The radiation
pressure in the equatorial plane is lowered as the irradiated, heated regions of the circumstellar disk
mainly cool in the vertical direction (similar to low-mass star formation). In the innermost parts the
radiation then can escape through the bipolar cavity (known as flashlight e ect, [Yorke & Sonnhalter
2002). Furthermore, the accretion disk can transfer angular momentum to the outer regions and thus
allows a mass accretion radially inwards (Nakano, [1989). Therefore, an infall of material in this
plane is possible. This scenario has been investigated and verified in recent simulations (Krumholz &
Bonnell|, 2007} [Krumholz et al., [2009; [Kuiper et al., 2010). Evidence from observations comes from
recent observations of circumstellar disks around massive stars (e.g., AFGL 490, [Schreyer et al.[2006;
IRAS 13481-6124, |[Kraus et al.|[2010; IRAS 18151-1208, |[Fallscheer et al.||2011; NGC 7538 IRS 1,
Beuther et al.|[2012; IRAS 18162-2048, [Carrasco-Gonzalez et al.|[2012). Furthermore, molecular
outflows or collimated jets (e.g.,/Cunningham et al.,[2009, [2011)) are often interpreted as evidence for
ongoing accretion.

In the competitive accretion scenario (Bonnell|, 2000, (2005} [Bonnell & Bate, [2006] [Hsu et al |
2011)) the stars formed in a cluster compete for the available reservoir of material. Those which are
located in the center of the cluster potential can accrete much more material than the stars further out.
In such a scenario the final mass of a star does not depend on the mass of the core but primarily on
its location in the cluster. In this scenario multiple systems should be very common among stars with
high masses. The competitive accretion scenario thus results in a distribution of stellar masses and
could be a mechanism for producing the IMF. Indeed, massive stars are observed to form in clusters
rather than in isolation (Varricatt, 2012; (Chini et al., 2012). Furthermore, the competitive accretion
model can account for the observed properties of multiple systems. The main disadvantage of the
competitive accretion scenario is that too much of the cloud mass ends up in the formation of stars.
The model seems thus to be too e cient. This could, however, be due to the presence of magnetic
fields and radiative feedback which are currently not included into simulations with high initial cloud
masses. Observed circumstellar disks are not in contradiction to the competitive accretion (Clark,
2010).
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Finally, it was suggested by [Bonnell et al. (1998) and [Bally & Zinnecker| (2005) that massive stars
can form through the collision and merging of protostars with lower masses. Very recently it was
shown using N-boy computations that during the evolution of clusters indeed a few single stars per
cluster with masses of more than 150 M will be formed by the mergers of massive binaries (Banerjee
et al., [2012a)b). However, such mergers are unlikely to occur in any but the richest clusters and thus
are thought to be rare and only relevant for the formation of the most massive stars (Zinnecker &
Yorke, [2007; [Bonnell & Smith| [2011)).

1.2 Binary and Multiple Systems

The last two decades of observations of star forming regions and young stellar clusters has clearly
established that most, if not all, stars form in binaries or higher order multiple systems (e.g., [Mathieu
& Zinnecker|[2000; |[King et al.|[2012). In total, the fraction of single systems is about 50% (McKee
& Ostriker, 2007} [Raghavan et al., [2010a), however, it is correlated with the stellar mass. Stars with
higher masses are found to be in binary systems more often than low-mass stars (Preibisch et al.,[1999;
Chini et al.| [2012). [Sana et al.| (2012) found very recently that over  70% of stars born as O-type
star will exchange mass with a companion, what leads to a binary merger in one third of the cases.
Furthermore, massive stars are often found in higher order multiple systems,i.e., triple or quadruple
systems (Zinnecker & Yorke, 2007). During the last few years, numerical simulations of star cluster
formation have reached a level where they can make quite detailed predictions about the multiplicity
of the forming stars (see|Goodwin et al.|[2007). The work of [Bate| (2009)) presents the largest hydrody-
namical simulation of star cluster formation to date and provides unprecedented statistical information
about the formed stellar systems that can be compared with observational surveys.

1.2.1 Observations

Duguennoy & Mayor| (1991) performed a survey of all solar-type field stars within 22 pc distance of
the Sun visible from the northern hemisphere. They conclude (taking into account probably missed
companions due to their orbital distances and/or low brightness) that the fraction of single stars in
their sample is  30%. The distribution of orbital distances peaks at a semi-major axis of 30 AU
(Raghavan et al., [2010b). The multiplicity of field stars with later spectral types than G is probably
lower than this (around 30%, [Ladal2006). However, the fraction of binary or multiple system seems to
be much higher when searching among PMS than among main sequence stars (Duchéne et al.| 2007;
Viana Almeida et al.| [2012). For both T Tauri stars and embedded Class | sources it seems to be two
times higher than for main sequence objects and for some star-forming regions the fraction of binaries
seems to reach 100% (e.g., the Taurus-Aurigae region, [Kdhler & Leinert|1998).

As mentioned above, high-mass stars show a high frequency of binary and multiple systems. Mas-
sive stars are often found to be in hierarchical triples, where the two closer binaries have nearly similar
masses and a more distant third companion (Zinnecker & Yorkel 2007). An accurate characterization
of multiple stellar systems and their properties is thus one of the most important steps in understanding
the star formation process itself. The observed properties of multiple systems, such as their separation
distribution and mass ratios, provide important and strong constraints on star-formation theories.

1.2.2 Formation

Several di erent ideas how binary or multiple systems can form have been developed. The first early
ideas were the formation by the breaking of a rapidly rotating object in hydrostatic equilibrium due
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to dynamical instability (also known as fission) and secondly the capture of a totally independently
formed star. While fission in the meantime has been essentially ruled out, capture might still be a
possible formation scenario in the cores of dense young clusters. Currently, binaries are thought to
form mainly as a result of fragmentation (O ner et al.,[2011). However, di erent kinds of fragmenta-
tion will lead to di erent results. Fragmentation of a low-mass core during its collapse will produce
a binary or a small multiple system, whereas fragmentation of a higher mass core will lead to the for-
mation of a small cluster. Furthermore, a fragmentation of the gravitationally unstable circumstellar
disk could lead to binary systems. However, in a fragmentation scenario it remains di cult to explain
the existence of a large number of close binaries (with separations of lower than or equals to a few
AU). Probably a combination of processes is required for their formation.

In the special case of high-mass binaries, the formation process could work through the following
processes: Fragmentation of disks or filaments, accretion onto low-mass wide binaries, failed mergers
in stellar collisions, disk-assisted capture, or n-body dynamical evolution. The formation through
fragmentation works similar than for low-mass objects and, as already mentioned above, can not
account for the existence of close massive binaries (which are, however, very often found in the center
of hierarchical triples). A possible formation scenario for close binaries would be accretion onto an
initially wide low-mass binary. Such an accretion can significantly decrease the separation of the
components, while at the same time their masses are increased (Maeder & Behrend, [2002; [Bonnell
& Bate| [2005). However, the formation of the hierarchical triple systems which are often observed
for massive stars is probably due to so-called n-body dynamical evolution. In this process an initially
wide system consisting of a high-mass and a low-mass star starts an interaction with a third massive
object (which should happen primarily in small clusters of high- and intermediate stars). The binding
energy of this triple system is then taken by the massive companion and the low-mass member gets
kicked further out (Bate et al.,[2002). Finally,[Sana et al.| (2012) found, that 20-30% of all O-type stars
will merge with their companion.

1.3 Circumstellar Disks

Circumstellar disks are an important ingredient for the formation of stars (and furthermore also for
the formation of planets). It has been mentioned before that the initial rotation of molecular clouds
would hinder the cores from collapsing to stellar dimensions if the angular momentum could not be
removed through various processes. Circumstellar disks can, on the one hand, be part of the solution
of this problem (Lin et al [2011). On the other hand, for the formation process of stars with higher
masses circumstellar disks might help to accrete material onto the protostar and thus allow it to grow
further than it would be possible in a spherical accretion process. The observation of circumstellar
disks is thus essential to draw conclusions on how star formation works.

The formation of circumstellar disks is a simple consequence of the conservation of angular mo-
mentum. While some of the disk mass moves to the outer parts and takes over a large part of the
angular momentum, a large part of the disk mass moves inwards and finally accretes onto the proto-
star. Several mechanisms for the transport of angular momentum have been discussed in the literature,
and it is accepted that the viscosity of the disk plays an important role, although the processes creating
this viscosity are still under debate. The most accepted mechanism for angular momentum transport
is the magnetorotational instability (Stone & Pringle} [2001), but other mechanisms such as transport
through gravitational spiral waves (Pickett et al.|[2003}; Rosen et al.,[2012) or through global magnetic
fields (Stehle & Spruit, 2001)) are also possible scenarios.

One of the most simple pictures of the structure of a circumstellar disk is a passive flat disk irra-
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diated by a star. In such a picture, most of the radiation is absorbed and reemitted at small disk radii,
which leads to large near-IR and small far-IR fluxes. SEDs of stars surrounded by flat circumstellar
disks would thus show a relatively steep slope ( F / #3), which is not observed for most sources. A
natural explanation for the strong far-IR flux would be a flaring disk geometry (Kenyon & Hartmann,
1987) as a consequence of vertical hydrostatic equilibrium. Other possibilities to explain the large
amount of far-IR flux are active disks, i.e., disks not only heated by the central star but self-heated, or
the presence of an additional dusty envelope.

Flaring disk models (Chiang & Goldreich], [1997) are quite successful in reproducing the overall
shape of the SEDs of young stars surrounded by circumstellar disks in the mid- and far-IR. The mid-
IR emission features can easily be explained by emission from the dusty surface of such a disk. The
dust grains in the optically thin disk atmosphere are directly irradiated by the stellar radiation. This
leads to a temperature increase of a factor of two to four in contrast to the grain temperature deeper
inside the disk. However, the so-called near-infrared bump observed in the spectra of a large number
of Herbig Ae stars (Hillenbrand et al., [1992) can not be explained by this very simple models.

To solve this problem, [Natta et al.| (2001)) suggested that truncated disks (i.e., disks with an inner
hole) could produce such a bump at the inner rim. [Dullemond et al.| (2001) andDullemond & Dominik
(2004) investigated and refined this possibility and introduced the picture of apu ed-up inner rim. The
idea behind this is, that the inner rim is much hotter than a disk without hole at the same radius and
will thus also have a larger scale height. Such a pu ed-up inner rim will, depending on its height
and the flaring of the disk, lead to a shadow on parts of the disk or even to a shadowing of the whole
disk. The inner rim radius of the dusty disk is equivalent to the dust sublimation/condensation radius.
Monnier et al.| (2005) confirmed the simple relation between size of the near-IR emission region and
the stellar luminosity R / L'*2. A sketch from [Dullemond et al.| (2007) of how a flaring circumstellar
disk is structured can be found in Fig.[1.3|

However, for some YSOs, especially for luminous Herbig Be stars, deviations from this simple
relation were found: the derived sizes of these objects are considerably smaller than the dust sublima-
tion radius expected from the stellar parameters. This implies that a significant fraction of the infrared
emission comes from regions closer to the star than the dust sublimation radius. Several possible
explanations are currently discussed.

One of the most promising possibilities is emission from hot gas in the inner regions of the accre-
tion disk, inside the dust sublimation radius (Benisty et al.| [2011}; [Kraus et al., 2008b). Alternatively,
the emission may come from dust that can survive very close to the star because it is shielded from
the direct stellar light by optically thick gas (Monnier et al.| [2005). As another explanation, [Benisty
et al.| (2010a) suggested that the compact emission may perhaps come from refractory iron grains that
can withstand temperatures considerably above the usually assumed dust sublimation temperature of
1500 K. A further possibility would be that the structure of the inner dust rim is more complex than
usually expected, because large (> 1 m) dust grains survive considerably (around two times) closer
to the star than smaller dust grains, what may perhaps explain the small observed sizes of the NIR
emission regions. Finally, [Pinte et al.|(2008) and [Benisty et al.| (2010b) suggested that scattered stellar
light may also play a role for the derived interferometric size estimates.
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Figure 1.3: Sketch of the structure of a flaring protoplanetary disk in dust (left) and gas (right) from [Dullemond

et 2007).



Chapter

Interferometry

2.1 Basics of Interferometry

This chapter gives a basic overview of the ideas and principles of interferometric observations, which
are necessary to be known to understand how interferometry is applied to astronomical observations.
Complete reviews and mathematical derivations of interferometric principles can be found in vari-
ous publications. Much of the content of this chapter follows [Monnier| (2003), [Ratzkal (2005), and
Glindemann| (2011)), where more detailed information can be found.

The reason for using interferometric techniques in astronomy is the limited spatial resolution of
classical single dish telescopes. The spatial resolution A of a single dish telescope is given by the
Rayleigh criterion:

A =122 =D; (2.1)
where is the observation wavelength and D is the diameter of a circular aperture. This is valid for the
ideal, di raction limited case, i.e., perfect telescope optics and no atmospheric e ects. The Rayleigh-
criterion can be derived in the following way: The response of the telescope to a point-like source
(called point-spread function, PSF) describes the shape of the intensity distribution in the focal plane.
In the case of a circular aperture (i.e., a circular telescope mirror) this intensity distribution is called
Airy disk (Born & Wolf,[1980). The Rayleigh criterion is then defined as the angular distance between
the peak of the Airy disk and its first minimum (which yields formula [2.I). Another possibility to
define the resolution is the diameter of the Airy disk at half of the maximum intensity, the so-called
full width at half maximum, (FWHM), which yields approximately:

FWHM = =D: (2.2)

Hence, the bigger the diameter of the telescope is, the better is its resolution. However, due to stability
and costs, it is not possible to build mirrors for fully movable telescopes with diameters bigger than
100 m, even if composing them from a number of smaller mirrors as done for, e.g., big radio
telescopes or the Extremely Large Telescope (ELT), which is currently under construction. A similar
resolution criterion can be found for an interferometer (defining the resolution as the inverse of the

highest spatial frequency):
FWHM = =B (2.3)

Here, the spatial resolution of an interferometer depends on the distance (or baseline B) of the tele-
scopes. Using di erent baselines it is thus possible to gain information about the object on di erent
spatial scales (for a single aperture information on all spatial scales between 0 and D is provided).
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Figure 2.1: Scheme of Young’s double-slit experiment. B denotes the distance of the two slits (or two tele-
scopes).

2.1.1 Young’s Experiment

Historically, the first step towards optical interferometry is probably the famous “double-slit exper-
iment” of Thomas Young (Young, [1802). In this experiment (shown schematically in Fig. [2.I) two
pinholes separated by a distance B are illuminated by a monochromatic source (with the wavelength

) located at such a great distance, that the incoming light can be treated as a plane wave. The light
passing through the pinholes is di racted and (in case the two pinholes are small enough) can be as-
sumed to originate from each pinhole as a spherical wave. The two spherical waves can now interfere
with each other, causing an interference pattern on a screen located at a distance d behind the pinholes.
The phase di erence of the two waves arriving at the screen is depending on the optical path di er-
ence, (OPD), the di erence of the length of the two paths the light has to travel: OPD =B . Thus,
the OPD depends on the distance of the two pinholes and the angle , which depends on the location
on the screen. If the OPD is an integer multiple of , the light is interfering constructively (i.e., the
intensity, | = jE2 = E E , is doubled), if the OPD is half of an integer multiple of the wavelength,
the light is interfering destructively (i.e., the intensity becomes zero). The distribution of the intensity
pattern as a function of the location on the screen (i.e., as function of ) can be derived very easily
considering the amplitudes of spherical waves (see e.g.,[Glindemann|2011):

I( ) _(1+cosk B);
with k = 2 = being the wave number. Another name for the intensity distribution is fringe pattern.
The fringe visibility V is defined as the contrast between the fringes (Michelson, [1920):

V = Imax Imin (2.4)

B Imax + Imin
In the case of monochromatic point sources (as discussed until now) the intensities of the fringes
oscillate between 0 and 1, thus, Inax = 1 and I, = 0, which yields V = 1.

2.1.2 Mathematical Description of an Interferogram

A basic scheme of a two telescope interferometer is shown in Fig.[2.2] Comparing Fig.[2.2]and Fig.[2.]]
it becomes clear, that the two pinholes from the double-slit experiment have been replaced by the two
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telescopes. Furthermore, instead of directly interfering the light on a screen, the beams are guided to
an interferometric instrument, which combines the beams (see Sects.[2.2.2}[2.3.2] and[2.3.3)). The way
from the telescope T1 to the beam combiner can be varied by a delay line (red).

An interferogram of a monochromatic point source observed with two telescopes can be described
mathematically in a simple way, very similar to the description of the interference pattern in the
double-slit experiment. The mathematical derivation given here follows essentially that of [Lawson
(2000). The two telescopes T1 and T2 located at the positions ¥, and %, are separated by the baseline
vector B (thus, B = x; %1). The observed monochromatic object is located in such a great distance of
the telescopes, that the incoming light can be described by a plane wave with wavelength  (which is
true for all astronomical objects). Following Jackson| (1962), the electric field vector of a plane wave
is

E(xt) =By exp(i(kx 11));

where jkj =2 = and ! = kc is the angular frequency. The path di erence between the light arriving
at T1 and T2 depends on the separation of the telescopes, i.e., the baseline B and the position of the
source in the sky, i.e., the angle  (see Fig.[2.2). The planar waves arriving at the two telescopes T1
and T2 can thus be described by:

E1=Eip exp(i(kx Tt));
and
E2=Esp exp(i(ke  '1)) = Ezo exp(i(e +kB  1D):

For the time averaged signal on the detector one then gets:

| = B +Ey
= JEio exp i(Rx It) jEioj exp i(kxy It)
+ jEfo] exp(iRa 1) jEzoj exp( i(Rx1 !t+KkB))
+ JEfoj exp( i(kxa ) jEzo] exp(i(kxy t+KB))
+ JEZoj exp(i(Rx1 It+RB)) jEzoj exp( i(Rx1 It+RB)):
(2.5)
This yields:
| = E1o® +]EToj jE30j exp( iRB)+JEioj jEzoj exp(ikB)+ Ezp (2.6)
and with cos(z) = § exp (iz) + exp ( iz) and Eyp? = Iy and Ex? = I, one gets:
I=1 +1p+ 2pHpEcos (kB):

As mentioned above, one of the paths from the telescope to the detector can be varied, introducing an
additional phase (t). P_p_
I=hh+1L+2 11 I COS(kB+ (t)): (27)

In the case of two equally bright beams (I = I,) the total intensity varies between 21, and 0 depending
on (t) (or, respectively, on the length of the additional path). If the additional path is equal to the OPD
(or (t)=0OPD n ,n N)the beams are interfering constructively and the signal is doubled, in case
the path isequal (t) = OPD n =2 (n N) the interference is destructive and no signal is detected.
Furthermore, the path di erence is not only depending on the separation of the two telescopes, but
also on the actual position on the detector.
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Figure 2.2: Scheme of a 2 telescope interferometer. B is the distance between the two telescopes T1 and T2,
2 is the delay introduced between the two telescopes to account for the optical path di erence between the
incoming light between the two telescopes. The light from the two telescopes is then combined and a fringe
pattern can be measured.
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2.1.3 The Van Cittert-Zernike Theorem

The relation between the brightness distribution and the complex visibility (or spatial coherence func-
tion) of an object is described by the Van Cittert-Zernike Theorem:

2124
V() = I(xy) e Hoemg DY 28)

101 1 x2 y

where x and y are the coordinates on the sky. The coordinates u and v are the two components of
the baseline projected on the sky. They are also called spatial frequencies, i.e., they are the length of
the baseline measured in units of the observation wavelength (u = B,= and v = B,= ). The fringe
visibility defined in Sect.[2.1.T]is directly related to the complex visibility, as it measures the amplitude
of the complex visibility. The other part of the complex visibility, the fringe phase, can also be directly
observed: It is defined as the location of the central fringe relative to the position of zero OPD. For the
derivation and discussion of the theorem see, e.g.,[Thompson et al.| (2001). Theoretically, knowing the
complex visibility for all points in the uv-plane (i.e., the Fourier-plane), one can fully reconstruct the
brightness distribution of an object by a simple Fourier-transformation (i.e., the image of the observed
object can be reconstructed).

In practice, the number of uv-points is limited (due to the limited number of telescopes and the
limited amount of observing time). However, if the number of uv-points is large enough (as a rule of
thumb the number of visibilities and phases should be at least equal to the number of filled pixels in
the reconstructed image), it is still possible to reconstruct an image (also called synthesis imaging or
aperture synthesis).

Obviously, the quality of the reconstructed image depends on the number and distribution of data
points in the uv-plane. The number of uv-points scales with the number of (di erent) baselines, which
scales with the number of telescopes as follows:

_Nr (Nt 1),
> :

Thus, adding just a few telescopes increases the number of uv-points significantly (e.g., two tele-
scopes have only one baseline, three telescopes have three baselines, and four telescopes have already
six di erent baselines) and allows an image reconstruction of much better quality. As the number
of telescopes is limited in practice, strategies on how to e ciently fill the uv-plane with a su cient
number of measurements, even with a rather low number of telescopes, have to be developed. One
important strategy for the observations is to use the rotation of the earth, which can cause (depending
on the position of the object in the sky) the projected baselines (and position angles) to change sig-
nificantly over several hours. Combining observations over several hours to fill the uv-plane is called
earth rotation synthesis (see Fig.[2.3).

Using only a limited number of uv-points, the Fourier transform of the sampled visibilities is
called dirty map. It has to be corrected with regard to the sampling of the uv-plane. Several algorithms
for aperture synthesis have been developed for radio interferometric observations over the last decades,
thus details can be found in a large number of publications (e.g., Thompson et al.[2001, Taylor et al.
1999 [Glindemann|2011). One of the most successful methods is the CLEAN algorithm presented in
Hogbom| (1974). CLEAN is an iterative process performing a deconvolution of the dirty map with the
interferometer PSF.

In the case of an insu cient number of uv-points for image reconstruction, another possibility
to obtain spatial information about the observed object is to fit model parameters to the measured
visibilities. Possibilities of how to construct such models are discussed in Sect. 2.4.71

Ng



18 CHAPTER 2. INTERFEROMETRY

1.00 1 1.00 7
0.95
0.90

0.85

0.95
0.90
0.85
0.80 0.80
0.75 0.75
0.70

0.65

0.70
0.65
0.60

0.50

0.60
0.55

V (MA)

0.50

vV (MA)

—UuT1-UT4

0.45 0.45

0.40 0.40

0.35 0.35
0.30

0.25

0.30

0.25
0.20

0.15

0201

015
0.10
0.10

0.05 30 -25 20 415 10 5 0 5 10 15 20 25 30 i
0.00 U (MA) 0:05 30 25 20 15 10 5 0 5

0.00 u (MA)
1.00 1

Tl |

0.5 0.95
0.90 0.90
0.85 085
0.80 0.80
0.75 075
0.70

0.65

0.70
0.65

0.60 0.60

0

0.50

— UT1 UT4
— UT2 UT4
- UT3 UT4

0.55

V (MA)

0.50

Vv (MA)

0.45 0.45

0.40 0.40
0.35 0.35
0.30 0.30

0.25 0.25

0.20 0.20

0.15 0.15

0.10 0.10

0.05 30 25 20 45 <10 5 0 5 10 15 20 25 30 0.05 30 25 20 445 10 5 0 5 10 15 20 25 30
0.00 U (MA) 0.00 U (MA)

Figure 2.3: In this sequence of pictures it is shown how spectrally resolved visibility measurements and the
rotation of the earth can help to get a better coverage of the uv-plane and thus more information on the object.
The object model is an inclined uniform disk. The amplitude of the visibility is converted using a linear scale,
where black regions belong to a visibility value of 0.0 and white regions to a visibility of 1.0. In this example
MIDI (see Sect.[2.3.2) and the UTs (see Sect. [2.3.T) were chosen as instrumental setup. In the first picture
(upper left) only one baseline is used for an observation. From such a measurement, we get only a uv-coverage
of the two red points shown. In the next picture (upper right), the spectral resolution and bandwidth is taken
into account. Thus, for one measurement using one baseline we do not anymore just get a point in the uv-plane
but rather a line. The lower left picture shows the e ect of earth rotation. The red curves show the tracks of
the baseline. As before, spectrally dispersed visibilities are obtained which leads to the lines. Their separation
depends on the time needed between two measurements (in this case we assumed one measurement every 30
minutes, which would be a realistic value for MIDI). Finally, we can increase the uv-coverage by adding more
(di erent) baselines, what is shown in the lower right picture. This pictures were made using the Jean-Marie
Mariotti Center Aspro service (available at http://www.jmmc.fr/aspro).
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2.2 Interferometry in practice

This chapter deals with the practical issues of interferometric observations. For ground-based inter-
ferometry, one of the most important e ects is the influence of the earth’s atmosphere, which will
be discussed in Sect. [2.2.I] Furthermore, there are di erent types of interferometers and di erent
possible beam combination methods, of which the (for this thesis) most important ones are shortly
discussed in Sect. [2.2.2 In Sect. [2.1.2] only the case of a monochromatic point source located at
a great distance to the telescopes was discussed. While for astronomical objects the assumption of
a great enough distance is generally valid, they are not monochromatic light sources. Furthermore,
rather than observing astronomical objects which are unresolved by the interferometer, i.e., which are
point sources, it is the goal of interferometry to resolve the object and constrain its geometry. Thus,
the e ects of polychromatic and extended sources are discussed in Sect.[2.2.3

2.2.1 The Atmosphere

Observations performed with ground-based telescopes su er from the influence of the earth’s atmo-
sphere. E ects of the atmosphere are emission and absorption of radiation at specific wavelengths
and, what shall be discussed in this section, perturbations of the light from astronomical objects due
to turbulence. This e ect, also known as seeing, is recognized by everybody who takes a look in the
night sky once: the stars seem to twinkle, which is caused by random focusing e ects of the turbulent
atmosphere. A detailed description of the atmospheric turbulence and their impact on ground based
observations is given in, e.g.,[Glindemann| (2011).

The earth’s atmosphere can be considered as consisting of a large number of turbulence cells. The
size of a turbulence cell is between a few hundred (in the free atmosphere) or ten meters (close to
the ground) down to the order of a few millimeters, where the large cells are composed of a number
of smaller cells. The cells, which have di erent temperatures and densities, scatter the light and
induce random intensity and phase variations. [Kolmogorov| (1941}, 1991) developed a relatively simple
model, assuming that the kinetic energy from the largest turbulence cells is transferred successively
to the smaller cells. Furthermore, the motion of the turbulence cells is assumed to be statistically
stationary and isotropic, such that the higher order statistical moments are only depending on the
distance between two points inside the cell. The so-called Kolmogorov power spectrum gets a very
simple relation:

ER) = & 1,

where K is the three-dimensional spatial wave vector and E(K) is the Kinetic energy.

The scattering of the light depends on the refractive index (which depends on the temperature and
density in the turbulence cell). The refractive index also follows the Kolmogorov statistics (Glinde-
mann, [2011) and is given by the equation:

(k) = 0:033C2jkj 113,

where C?2 is the structure constant and characterizes the strength of the fluctuations.

The atmosphere can be described as a composition of many thin layers, each of them fulfilling
the thin layer approximation (Roddier, [1981), i.e., each thin layer is assumed to be small enough to
neglect di raction e ects within itself. Furthermore, all layers are unabsorbing and their properties
depend only on their altitude h. This implies that the structure constant C2 only depends on h. The
spatial coherence length ry (called Fried parameter), the length over which an incoming wave is not
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disturbed (i.e., the size of a turbulence cell), is then defined as (Fried, [1965):
’ 1, Z 35
ro :=§0:423 — (cos ) ! C2(hydhi (2.9)

where is the zenith distance and the number 0:423 scales the Fried parameter in such a way that
the mean-square phase variation over an aperture with diameter rg is about 1 rad?. This means that
a telescope with a diameter larger than ro is seeing-limited. As can be seen in formula [2.9 rq is
depending on the wavelength:

ro/ %%

In the K-band ry is typically 60 cm, in the visual it can reach valuesup to  20cm.
The coherence time of the atmosphere o can then be defined by the crossing time of a coherence
cell, which depends on the size of the coherence cell (i.e., rp) and the e ective wind speed v:

o,
o/ v

The turbulence in the earth’s atmosphere causes distortions in the planar wave arriving from the
astronomical object, such as tip and tilt of the wavefront, spherical aberration, defocusing, and a gen-
eral shift of the wavefront in total (also known as atmospheric piston). The earth atmosphere thus
introduces an additional unknown phase to the signal, such that the phase information of the object
gets lost. This is a problem especially for image reconstruction. In Fig. [2.4]an example of how im-
portant the phase information is shown. The two images on the top were Fourier-transformed, then
the phase information was exchanged and the images were reconstructed. Looking at the two recon-
structed images at the bottom of Fig. [2.4]it becomes clear that the phase carries most of the small scale
image information. However, it should be mentioned that although this example is good to recognize
the importance of the phase information, for astronomical objects (having simpler brightness distribu-
tions) the di erence in the reconstructed images would not be that large, so that we can already learn
a lot looking only at the amplitude of the complex visibility.

However, for image reconstruction there are two ways to handle the problem of the unknown phase
information. The atmospheric disturbances cancel out when adding the phases in a closed triangle
telescope configuration. The quantity which is received by adding the three single phases is called
closure phase (Jennison, [1958) and is invariant to phase perturbations introduced by the atmosphere.
The second possibility is to observe a reference object with a known phase simultaneously to the
science target. In this way, also called phase referencing, the atmospheric phase can be determined
from the reference object.

2.2.2 Beam Combination

Combining the beams from two or more telescopes can be done indi erent ways. In general, interfer-
ometers are divided into two classes: Michelson interferometers and Fizeau interferometers. Fizeau
interferometers combine the beams in the image plane (therefore also called image-plane interferom-
eters). The imaging process is equivalent to that of a large telescope with an aperture mask. The holes
in the mask correspond to the sizes and positions of the single telescopes in the interferometer. The
interferometer array is mapped to the exit pupil with a fixed demagnification factor. In practice, it is
di cultto build a Fizeau interferometer (on the earth) as due to the earths rotation the projected base-
lines vary constantly. Thus, the spacing of the fringes is variable, which causes significant technical
problems.
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Figure 2.4: The importance of the phase information can easily be recognized by looking at this figure. The
two lower images were produced by Fourier-transforming the two upper images, exchanging the phase infor-
mation between them, and finally make an inverse Fourier-transformation. The picture with the same amplitude
information, but di erent phase information are shown below the originals. Clearly, the transformed images
look similar to the original image the phase information comes from.
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Michelson interferometers combine the incoming beams in the pupil plane (therefore also-called
pupil-plane interferometers) using a beamsplitter or fiber optics. The scheme of a 2 telescope interfer-
ometer in Fig. [2.2shows the basic principle of a Michelson interferometer. In contrast to the Fizeau
interferometer the baselines are not necessarily projected to the exit pupil in scale. The Michelson
configuration thus allows a separate determination of the visibility for each telescope pair, i.e., for
each baseline (even in the case of redundant baselines). The beam combination can either be done
pairwise (in which case the visibility determination for each baseline is straightforward) or all-in-one
(in which case the fringe coding can either be done temporally or spatially). The interferometric
instruments used for the data collection in this thesis are both Michelson-type interferometers. To
combine the light coherently two di erent methods can be used: the co-axial and the multi-axial
beam combination.

Co-axial Beam Combination

The co-axial beam combination is done by aligning, combining and then focusing the beams on the
detector. To obtain a fringe pattern, the delay between the incoming beams is modulated by varying
the OPD between each telescope pair. In the case of co-axial beam combination the fringes are thus
coded temporally. Examples for the use of co-axial beam combination are the Michelson-Morley
interferometer and MIDI (see Sect. [2.3.2).

Multi-axial Beam Combination

The multi-axial beam combination is done by placing the exit pupils at varying distances to each other
and combine the beams using, e.g., a lens. The fringe pattern is spread over many pixels of the detector
thereby introducing geometric path di erence. The fringes are thus coded spatially. Examples for the
use of multi-axial beam combination are the double slit experiment and AMBER (see Sect. [2.3.3).

2.2.3 Visibilities of polychromatic and extended Sources

Obviously, real astronomical objects do not emit only monochromatic light, but light is emitted over
a large range of wavelengths. The range of observed wavelengths is limited by the atmosphere (see
Sect. [2.3) and instrumental filters. Considering polychromatic objects (with a finite bandwidth) can
simply be done by describing the object as an addition of monochromatic objects emitting at di er-
ent wavelengths. The position of the maxima and minima in the interference pattern depends on the
wavelength, but at the position of zero OPD all wavelengths have an intensity maximum. This is the
so-called white-light fringe. The resulting fringe pattern (for three monochromatic point sources) is
shown in Fig. [2.5] The contrast of the resulting polychromatic fringe pattern (black) is reduced de-
pending on the OPD (or the di raction angle , respectively) and depending on the spectral bandwidth

. As the OPD is related to a di erence in the arriving time , one can say that the resulting fringe
contrast is reduced with increasing . Thus, the at which the fringe contrast is lost can be defined
as coherence time. It is proportional to 1= , i.e., the broader the spectral band the shorter is the
coherence time.

The assumption of being point-sources made in Sect. [2.1.2]is obviously also not valid for astro-
nomical sources, as most of them are extended. Even stars, since they are thermal sources, radiate
from every point on their surfaces independently. Therefore, not only the temporal coherence of the
signal is important for the fringe contrast, but also the spatial coherence, which is depending on the
on the angular size of the observed object.
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Figure 2.5: Top: Fringe patterns for three individual monochromatic sources (blue, green, red) and resulting
fringe pattern for a polychromatic source (adding the three monochromatic intensity distributions). Bottom:

Zoom-in of the left Figure
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2.3 Optical very long baseline interferometry

In the context of interferometry, optical interferometry is not restricted to the part of the electromag-
netic spectrum, which is visible for our eyes (i.e., 400 800nm), but extends to the infrared. The
reason for calling it optical interferometry is rather the way of processing the light, i.e., using optics (in
contrast to radio interferometry). By definition, the infrared is divided into the near-infrared ( 0:8 m
to 4 m),the mid-infrared ( 4 mto 40 m), and the far-infrared ( 40 mto 500 m).

However, observing in the infrared comes along with several di culties: First, the earth’s atmo-
sphere is not completely transparent in the infrared regime. Di erent molecules absorb large fractions
of the infrared radiation; some prominent lines are due to e.g., HoOat 1.8 mand 2:7 m, O3
between 9:3 mand9.8 m,orCOzat 4:7 mand 15:1 m. This produces so-called atmospheric
windows (see Table[2.T). Fig. [2.6displays the transmission of the earth’s atmosphere in the infrared.
The data (Lord, [1992) used for the plot were taken with Gemini North. Ground-based observations
are therefore only possible in this relatively small atmospheric bands and under special atmospheric
conditions.

Second every blackbody with a temperature T emits electromagnetic radiation according to the
Planck law:

2h 3 1

S(T)= 7 o () 1;

(2.10)

where k is the Boltzmann and h the Planck constant. The wavelength at which most radiation is
emitted depends on the temperature of the blackbody according to Wien’s Law:

max T=[K] =2897:8 m:

The mean temperature on the earth is 15 C ( 288 K), which implies max = 10 m. Thus, the
intensity of radiation emitted by, e.g., the atmosphere, the telescopes, and the electronics, peaks in the
mid-infrared regime, causing a large background, which can be several orders of magnitude higher
than the radiation coming from the observed sources. This requires a careful background estimation
and subtraction (see Sect.[2.3.2/and [2.3.3).

Technically, optical interferometry di ers from radio interferometry in two important points: First,
detectors working in the optical are generally square-law devices. This means, that the amplitude or
the phase of the visibility function are not measured directly, but rather the intensity of the electric
field. Still, as discussed above, both amplitude and phase can be inferred from the intensity pattern
on the detector. Second, due to the much smaller wavelength, it is technically not possible to record
the wave signal by interfering the beams from the single telescopes subsequently, but they have to be
combined directly. Thus, the possible maximum separation of the telescopes used for optical inter-
ferometry is very limited. While radio signals can be combined from telescopes located at di erent
continents, the longest baselines in optical interferometry are a few hundred meters.

2.3.1 The Very Large Telescope Interferometer

The Very Large Telescope Interferometer (VLTI,|Glindemann et al.[2001a)b) operated by the European
Organisation for Astronomical Research in the Southern Hemisphere (ESO) is located in the Atacama
desert in Chile on Cerro Paranal at a height of 2635m and a distance of only 12 km to the Pacific
Ocean. The Atacama desert is one of the driest places on earth. It is located west of the Andes,
which shield the desert from rain. Winds coming from the East are therefore dry. On the West
site, close to the Pacific coast, the Humboldt stream helps to create an inversion layer and thus to
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Figure 2.6: Top: Transmission curve of the earth atmosphere in the NIR. Bottom: Transmission curve of the
earth atmosphere in the MIR. Curves are plotted using data 11992) taken with Gemini North.

Table 2.1: Astronomical bands in the visual and infrared

Band \Y R | J H K L M N Q
¢ [ m] 055 070 090 125 165 220 340 500 1220 21.00
[ m] 009 022 024 030 035 040 055 030 5.00 8.00

¢ is the central wavelength and  the width of the corresponding band. This values may vary when using
di erent instruments and thus di erent filters.
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hinder rain clouds from rising. Usually, the humidity at the VLTI is below 10%. As primarily water
vapor is responsible for the absorption of infrared light, especially for observations in this wavelength
regime a low humidity is extremely important. Furthermore, the atmospheric conditions on Paranal
are relatively stable, which is especially important in interferometry considering the coherence time.

For the interferometric combination of light either the four Unit Telescopes (UTs) with main mir-
ror diameters of 8.2 m or the four Auxiliary Telescopes (ATs) with diameters of 1.8 m can be used.
The advantage of using the UTs is of course the bigger light collecting area, thus fainter sources can
be observed. Furthermore, the UTs are equipped with an adaptive optics system (MACAOQ, [Ivanescu
et al.|[2004), which optimizes the Strehl ratio (defined as the measured peak intensity over theoretical
maximum peak intensity for a perfect imaging device). The ATs, on the other hand, can be moved to in
total 30 di erent stations with baselines ranging between 8 and 202 m. Using di erent configurations,
a better uv-coverage can be obtained. To correct for the optical path di erence, the light coming from
the telescopes is guided through the 168 m long delay line tunnels, which are located underneath the
platform. The adjustment of the optical path di erence is done by retroreflector carriages. Currently,
there are three di erent instruments on site, performing interferometric observations: MIDI, which
can combine two telescopes and works in the mid-infrared, AMBER, which can combine three tele-
scopes and works in the near-infrared, and finally PIONIER (Berger et al., [2010), which is a visitor
instrument, combining four telescopes in the near-infrared. In the following, the instruments used for
the observations in this thesis, MIDI and AMBER, will be described.

2.3.2 MIDI

The MID-infrared Interferometric instrument (MIDI, |[Leinert et al.|[2003) combines light from two
telescopes in the N-band ( 8 mto 13 m). Its design is following a co-axial beam-combination
(see Sect.[2.2.2). Coming from the VLTI delay lines the two beams are compressed from a nominal
diameter of 80 mm to 18 mm diameter. The compressed beams then enter small delaylines, realized
by four mirrors (instrumental delay). Two of the mirrors can be moved by 100 m each, which results
in a maximal modification of the path length of 200 m, as the beams pass the delay lines twice.
Additionally, the two moveable mirrors are mounted on Piezo stages, which can be moved up to
50 mm. The rest of the instrument is located in a cryostat cooled with liquid nitrogen and helium and
evacuated to 10 " mbar. The beams enter the cryostat through an ZnSe window, which provides a
good transmission between wavelengths of 0.63 m and 18 m. Next, the so-called cold pupil stop
cuts the beams to a diameter of 17.7 mm and suppresses the thermal emission from outside the beams.

Located behind the cold pupil stop two parabolic mirrors build the intermediate focus by first
focusing and then recolimating the beams to a diameter of 10 mm. After the intermediate focus two
beamsplitters, which split  30% of the light directly into the photometric beams can be inserted
optionally such that the photometric fluxes can be measured simultaneously to the interferometric
channel. The instrument mode using the optional beamsplitters is called SCI-PHOT mode (science-
photometry mode), the mode without the optional beamsplitters is called HIGH-SENS. In the HIGH-
SENS mode the photometric fluxes have thus to be taken separately after the interferometric measure-
ment. To combine the light interferometrically a ZnSe-plate covered half on one side with a 50:50
coating is used. Here, 50% of beam A and 50% of beam B are transmitted or reflected, respectively.
The transmitted part of beam A is then combined with the reflected part of beam B and vice versa
such that two interferometric channels with opposite phases are generated, which enables a good
background subtraction (see Sect. [2.3.2). Behind the beam-combiner either a double prism made of
NaCl and Ge or a KRS-5 grism (grating prism) can be inserted in the light path. The prism provides
a spectral resolution of R = = = 30, the grism provides a spectral resolution of R = = = 230.
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Figure 2.7: Top: Picture of the VLT platform with the four UTs and the four ATs. Image Courtesy: ESO
Bottom: Scheme of the VLT platform showing the positions of the UTs (big gray circles) and all 30 thirty
possible positions of the ATs (small red circles). Image Courtesy: ESO
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A picture and a sketch of the instrument can be found in Fig. 2.8

Observing with MIDI

Observing with MIDI at the VLTI requires di erent steps of preparation. The desired science object
has to fulfill several criteria: First, its declination has of course to be such ( < 25) that it can
be observed from the location of the VLTI with an elevation > 30 . Second, the object has to be
observable over a large enough time interval, as roughly half an hour is needed to obtain a visibility.
To estimate the appropriate time intervals, besides from the declination, several factors have to be
taken into account. This are the Moon, shadowing due to other telescopes, and the limitations of
the delay lines. Although the Moon is generally not critical for observations in the mid-IR, it may
influence the adaptive optics and should thus not be closer to the target than 10 . Observing with the
ATs, the object may be hidden behind one of the much larger UTs, even if in principle it would be high
enough in the sky to be observable. Finally, the delay lines can only correct for OPDsupto 100 m.

Furthermore, in order to be observable, the object has to be bright enough in the N-band. Limita-
tions of the brightness for objects which can be observed with MIDI can be found in Table[2.2] Doing
interferometry, one has to consider that not the total flux of the source is the limiting factor, but the
correlated flux. It is therefore necessary to make a prediction for the expected visibility. Moreover,a
su ciently bright star in the V-band is required for the telescope guiding. If the target itself is too faint
in this band, another star within 57:5% of the science target can serve as guiding star (see Table 2.2).
For the observation of, e.g., massive young stellar objects usually the N-band magnitude is su cient
for the observation, but it is di cult to find a guide star. This is due to the fact that the objects them-
selves are often deeply embedded and not detectable in the visual at all. Furthermore, typically the
whole region is highly obscured by gas and dust, thus close stars are often also too dark in the V-band.

The measurement of one calibrated visibility takes roughly one hour including all overheads.
First, acquisition data can be taken. Here, neither the beam-combiner nor the dispersive element are
inserted into the light path. Originally, this procedure was designed to check the correct positioning of
the beams on the detector. A good overlap (within one pixel accuracy) of the beams is very important,
as otherwise the light can not interfere. Since 2006 the acquisition procedure is usually done using
the InfraRed Image Sensor (IRIS, [Gitton et al.|[2004). Located in the interferometry laboratory, IRIS
monitors the image drift of up to 4 telescopes in J, H, or K-band for stars with a magnitude of 14 for
the UTs and 10.7 for the ATs. However, (if the target is bright enough and a high number of frames
is taken) the acquisition images themselves, being di raction-limited images taken in the mid-IR, can
be used for science. To minimize the background, the telescope is chopped, i.e., the secondary mirror
is tilted to take alternating images of the object and the sky. An example of an acquisition image for
NGC 2264 IRS 1 is shown in the right part of Fig.[2.9] The detector is only exposed a few milliseconds
(detector integration time, DIT) to avoid saturation by the high thermal background (see above).

The beam-combiner (and either the prism or the grism) is then inserted and interferometric data
are taken. For the interferometric data it is not necessary to obtain and subtract the background by
chopping as the background is incoherent and thus cancels out during the data reduction. First, the so-
called fringe search is started. Here, the OPD is adjusted by searching for the interferometric signal
close to the expected zero OPD (over a few mm). Once the real zero OPD is found, this position
is scanned several thousand times to obtain a good signal-to-noise ratio. During this observations
the OPD varies due to changes of the turbulent atmosphere (in the mid-IR on timescales of 100 ms).
Thus, the internal delay lines have to be adjusted by analyzing the fringe signal, which is called fringe
tracking.

As mentioned before, photometric data can either be taken simultaneously to the interferometric
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Figure 2.8: Top: Picture of the MIDI instrument. Image Courtesy: ESO Bottom: Scheme of MIDI. Image
Courtesy: ESO
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