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Zusammenfassung

Das Massenspektrum neu entstandener Sterne (IMF) ist visarseller Giltigkeit. So jeden-
falls scheint es in verschiedenen Sternentstehungsmgionder Milchstrasse, die alle der-
selben Verteilung aufweisen. Hierbei ist die relativaufigkeit von Sternen mit einer Masse
von 1M oder weniger, welche als massearm bezeichnet werden, dezsonoch. Die IMF
ist von grundlegender Bedeutungrfviele Bereiche der Astronomie. Unter Anderem bildet
sie die Grundlagelir die optische Erforschung ferner Galaxien und die Stitesttstehender
chemischer Elemente. Dennoch ist ihre Univeraabeziglich fremder Galaxien oder bei hohen
Rotverschiebungen bislang nicht eindeutig wissenscbafbelegt, da eine vollahdige Theo-
rie der Sternentstehung immer noch aussteht. Sterneutsgjdiasiert auf einerausserst kom-
plexen, nichtlinearen Wechelspiel von Eigengravitatidgdrodynamik und Druck, sowie von
Turbulenz, Strahlung, Magnetfeldern und der Chemie voniStsd Gas. Erschwerend kommt
hinzu, dass junge Sterne in die Moigolke, aus welcher sie entstehen, eingebettet sind. IDahe
sind sie nur mittels Moleldispektren im Radio-Welledhgenbereich zu beobachten.

Eine vielversprechendedglichkeit um den Sternentstehungsprozess letztendliduechschauen
ergibt sich mittels Computersimulationen. Abgesehen vanuiglen physikalischen Prozessen
liegt die numerische Herausforderung in der grosdaderung der Bingenskala (um mehr als
sieben Gossenordnungen), sowie der Dichte (um mehr als 2is§&anordnungen)atrend des
Kollapses eines dunklen Wolkenkerns. Aus diesem Grund evuirth Rahmen dieser Doktorar-
beit nur Eigengravitation, Hydrodynamik, und TurbulenBietracht gezogen. Eine geeignete
Methode zur Berechnung des Kollapses prestellarer Kerrdidstogenannte Smoothed Parti-
cle Hydrodynamics Methode, ein Teilchen-basiertes Schemiches die hydrodynamischen
Gleichungen in ihrer Lagrangeschen Foiistl Die Simulationen sind vol&hdig dreidimen-
sional. Da eine direkte Berechnung des Strahlungstrarssgerteit immer noch zu zeitintensiv,
jedoch die Beschreibung des Gases durch eine einfache Aagtaichung relativ unrealistisch
ist, wurde im Rahmen dieser Doktorarbeit eine vereinfachseBeibung der Gasklung mit-
tels tabellierter, optischichner MoleKillinien integriert.

Eine vollséindige Theorie der Sternentstehung sollte die Entwickéingelner Molekilwolkenkerne
(MWK) eindeutig vorhersagentknen. Dies beinhaltet den Einfluss der Verteilung des Gesam
drehimpulses des MWKs auf die Multipliaitund die akkretierte Masse der entstehenden Sterne.
Das Ziel dieser Doktorarbeit ist daher, die dynamische khiwng des kollabierenden Kerns
sowie die Entstehung protostellarer Scheiben unter vesdehen Voraussetzungen zu unter-
suchen, um gegebenenfalls vorhandene ailgligkeiten von Scheibenstruktur und physikalis-
chen Anfangsbedingungen in der Gaswolke zu identifizieren.
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Im Fall starr rotierender MWKs ist dies dglich. Die durchgeihrten Simulationen ergeben,
dass sich als Funktion des Anfangsdrehimpulses eindeasiinomen &sst, wie grol3, konzen-
triert und warm eine protostellare Scheibe sein wird. &sggr der Drehimpulf desto gosser
und kilhler auch die Scheibe. Ab einem bestimmjdnilden sich ausgepgte Spiralarme und
die Scheibe fragmentiert. Bei kleineremst die Scheibe sehr konzentriert und heizt sich da-
her auf. Der zutzliche thermischen Druck wirkt stabilisierend, weswedes Fragmentation
unterdiickt wird. In Abhangigkeit von Radiusj und Masse des MWKSs ist esaglich mit-
tels einer einfachen analytischen Ab&tdzung eine mittlere Scheibendichte zu berechnen und
diese durch eine detaillierte Analyse mehrerer Simulatiogrundatzlicher gleicher Kerne mit
unterschiedlichenj zu ’eichen’. Untersucht wurde die mittlere Scheibendidiitedie Frag-
mentation eintritt bzw. unterdckt wird. Im Vergleich mit Beobachtungen von dunklen MWKs
fuhrt die berechnete kritische mittlere Scheibendichteizere sehr geringen Anteil an Kernen
fur welche eine sitere Scheibenfragmentation vorhergesagt wird: nur 138fgli¢hen mit der
beobachteten Multiplizéttsrate junger, massearmer Sterne (30% - 50% inahloken von 14AU-
1400AU) ist dieser Wert viel zu klein. Unter der Annahme dédiiterer Gasithlung ware die
kritische mittlere Scheibendichte fast um dreidGenordnungendiner, was die Fragmentation
malfdgeblich begnstigen vilrde. Das Fragmentationsverhalten protostellarer Sehesicheint
also von den lokalen thermodynamischen Eigenschaften dessbestimmt zu sein.

Mit turbulenten Anfangsbedingungen gestaltet sich dieetbementstehung und Entwicklung
vollkommen anders. In diesem Fall ergibt sich keine Kotrefavon Gib3e, Konzentration oder
Durchschnittstemperatur der Scheibe mit dem Anfangs-bBrnehls der Gaswolke. Unter dem
Einfluss von Turbulenz wird das aufgesetzte hydrostatisaleechgewicht der Wolke von An-
fang an mal3geblich gést. Im Wechselspiel mit der Eigengravitation des Gasedebiich in
jeder Simulation ein langgezogenes Filament, welched saita dicht wird. In dichten Filament-
gebieten kann die lokale Jeans Mass#rend des weiteren Kollapséiserschritten werden und
dort entstehen protostellare Objekte. Vergleichbar mib dllaps dinner, sehr flacher Ellip-
soide findet sich der Protostern oftmals in einer Ecke demtéhts. Im Vergleich zur umgeben-
den Scheibe wachsen die Protosterne im Mittel viel schnalteim starr rotierenden Fall. Die
entstehenden protostellaren Scheiben sind viel kleirmgleech Kihl. Trotzdem sind sie nicht
gravitativ instabil. Durch den turbulenten, aber kontarlichen Gaseinfall wird die Scheibe in
vertikaler Richtung gestt und erscheint daher dicker als im Fall des starr rotdearKollapses.
Interessanterweise fragmentieren auch in diesem Fall 6&6 dller MWKs. Obwohl Turbulenz
den Kollaps mal3geblich beeinflufnelt dieser Wert dem vorhergesagten Werechte Kerne
im starr rotierenden Fall. Diedgbereinstimmung kann wiederum als Hinweis darauf gewertet
werden, dass die lokalen thermodynamischen EigenschdéerGases die tatshliche Frag-
mentation erraglichen.

Die im Rahmen dieser Doktorarbeit gewonnene ErkenntnisBerggefe Einblicke in die Dy-
namik der Entstehung undifinen Entwicklung von protostellaren Scheiben. Sie zeigen n
merische Schachen, ebenso wie physikalische Kritikpunkte in modem&gnulationen des
Sternentstehungsprozesses auf. Daher bilden sie die Baserhpliziertere Rechnungen und
sind ein weiterer Schritt in Richtung einer volisidigen Theorie der Sternentstehung.



Chapter 1

Introduction

1.1 Motivation

The universality of star formation is an essential, thoutih unresolved question in modern
astrophysics. All light we observe from distant galaxied ati the conclusions we draw from
galactic surface brightness profiles originate from thesstahich are born, live and die within
them. The number and mass distribution of stars formed ireocutdr clouds determine the pro-
duction of the chemical elements as well as the amount ofrthlesind kinetic feedback into the
interstellar medium, and thus overall influences the foromaand evolution of galaxies. Natu-
rally, astrophysicists have been asking, whether or nofataation really is a universal process.
While a universal stellar initial mass function (IMF) in comation with a simple star formation
recipe is commonly used in simulations of galaxy formatio &volution, we only base this
implementation of the IMF on statistics within our own Gajak order to pin down the origin
of the stellar IMF and make predictions about its univetgaleven at high redshifts or in more
extreme environments like the galactic center - we needémgly improve our understanding
of star formation.

Observations seem to be ahead of theory in identifying dlstaa formation laws. Apart from
similar stellar IMFs in different star forming regions withthe Local Group, they also indi-
cate the existence of a strong correlation between thalimtass function of molecular cloud
cores and the stellar IMF (Testi & Sargent, 1998; Johnstbaé,e2000; Motte & Ande, 2001;
Motte et al., 1998). Hereby molecular cloud cores are defiod@ regions of local over-density
within a molecular cloud. They are on average a factor of 1@@endense than the molecular
cloud and their optical extinctiofy can be as high as 35 mag (Alves et al., 2001). They are cold
(T ~ 10K) and show only subsonic internal motions. Dense coreganerally believed to be
the actual sites of star formation within a molecular clobdidving a number distribution of the
same shape, the initial core mass function can be obtainesthiftyng the stellar IMF towards
higher masses by a factor sf3. The stellar IMF and core IMF are generally well approxietat
by a segmented powerlaw or a log-normal type mass distoibutith a powerlaw tail (Kroupa,
2001; Chabrier, 2003, see Fig. 1.1). Towards the high-mag{Mp- 0.5...1M..) the power-
law of Salpeter (Salpeter, 1955, 8NV —1-3%d(log M);) basically remained unchanged within the
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past 50 years (Corbelli et al., 2005). However, defining thegpstof the low-mass end (below
approximately QLM.,)) suffers from incompleteness, and still remains ambiguos®me extent
(Corbelli et al., 2005). Due to the existence of a charadtemsass for stars at abouML,, spe-
cial emphasis has been naturally placed on low-mass staafan. Understanding the natural
overabundance of low-mass stars means building the foiamdftr a complete theory of star
formation.

Observations of cores in star forming regions (e.g. Meyat.e2000) indicate that the IMF
is set early on in the star formation process and suggestlibastellar mass distribution is
already imprinted in the core IMF. On the other hand, manyhefdbserved cores are gravita-
tionally unbound and might never form any stars (Johnstbaé,2000). Nevertheless, once
a core is collapsing, it is likely fragmenting into a binary @ multiple stellar system (e.qg.
Goodwin & Kroupa, 2005). Fragmentation would affect thepghaf the stellar IMF - at least for
cores with masses 1M, (Lada, 2006). As nature is in favour of one solar-mass staught
to understand the physical properties within moleculaudloores and the physics envolved in
core collapse, which is responsible for this preference.
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Figure 1.1: Top panel:
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However, the star formation and fragmentation proces§ itsmains hidden: Observations
fail to resolve the very early and embedded stages of foripiotpstars in detail. Young stellar
objects are highly obscured by their surrounding paremialepe of dense gas and dust, which
typically has a very high extinction or might even be comglietoptically thick at all wave-
lengths. The flux coming from very young sources is thus snaall might be undetectable.
In addition, high spatial resolution is required in ordedisclose the usually complex dynam-
ics of the system. The highly filamentary structure of molacglouds points to them being
dynamically complicated and turbulent. Overall, molecueuds seem to be dominated by
supersonic turbulence, whereas purely thermal motionsnare relevant on cloud core scales.
This indicates that turbulence within a core is of sub- omast, transonic nature. Moreover we
cannot resolve the turbulent motions within a core becaudecular lines are blurred by ther-
mal motions. The total amount of angular momentum extrafdiedores is obtained by fitting
velocity gradient maps throughout a core’s 2D projectianc&rigid rotation provides good fits
to the data in many cases the role of turbulence on core sisalegclear. The non-negligible
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amount of angular momentum contained in every core is asstolee mostly conserved dur-
ing its collapse. Therefore the formation of a circumstdligk, rather than direct gravitational
collapse towards the core’s center of mass, is initiatedcaed protoplanetary disks around
brown dwarfs, young low-mass (T Tauri) stars and internmtediaass (Herbig Ae/Be) stars are
frequent and well observed. In addition to the properties pbung stellar system, the existence
of a protoplanetary disk could provide a powerful traceriné khe final outcome of prestellar
core collapse to previously existent conditions in the dloare. In addition, studying the prop-
erties of circumstellar disks themselves is interestinghayg set the stage for the formation of
earth-like as well as gas giant planets. In order to estitiegrobability of the existence of
extraterrestrial planetary systems, disk evolution néed®e understood. Protostellar disks, the
disks which form at roughly the same time as the emergingatarthe precursors of protoplan-
etary disks. Like very young stars, protostellar disks aredirectly observable due to being
deeply embedded . Nevertheless, understanding their fmmatructure, gravitational stability,
and evolution is crucial to bridge the gap between the olakdevand dark phases of star forma-
tion.

Numerical simulations of molecular cloud core formatiom aore collapse are the only alter-
native to shed light on the dark phases of the star formationgss and to link its initial and
final stages. This problem is not at all trivial. We ought taerstand the interplay of gravity,
fluid dynamics, pressure, radiation transport, chemistgas and dust, magnetic fields and tur-
bulence, while at the same time overcoming 17 orders of niagmin density and 10 orders of
magnitude in spatial scale. Numerically the problem of &iemation is thus highly demanding
with respect to the physical processes that have to be amesidwhile at the same time being
computationally very expensive due to the large dynamiaaye which needs to be covered.
Moreover, it is not sufficient to study individual test casésore collapse. Thereby achieved
results cannot be trivially transferred or extrapolatedttacturally different cores. Even if only
gravity and hydrodynamics are implemented the initial dgital state of a core (turbulent or
rotating or both) in a computational setup drastically desmthe outcome of a simulation with
respect to the number and masses of formed stellar objeetar&\étill missing an unambiguous
link between the initial conditions in a molecular cloud €@nd the properties of the forming
stellar system, mostly because we are not yet able to igethiif most relevant physics on all
the different scales involved. Nevertheless, increagingglistic simulations are becoming fea-
sible due to tremendous improvement in hardware resourtggm@wing expertise in parallel
computing schemes.

1.2 Scientific Aims

This thesis is dedicated to the study of the formation anty esolution of protostellar disks
around low-mass stars. For this purpose fully three-dinosas simulations of prestellar core
collapse were performed utilising the Smoothed Particldridglynamics (SPH) technique. Pro-
tostellar disk properties are investigated in dependencthe initial core angular momentum.
The net core angular momentum has been chosen to result filoen Bgid rotation of the core
or turbulent motions with a velocity power spectrum. Thepmse of this study is threefold:
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e First, the question of how low-mass stars acquire their malsbe addressed. They may
either form via direct gravitational collapse or ratherwroy subsequent accretion from
a circumstellar disk onto an initial seed star. It will be whathat the actual scenario is
strongly influenced by the initial velocity field. Rigidly \tting cores typically form cen-
tral 'nuclear’ disks rather than spherically symmetricggsure supported central objects.
Turbulent cores are frequently passing a direct gravitalicollapse phase, independent
of the total initial core angular momentum. For this reasendistribution of mass versus
the amount of specific angular momentum it is carrying - M@yelves in a significantly
different manner depending on the initial setup. M()) is mi@iesting quantity since most
of the angular momentum in our own solar system (99.46%)nsechby the planets (in
particular by Jupiter), who only account for a tiny fractioithe mass of the solar system
(0.13%). The differences in M(j) in turbulent and rotatirejugps, as well as the redistri-
bution of angular momentum in both scenarios will be compared discussed. Attention
must be paid to the numerical limitations of SPH in descgbphysical viscosity - an
important ingredient for angular momentum transport.

e Second, the overall structure of protostellar disks willezamined in detail. In a rigidly
rotating setup the forming disks show a strong correlatiah total core angular momen-
tum in terms of size, gravitational stability, and temperatdistribution. Moreover, every
core forms a protostellar disk without exception. On thesotind, turbulent cores form
overall smaller disks in addition to extended filaments. $ize and frequency of disks
seems to be uncorrelated with the total core angular momenithe different disk for-
mation scenarios, and especially the resulting tempexatucture, may be imprinted in
structural changes within silicate dust grains.

e Third, core and disk fragmentation properties are invastig in both scenarios. It should
be noted, that these turn out to be completely different faom-turbulent and turbulent
cores. In the case of rigid rotation disks become incredsig@vitationally unstable the
higher the initial angular momentum. Disk fragmentatiotinesonly form of fragmentation
taking place. Every fragment formed within the extendedgstllar disk is surrounded
by a small, individual 'circumfragmentary disk’. The fortian of wide binaries with
separations of 1000AU or more is impossible in this settirtpwever, turbulent cores
show no signs of protostellar disk fragmentation. Instélad,emerging denser filaments
can fragment, and this process is also independent of tiie itore angular momentum. If
a filament happens to fragment, individual stellar objertgpaoduced, which neither share
a circumbinary disk nor show signs of individual disks. Verge binaries can also form.
The implications of these results on the formation of planetown dwarfs, or low-mass
stellar companions are discussed.

The formal concept of this thesis comprises the introdyctdrapter 1, where fundamen-
tal aspects and recent advances in observational and tisabresearch on star formation are
reviewed. Furthermore the SPH formalism, which forms th&saf the conducted numerical
study, is introduced in chapter 3. The results extracteuh fitte performed core collapse simula-
tions will be discussed in chapter 4 - chapter 7.



6 1. Introduction

Chapter 4 - chapter 6 are focused on protostellar disk foomatithin rigidly rotating cores only.
In chapter 4, two examples are discussed in detail. For thisgse a setup with low initial core
angular momentum as well as one with high angular momentumbéan selected. It has been
found that the disk structure is well correlated with theet®initial angular momentum. For
low initial angular momenta the resulting protostellarkdisire small, very compact and warm.
They stay gravitationally stable, whereas fragmentatsaiaking place within the extended and
colder disks formed from high angular momentum cores. Theleveample of performed col-
lapse simulations is compared in chapter 5.

By means of all of these simulations an analytical criteriondisk fragmentation has been de-
rived. With this approach it is possible to predict whethenat a core of a certain size, mass
and angular momentum will form fragmenting protostellaskdior not. This finding has been
applied to observations. In chapter 6 the method is explaiaed the predictions for the multi-
plicity of young stellar objects as derived from core oba#inns are discussed.

In chapter 7 a comparison of turbulent and rigidly rotatingeccollapse simulations is presented.
The disk structure resulting from a turbulent setup is diffé in many aspects: The disks are on
average smaller and less concentrated. Therefore theysareaoler. However, turbulent infall
constantly disturbs the disks and fragmentation is sugpcesin general, none of the formed
protostellar disks was fragmenting during runtime. Funtingre there is no clear correlation be-
tween core angular momentum and disk size or frequency.

Finally, in chapter 8 the results are summarised. A shotboktcompletes the thesis.



Chapter 2

From Molecular Clouds to Protostars:
Observations and Theory

2.1 From Molecular Clouds to Prestellar Cores

2.1.1 Molecular Clouds: Dark and turbulent

The astrophysical importance of molecular clouds as tles sit all star formation in the Milky
Way is well established by now. Therefore understandinddheation, and structure of molec-
ular clouds, as well as the physical conditions within thenofi critical importance for under-
standing the process of star formation.
Molecular clouds are dark. Being almost entirely composenholecular hydrogen, basically
all of the mass contained in a molecular cloud is not diresligervable. This has two reasons:
First, H, is a homonuclear molecule, which lacks a permanent dipolaend and its rotational
transitions are very weak. Second, even its low energyiooialttransitions are at mid-infrared
wavelengths, and thus are too energetic to be collisiomaityted at the typically cold tempera-
tures within a molecular cloud (&10K). The structure and physical conditions of dark clouds
must therefore be derived from dust and other tracer madscguch as CO, NfHand HCN.
However, the interpretation of molecular lines must be hethavith care. Opacity, chemical
abundance and excitation conditions may vary stronglyiwitime cloud. Dust is a better tracer
of the molecular gas content, since the gas-to-dust ra@0:{) seems to be a robust constant
within interstellar clouds (e.qg. Lilley, 1955; Predehl &8uitt, 1995). Dust extinction (i.e. ab-
sorption & scattering of background starlight) measurashare independent of dust temperature
and directly proportional to the optical depth as well asablemn density of the dust. This pow-
erful method provides the most direct way to measure the chrgent of a cloud (Lada et al.,
1994; Alves et al., 1998). By combining observations cardatlin more than two wavelength
bands even more accurate column density measurements eahieged (Lombardi & Alves,
2001).

Figure 2.1 shows an example extinction map of the Pipe Nefudenbardi et al., 2006).
The Pipe complex of molecular clouds has a mass of approglynd®* M., and thus consists of
rather small molecular clouds. Giant molecular clouds maasses of 10— 10°°M., and typical
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Figure 2.1: NICER extinction map of the Pipe Nebula (from Lamth et al., 2006), a nearby
complex of molecular clouds (distaneel 60+20pc). The resolution is 1 arcmin or about 10,000
AU. Star formation within the Pipe is still rare. For this sea it is a good example to study the
structure of young molecular clouds.

sizes of 10-60pc. The Pipe map nicely shows, that molecidads have a very complicated, fil-
amentary structure. This highly filamentary morphologyn®io molecular clouds being highly
dynamical or turbulent. Turbulence appears to be dynaigicaportant from scales of the whole
molecular cloud down to molecular cloud cores (e.g. Lard®81; Ballesteros-Paredes et al.,
1999; Mac Low & Klessen, 2004). Turbulence within molecwauds is highly supersonic with
respect to the cold gas (Mach numidér~ 5— 20; Zuckerman & Palmer, 1974). Observations
show that the internal velocity dispersion of the cloudsjolwhs deduced from the width of
molecular emission lines, typically is of the order of a fem/k. On the other hand the isother-
mal sound speed within the dense and cold parts of a moledolad is of the order of a few 0.1
km/s. In fact, models of supersonic turbulence or supecsandl super-Aknic turbulence are
successfully reproducing the observed self-similar, fdatary structure (Padoan & Nordlund,
1999; Padoan et al., 2003, 2004).

The source of molecular cloud turbulence is still a mattedledsate. It has been shown, that the
turbulent decay time within molecular clouds is shortenthdreefall time - independent of the
employed equation of state, purely hyrdrodynamical or neémhydrodynamical (MHD) tur-
bulence (Stone et al., 1998; Mac Low et al., 1998; Padoan &lNad, 1999; Pavlovski et al.,
2002; Avila-Reese & ¥zquez-Semadeni, 2001). Therefore turbulent energy neusbiistantly
injected into a molecular cloud, if it ought to live longeratha freefall time. Observations
of nearby molecular clouds show that they are self-simifataithe largest observable scales
(Mac Low & Ossenkopf, 2000; Heyer & Brunt, 2004; Padoan et24106). This result suggests
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that turbulence is driven on even larger scales than theo$itree whole molecular cloud. While
stellar feedback certainly is a powerful driver, it actsdlbg and only after the first stars have
formed within the cloud. Moreover, driving by stellar feadl might be difficult to reconcile
with the observed, nearly self-similar, spatial energyritigtion. External drivers however suf-
fer from the fact that the cold dense gas acts like a wall toinogming wave, preventing an
efficient energy transfer from the warm diffuse componerh&ocold dense phase.

With growing evidence for short cloud life times and rapidrdiormation (Elmegreen, 2000;
Hartmann et al., 2001; Hartmann, 2003), a picture in which Mf@senvisaged as transient ob-
jects in large-scale colliding flows rather than well-defiratities in a quasi-equilibrium state is
emerging (Ballesteros-Paredes et al., 1999; Hartmann, @0dl1; Hartmann, 2003; Elmegreen,
1993, 2000). Large-scale gas flows are ubiquitous in ourxgal@hey might be either driven
locally by supernova explosions (e.g. Vazquez-Semadeait, 6i995; Joung & Mac Low, 2006)
or globally by shear motions in the Galactic disk (Li et alQ08), gas infall from the halo
(Lacey & Fall, 1985), interactions with the central bar (Rdbet al., 1979) or satellite galax-
ies. On extragalactic scales collisions of galactic disiger gas flows, shocks and starbursts
(Naab et al., 2006). Colliding gas flows are a powerful medrarno form cold atomic clouds as
precursors of molecular clouds, via a combination of dyrmahand thermal instabilities, namely
the non-linear thin shell instability (NTSI), the Kelvingtinholtz instability (KHI) and the ther-
mal instability (TI). However, due to the rapid onset of dtamation in this scenario, the cloud
formation process needs to provide the molecular cloud thighobserved turbulence and sub-
structure. Global geometry and gravity considerationsdasathis substructure to be non-linear
(Burkert & Hartmann, 2004). The process of molecular clouanfation is therefore subject
to numerical studies by many authors (e.g. Audit & HennehélD05; Heitsch et al., 2005;
Vazquez-Semadeni et al., 2006) Most numerical studies ®fpttuicess used various grid-based
numerical methods. SPH, the alternative method to simglasedynamics, has not been shown
to be a viable method for simulating the thermally unstatlgqulent interstellar medium. This
is of particular interest as SPH might have considerablblpros resolving shear flow instabili-
ties (Junk et al., in prep.; Agertz et al., 2007) — a crucigtédient in the formation of turbulent
clouds from colliding flows. Especially the Kelvin-Helmiwinstability (KHI) is important in
regions of converging gas flows, because it promotes logaityeenhancements and leads to
dense prestellar core and star formation if the gas viscasilow. On the other hand dense
clumps are likely to be destroyed if viscosity is high (seg. Ri.2 to receive a first impression of
the colliding flow scenario).

2.1.2 Molecular Cloud Cores: Sites of Star Formation

Two of the least understood aspects in star formation araitied conditions that describe dense
molecular cloud cores, which ultimately form stars, andrtfeemation from more diffuse atomic

and molecular material within molecular clouds. Molecudbrud cores are regions of signifi-
cant overdensity within molecular clouds (MCs). Whereas MG& ligpical number densities
of 10°cm3, cloud cores are a factor of 100 - 1000 more dense-100Pcm3). As cloud cores

develop within MCs, their formation process is naturally gled to the way MCs are formed. As
mentioned in section 2.1.1, the life time and formation naeism of MCs are still a matter of
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Figure 2.2: Morphologies of
colliding gas flows in a com-
parison between SPH and a
grid method (Heitsch, Naab
& Walch, submitted). Shown
are density and temperature
distributions of the center
guarter of the simulation do-
main, at timest = 2.3,4.2
and 92 Myrs. Left: Den-
sity and temperature distribu-
tion of SPH particles.Right:
Density and temperature dis-
tribution of the corresponding
grid simulation.
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debate. However, there is growing theoretical evidenceMi@2s are transient objects, accumu-
lating and either rapidly collapsing to form stars or disswj quickly. Quite the contrary is true
for molecular cloud cores. The lifetime of starless (dermegwhich do not harbour a protostar
or young stellar object) and prestellar cores (subset olest cores which are gravitationally
bound and are expected to undergo gravitational collapsepben estimated to exceed the lo-
cal freefall time by a factor of 2-5 (Onishi et al., 1998, 2008ssop & Ward-Thompson, 2000;
Kirk et al., 2005; Kandori et al., 2005). Furthermore, olations generally show that isolated
molecular cloud cores are islands of quiescence (Barranco&@®an, 1998; Belloche et al.,
2001; Ande et al., 2007) within the highly supersonic MC environmdrtiteir observed internal
motions are overall dominated by thermal motions. Hencthiwprestellar cores, turbulence is
of sub- or at most transonic nature if at all present. Prestebres appear to have a flat den-
sity profile within the central few thousand astronomicaitsifAU), (Hogerheijde & Sandell,
2000; Motte & Andg, 2001, e.g. ) embedded in a region wherg R~1>-~2, Often, isolated
cores are characterized by sharp outer edgesld& 1pc, which implies pressure confinement of
these objects within a hotter, but low-density medium. Tassity profile is well fitted by the
so-called Bonnor-Ebert profile (Alves et al., 2001; Amét al., 2004; Lada et al., 2004, 2007;
Teixeira et al., 2005; Kandori et al., 2005; Kirk et al., 2D0bhe Bonnor-Ebert sphere is a self-
gravitating isothermal sphere in hydrostatic equilibrjwamich is confined by external pressure
(Bonnor, 1956; Ebert, 1955). The multi-phase nature of ttestellar medium (ISM) is essential
for the Bonnor-Ebert equilibrium solution. Its attractiess lies in the natural way, with which
the density profiles of real molecular cloud cores are regeed. For this reason, Bonnor-Ebert
spheres are among the preferred initial setups for compotiattempts to study star formation.
The Bonnor-Ebert solution is formally obtained by solving thimensionless form of the Lane-
Emden equation. An isothermal gas, which obeys the locahtemyuof state of an ideal gas at
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every point:
P= E (2.1)
HMp
and at the same time satisfies the equation of hydrostatitlegqum:
dP 4nGp (R
“dRT R o py*dy (2.2)

will have the following density distribution:

1 d (dep) —4nGpum,

RdR\pdR) kT 22)

whereky, is the Boltzmann constanG is the gravitational constang is the mean molecular
weight andm,, is the mass of a protonP denotes the gas pressuii,the gas temperature
and p the local density. Eq. 2.3 is the so-called Lane-Emden égudEmden, 1907). It's
dimensionless form reads:

1d 2dP\ 4
2d7 (Z W) = , Where (2.4)
R Cs
p({) = poe®® (2.6)
with mixed boundary conditions (von Neumann & Cauchy):
do
®(0)=0 and a - 0. (2.7)

Here pg denotes the central core density dRglis the characteristic radius. Note that, up to an
integration constantp resembles the gravitational potential of the cloud. Théhisonal sound
speedcs = (k,T)/(ump). In general, a BES is uniquely described by specifying itstregén
density (e.g.00 = 10718y cm3), its temperature T and its cut-off radiBax = {max- Ro. The
mass of the Bonnor-Ebert sphere can be easily derived. The ofay sphere with a given
density profile is

R
M = Npm, = 47'[/ py?dy. (2.8)
0

Here,N is the number of molecules contained within the sphere. Coimipieq. 2.2 and eq. 2.8,
the mass of the BES is
Rocs ,,d®({)
G ¢ ‘

dd
In the same way, pressure and volume of the sphere can bessgdrby the dimensionless
variables{ and®. With eq. 2.1 and eq. 2.9:

c8 do\?
Pees = Wﬁﬂélzszll (&) e cb’ (2.10)

Mges = (2.9)
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and
3
4 At | GM
Vegs = o RE= ot | _DMBES (2.11)
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It should be also noted, thR{V ) is not a continuous function. However the derivatig®/dV )1 y..
can be found at constamtand masdges. Via linear stability analysis (see Bonnor, 1956) it
has been found th&pP/dV) is negative for a sphere who's volume correspondgia < {crit-
For increasingly largefmax (or radii), (0P/dV) approaches zero. Afmax = {crit = 6.451,
(0P/0V) = 0 and the sphere is marginally stable. In this case a smatlufition which re-
sults in a slight decrease of the sphere’s volumeill cause the pressure insideto decrease
as well. This will lead to a further reduction of the volumeldaso forth. The sphere is collaps-
ing. (Bonnor, 1956) found all spheres wifhax > (it to be unstable because small fluctuations
cause the sphere to collapse towards the center. On thehahdy those withnax < {crit are
stable. Thus{max Characterises the radial extent of a Bonnor-Ebert sphese;ehter-to-edge
density contrast, as well as the stability of the equilibristate against gravitational collapse. In
order to place the stability criterion derived for BESs inteoa, it is interesting to compare it to
the stability condition derived by Jeans (Jeans, 1928nsJeEaind the maximal radial extent of
a stable, spherical gas cloud with a constant density priofitee equal to,//(Gp)(dP/dp).
Thecritical masses and sizes of a BES (Wihax = 6.451) roughly agree with those predicted
by Jeans. This is surprising as Jeans assumed a constaity ¢eeofle and did not predict the
same results for spheres following a non-uniform densyritiution.

Moreover, a BES always collapses outside-in. When underggangitational collapse, an ini-
tially critically stable Bonnor-Ebert sphere will maintaime typical Bonnor-Ebert profile with
{max (i.e. the density contrast) systematically increasingn@ai et al., 2005; Myers, 2005). A
more evolved, collapsing prestellar core will appear to ingescritical {max > {crit = 6.451).
Kandori et al. (2005) investigated the stability of obserBok globules on the basis dfyax.
They find most starless cores to be well described by neattigairBonnor-Ebert spheres,
whereas protostellar cores (cores that harbour a yourigrstéject) are fitted with largefmax
(see Fig. 2.3). The fact that the structure of both starlesspaotostellar cores can be fit by
Bonnor-Ebert models indicates that the initial conditiomsrholecular cloud core collapse and
star formation must be similar to those described by a atifBonnor-Ebert configuration. In
this framework the Bonnor-Ebert formalism seems to provabeist and well-suited initial con-
ditions for numerical investigations.

All of these findings are in clear contradiction to the sugigesthat prestellar cores might
be transient, dynamical fluctuations in a turbulent velotigld (e.g. Ballesteros-Paredes et al.,
2003). However, not all protostellar cores may be fitted by ari®o-Ebert like density pro-
file. In a cluster-forming environment, such as Serpensdsrang Ophiuchus, where young
stars have already formed and shape their surrounding bysvénd radiative feedback, proto-
stellar envelopes are typically an order of magnitude memesd than predicted by models of
spontaneous collapse (Motte & Argdr2001). In addition, they appear to be truncated at radii
of less than 5000AU, which might be a result of merging orriatéon with the ambient cloud
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Figure 2.3: Center-to-edge density contrast vs dimenssrdater radiugmax for Bonnor-Ebert
spheres (Kandori et al., 2005). In addition, 14 observed Bokules are marked. More than
half of the starless globules (filled circles) are locatearribe critical stat&nax= 6.5+ 2

(Motte et al., 1998; Looney et al., 2003). These observatguggest that the evolution of dark
molecular cloud cores is significantly affected by theiriemvment. In unprecedented detail
star forming regions like the Eagle Nebula (see Fig. 2.4gHmen recently observed with the
Spitzer Space Telescope revealing significant heatingraggeting by exploded massive stars.
Nevertheless, it is still unclear how strongly the formataf an individual star or stellar sys-
tem is influenced by the surrounding of its parental molacciaud core. In order to solve this
guestion thoroughly, one has to take one step back and stadytlapse of individual prestellar
cores.

Even in isolation the evolution of two equally massive coreg/ not be alike if they contain
a different amount of angular momentum. The presence of eanetangular momentum hinders
direct gravitational collapse to form a single star. Indtéee formation of a circumstellar disk is
initiated. Every core, which has a non-negligible amourdrgular momentum, will also form
a disk and/or a binary or multiple stellar system. Theretbeetotal core angular momentum as
well as the evolution of the specific angular momentum areoimamt parameters, which have to
be determined in order to understand star formation.
The amount of angular momentum a prestellar core comprgsé#ficult to determine. So far,
the only way to disentangle the internal kinematics of e&wlicores is based on observations of
molecular line profiles. Internal velocity gradient mapsiefise cores can be derived from the
variation of tracer molecular line profiles across them. 984, Barranco & Goodman were the
first to apply this method to starless cores observed in(lid). Thereupon, velocity gradient
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IRAC (3.6-8 microns] MIPS (24 microns) IRAC + MIPS [4.5-70 microns]

Many Colors of the Eagle Nebula (M16) Spitzer Space Telescope * IRAC » MIPS
NASA / JPL-Caltech / N. Flagey [SSC/Caltech) & the MIPSGAL Science Team ssc2007-01¢c

Figure 2.4: The Eagle Nebula as seen in different hues ofiR by the Spitzer Space Telescope.
The left image is a composite of IR light at 3 (blue), 4.5um (green), 5.8m (orange), and
8um (red). Dust and stars are traced by these wavelengths. Tdaemimage is made up
solely of 24-micron light. The shell-shaped distributidrhot dust indicates that a massive star
exploded in a supernova. The right image is a composite bt bpserved with Spitzer: 4.5 to
8.0 microns (blue), 2zhum (now in green), and 70m (red). Dusty star forming clouds surround
the heated region around the supernova remnant. Image:ck&slbA/JPL-Caltech/N. Flagey
(IAS/SSC) & A. Noriega-Crespo (SSC/Caltech).

maps were determined by e.g. Caselli et al. (2002); Lada €@03) and Swift (2006). It turned
out that prestellar cores with velocity gradients whichspatially uniform in direction and mag-
nitude, are likely in simple solid-body rotation. The irgegtation of velocity gradient maps is
difficult as soon as spatial variations in gradient directod magnitude are found. Spatial vari-
ations of velocity gradients are a clear sign of complexbphdy turbulent motions (see Fig. 2.5
for example velocity gradient maps as observed by Caselli £2@02)).
Nevertheless, if one assumes that the core is in simple-botig rotation total amount of core
angular momentum, respectively its rotational energybeaapproximately determined. Numer-
ical investigations of collapsing prestellar cores havashthat a core’s evolution and fragmen-
tation properties are strongly influenced by the ratio cditiohal energy to gravitational energy
B (see section 2.3.2), observations also tempted to dgriv8 may also be called the dimen-
sionless internal rotational parameter. Interestinglgeems to be roughly independent of core
size and varies between 1dand fewx 101 (Barranco & Goodman, 1998; Caselli et al., 2002).
The total amount of specific angular momentynm a molecular cloud core is typically of the
order ofJ/M = j ~ 10?'cn?s~! (Goodman et al., 1993).

Burkert & Bodenheimer (2000) were the first to demonstrated¢beg internal sub- or tran-
sonic turbulence might produce the observed rotationgbgtees of dense molecular cloud
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Figure 2.5: Column
density maps overlayed
by velocity gradient
arrows of four low-
mass molecular cloud
cores observed by
Casellietal. (2002).
In L1512 direction
and magnitude of the
velocity gradient seems
2 to be spatially uni-
form across the core.
L1512 might therefore
be in rotating like a
solid-body. However
all other shown cores
have much more com-
plicated inner motions,
which might be a result
of sub- or transonic
internal turbulence.

cores. They superimposed isotropic Gaussian random telieeids, where the velocity field
V(X) in every spatial dimension is characterised by its Fouriedes:

V(x) = (Zln)gRe( / 6(R)éRXd3k) . (2.12)

In this setup, the Fourier componer@l(:k) are completely specified by the power spectrum of
P(k) = k", wherek = [K| is the wave number amil= —3.. — 4 denotes the power spectral index,
on top of centrally condensed density distributions redemglithe structure of prestellar cores.
n = —3 results in more power on smaller scales than B.g.—4, wich corresponds to Burgers
power spectrum for incompressible, supersonic turbuleridee correspondance between the
turbulent spectrum with random relative phases for thetsplecomponents and Larson’s line-
width size relation has been suggested by Myers & GammieQ()l%heir work is based on
Larson’s finding that the observed internal velocity disper o of a molecular cloud region is
correlated with its length scaPedLarso%, 1981):

o(A) OAC (2.13)
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The proportionality of internal velocity dispersion anddgh scale is a clear sign of turbulence.
Typically, kinetic energy is induced into a gas or fluid orgksscales. Large scale drivers might
for instance be large scale colliding gas flows. Turbulelscea mechanism to redistribute en-
ergy through the turbulent cascade, which reallocatesatige Iscale energy input by populating
smaller and smaller scales with kinetic energy. Accordmé&aolmogorov’s theory of the 'uni-
versal equality of scales’, energy is neither produced nasamed within an intermediate range
of scales - the inertial subrange - until it is finally dissgzhin the dissipation range, which can
be based on very small, even molecular scales. In incompleds/drodynamics the kinetic
energy contained in a fluid elemes is simply proportional to the velocity, squared. Thus,
the energy dissipation ra&e which is the energy dissipated in a turbulent elenrentithin a
characteristic timey, is

En V2 V3

e0—=—02=21 2.14
Tn _[_n Aﬂ? ( )
with T, = Vv /An. Aq is the characteristic dissipation length scale ands typically defined by
viscous processes. It follows that

v O eM3Y3 (2.15)

In phasespace (and with the wave numiberl/A) this relation reads
En:/Ekdkz E -k, (2.16)
k

and therefore /
V2 g2/3)23
Ex O " O "
(Kolmogorov, 1941). In three spatial dimensions the edamapower spectral index is =
—2-5/3=-11/3. In terms of Larson’s scaling relation the powerlaw indesaibing the
velocity scaling is equivalent to= —3.76 withq = 0.38 (Larson, 1981) and= —3—2g. This
results in an approximate Kolmogorov scaling, which is etpe in case of ideal, incompress-
ible hydrodynamics. As real astrophysical gases do notugelman incompressible manner,
Larson’s finding was rather unexpected. Later observationgk however foundg = 0.5 on
scales larger than .Dpc (see e.g. Goodman et al., 1998), which corresponds=tc-4. The
cores’ net specific angular momentum is caused by the domgnahlong wavelength modes.
They find the average value 8fM = 7-10?2°(R/0.1pc)**cm?s 1 to depend on core radit&
However, the spread ifyM is fairly large. On the other hand, the rotational parampBtseems
to be independent d? as observed.
In summary, low levels of turbulence within molecular claz@res give a suitable physical ex-
planation for the observed angular momentum of molecutarcctores. Compared to the ansatz
of rigid rotation, turbulence appears to be more naturaleadant. However, for some cloud
cores like L1512, rigid rotation represents the best fitimgdel. Therefore, and because rigid
rotation results in a well-defined initial setup for numatiexperiments, turbulent as well as
rigidly rotating core collapse will be studied in this thesi

= /353 (2.17)
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2.2 From prestellar cores to protoplanetary disks

Within the past decade a schematic picture of low-mass atardtion has emerged. Low-mass,
so-called T Tauri stars were first identified by Joy (1949) treddesignation of the class derives
from its brightest member: T Tauri. Their classification tsean several distinctive features:
all T Tauri stars show irregular light variations, are assi®d with nebulosity, exibit a bright
emission line spectrum of low excitation lines, which rebéea the spectral features of the solar
chromosphere (e.g. strong emission lines of hydrogen, Qallin). T Tauri stars typically
have spectral types between F5 and G5 (for comparison this &2) and masses 2M.,. Ever
since their discovery, T Tauri stars were thought to be yatags, which haven't yet arrived at
the main sequence. Walker (1956) was the first to definitigedye their pre-main sequence na-
ture based on their position in the color-magnitude diagfe@mparable to Hertzsprung-Russel
diagram) of star forming regions. His observations alrestitywed, that T Tauri stars are in fact
extremely young and still in a state of gravitational codtien when central hydrogen burning
has not yet begun.

Starting from prestellar molecular cloud cores, which a@vigationally bound condensations
within molecular clouds, the evolutionary stages of cloodeccollapse have been divided into
four classes. The classification of protostellar cores anthy stellar objects is based on the
slopesasep of the spectral energy distributions (SEDs) between 2 anpd2f_ada & Wilking,
1984; Lada, 1987,asep = dlog(AF, )/(dlog))). Fig. (2.6 depicts the generally assumed for-
mation scenario of a low-mass star as measured indirectipdyevolution of its SED. Class
0 objects harbour the youngest stars or dense central spjebtch are completely obscured
by the thick surrounding envelope. Therefore their SEDslarainated by the coldl{ < 30K)
outer envelope (Andre et al., 2000). On the other hand, Classe® do show signs of a central
source powered by the release of gravitational energy mitke collapsing cloud. In the inner-
most regions of the now 'protostellar’ envelope, the dustgerature reaches 100K, causing the
evaporation of icy dust grain mantles. Molecules like CO,chhhave been depleted from the
gas phase due to freeze-out, are now being injected backhiatgas phase. Complex organic
molecules, so-calledot corinoscan be found in the Class 0 stage of star formation. The central
object grows by gas accretion from the protostellar envelkopform a young protostar. Once
protostar and an eventually formed circumstellar disk arbedded in a diffuse rather than thick
envelope of (sub)stellar mass, the source has entered tee Cdtage. Class | stars are bolo-
metrically cold {[To < 650K; whereTyo defines the temperature of a blackbody with the same
mean peak frequency as the observed SED; Myers & Fuller {1898 have rising mid-infrared
spectral slop@&sep (e.g. White & Hillenbrand, 2004; Doppmann et al., 2005), whi& caused
by the disk and the remaining envelope. The protostellaglepe finally vanishes completely by
feeding its mass into the circumstellar disk and onto thégstar, or by being blown away due
to feedback processes from the young central source, tégggcProtostar and (optically thick)
circumstellar accretion disk are now classified as a Cladgdlab. In this stage, which is the most
important for observations of circumstellar disks, thetpstar has an age of a fel@®® — 10°yr
and is almost fully assembled. Accretion rates are low £2010°M, /yr) and the formation
of rocky earth-like planets might take place within the girestellar disk. As still more mass is
channeled onto the central object by disk accretion, thesdisemselves become optically thin
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and begin losing gas. The central star is an almost fully ldgesl - but still pre-main sequence
- star with an age of a few million years. These objects arevknas Class 1l objects. Class
Il and Ill stars are classical or weak-line T Tauri stars pesgsively. It is believed that most
of the stellar mass is acquired prior to the Class Il phase tard gounger than Class Il are
considered to be true protostars. However, for the embesidegs, it has not been unambigu-
ously shown that the observable diagnostics really trasct stellar evolutionary stages, or
whether Class | sources are simply less environmentallyldeed than Class Il sources. On the
contrary, the mass accretion rates and disk masses obderv@thss | and Class Il sources in
Taurus-Aurigae seem to be alike (White & Hillenbrand, 200%).understanding for the origin
of the stellar properties of Class | systems is needed. Sthdafaintness of Class | sources at
optical and near-infrared wavelengths 8um) has made it difficult to obtain high resolution,
high signal-to-noise observations necessary for suchdg.skiowever, all stages of circumstellar
disk evolution can be well studied by observations at wangdles longer thanm - i.e. in the
thermal infrared (IR).

The proof that circumstellar disks do exist was finally pd®d via direct imaging with
the Hubble Space Telescope (HST; e.g. Burrows et al., 199&€adghrean & O’Dell, 1996;
Padgett et al., 1999, see Fig. 2.7). In order to physicatgrpret the observed SEDs of young
stars, understanding the structure and evolution of cistalar disks is crucial. In addition,
circumstellar disks themselves are interesting as thetheedtage for planet formation, provide
a framework for the redistribution of angular momentum aas gccretion onto the central star,
and last but not least are a long-lived tracer for the ingimjular momentum contained within the
parental molecular cloud core. Disks are associated widaat 50% of classical T Tauri stars in
nearby star forming regions (e.g. Kenyon & Hartmann, 199&iji&Aqguilar et al., 2006). The
well-studied disks around mostly Class Il stars are calleatgplanetary disks’. Dust plays a ma-
jor role in protoplanetary disk physics, as the dust conghfetominates the SED at a wavelength
of ~ 10um (10 micron feature). The shape of the 10 micron feature earsbd to determine the
dust composition in the disk and maybe to draw conclusiongermphysical conditions within
and the evolutionary state of a protoplanetary disk (e.g. vBoan et al., 2001). However, such
an analysis must be considered with care as the spectratdésadre influenced not only by dust
composition, but also by the size of the dust grains, thactél dimensions and location within
the disk (Dullemond & Dominik, 2008). Although dust domieathe spectrum of a young stel-
lar object, it only accounts for a tiny fraction of the totahss. In fact, the interstellar medium
mainly consists of gas (about 99%) and only of 1% dust (maahpon, amorphous olivine and
silicate). Assuming an average dust-to-gas ratio of 1:&@mass of typical protoplanetary disks
(PPDs) appears to be relatively smafl Q.1M.,). Direct measurements of the circumstellar gas
reservoir will only become feasible with millimeter interbmetry, e.g. with ALMA. PPDs have
radial extents ok 100— 400AU (e.g. Vicente & Alves, 2005). Most of the disks show #ma
mass accretion rates ®, ~ 107 — 10-°M., /yr (Bertout et al., 1988; Hartigan et al., 1995;
Gullbring et al., 1998). Their temperature structure igef@re dominated by passive heating
from the central star, which causes the disk to flare (Kenydte&tmann, 1987, 1995). As a
result the coarse vertical structure of a PPD will be tweetag (Chiang & Goldreich, 1997),
with a heated flaring upper layer on top of the cold disk midplaSEDs calculated from these
models overall fit the observations fairly well. However,additional spectral enhancement at
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Class 0 Class | Figure 2.6: Top: Evolution-
outflow ary stages of a forming low-
\ I / mass star (by McCaughrean).
: Bottom: Typical SED evo-
B— . ore. BB lution during low mass star
in seale i l X s formation (by Michael Bur-
ton). Initially the core is cold,
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sion from a warm envelope
heated by the accretion lumi-
nosity causes an infrared ex-
cess, which first peaks in the
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pates (Class IlI).

2-3um could only be explained by an additional disk componene fibt inner rim of the disk,
which is located at the inner edge of the dusty disk and ictlirexposed to stellar irradiation
(Dullemond et al., 2001, see Fig. 2.8). These sophisticatedels can be used to determine the
properties of PPDs by fitting observed SEDs (Dominik et &03).

Even though PPDs are fairly well understood, their fornratreechanism (Class 0 stage) and
very early evolution (Class | stage) is still unclear. In tb#édwing, very young circumstellar
disks will be called protostellar disks in order to emphaglze fact that these disks are formed
simultaneously with the central protostar. As observedsna@sretion rates of Class | and Il
sources are on average low (¥0- 10~°M,, /yr) and observations point towards the fact that
Class Il as well as most Class | stars have already acquireddfweity of their final stellar mass
(e.g. Motte & Andg, 2001), the role of protostellar disks (PSDs) in the stemédion process
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Figure 2.7: Continuum HST
images of edge-on protoplan-
etary disks. Dust absorbes
the light from the young
central star and causes the
disk to appear as a black line
enclosed by bright regions,
where light is scattered
on the disk surface (from
McCaughrean & O’Dell,
1996).

becomes even more important. Like all accretion disks, P&Bsmportant for redistributing

the initial core angular momentum, thus allowing for adoretand growth of the forming pro-

tostar. The way gas is falling onto the disk from the pareetaelope as well as how this gas
is accreted through the disk are important parameters in &&Dprotostellar evolution. High

mass accretion rates are necessary to enable a quick grbthih @entral protostar within a few

10°yr (Class | age). In accordance, the PSD will on average baressive the higher the mass
accretion rate onto the central object, but massive PSDmare likely becoming gravitation-

ally unstable and might fragment to form stellar companitngwn dwarfs, or gas giant planets.
The influence of disk fragmentation on the initial binary plation is unclear, mostly because
the question of when and within which cores a PSD may arrive pmoper mode to enable its
fragmentation remains. Moreover, a high mass accreti@watresult in significant heating of

the disk material and its immediate surrounding by the sdex gravitational energy within the
disk. Chemical reactions, like the crystallization of anfwps silicate, may produce long-term
tracers of hot phases in PSD evolution (Dullemond et al.6200

The shape, size, mass, density and temperature structix®@s, which are the precursors
of PPDs can only be studied in expensive numerical calanatand indirectly validated by
comparing to observed SEDs of Class O/Class | sources or totherkproperties of PPDs. In
the next section the theoretical background of molecutaratore collapse will be summarized.
Furthermore recent developements and numerical invéistigeof individually collapsing cores
will be discussed.
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Figure 2.8: Sketch of
flaring disk theoretical PPD struc-
ture and resulting SED.
The spectrum is de-
composed in its four
components: Star, in-
ner rim, disk surface
layer and disk inte-
rior. Figure is taken
’ from Dullemond et al.
P 7, (2001)
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2.3 Theoretical background

2.3.1 Theoretical Ansatz

From a classical point of view the collapse of a moleculaudloore is initiated when its own
self-gravity overcomes its thermal pressure. For isotlaémitial conditions, this happens when
the core has accumulated enough mass to overcome thelantsa - the so-called Jeans mass
(Jeans, 1928):

T[Cg 3/2
Mjeans= m 3 (2.18)

wherecs is the isothermal sound speed, G is the gravitational cohstadp is the mean core
density. It should be noted that the Jeans criterion is nbtsesistent because it neglects the
self-gravity of the whole molecular cloud. Moreover, obv&el molecular cloud cores typically
have centrally condensed, rather than uniform density Ipsofsee section 2.2). Nevertheless,
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the Jeans mass provides a simple estimate of the right ofdegnitude if cores or clumps will
undergo gravitational collapse.

The first models of molecular cloud core collapse and stan&bion considered more realis-
tic density profiles, but neglected the effects of slow iotgtnot to mention more complicated
physics like magnetic fields, turbulence, or radiationgpaort. These simple models of core col-
lapse, e.g. by Shu (1977), are still attractive because-aealytical solutions can be obtained.
Shu (1977) started from a self-gravitating isothermal sple the limit of infinite central con-
centration - the singular isothermal sphere (SIS), whidlois p(r) O r—2 everywhere. Shu
(1977) noted that the convergence tora powerlaw represents the tendency of an isother-
mal self-gravitating gas to approach, as closely as passildtailed mechanical balance. This
tendency will be satisfied as long as different parts of tleeidtican communicate acoustically
with one another. While the SIS is a sphere of infinite exterdramealistic models of self-
gravitating spheres in hydrostatic equilibrium shouldéavfinite radius. For critical Bonnor-
Ebert spheres hydrostatic equilibrium is ensured by antiaddi external pressure. Due to the
finite extent of a BES the central denisty profile is flatteneldergas the outer parts still follow
p(r) Or=2. The special feature of a collapsing SISs is the self-sinikhaviour of the flow.
The collapse proceedsside-outand a constant mass accretion rate onto the central object of
Minfall = 0.975c3/G was derived. In the case of collapsing Bonnor-Ebert sphéesdllapse
proceed®utside-inand the central mass accretion rate steadily declinesthidormation of a
seed protostar (Foster & Chevalier, 1993). The infall veélesiundergo a smooth transition from
homologous inflow to an inflow rate of -3.3 times the sound dehe origin as the collapse
proceeds. This dynamical behaviour is in accordance wihdhlults obtained by Larson (1969);
Penston (1969), rather than Shu (1977).

As long as a molecular cloud core rotates slowly comparetidddcal dynamical timescale, it
is possible to treat rotation as a small perturbation to #reisnalytical solution obtained for
the non-rotating case (Terebey et al., 1984). Introducorg cotation is however accompanied
by another critical problem: The angular momentum problBosg, 1980a). Pre-main sequence
stars typically have a specific angular momentum (J/M) ofudld® ‘cn?s~1, whereas dense
molecular cloud cores have (J/ML0?%-?cnPs~. The high amount of (J/M) contained in ev-
ery core leads to a 'centrifugal bounce’ and ring formatiostéad of the formation of a dense
central protostar. Ring formation was found in early nunadmalculations of prestellar core col-
lapse by e.g. Black & Bodenheimer (1975); Bodenheimer & Tsaltar{1979); Boss (1980b).
Hereupon, Boss (1980a) pointed out that 99.99% of the total abgular momentum must be
somehow lost during collapse. On the other hand, Terebdy @1984) stated, that it might well
be a matter of redistributing (J/M) rather than losing it. cAetion disks play a major role in
the redistribution of angular momentum. The transport ebéed by a variety of disk instabili-
ties as well as by shear in a differentially rotating disk.eTtransport of angular momentum is
yet another reason why circum-/ or protostellar disks appssed to play a major role in star
formation.
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2.3.2 Recent numerical investigations

Non-turbulent collapse:

Within the past decades many authors have investigateaiiapse and fragmentation of molec-
ular cloud cores in numerical studies (for a summary see @ooet al., 2006). For example
Burkert & Bodenheimer (1993) examined the evolution of spherih a constant density pro-
file. Like other authors (Miyama et al., 1984) they found tleud behaviour to depend on two
critical parameters, namely the ratio of thermal to gramtaal energya, as well as the ratio
of rotational to gravitational energ§ (e.g. Miyama et al. (1984) foundf3 < 0.12 to be the
general criterion for fragmentation). Truelove et al. (292998), Bate & Burkert (1997), and
Boss et al. (2000) demonstrated that earlier simulationsing either grid-based schemes or
the SPH technique, respectively, were frequently affebtedumerical fragmentation due to in-
sufficient resolution. Nevertheless, they also confirmedibimary formation is likely happening
in case of initial core setups featuring a constant densdfilp. However, it has also been found
that fragmentation and therefore the outcome of collapseilsitions is sensitive to the clouds
initial density profile (Lynden-Bell, 1964; Boss, 1993; Burk&rBodenheimer, 1996). Cen-
trally condensed clouds are more stable against fragmemtzdmpared to cores with a uniform
mass distribution. For a review see Bodenheimer et al. (208@he new millenium, dramatic
advances in the development of numerical algorithmic teghes, including adaptive mesh re-
finement (AMR) and SPH, as well as advances in large-scaldiglareachines, have allowed a
significant increase in the dynamic range of simulation®wafinass star formation.

The collapse of rigidly (or differentially) rotating Bonné&bert spheres has so far been investi-
gated with grid techniques (Foster & Chevalier, 1993; Matstan& Hanawa, 2003; Banerjee et al.,
2004). Matsumoto & Hanawa (2003) performed an extensivarpater study of the collapse of
a 3V, rigidly and differentially rotating BES with different raian rates and bar mode pertur-
bations featuring a barotropic equation of state. Theyistuthe fragmentation properties of
the formed star+disk system, and identif@grs as the decisive parameter for the formation of
either a bar, a ring or a binary system. Bar and ring undergsegjuent fragmentation. In their
setupQ. denotes the initial central rotation rate and is the freefall-time, as calculated for the
central density of the cloud. Critical values Q1 are equivalent to critical combinations of
a and (see above). FoR 1z > 0.05 the formed systems were always fragmenting into two
or more clumps within a relatively small (up to 100AU in rashiwand thin (only a few AU in
thickness) protostellar disk. They used a 3D nested griahigce with a resolution of 1AU at
the finest level, which is centered around the forming céogect. The disk itself is not as
well resolved. In order to save computational cost, theyleygal mirror symmetry with respect
to the z=0 plane. In addition, the initial grid is not uniformall three spatial directions, but is
four times coarser in vertical (z-)direction as in x and yweweer, Nelson (2006) has shown that
resolving the vertical structure of a self-gravitatingkdis crucial for a proper study of fragmen-
tation.

In 2004, Banerjee et al. followed the collapse of a cor&éNR)) and cluster (168l.) BESSs, uti-
lizing the 3D AMR code FLASH. All setups feature a 10% m=2 pdyation in the initial density
profile. They show only one low-mass core collapse Mt = 0.2. This system evolves into a
bar, which might eventually undergo subsequent fragmientalinstead of a barotropic equation
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of state (EOS), which employs a sudden switch in the adialiadiex to mimic the transition
of isothermal to adiabatic gas at high densitips(10-1*-~13g cm3), they included a more
realistic cooling prescription. We also follow this ansated employ a parametrisation of ra-
diative cooling by the most abundant molecules as modelddenfeld et al. (1995). With this
prescription the effective EOS becomes a complex functfdaraperature and density.
Fragmentation is highly sensitive to the gas thermodynarfiicuelove et al. 1997; 1998). In
2002, Boss was the first to demonstrate that a more preciseimtast of the gas thermody-
namics leads to different fragmentation properties of-gedvitating, cicumstellar disks. They
compared results obtained with a purely isothermal EOSdabatic EOS, and the Eddington
approximation of radiative transfer. Disks, which were legd with a purely adiabatic EOS
were stable towards fragmentation, whereas fragmentsfaered in both other cases, with the
Eddington approximation giving intermediate results. yraéso identified vertical convection
to be more efficient in cooling the gas than radiative diffasi However, parameter studies of
fully 3-dimensional simulations with radiation transpbeve not yet been achieved as they are
still too CPU time consuming. Only Krumholz et al. (2006) penied 3D AMR simulations
of high-mass core collapse (1600M.,) with radiative transfer. They resolve the collapse on
scales of 10AU and found the forming protostellar disks todtleer stable against fragmentation
due to radiative feedback from the central star.

Turbulent setups:

Even though many authors already studied the collapse wflyigor differentially) rotating
Bonnor-Ebert spheres (see above) their turbulent collapsében barely studied. In general,
simulations of turbulent collapse can be subdivided in tifi@igtnt regimes:

Supersonic turbulence (Klein et al., 2001; Klessen, 200higt et al., 2003; Bate et al., 2003;
Delgado-Donate et al., 2004) and sub-/transonic turbelé@oodwin et al., 2004a,c, 2006). Col-
lapse simulations featuring supersonic turbulence arédicafye to star cluster formation, as
molecular clouds seem to be dominated by supersonic motiartkis context, previous work
suggests that supersonic turbulence can be very effeatpmoting the fragmentation of col-
lapsing clouds. However, for the collapse of individualuda@ores sub-/or transonic motions are
important.

In a series of three papers, Goodwin et al. tested the fratiem properties of moderately tur-
bulent cores in 3D SPH simulations. Goodwin et al. (2004aymated a sample of 20 cores
of 5.4M.,, all with different turbulent velocity fields due to a chanigethe turbulent random
number seed. The power spectrumRgk) O k—* was only varied in Goodwin et al. (2004c).
They chose a low ratio of turbulent to gravitational eneggy 0.05. The cloud cores were
modeled as Plummer-like spheres with a central density- @03'8g cm 3 and a flattened in-
ner core region, which is=5000AU in radius. Beyond this radius, the density decreasts w
r—4. Approximately M., of the total 54M., is concentrated within the central 5000AU in ra-
dius. Furthermore, they used a polytropic equation of statmicing a switch from isothermal
to adiabatic gas behaviour gt = 10 3g cm 3. Every simulation had only 25000 particles,
and convergence (with 50000 and 100000 particles) was eated for a setup, which formed a
single star. Fragmentation into binary or multiple stedigstems was found in 80% of all cases.
On average 4.55 starM( > 0.08M.) and brown dwarfsNl, < 0.08V.) were formed from a
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single molecular cloud core, and the maximum formed was d@:-inass objectdW,. < 0.5M.)
were often formed and ejected. Goodwin et al. (2004a) nbtsthe number and properties of
formed objects depends in a chaotic way on the details otitbeikent velocity field. In a subse-
guent paper, Goodwin et al. (2004c) discussed the effeasfefent levels of turbulence on the
evolution of a molecular cloud core. For this purpose theiedethe ratio of turbulent to gravita-
tional energy (X y < 0.25). They find that the number of objects formed and their comgn
frequency both increase with increasipngThe mass function of these objects is bimodal: They
find (1) a flat low-mass segment representing single objebishawere ejected from the core
before they could accrete much mass, and (2) a Gaussiamtagh-segment consisting of ob-
jects within the core, which grow by accretion and pair up intiple systems. Their predicted
number of binary systems seems to be too lowyer 0.025. Finally, Goodwin et al. (2006)
investigated the effects of the turbulent power spectrumdrying the power spectral index n:
P(k) Ok™", with n=3,4, or 5. They find on average one more forming protostetigct for each
stepwise increase im In addition, the number of ejections is increased, leatbrtge formation
of a larger proportion of single, low-mass objects or a loasmtail in the mass function. The
mean multiplicity decreases. Goodwin et al. (2006) alsorckhat their results is in contradic-
tion to the results by Delgado-Donate et al. (2004), butrhight be due to supersonic turbulent
velocities employed by the latter authors.

In contrast to these SPH results, recent AMR calculationsitdly turbulent molecular cloud
core collapse with velocities of Mach 1 - Mach 3 (Klein et @004, Klein et al., 2004b) typi-
cally form one to (at most) several protostars, with no fertevidence of fragmentation of the
disks that form around each individual object. Only supeisturbulent initial conditions may
result in binary or low-order multiple stellar systems. $éalifferences are alarming and point
out that SPH as well as AMR simulations must demonstratetsteaqiumerical convergence to
be credible.

Numerical Resolution:

It has been known for a long time that sufficient numericabk&son plays a decisive role - not
only for simulations of star formation but for all physicagtrophysical or other applications - es-
pecially including self-gravity. Bate & Burkert (1997) proéd a minimum-resolution criterion
for SPH calculations with self-gravity to accurately moftagmentation. The criterion is called
the Jeans-condition, as it asks for resolving the localsle@ss with at least twice the number of
SPH neighbours at all times during a simulation. In addjttbry found their simulations to give
accurate results only if gravitational softening lengthl d&wydrodynamic smoothing length are
chosen to be equal. Further work on e.g. the optimal gramitat force softening necessary in
three-dimensional N-body codes has been done by Dehneh)(2@0re recently, Nelson (2006)
performed a large investigation of the influence of typiddHJarameters on disk fragmentation
and concluded that the better the resolution, the laterdggrientation. In the case of a disk-like
geometry he only found his simulations to converge if an dvigher resolution than the one
proposed by Bate & Burkert (1997) was employed. Furthermogejdiined a new resolution
criterion for self-gravitating disks: The Toomre-lengtiterion, which asks for a high resolution
in vertical disk direction. For grid-based schemes Truelewval. (1997) provided an equiva-
lent criterion to the one introduced by Bate & Burkert (1997%):fiked grid as well as AMR
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calculations resolving the local Jeans-length within astdour cells was found to avoid spuri-
ous numerical fragmentation. Fragmentation from the sahgdas only recently been tested
against the numerical method. Commercon et al. (2008) halssped a convergence study and
comparison of SPH and AMR technique in the context of mokcdloud core collapse. They
studied the collapse of a uniform density sphere weighivg in slow rigid rotation. They use
a standard barotropic equation of state (like e.g. Goodwah.£2004a) to mimic the thermal
behaviour of the gas. Both techiques seem to agree fairly agllong as sufficient numerical
resolution is used. They also note that the so-called SPHpsirticles (Bate et al., 1995), which
replace formed protostellar objects at an arbitary dertsitgduce computational costs, should
be treated with great care.



Chapter 3

Numerical Method: Smoothed Particle
Hydrodynamics

The description of gravitational collapse requires a latgeamic range of spatial resolution.
An efficient way to achieve this is to use Lagrangian methodsimulating astrophysical, self-
gravitating systems. Smoothed particle hydrodynamicdHjSkas first designed to simulate
nonaxisymmetric phenomena for astrophysical gases (L18%7; Gingold & Monaghan, 1977,
Benz, 1990; Monaghan, 1992).

The fully three-dimensional simulations of prestellarecgollapse and star formation pre-
sented in this thesis have been carried out with the OpendM&ipl SPH and N-body code
VINE (Wetzstein et al., 2008; Nelson et al., 2008). Due td.a@grangian nature SPH has the ad-
vantage of following the geometry of the simulation with ptiee spatial resolution. Thus, the
main advantage of SPH is its strict Galilean-invariant proy In particular, dissipative prop-
erties do not depend on geometry or direction, which can bevars problem for grid-based
methods without physical dissipation control. SPH is aip@tased method. A gas, fluid
or other dynamically evolving form of matter is representgda set of particles p to which
physical quantities such as mass, position, velocity atefnal energy are assigned or com-
puted. Resolution elements are concentrated in high-gergjions in SPH methods, naturally
concentrating the computational work in the most intengstireas of the flow. This can be an
advantage as well as a disadvantage of the method. Foraeststndies of turbulence decay may
be problematic with SPH as they require a rather uniformlogiem on all scales and good shock
capturing (for supersonic turbulence). Therefore it i scessary to prove the applicability
of SPH to shock or instability dominated problems, whichusrently work in progress (Junk
et al., in prep; Agertz et al., 2007). However, SPH is idealljted to solve gravity dominated
problems, which require the resolution of many orders of mitage in spatial scale and density,
respectively. For this purpose, running SPH on single mames is by far not enough to com-
pensate the high computational costs of modern high-reésolgimulations. The VINE code
has therefore been developed for the use on multi-procebsoed memory architectures using
OpenMP (Deagum & Menon, 1999). OpenMP is a suite of compilexctives to effectively
share work among a number of processors.

In the following | will briefly discuss the basics of the SPHiftalism. SPH is based on the Euler
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equations, which describe the dynamical evolution of a flTideir derivation will be reviewed
in the first section. In addition, within the framework of mgsearch, | implemented a numerical
prescription to treat cooling radiation by molecular lin@$is method will be described in the
last section of this chapter.

3.1 Equations of fluid dynamics

The mathematical description of the state and motion of d epends on two thermodynamical
quantities (e.g. the densipy(x,y,zt) and the pressurg(x,y,zt)) and on the velocity distribu-
tion V = V(x,y,zt) within it. P andp are linked with all other thermodynamical parameters via
an equation of state. Thus the complete system of equatestsitding a hydrodynamical flow,
consists of five equations to account for the five unknownsé2modynamical quantities and 3
velocity components). The aim of this section is to intragltiee basic hydrodynamical equations
necessary to describe a self-gravitating, viscous fluigs€rare the continuity equation (conser-
vation of mass) and the Euler equation (three componenksihvdescribes the conservation of
momentum. To close the set of equations, conservation afgnerequired. In the SPH code
VINE, this part is governed by evolving the internal enetgyvhich is linked to the pressuie
and the densitp through an equation of state (EOS). For further reading s@eldu & Lifschitz
(1966).

3.1.1 Continuity equation

The mass of a fluid with the densityin a certain volumé/ is estimated ag pdV. Thus the
amount of fluid, which flows through a surface element of &iife of the volume per unit time
is pv-df. The total mass streaming out of the volume V per unit timesisde given by

j{ pvdf. (3.1)
On the other hand the decrease in fluid mass inside the volambe&written as
J
_ av. 3.2
= e (3.2)

Conservation of mass implies that the decrease in mass peino@imust be equal to the amount
of outstreaming mass. This yields

9 .
E/pd\/ — 4 pudf (3.3)
= — [ DO (pV)av (3.4)
90
o /[d—fm.(pw}u\/ — o (3.5)

Eq.3.4 is obtained by applying Gauss'’s law.
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Since eq.3.5 must be valid for every volume V, the continagyation may finally be written

as Pl
d—f+ﬁ-(pV) =0. (3.6)

3.1.2 Euler equation
Analogous to the section 3.1.1 the change of total momemtuof a fluid element dV is

17}

— [ pvdV. v

= [ pud (3.7)
On the other hand the total momentum change of dV is due tothéforce exerted on it (this

is the pressure P) and the total momentum flux through it. Ttmeéschange of momentum is
according to

—j{PdF—jfpw-dF. (3.8)
Conservation of momentum implies that eq.3.7 must be eque].&8:
%/dev+]{PdF+pr-dF =0 (3.9)
o %/deVJr/ﬁPdVJr/ﬁ-(pW)dV — 0 (3.10)
N %(pV)+ﬁP+i-(pW) _ 0 (3.12)

where Gauss law was applied again. With

G, oV _dp
E(pV) = pﬁ+\7'ﬁ and (3.12)
0-(pW) = V- (pV)+pv-[¥ (3.13)

it follows that eq.3.11 can be written as

ap - - -
o9, 9P o7 .
pﬁtv+?é‘t + VO (pV)+<pv D>V+DP - (3.14)
369
dv —_ —_
—> pﬁ+(pv.m)v+mp — o (3.15)

Eq.3.15 is the Euler equation for a compressible but noceus fluid. If the fluid is in a grav-
itational potential the volume elemen¥ cexperiences the additional forggj, whereg is the
acceleration due to gravity. In this case the Euler equafields

v ; ;
pEJr(pV-D)V:—DP—pQ. (3.16)
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Note that all these equations were derived without consigenternal friction, respectively
viscosity. As a consequence this description cannot treaictive accretion disk, because the
flow is not viscous as required in order to transport angulamentum (i.e. the radial velocity
VR is zero in this case). Thus, an ideal fluid as presented heteady not sufficient to describe
the motion in a circumstellar disk correctly.

In a viscous fluid an additional irreversible momentum tfandue to internal friction (e.g.
molecular or turbulent viscosity) occurs within the flowimgterial. This must be considered in
eq.3.16 by adding an additional term: the so-called vissgss tensoo (o is a symmetrical
tensor of second order), which is defined as

ovi Odvg 2_ dv ovi
L Bl Whdll -— A7
Ok = pV (dxk 9% 3dkdx|> +dedx| , (3.17)
wherev[€T-] is the kinematic viscosity anglthe bulk viscosity due to the fluid’'s compressibility.

In an accretion disk plays a minor role, since the inward flow of disk material asaan a much
longer time scale than the azimuthal motionand may thezdferneglected (for a more detailed
derivation of Eq.3.17 see Landau & Lifschitz (1966)).

Thus, the Euler equation 3.16 becories

pg—v+ (p\'i- i) V=—0P—pg+pv [A\'H— Ei(i .\7)} (3.18)

t 3

Eq.3.18 is also known aavier-Stokes equatioand represents the equation of motion for a
viscous, compressible fluid. The numerical solution of trevilr-Stokes equations is more

difficult than the integration of the Euler equations, as\utseous term depends on the second
derivative of the velocity. In the SPH formalism, an artiicviscosity is used instead of the real

physical viscosity in Eq. 3.18. Therefore the Euler equeti(Eq.| 3.16) provide the basis for

SPH.

3.2 Equations describing the SPH algorithm

A system of SPH particles is dynamically evolved by computiravitational and hydrodynam-
ical forces of the particles on each other. Time integratibthe particles’ equations of motion
and additional equations for e.g. internal energy, is tlubl@m to be solved. Hereby time in-
tegration should be quick, but accurate enough to achidsbdle results. In case particles only
interact gravitationally ('N-body simulations’) the moti of each particleéis described by

dXi
i Vi (3.19)

L3 is the Kronecker symbol

2whereA = -0
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and the equation describing the conservation of momentum is

v, O

=7 3.20

at m (3.20)
where all of the 6 equations (in three dimensions) are coupled through théatgt@anal po-
tential @. If one is interested in additional interactions of the juées (SPH), these have to
be included in equation 3.20. Gas dynamics asks for the iggéiser of forces due to pressure
gradients. Therefore the ideal form of the SPH momentumtemjuis

Mm__2_= (3.21)

wherep andp denote the pressure and density of the fluid, respectively.

In addition to an expansion of the momentum equation, theuoof point masses sufficient
to describe an N-body system has to be revised. SPH can beleelgas an interpolation
technique. Point masses rather become fluid elements widtairc size and density. There-
fore an interpolation kernel has been introduced. The widekd W4 SPH smoothing kernel
(Monaghan & Lattanzio, 1985) in its 3-dimensional form idided as

[ 1- 2v2+§1v3 if 0<v<1,
W(rij, hij) e 12-v)?® if1<v<2 (3.22)
1] 0 otherwise

with the dimensionless separation= rij /hij. The kerneM/(rij, hij) connecting particlé and

j is a function of their distancgj = |rj —j| and their characteristic smoothing length scale
hij = (hi +hj)/2, whereh; andh; are the individual smoothing lengths assigned to partialed

j, respectively. An important characteristic required teuwgle conservation of momentum is the
symmetry of the SPH kernel under the exchange of particle@sd Most differences between
SPH implementations also come from the way force symmetmydsn pairs of particles is han-
dled. With these definitions, particles whose separatioms & 2 contribute to the summations
of each others forces or densityrasighbours For instance the SPH density is defined as

N
F‘| - Z r”,h” (323)

wherem; is the mass of each of ti¢ neighbour particles of particle which contribute to the
density of particla. Fig. 3.1 depicts the extent and shape of the SPH smoothimglke
Not only the kernel function itself, but also the equatiom@imentum conservation needs to
be written in a symmetric form:
dvi . Od
avi __Z ( pj +|‘|,J>DiW(rij,hij)—W, (3.24)
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kemel WAr)

particle of
interest

neighbour * . -

particle Figure 3.1: Sketch
of the SPH Kernel

wherel]; means take the gradient with repect to the coordinate oicpar{for a detailed deriva-
tion se BenO). The additional artificial viscositygsued 1j; included to model dissipative
effects (like shocks or viscosity), has no counterpart inEg1. Alternatively a dissipative term
modeled on the viscous terms in the Navier-Stokes equatmgist be included.

The choice of a particle’s smoothing length is a criticales$n SPH simulations and goes
hand in hand with the computational costs on the one handteddcuracy of the interpo-
lation scheme on the other, as the accuracy of SPH dependseammber of neighbouring
particles taken into account in sums like Eq. 3.23, makimggp mumbers of neighbours or large
smoothing lengths desirable. On the other hand, the couhtamputation of a large number
of neighbour quantities increases the computationaltedfod decreases the spatial resolution of
the simulation, since only scales larger thaare resolved. These two competing effects lead
to the requirement that the number of neighbours shouldrstayhly constant at a level where
correct interpolation is assured without wasting compaoai resources or loosing resolution.
Therefore particle smoothing lengths need to be variab$pate and time. The time-dependent
individual particle smoothing length (t) is evolved according tmﬁz, 1990):

dh lhdo 1, -

E__ﬁﬁa_éh'm'v" (3.25)
If the evolution of eq.3.25 leads to a neighbour count oetsidgiven range, an exponential
correction term pushds(t) such that more or less neighbours are found on the next stépe |
standard implementation of the employed SPH code VINE (Bveiz et al., 2008; Nelson et\al.,
@3) the number of neighbours will be kept within the ran§¢36, 70|, with a mean number
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of 50 neighbours and an allowed deviationsN = 20. According to Attwood et al. (2007) a
smaller value o/AN might be more appropriate to avoid numerical dissipation.

In addition to these equations, the change in the thermadynstate of the fluid requires an
equation of state and an energy equation. For an ideal ghsuwtiexternal heating or cooling
terms, only compressional heating and cooling are impbesad the internal energyis evolved

according to

du >
P —ED-V, (3.26)
wherev is the local fluid velocity. The SPH formulation of eq. 3.26plemented in e.g Benz

(1990) and Wetzstein et al. (2008) is
N

dd—l: = P|2 Jz m;vj - DW(r,J,h,J += 1 Z m; M vij - DW(r,J,h,J) (3.27)
with the first term corresponding to the reversible’ PdV’ wand the second term describing the
irreversible thermodynamic dissipation from shocks arstasity through the artificial viscous
pressurdli;.

The energy equation has to be modified, when external heatirogoling processes are
included. This has been done in the framework of this PhDigi{ese section 3.7). To close the
set of equations, an equation of state, which relates iatemergy, density and pressure, needs
to be defined. Simple EOS include the one describing isothlerisentropic or adiabatic gas
behaviour and ideal gases.

3.3 SPH Artificial Viscosity

Following thestandard prescriptionthe viscous pressure includes both a bulk viscosryt6
eliminate subsonic velocity oscillations and a von NeumBRightmyer viscosity §) to con-
vert kinetic energy to thermal energy and prevent the imteepration of particles in shocks
(Monaghan & Gingold, 1983):

My = <—0{ijCijNij +l3ijui2j> /pij Vi -Tij <0, (3.28)
0 Vij -Tij > 0.
Hij is the velocity divergence:
ij Vij - Tij
i = I g (3.29)
1= + 2K ij

with n ~ 10~1 — 1072 to prevent singularities. In its original form (Lattanzibeg., 1986), fij

is set to unity in Eq. 3.29. In generéj = 1/2(f; + f;). Balsara & Norman (1990) and Balsara
(1995) found that this form gives rise to large entropy gatien in pure shear flows, which he

suppressed by de defining an additional fadtdo reduce the contribution selectively in shear
flows. In the so-calle®alsaraimplementationf; is defined as

@)
(B W]+ (B W)+’

f, = (3.30)
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with n’ preventing divergence once more. The factarand 8 in Eq. [3.28 are parameters
controlling the strength of the artificial viscosity. thesbehoice for their values depends on the
problem which has to be solved (see e.g. Steinmetz & Mudl#93; Lombardi et al., 1999), but
values neao = 1 andfB = 2 are most commonly used. In order to reduce and minimize otesa
viscous dissipation throughout a simulation, Morris & Mghan (1997) inventedtame-varying
viscosity prescription, where each patrticle is assignee tiependent viscous parameters. The
individual viscosity parametax; of particlei is then evolved in time according to a source and
decay equation:

dao ai —a,

el - +S. (3.31)
The first term forces the value of to decay asymptotically to a value af on a time scale,
given by

r— b (3.32)

Csv/(y—1)/2y
The decay timescale is converted to a more convenient deogyh scale througéy, .
Morris & Monaghan (1997) further derived the decay time friva post-shock Mach number
for strong shocks, combined with the sound spegand smoothing length. Due to the source
term S in eq.| 3.31, artificial viscosity will be increased in stroogmpressions or shocks (see
Rosswog et al., 2000).

3.4 Integration and Time stepping

In the simulations performed throughout this thesis pksigvere advanced in time by using the
Leapfrog integration scheme (Hockney & Eastwood, 1981 Odapfrog is an offset integrator,
which means that position and velocity calculations arseatffrom each other in time by half a
current time step. Alternate updates of position and velaalvance from one half step behind
to one half step ahead of the other update in the sequeneetiefly ‘leapfrogging’ over each
other in the integration scheme, which takes its name byoggdtom the children’s game. In a
non-offset form positions and velocities are written as

VL =\ g2 Ah (3.33)
KLy % (Vv ALY (3.3)

where indices denote quantities at timt& and At" is the time interval frormton+ 1. The
offset form is recovered when positions and acceleratiomsictually defined on half timesteps.
The position update is effectively split into two halves. thVa fixed increment\t, each po-
sition update as defined in eq. 3.34 uses the velocity carelpg to two separate velocity
updates, half from timestep V"/2, and half from timestep+ 1, v"*1/2, so that, effectively,
updates of position are only half completed at any 'full’ érstepn. The velocity update re-
quires accelerations to be calculated on half stepsl/2. For simulations involving selfgravity
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and hydrodynamics, the accelerations depend on partisiéiquus, so that a separate, temporary
update of the positions to their correctly offset tempooahtion is required:

XMHL/2 =y 4 %V“At“. (3.35)

Other hydrodynamical quantities such as internal energsnovothing lengths are defined on
full timesteps. Their derivatives must be calculated o tralesteps at the same time as the ac-
celerations. Complications arise because for most of thesables the derivative is a function
of the variable itself or of other variables defined on futhésteps. Linear interpolation from

to n+ 1/2 is employed in such cases, such that the integration schiseteremains formally
second order accurate.

The integration scheme is only accurate and stable as lomgexgation timesteps are small
enough. At the same time, timesteps should not be much snitadle required in order to save
computational costs. For this purpose, individual paettohesteps (Porter, 1985; Ewell, 1988;
Hernquist & Katz, 1989) can be implemented. Individual g#ettime steps are escpecially use-
ful in simulations which cover a wide range in density (mdrart 20 orders of magnitude in
a star formation simulation) as different physical timelssare naturally introduced in such a
simulation. During the simulation the next time step for atipke i is the minimum time step
derived fromk criteria:

AEE = min (A7), (3.36)

Time step criteria are for example based on changes in alefsti

, h
acceleration:  Ath L = Tacceh | £l (3.37)
: h
velocity: At = Tacce ok (3.38)
v
both: AL = racce.% (3.39)

whered is the acceleration of the particleat the previous time step, arngqcei~ 0.5 is a tun-
ing parameter. In many cases it is sufficient to include ohby &cceleration based criterion.
However, for SPH, two additional criteria are required.

e The Courant-Friedrichs-Lewy (CFL) condition in its SPH forliqnaghan, 1989)

hi
Gi + 1.2 (aici + Bhimax (kj))

Atg?;ﬂ' = TCFL (3.40)

including the artificial viscosity parameteas and 3, and the sound speegi of particle
i. TcrL ~ 0.3 gives good results (Monaghan, 1989). The CFL condition ressthat
information or flux is not propagated further than a smoahéngth scale.
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e and the smoothing length scale criterion
AP =1, (3.41)

with 1, ~ 0.1 — 0.15 in order to ensure that particles encountering a stroongkstequire
several time steps to pass through the shock interface.

3.5 MACs and Tree

One of the most costly calculations in almost any simulatmmuding gravity is the computa-
tion of the gravitational forces of the particles on eacheathn 'collisionless’ systems a direct
calculation of the gravitational forces each particle etscen every other particle is unnecessary.
Approximate forces are accurate enough, but significaaiyef to compute. The gravitational
force is then approximate in the sense that contributiortBstént particles are merged into one
single interaction. The difficulty of the scheme is the dietiswhich particles to define as dis-
tant particles. For this purpose it is necessary to orgahisgarticles in dree data structure,
and then use tree nodes as proxies for groups of particlestréa structure implemented in the
VINE code is called thaearest neighbour binary trg@ress, 1986; Benz, 1990). The advantage
of this tree is that particles are naturally grouped in tee @s they are grouped in space. When
constructing the tree, the nearest neighbours of all pastar nodes for which no nearest neigh-
bour has yet been found and to associate such pairs intortogiher nodes. Fully traversing the
tree will then produce a list of nodes, which are acceptatiénteraction with a given patrticle,
and a list of single particles (the neighbours) for which a&act force calculation is required.
With this method, the computational effort for calculatitng gravitational force is reduced to
O(NplogNp), instead ofO(Nf;) for complete direct summation. Nevertheless, a tree is effiy
cient if one chooses a fast method to traverse it, and if acieifi method to decide what to do
with specific nodes is used. As the contribution of nodesctvibbntain particles with relatively
large distance to the particle of interest, is approximémga multipole expansion, the accept-
ability of a node is based on the convergence radius of théipolé expansion as well as on
limits on the errors due to series truncation. Differentlenpentations of these so-called "Mul-
tipole Acceptance Criteria’ (MACs) are known. The MAC usedhe performed calculations
within this thesis is the 'Gadget MAC’ (Springel et al., 2001)

)
e > M;hj
L
where the gravitational constant is se3e= 1. a,|q is the value of the acceleration for a particle
at the last time step anfé is a dimensionless, relative error in the acceleration tallmved
to any single nodeh; is the physical size of the tested node apds the separation between
the current node and the particle, whose forces are to bewechpln addition, the 'geometric’

MAC with an accuracy parameté = 1 has to be satisfied in order to prevent an overlap of
particle and node in space, which would violate the convergef the multipole expansion:

I’ﬁ > (h; +hp)2. (3.43)

(3.42)
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For additional details on the MACs and calculation of the getnal acceleration see Wetzstein et al.
(2008); Nelson et al. (2008). To determine the tree accui@cthe gravitational force calcula-

tion in the following simulations, we use the tree openinglarriterion of Springel et al. (2001)

with 6 =5-1073,

3.6 Boundary Conditions

Usually, only a small portion of the universe is modeled i amdividual simulation. This re-
guires conditions at the boundaries of the computationaado to be specified in order to model
the influence of gas and matter outside it. For a cubic volurfesaat two types of boundary con-
ditions are necessary to complete the set of equations: @wggedvity and one for the dynamical
or hydrodynamical evolution. For the purpose of individpedstellar core collapse it is best to
assume that the sphere truely is in isolation - at least veisipect to the gravitational potential.
This assumption is reasonable, since the average densitynai prestellar core is a factor 100
or more higher than within the surrounding molecular clolidus, the freefall time of a prestel-
lar core is also much shorter 0 instead of 10— 107yr) than the freefall time of the whole
molecular cloud. Therefore, isolated gravity boundaryditons were employed in the follow-
ing simulations.

For the SPH part, periodic boundaries are useful, as theyeaise code’s stability by prevent-
ing particles from accidentially leaving the box. As reguairfor Bonnor-Ebert spheres, the cold
and dense prestellar cores in the performed calculati@nerabedded in a warm (2000 Kelvin)
and diffuse ambient medium. In order to avoid boundary ¢dfélce diameter of the sphere
spans only half of the computational domain. Thus, warm Aalauwry’ particles surrounding the
collapsing core are not of particular dynamical interest, dre required in order to abide the
external pressure confining the Bonnor-Ebert sphere. Thesmdary’ particles are allowed to
move freely through the surfaces of the computational domad also to feel each other in terms
of neighbour contributions from across box boundaries.ioB&r boundary conditions in SPH
thus require the modification of the SPH neighbour seardth) that a particle close to the box
boundary will not see the volume beyond the boundary as amitidbut any neighbour particles.
Instead the particle needs to find those particles as neugbpwhich are close to the boundary
at the opposite side of the box.

As this procedure is invoked for any neighbor search, noy guoiantities like density or
velocity divergence are computed correctly, but also tlesgure gradients and contributions to
the derivative of the internal energy because a particle fee pressure exerted by such periodic
neighbors as originating from the volume outside of the $athon box.

3.7 Equation of State and Molecular Line Cooling

To close the set of equations describing the fluid flow, antemdil equation is required: The
Equation of State (EOS). An EOS is used to relate the intemmatgy of a particle to its density
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and pressure. The most simple formulation is obtained fodeal gas:
P =up(gamma-1), (3.44)

whereP is the gas pressura,is the internal energyy the adiabatic index defining the stiffness
of the EOS, ang is the density within the gas element of interest. More @elyjy is the ratio
of specific heat€,/C,, whereC,, is the specific heat at constant pressure@nis the specific
heat at constant volume. The internal eneungy directly proportional to the local sound speed
Cs:

b S (3.45)

y(y—1) '

The local sound speed depends on the gas tempef&ature

Cs= M, (3.46)
\ UMy

wherekg is the Boltzmann constanty, is the mass of a proton and is the mean molecular
weight of an average gas molecule.
The adiabatic index can be related to the degrees of freddoina molecule by

_f42
==

For a monoatomic gas with three degrees of freedom follpws5/3 = 1.67, whereas for a
diatomic gas with five degrees of freedom we obtgia 7/5= 1.4. For a diatomic gas only
translational and rotational degrees of freedom are censit] because vibrations are only ex-
cited at very high temperatures. The most abundant molégutel in molecular cloud cores is
molecular hydrogeny( = 2). Therefore the adiabatic indgx= 1.4 will be used in the following
simulations. This EOS corresponds to a purely adiabatiedebr for diatomic gas (e.g. Bate
(1998)).

However, Inutsuka & Masunaga (2001) found that the collapselly proceeds in an isother-
mal fashion at low densitiep(< perito = 10-13g cm3). In this regime the cooling time scale
is short compared to the free-fall or dynamical time scal&er&fore the gas cools instanta-
neously and keeps a constant temperature. The corresgda@8 for an isothermal gas can be
approximated by setting= 1 andu = c2. At higher densities (1g cm3 > p > perit0) the
molecular gas within a dense core is typically assumed toplieally thick at all wavelengths.
In this regime it behaves adiabatically. It is however neiaclwhether the transition from the
isothermal to the adiabatic regime during prestellar cotlapse is continuous or abrupt. Vari-
ous other authors (Goodwin et al., 2004b; Bate, 1998; Matsu&dianawa, 2003), introduce
a rather abrupt transition. For instance Bate (1998) usedarbpic EOS to follow the collapse
of a prestellar core up to stellar densities. Therefore ltetb@onsider several different density
regimes

(3.47)

1.0 p <1.0-1013g cm3,

) 14 10-108gcem3 < p<57-108%cmd
Y= 115 57.108gcm3 < p<1.0.103gcm?,
1.67 p>1.0-10"3g cnr 3,

(3.48)
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throughout which the gas pressure was required to changagounsly @ = Kp with K = ¢2
only for p < 103g cm3). In his model, the gas behaves isothermally below dessife
10-13g cm3. Above this density the cooling time scale is comparabléheodynamical time
scale of the system and the adiabatic index is varied aguptdithe current state of the gas: We
find y = 1.4 for molecular hydrogen gas, which is optically thick atwadlvelengths and cannot
cool anymorey = 1.15 abovep ~ 10~8g cm2 and a temperature of 2000K, where gravitational
energy is not purely transformed into heat but used to digem¢h molecules. In this phase,
the collapse will be accelerated as compared to the adiadtaje. Therefore some authors call
this stage the 'second collapse’. Ordgis completely dissociated a second adiabatic stage be-
gins. Nowy = 1.67 is assumed as expected for monoatomic gas. However, iragions of
core fragmentation and protostellar disk formation, thkapse of an individual object cannot
be resolved up to stellar densities. The computationalafcsich a simulation is still too high.
Instead of using an artificial setup to describe the traovsivf the gas’ thermal behaviour, we use
an adiabatic index of = 1.4 throughout the whole simulation - independent of the Igealden-
sity. In addition, we account for radiative cooling due tdicglly thin molecular lines, excited
by collisions, in a subsequent step of the internal enertputaion done for every SPH parti-
cle. The cooling rate coefficient, which was provided by Nddiet al. (1995), is a function of
three parameters: volume dens(ty0® < n(Hy) < 10'%m~3), temperatur10< T < 2500K)

and the optical depth parametéfM). The optical depth parameter is defined\##) = gcz%)z
(see Neufeld et al., 1995, Eq.1), whete,/dzis the local velocity gradient and g is a dimen-
sionless geometric factor. The considered coolants arentdst abundant molecules in MCCs
(CO, K0, Hy, HCI, Oy, C and O). Equilibrium state molecular abundances have desimed.
More elaborate effects like CO freeze-out have been negléctiiese calculations. Since typi-
cal molecular cloud cores have a density profile close(R) 0 R~2 over a large range of radii,

we employ the provided optical depth parameter for a singstghermal sphere:

1/2
S g 1nl0 n(Hy) 1 km
Ngis=5.1-10" (cm3) ——

(see Neufeld & Green, 1994). This prescription capturesatipart of the thermodynamics of
the system. Compared to the usually adopted EOS (see Eq, B.d&finitely provides a more
realistic physical estimate of the temperature structuoeirad the dense parts of the evolving
system. In Fig.3.2, we show the adopted cooling rates asdaidumof density. At lower tem-
peratures cooling becomes overall less efficient and th@@osf the maximum cooling rate is
shifted to lower densities. Molecular line cooling is apphle as long as the gas density does not
exceed the critical valupgrito = 10-13g cm3, above which the gas becomes optically thick at
all wavelengths. Fop < pcrit 0, the gas is partly optically thin, mostly at sub-mm to mm wave
lengths. The characteristics of the cooling function alyegain importance when the density
rises aboveyit 1 ~ 3-10-18g cm3. This can be shown by comparing cooling and free-fall time
scales, which become comparable at roughly this density.

Concerning the SPH implementation of molecular line coglihg tabulated cooling rates are
interpolated linearly in temperature and density phaseespamatch a particle’s current SPH
density and internal energy (Particldasp; andu;). We then calculate the change of a patrti-
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Figure 3.2: Cooling rate
as a function of density
for different temperatures
following Neufeld et al.
(1995). Cooling in
molecular cloud cores
is only efficient up to
Perito = 10 *3%g cm 3.
Beyond this density the
gas is assumed to become
optically thick at all wave-
lengths and molecular line
cooling is shut off.
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cle’s internal energy—g~ due to this cooling rate. This additional change in inteaxargy is
considered after the internal energy of a particle has bakwlated via the standard equation

of state (see Eq. 3.44). In a subsequent stép then reduced bﬁ% - At Here At is the

individual particle time step of particie used to advance the current calculation titht ti””.
For more details on how the internal energy energy is updat®¢NE see section 3.4.

3.8 Resolution

Each of the simulations which are presented in the folloveiactions will contain 430000 'core’
SPH particles. Since the cores are confined in a hot, but Ewgit ambient medium, we add a
little over 24000 hot 'boundary’ SPH particles, which aré aldowed to cool. These particles are
distributed such that the pressure at the core boundaryirgtairzed (see section 2.1.2). In our
simulations, the Bonnor-Ebert spheres are setup slighpigrsuitical in order to ensure collapse:
{max = 6.9. Furthermore, in all simulations the maximum density & ¢bre center igpg =
10-18g cm3. The spheres are initially isothermal at a temperature Kf@ihin the core region.
With these three paramters, the Bonnor-Ebert sphere is wuoeally defined. Integrating over
the resulting three-dimensional density distributionufssin a total mass of the sphere of BL5.
We artificially enhance the mass of the sphere by 10% to cosgterior additional rotation or
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turbulent velocities adopted in our simulations. Therefibie total mass of the sphéavig,i; adds
up to GVl..

SPH has mass-limited resolution. It automatically giveghkr spatial resolution in high density
regions. Bate & Burkert (1997) pointed out that the minimunohesble mass should always be
less than the Jeans mass (Eq. 2.18) in order to reliablyvesollapse and fragmentation. They
also found that the minimum resolvable mass is represemtéiNii;n SPH particles. In three
dimensions, the typical number of neighbours used in SPHilations is 50. Thus, assuming
that all particles have equal mass,

2Nneigh
Mresolved™ Miotal ( neg ) (3.49)
Neotal

whereNiq IS the total number of particles. Following Bate & Burkert (Z99the resolvable
mass in a simulation with 430000 'core’ SPH particleMigsoveq= 1.405- 103M.,,, and every
SPH particle has a mass Whar = 1.405- 10 °M.

SPH is ideally suited to follow the collapse of a prestellarecbecause the problem involves a
minimum Jeans mass - but no minimum Jeans length - due to #rggity gas thermodynam-
ics. In the isothermal regimé/J;eansdrops continuously with increasing density. However, this
behaviour is reversed in the adiabatic regime (Tohline 2l ®®cause for an arbitary adiabatic
indexMjeansd p1°Y~2. For y» = 1.4 one obtaind/jeans p* and therefore an increasing Jeans
mass with increasing density. In Fig. 3.3 | plot the Jeanssmaasa function of local density for
an EOS as given in Eq. 3.48 and for a sound speed accordingtopeetature of 9K. | use 9K in-
stead of 20K to calculate the minimum Jeans mass as the gassimaulations is allowed to cool
down to this temperature. We follow the collapse up to a demdiabout 10%g cmi3. Within
this regime, we find a minimum Jeans mass of. &1110-3M.,. With the setup give above, this
mass is always resolved. In fact the actual mass resolutittresimulations is better than given
by this limit because the higher the density of an SPH partiet less likely it will cool down to
9K. Therefore, with the employed EOS, these parametersagtes sufficient resolution up to a
density of 10°g cm 3,

As we are not interested in resolving the second collaps@eflense central object, but
rather the surrounding protostellar disk region, we do ntbdv the collpase up to densities of
10-°g cm 3 or more. In order to limit the collapse process to limit thenpmitational cost of
a simulation we introduce a minimum smoothing lenggi,h CPU time consumption needs to
be constrained in order to be able to follow the formation @ady evolution of the protostellar
disk. With the chosen parameters each simulation alreamkyrteore than three weeks running
parallel on eight processors. The faster a dense centratiig formed in the simulations,
the longer it takes to calculate to a comparable collapsgestd/e do not use sink particles to
describe the collapsed center, as these seem to promof@ctstand artificial fragmentation.
hmin represents the most critical resolution constraint aggieour simulations. In the standard
simulations we choosefj, =2AU in order to resolve typical disk scales, but neglect itttz
the central object formation. All the details on scales WeRAU are smoothed out. In order
to limit numerical errors due to the integration, we chosenalsvalue for the CFL tolerance
criterion in all presented simulations (CFL parameted.1!).
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Figure 3.3: Jeans mass as a function of density calculataddiog to the barotropic EOS given
in Eq.[3.48.



Chapter 4

Protostellar disks in low-mass star
formation - |. Collapse of rigidly rotating
prestellar cores

Stars form from the gravitational collapse of dense mokcaloud cores (MCCs). However,
radial gravitational collapse is hindered by the non-rggigle amount of angular momentum con-
tained in every core (Goodman et al., 1993; Barranco & Goodd®298; Burkert & Bodenheimer,
2000). According to the standard picture of low-mass stan&tion, angular momentum is con-
served during the collapse phase. This may lead to eithdothmtion of a more or less massive
protostellar disk, and/or to fragmentation into binary arltiple stellar systems. Even before a
clear correlation between the initial mass function of molar cloud cores and the stellar initial
mass function was discovered (Motte et al., 1998; Testi &8&at; 1998; Young et al., 2006), the
fragmentation properties of collapsing cores and prollastdisks had been of great interest to
the astrophysical community. Also the observed frequengyaioplanetary disks as well as bi-
nary and multiple stellar systems asks for models, with i@ initial conditions in prestellar
cores can be unambiguously linked to the final outcome of coltapse and star formation.
Therefore the collapse of low-mass prestellar cores, asasahe formation and the early evo-
lution of protostellar disks is investigated using threeehsional SPH simulations with the 3D
OpenMP-parallel SPH code VINE (Wetzstein et al., 2008; dielst al., 2008), which has been
described in the previous chapter. We study the effect oftggsnodynamics and rotation on the
fate of the formed protostellar disks. For this purpose wadyame a sample of cores, all with the
same mass, but with varying specific angular momenta. Irctiapter we only study protostel-
lar disk formation from cores in initial rigid rotation. Tteecording sample of mildly turbulent
cores will be discussed in one of the following chapters f¢dia7). Many authors already stud-
ied the collapse of rigidly rotating cores (Miyama et al.849Burkert & Bodenheimer, 1993),
but most of them considered spheres with a constant densifilep a powerlaw density dis-
tribution or a Plummer-like profile instead of the collapgeBonnor-Ebert spheres. Here, the
initial prestellar cores are modeled as slightly supecaitBonnor-Ebert spheres (see section
2.1.2), as this density profile provides the best fit to margeoled molecular cloud cores. We
decided on investigating the collapse of BESs in rigid rotain order to test the influence of
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our cooling prescription on disk formation and fragmemtatiMoreover, our simulations have a
higher resolution than all previous studies of protostealigk formation. Due to the SPH tech-
nigue we are also able to resolve the whole three-dimenisitisiastructure with unprecedented
resolution, unlike e.g. nested grid codes with a predefiremhetry (Matsumoto & Hanawa,
2003). The resolution requirements found by Truelove etl#197, 1998) and Bate & Burkert
(1997) are fulfilled throughout the whole simulation. TlEsmportant, as e.g. Boss et al. (2000)
demonstrated that earlier simulations utilising eithed-dpased schemes or the SPH technique,
respectively, were frequently affected by numerical fragtation due to insufficient resolution.
(see section 2.3.2).

Various speed of rigid rotation represent different totadj@ar momenta of the cores. It will
be shown that in case of rigid rotation the properties of anfog protostellar disk are prede-
fined by the initial angular momentum contained within theep&al core. Disks forming from
slowly rotating cores are moderately sized (100-200AUjhhi concentrated and warm. They
are stable against local gravitational instabilities, drggmentation. Heating by accretion and
infall plays a major role in stabilising the disk. On the athand, more rapidly rotating cores
form more extended disks (500-1000AU), which are less canated and cooler. They show
extended spiral arm structures and are undergoing fragemtduring all early evolutionary
stages. The transition from small and concentrated to langkefragmenting disks is a roughly
continuous function of core angular momentum the ratio of thermal to gravitational energy is
not arbitary in our simulations with molecular line coolintherefore we find the disk properties
to be solely a function o8, the ratio of rotational to gravitational energy of the core

This chapter will be focused on analysing the structure dradacteristics of the forming pro-
tostellar disks for two simulations in detail: In sectior2 4nd 4.3, we will closely follow the
evolution of two protostellar disk systems until a signifitamount of mass has collapsed. First,
the case of relatively low initial core angular momentuml wé discussed. Afterwards the case
of high angular momentum will be shown. We discuss the infteeof the cooling prescrip-
tion and rotation on the protostellar disk structure. Bdfared, the cloud core model is shortly
summarised in section 4.1.

4.1 Initial Conditions

e Density Profile:
By modeling column density profiles, molecular cloud coresallg turn out to have ra-
dial density profiles consistent with(r) O r—P with p~ 1.5— 2 for 4,000AU <r <
20,000AU I 0.1pc. However, they appear to have a flattened distributicchencentral
core region (e.g. Hogerheijde & Sandell, 2000; Motte & Amd2001). Often, isolated
cores are characterized by sharp outer edges§ldi. 1pc, which implies pressure confine-
ment of these objects within a hotter, but low-density mediBESs (Bonnor, 1956; Ebert,
1955) generally provide the best fits to the structure ofaisal prestellar cores (see e.g.
Ward-Thompson et al., 1999; Alves et al., 2001; Hennebeké. £2003). The following
parameters clearly define the BES:
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— The outer radius of the sphere:
{max=6.9=0.083pc,

— The central density:
po=10"8g cm3,

— And the initially isothermal gas temperature:
T = 20K.

— It follows thatMcgre = 6M,

— And the external pressuiy/ks = 5 x 10° is comparable to the typical ISM pres-
sure.

It should also be noted, that spheres withax = {crit = 6.451 are marginally stable.
The ones with{max > {crit are unstable against gravitational collapse, whereag thdhk
{max < (it are stable. We choose a slightly supercritical sphere addaaiD% density
enhancement in order to ensure collapse despite additiatadlon. It follows that the total
mass enclosed withiRoe is M., in our standard setup. Utilizing these parameters, we
estimate the central free-fall time as well as the soundsamggime of the system to be

T = /3236"po ~ 6.67- 10%r

Tsc = Reut/Cs ~ 2.8- 105yr,

(4.2)

wherec; is the initial isothermal sound speed.

e \elocities:
In this study we solely consider spheres in initially rigimtation. Therefore only the
azimuthal velocity is nonzero, and is calculated accortling

Vo (r) =Qo-, (4.2)

wherer is the radial component in cylindrical coordinates &dglis the initial rotational
frequency. In our sample we effectively only va@p, which takes different constant
values. Prestellar cores are known to have fairly narromceehermal, line widths
(Barranco & Goodman, 1998; Belloche et al., 2001; Andtal., 2007). Unlike the con-
ditions on molecular cloud scales, the absence of a moreoprmed line-broadening on
core scales indicates that rotation is at most as importasupporting the core against
its own self-gravity than its internal thermal pressures @alocities inside the molecular
cloud cores are hence at very low Mach numbers (up to traoswiach 1). The choice
of Qg is therefore limited by two criteria. On the one hand, thaltamount of specific an-
gular momentunj in a low-mass MCC is typically of the order of lgg j[cn?s™1]) ~ 21
(Goodman et al., 1993) for a core of comparable size and nsad®anes in our sample.
On the other hand, the typical speed of sound implies an Uppifor the rotational gas
velocities within the core. With an isothermal sound speked.®9 km/s and a core size
of 0.083pc Qo cannot exceed about2l: 10-13s-1 for circular velocities to remain within
the subsonic regime. This corresponds to a ratio of rotationgravitational energy of
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10%. Nevertheless, in order to further explore the paransgi@ce, we do include some
simulations, which achieve initial supersonic rotatiortha outer parts (see Table 5.1: For
Qo = 2-10 1351 rotation is supersonic beyond a cylindrical radius of at8yG00AU or
0.047pc, respectively).

e Temperature & EOS:
As the BE solution is a solution for asothermalsphere in hydrostatic equilibrium, we
start with a constant core temperaturelof 20K. Throughout the collapse an ideal gas
EOS with an adiabatic index= 1.4 (for molecular hydrogen) is used to capture the heat-
ing of the gas through the release of gravitational energyséwocks. In addition the gas is
able to cool through optically thin radiation by the most adb@ant molecules. Implement-
ing the cooling prescription into the VINE code was part a$ fbroject and is described in
section 3.7.

e Resolution:

— 430,000 'core’ SPH patrticles
— 24,000 hot 'boundary’ SPH particles
— Mpart= 1.405-10~°M,

Following Bate & Burkert (1997), the resolvable mass is,@fh- Mpart = 1.405- 103Me.
On the other hand, assuming a temperature of 9K, the minineansImass limiting the
SPH resolution within the partially isothermal reginpe< pcrit o) is 1.51- 10-3M,,, which

is always resolved. With the employed EOS, these paramgtarantee sufficient resolu-
tion up to a density of 1Pg cm 3.

4.2 Protostellar disk formation: Low angular momentum case

In this section we show the typical evolution of a collapsaigud, which is rigidly rotating.
We distinguish between two main collapse phases: Thelirstbéhermal collapse phase will be
called Phase I. In Phase | the collapse roughly proceedsree-ddll time scale because radiative
cooling is efficient and the gas behaves isothermally. Thdmmam densitypmax Within the core
stays belowp, = 10~11g cmi2 in this phase. We define the central object mass or the 'stella
mass’ as all the mass at densities greater fharit should be noted, that we do not follow the
collapse up to stellar densities and that the 'central abjle@ur simulations will typically oc-
cupy a region of few AU in radius. Therefore the central objles not have the structure or size
of a star, which is of the order q% — 1—}JOAU. Phase | ends as soon as a dense central object is
formed. In Phase llpmax > px. A dense central object and a growing and evolving disk ave no
present. We will hence call Phase Il the protostellar disknftion phase, since most of the disk
mass is acquired in this stage. We defin® be the time at which the maximum density begins
to exceedp,, or at which the collapse enters Phase I, respectively. siigeematic differences

in to listed in table 5.1 are caused by the different initial cartion rates - fast spinning cores
collapse somewhat slower. In addition, we detipg to be the time at which 28% (ca.7M.)
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Figure 4.1: Radial density profile at different times in theghyisothermal regime. As soon as
the collapse has commenced, the initial hydrostatic dayuiln profile (bottom line) is altered
to resemble a flat core region enclosed inRa¥-envelope. The dotted line illustrates a perfect

slope of—2. From bottom to top the output times are Oyr arith 40%yr to 9.1- 10%yr in steps of
10,000yr.

of the total core mass has collapsed to densities abov&d@m 3. Even though we evolved
many simulations for longer - especially the ones with higtal angular momentum - we find a
characteristic disk structure to be establishegat Finally, we will compare all our simulations
attsinal, the time at which 28% of the total core mass have collapsensitiesp > 1016 cn?.
This collapse fraction is motivated by the observed, avwestgr formation efficiency of dense
molecular cloud cores (e.g. Motte et al., 1998).

We choose density thresholds to define the protostellar @is& lowest threshold is 186g cmi2.

In this component we still observe significant flatteningg #merefore it clearly belongs to the
disk, rather than the core envelope component of the catigs/stem. The highest density
threshold we define is 183g cmi 3. This disk component is completely adiabatic as molecular
line cooling is inefficient at these densities. Two corregpog radii will be defined for compar-
ison: Ry3 is the radius at which the cylindrically averaged disk dgnisi equal to 1013g cm2
andRy¢ the radius at whiclp(R) = 101%g cn3, respectively. ThusRysis the radius of the very
dense inner disk component, wherédg is the outer disk radius. In addition we will discuss
Rhalf, the radius which encloses 50% of the total disk mad$d, > p > 10"1g cm™3)). In the
following, we will discuss the differences in disk struatand evolution in case of low and high
angular momentum.
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4.2.1 Phase I: Isothermal collapse

The collapse of a super-critical BES is initiated at the obi@undary of the sphere. The BE
hydrostatic equilibrium profile is soon changing towardsastéined core region surrounded by
an 1/R*-envelope, which is continuously growing in size. The quélawave, which forms the
edge of the flattened central region, accelerates towaedsahter and precedes the free-falling
envelope material. In that stage the cooling time scalerigst@ort compared to the local free-fall
time (Tco0/ Tt < 1), SO the gas behaves approximately isothermal. Once théylesss above
Perit1 = 3- 1016g cm~23 cooling starts to become less efficient and the purely isothkstage
ends. Fig.4.1 shows the evolution of the sphere’s radiaitieprofile within the first 91- 10*
years for Run 1. The radial density profile has been calculayes’eraging the density of SPH
particles found at a spherical radius R from the core centé,8,0). Every point of the curve
is an average over 100 SPH particles, which are adjacenttoather when sorted by spherical
radius. As the collapse problem is spherically symmetrilvase |, Fig/ 4.1 shows the real
density profile in any radial direction from the core centerthe most advanced stage the flat
central region has a radius of about 300AU, enclosing a ma@96M,. Note that during the
isothermal collapse stage, the amount of global rigid cot&tion does not significantly alter the
collapse on scales of a few 1000AU because centrifugal $aoesmall {ot > 14). Even for the
highest rotational frequency in our sample {® 13s-1) the orbital timescalgyot ~ 1.6- 10°yr

is a factor of 2 longer than the freefall timescage(see Eq. 4.1). For this reason the isothermal
collapse phase will proceed in approximately the same midonall of our test cases.

4.2.2 Phase Il: Protostellar disk formation

After tg = 9.1- 10%yr the system has formed a dense and thus adiabatic cenfeait atith

p > 10"t1g cm3. In the following, we refer to this dense central clump ast#mbject, star
or young stellar object. In addition the formation of a pst&dlar disk - rather than a spherically
symmetric growth of the central object - is initiated, sitbhe specific angular momentum of
the infalling material is roughly conserved (see Fig. 4.8).this point the local freefall time
becomes very short. Star and disk formation happens witfewd 0® to 10* years, causing the
simulations to become very demanding and CPU time consuming.

In Fig.4.3 we show the evolution of the mass-weighted, tadiimsity profile in Phase II.
Again, we calculate the density profile by averaging the SBiige densities for 100 adjacent
particles in spherical radius. As the collapse proceed®rand more particles assemble close
to the x-y plane forming a disk-like inner envelope arounel tenter, whereas regions above
and below the disk plane are depleted of SPH particles (see-&d.  4.2). Therefore the shown
density profile is a mass-weighted density profile, revegiiie disk component at smaller radii
where almost all found particles reside within the disk, atillishowing the the outer parental
envelope which followg 0 R2. 20,000 years after the central star has begun to form, theede
circumstellar component with, > p > 10~1%g cm3 extends out to about 200AU and is slowly
but continuously growing in size. We will refer to this der@gecumstellar component as the
protostellar disk (PSD). It is a matter of choice whethereéirte the outer disk radius to be the
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Figure 4.2: Disk formation during the collapse of a rigidbtating BES. We show an evolution-
ary sequence of surface density and the velocities witlanrther 400AU of the parental molec-
ular cloud core. From inside out, the overlaid isocontounsespond to 10.3 and 01g cnT 2.
The output times argy — 1.9kyr (upper plot)tg + 6.2kyr (middle) andg + 18.2kyr (lower plot).
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Figure 4.3: Radial density profile at different times in th@+isothermal stage. The given output
times are relative to the time of first core or central objectrfationty. Therefore, aty, a central
density enhancement has formed, which slowly evolves attlddugrows in density as time goes
on. In addition, a second dense, but more extended compaéniming: The circumstellar
disk.

radius at whichp > 10~14g cm3 or p > 101g cm™3, since - in this case - we find the outer
edge to be rather sharp anyway. At radii smaller than 10 ol R€@# density profile is steep
(0o O R%). When looking at the geometry of the central object in moreitjewe find that it
has the shape ofauclear diskrather than a spheriod or sphere. Within the disk region (20A
- 150AU) the density profile is well described by a powerlavthvglope of -2.5. For a constant
ratio of disk pressure scale heigthto disk radiusR this results in an intermediately steep surface
density profile:>~ = pH 0 R~1°. Compared to observations of protoplanetary disks (obderve
disks surrounding a pre-main sequence star in much latéutewuary stagesy 0 R~1° lies
within the typical range of surface density powerlaws, dateed from fitting observed SEDs
of protoplanetary disks (Dullemond et al., 2001). Howewsthe spectral energy distribution
(SED) of a protoplanetary disk is only weekly dependent eretttual surface density powerlaw,
this powerlaw index is somewhat uncertain. A change in tivegolaw index mainly effects the
balance between near-IR and far-IR radiation and the sloieedSED at far-IR/submillimeter
wavelengths

A more interesting parameter is the value fR itself. From fitting the vertical den-
sity distributions found within the self-gravitating dshkn our simulations, we deduce that
H /R ~constant for all simulations The fitting of the vertical digngrofile is discussed later
in this section (see Fig.4.8). This behaviour is quite saimg as it is not expected for a self-
gravitating disk. On the other hand, a flaring disk structargpically obtained for protoplane-
tary disks. In protoplanetary disk models, the flaring ressttbm irradiation and heating of the
disk surface layer by the central star, which is not inclugledur simulations. In our simula-
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Figure 4.4: Radial temperature profile at different timeshia disk formation stage. We show
the same time steps as in Fig/4.3. The dense, central patie abre heat up rapidly. Soon, a
powerlaw temperature profile is established within the degikon. In addition, there is shock
heating at the outer boundary of the adiabatic core.

tions, the disks are dynamically heated by accretion andkshdodels of passive (not actively
accreting), irradiated and flaring protoplanetary diskaultein 0.1...0.3, with a mean value of
H/R~ 0.18 (Dullemond et al., 2001). Therefore both models give \&@nyilar results even
though they are significantly different. This result suggeabkat external heating of the disk is
not necessary to explain a 'flaring’ disk structure in eavigletionary phases.

With the employed cooling function (see section 3.7) capliecomes less and less efficient
above a density of 10%g cm3, that is within the disk region. Therefore part of the retzhgo-
tential energy which is transferred into heat cannot beatadiaway immediately, slowing down
the collapse due to an increase in thermal pressure. Theatebject as well as parts of the
disk wherep > pcrito = 10~13g cm 3 evolve adiabatically and heat up. Within the central object
further contraction can only proceed on a Kelvin-Helmhtiltze scale and gravitational energy
is completely transformed into internal energy. The adial@mponent of the disk is prefer-
entially confined to the disk midplane within a radius of abbb@0AU. This dense and optically
thick part of the disk is significantly heated by the releafseatential energy via gas infall onto
the disk and accretion within the disk. But also the outer déglons are partly heated in this
highly dynamical evolutionary stage, since envelope nedfevhich is raining down with highly
supersonic speed, is decelerated and shocked (see Fid\#tet)t = tg+ 8kyr, shock heating re-
sults in a local temperature spike located at the outer didkis. A powerlaw temperature profile
(T OR%4) is established within the disk region, which holds througtthe whole protostellar
disk phase. It should be noted, that the temperature prdfassive, irradiated (protoplanetary)
disks followsT O R~1/2 which is flatter (Dullemond et al., 2001). On the other hangipécal
protoplanetary disk, which is predominantly heated by siscaccretion can have a midplane
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Figure 4.5: Radial velocity vs. radius at different times.tekfthe time of first central object
formation, the shape of the radial velocity profile changesraatically. Close to the outer edge
of the formed flattened region, matter is falling in with higisupersonic speed, whibe is
negligible within the central region. This fast deceleyatieads to an accretion shock, which is
heating the outer edge of the center (see also Fig.4.4).

temperature profile with a slope as steep as -1. We do notammisradiation by the forming
central star. However, the temperature evolution shove,tths source of heat does not con-
tribute significantly to the thermal energy budget of a veoyryg protostellar disk. Heating by
the release of gravitational energy due to collapse andussevolution and by shocks due to
infalling gas at supersonic velocities is all-dominantwdweer, the vertical temperature gradient
is reversed in the simulations as compared to passivelyetgabtoplanetary disks, where the
disk surface is hotter than the midplane. A hot disk surfager is necessary to explain the 10
micron silicate feature in the SED of a protoplanetary diské observed in emission rather than
absorption. This suggests, that a disk in transition froegtotostellar to the protoplanetary
stage will pass through a phase where internal heating oflisleceases with decreasing gas
infall from the envelope and disk accretion and externatingancreases according to the lumi-
nosity of the central star. So far we do not cover this tramsiin our simulations, as it would
also require to include radiation transport.

In agreement with the accretion shock seen in the temperptofile, the radial velocity profile
(see Fig.4.5) exhibits maximum infall velocities of Mach &ftert = t0+ 8.3kyr. In general,
the radial velocity distribution shows a clear accretionchprofile at the outer disk bound-
ary, which develops quickly after the formation of the cahtsbject. A characteristic profile
is established: From large to small radii, the absolutee/alluthe radial velocityr is at first
increasing, illustrating the acceleration of gas towalssdenter of mass. Gas acceleration is
abruptly stopped in an accretion shock once the materisithé outer disk region. Within the
disk regionvgr ~ 0.
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Interestingly, the azimuthal velocity profile changes ctetgly once a protostellar disk is form-
ing. In Fig.4.6 we plot the rotational velocity componengasinction of cylindrical radius. Ini-
tially vo O R, but as more and more matter is falling in the-profile is reversed and approaches
Vo 0 R~ between 150 and 2000AU. In the outer core regions-(RO00AU) the rotational ve-
locity profile changes less dramatically, and the origimafife seems to be roughly maintained.
Within the protostellar disk region (R 150AU attg + 19.3kyr) the rotational velocity profile is
more shallow. Between 5AU and 150Ak4 is roughly proportional td&R-1/4, hence decreasing
slowly from a maximum value of 6km/s at 5AU down to about 2kei/450AU. A flat rotation
curve corresponds to differential rotation within the diakd thus angular momentum transport
due to shear viscosity can be expected. At even smaller(Rdii5AU), Vg is falling off rapidly
(Vo O R), which again corresponds to the rotation profile of a sotidyo As the original rotation
profile is maintained within the inner 5AU, angular momentas not been redistributed effi-
ciently within and close to the central object, which hasftiven of a 'nuclear disk’, rather than
being spherically symmetric and round. Nevertheless, filoenower panel of Fig. 4.6, which
shows the ratio of azimuthal velocity and local sound speed€locity dispersion in this case),
we deduce that the center is still pressure suppontgdcs decreases rapidly with radius, like
it does within the outer regions (RF5000AU) or at earlier times (befottg). The disk itself is
clearly rotationally supported. Within the outer disk @gs (R>50AU), where the temperature
is decreasing slowly, rotational support slightly gainpartance. In the upper panel, the grey
line enveloping the set of rotation curves, shows the exgaectirve for a spherically symmetric,
rotating system in centrifugal equilibrium with a mass wlsttion M(R) equal to the present
mass distribution of central object and disk at tg + 19.3kyr:

GM(R)
.

Within the disk region, the difference between the charettes of vp ex and the actual disk
rotation curve is insignificant, showing that the (vertigahick) disk seems to be close to cen-
trifugal equilibrium. However, at small radii, where thent&l object is dominatin/(R), both
profiles differ strongly, again showing that the centralabjs supported by pressure rather than
rotation. For comparison, we also show the Keplerian vefqmiofile expected for the central
potential of a point mass with madé, atty+ 19.3kyr. Despite giving azimuthal velocities of
the right order of magnitude within the disk region, the Kefn profile does not fit the present
one. This shows, that the disk is self-gravitating and ai¢tethe profile due to the non-negligible
disk mass. At small radii, the difference becomes more ane ponounced, showing that the
central object cannot be well approximated by a point m&edistribution.

Vo ex =

In Fig. 4.7 we discuss the vertical disk structuresat) = 114.8kyr at three different radii:
R13, Rig andRy 4. In addition, we show the ratio of disk pressure scale hdmHttsk radius as a
function of disk radius at the same time step in Fig/ 4.8. lireafion the gravitational force is
balanced by the non-negligible pressure force resultimm fthe stiffening of the equation of state
at high densities. Therefore vertical hydrostatic eqiiliim is establishedp(z) rises steeply
towards the disk midplane and exce@ds o = 10~13g cm~3) within the inner 20AU above the
disk midplane foR,g and within the inner 10AU foR;3. The gas within this region obeys a
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Figure 4.6:Upper panel:The azimuthal velocity profile changes completely duringeamllapse
- especially when a protostellar disk is forming. Within tifisk v is only mildy dependent on
cylindrical radius, a signature of differential rotatiofzor comparison we show the rotation

curve forvg =

GM(R)/R(grey line) of a spherically symmetric, rotating object entrifugal
equilibrium, and the expected Keplerian rotation curge= \/GM, /R (grey dashed line) with
M(R) andM, taken attp + 19.3kyr. Lower panel:Ratio of rotational velocity and local sound
speed or velocity dispersion. The disk is clearly suppdotetbtation.
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Figure 4.7: Vertical density distributions B3, Rig and Ryas at tina =115.4 kyr. We fit the
density profile with a sum of twsechK-distributions, as usually applied fagothermal self-
gravitating disks in hydrostatic equilibrium.
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Figure 4.8: Ratio of disk pressure scale height to disk raditg,, =115.4 kyr. The pressure
scale heighH, as well as the scale height of the disk midplafiewere both obtained from
fitting the vertical density profile with a sum of tveecK-distributions at every radiusd /R is
roughly constant throughout the disk. At small rauliz) is very steep and it is therefore difficult
to obtain an unambiguous fit.
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purely adiabatic equation of state and is heating up. Thie tamperature within the adiabatic
region causes a strong pressure force, which hinders tree dgs to be further compressed. At
intermediate height (10AU-20Al z < 50AU-70AU), the density remains belogéito. Even
though the density is still high, the gas is therefore abledol on a timescale comparable to
the dynamical timescale (see also Fig. 5.4). Heating duaftil iand accretion causes the
temperature to be above 100 Kelvin within about 60AU aboeatidplane aR,g;. At these two
radii the vertical disk structure is twofold, wighfollowing a steeper slope within the innermost
region and a somewhat flatter one atIOAU-20AU above the disk midplane. It can be well
fitted by a sum of twesecR-functions (fits are the dotted lines in Fig. 4.7):

p(2) = posech(z/Ho) + prsech(z/Hy), (4.3)

An isothermal, self-gravitating disk in hydrostatic edilum is supposed to settle into a dis-
tribution, which is well described by seci-function (Spitzer, 1942). In our case, a roughly
constant temperature of 700K only exists within the diskptade (inner 5AU). This hot and
dense component accounts for the first of the sgolf-terms. The outer parts of the disk are
well described by a secorskci-function. Although the temperature is decreasing between
5AU and 50AU-70AU above the midplane, but only by a factorlodat 10. Thus, the tempera-
ture variation is still small compared to the vertical dgnsariation, which spans several orders
of magnitude. However, at the largest of all three raBiig, the maximum density is below
10-13g cm3. Therefore we obtain the best fit Big with only onesecK-function. We obtain
the following parameters for the three different radii:

o Rnar =64AU:
po = 8-1013g cm 3, Hp = 6AU
p1=2-10"13g cm 3, Hy = 19AU.

o R13=96AU:
po = 10"13g cm 3, Hp = 9AU
p1 =7-10"14g cm 3, Hy = 28AU.

e R =250AU:
pO - 01 HO - -
p1 = 10"1°g cm 3, Hy = 65AU.

We will refer to the second scale heigHi as the disk’s pressure scale height. andHistin
Table 5.2 for all simulations.

4.3 Protostellar disk formation: High angular momentum case

For a core rotational frequency 6f = 2-10 3s~1 we find that a flattened, dense, disk-like
structure forms before the central density exceeds- 10 11g cm3. Therefore we define a
pure ’'protostellar disk dominated phase’, which lasts forwd 15kyr and is terminated - by def-
inition - as soon ag, is exceeded dahy. Note thatp, was exceeded before a protostellar disk
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Figure 4.9: Surface density and velocities showing the wiant of Run 7 within the in-
ner core region {£1000 +1000)AU aftertp. Output times ardg + 11.8kyr, to + 29.7kyr,

to + 33.7kyr, tg + 38.0kyr, andtg + 40.kyr. From inside out, the overlaid isocontours correspond
to 1,0.3 and 01g cnT 2.
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Figure 4.10: Zoom showing the inng&200AU of the surface density profile @t+ 33.7kyr. At
this stage second dense fragment has formed which will eaypimerge with the central object
after 142kyr {p + 37.6kyr).

was formed in case of low core angular momentum (Run 1). We shewadial density profile
at different timesteps in Fig.4.11, this time starting witthe protostellar disk dominated phase
atto — 12kyr. At this time { ~ to — 12kyr), the protostellar disk extends out to 200AU and keeps
growing rapidly. Attg the disk radius is already very large (600-700AU). Withiis fbrotostellar
disk dominated phase, the disk becomes massive enoughetdeveak spiral arms (see Fig.
4.10), which grow and cause the redistribution of angulam@atum via gravitational torques.
The young disk undergoes viscous evolution. Gas is accteteards the center and slowly the
dense central object is growing in mass (seeFig.|4.17).i¢rstenario most of the stellar mass
is accreted through the protostellar disk.

After tg, we find the density profile between 100AU and 600AU to be wagkesented by a sin-
gle powerlaw with slope -2. This is significantly flatter tharthe case of slow rotation, where
p(R) O R~2° within the inner 200AU. The flattening in powerlaw is even mpronounced when
focusing on the scales of 10AU-100AU. Here a powerlaw ad@halsR~1° provides the best
fit. On the other hand at radii smaller than 10AU the densitjiferis significantly steeper. When
looking at the geometry of the central object in more deted,again find that it has the shape
of a nuclear disk For rigidly rotating molecular cloud cores, all simulatgoresult in central
nuclear disksbut these become more and more extended the higher the aof@amgular mo-
mentum contained in a core. Even though SPH is thought totherr#oo dissipative, angular
momentum cannot be transported efficiently enough to altovitfe formation of a spheriodal,
hydrostatic, central object, which is not rotationally loaly pressure supported. This problem
has been previously recognized by other authors.

In summary, a more extended disk forms in this rapidly spignnolecular cloud core. A
significant part of mass at radii greater than 100-200AU. @& is not distributed evenly over
azimuthal direction. Extended spiral arms corresponang+2 and/or m=3 perturbations to the
disk’s gravitational potential are forming naturally. Té@iral arm structure leads to a stratifica-
tion in the density distribution. High densities & 10-14g cm3) are only reached within the
spiral arm. Lower density regions envelope the spiral amd, far 10°1° > p > 10~16g cni 3
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Figure 4.11: Radial density profile of Run 7. Due to the high amia@i angular momentum,
protostellar disk formation precedes the formation of thet fiore. Later the outer disk radius is
moved outward. The disk becomes more extended (almost as HiG00AU) and fragments. At
the outer edge, the density distribution merges smoothily thie surrounding protostellar core
distribution. There is no sharp outer edge as seen in Fig. 4.3
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Figure 4.12: Temperature profile of Run 7. Most of the disk mialtetays cold (below ice evapo-
ration temperature 6£80K) throughout the evolution and the profile followsRnt/2powerlaw.

In the last snapshot the profile is dominated by fragmentatidnich causes the density to rise
and peak in a local maximum at 200AU.
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form a cohesive disk. The disk is built up inside out. As eroowass is accumulated at larger
radii where the temperature is moderately cold, the salfdtating disk becomes Toomre unsta-
ble (see section 5.4). The disk is fragmenting. Gravitatiamstability grows efficiently enough
to form a dense fragment at 200AU within only a few kyrs. Atrelerger radii (1000AU) disk
substructure is continuously changing. We see densityrex@maents forming and being sheared
apart. Not all of the forming disk substructure evolves mgravitationally bound fragment. The
stiffer the EOS, the higher the minimum mass required to pterfurther gravitational contrac-
tion of a local density enhancement. Therefore a certailomegvhich could in principle evolve
into a bound fragment has to accrete a sufficient amount of msi$t condenses. In the outer
disk regions the mass supply is not sufficiently high to futlis criterion befordg + 20kyr in
this simulation. However, aftdp+ 20kyr two bound fragments form within the outer disk at
radii of approximately 500 and 700AU (see Fig. 4.10). Thes®vgn mass, but at the same
time also spiral inwards towards the central object. It isatear, if they will survive, in which
case the system would evolve into a multiple stellar syswmwhether they will merge with
the central object like the first fragment, which origingdilymed at 200AU. It has been shown
that the formation and survival of fragments are both vensi®e to the gas thermodynamics
as well as to numerical intricacies like SPH artificial visitp (see Commercon et al., 2008). A
more detailed study of the system’s further evolution isumegfl, which will be presented in a
future paper (Walch et al., in prep).

It should be noted that eircumfragmentary diskorms around each of the fragments. In Fig.
4.13, we show the individual disks around the three fragsiemimed in this simulation. In order
to make the circumfragmentary disk visible, we transforrttelSPH particles into the system
of inertia of the shown clump. With a radial extent of 30 - 60 find the circumfragmentary
disks to be quite large.

We conclude that cores with a high initial angular momentiorm massive, large disks, which
develop spiral arms. Gravitational torques are essemtidhe formation of a central star, as the
central object acquires almost all of its mass through deketion. Therefore the formation
of low-mass stars from slowly spinning cores is very différhan the formation within rapidly
spinning ones. In the first case, low-mass stars mostly faerdivect gravitational collapse,
whereas in the latter case, they form through accretion.

Even though the density profile is much more shallow in casefl core rotation, the tem-
perature profile has a similar slope as seen in case of slationt T (R) O R~%) (see fig.4.12).
However, the average disk temperature is below 100K anéfibrerroughly a factor of 4 smaller
as in Run 1. The disk becomes hot only in the very center(®\U) and in the fragments, but
stays cool otherwise. This is an important result with respe the disk chemistry. A disk as
hot as in Run 1 will show significant amount of dust crystatimaand ice evaporation, whereas
the large disk in Run 7 will not exhibit any of these featur@scs the temperature stays below
800K throughout the simulation (Walch et al., 2008, in pf@pllemond et al., 2006, for a 1D
approach).

By comparing Fig.4.15 and Fig. 4.5 we deduct that the shapeeafadial velocity profile is in-
dependent of the cloud rotation frequency at early evahaiig stages. Nevertheless, the scaling
is slightly different. In Run 7 the rotationally supportedha@r part {r ~ 0) is more extended
as in Run 1, in agreement with the larger disk in Run 7. Moredeerthe extended, cold disk
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Figure 4.13: Circumfragmentary disks from Run 7. Again we degdlour-coded surface den-
sity and velocities arrows. Each panel shows the individiisk around one of the three frag-
ments that formed in Run 7 (see Fig. 4.10): Uppermost plotfragiment formed at 200AU,
which later on merges with the central object. Middle and@hiLower fragment (middle) and
upper fragment (third plot) of the two seen in the last pariéfig. [4.10. Note that the upper
and middle panel show a range[e70AU ;70AU], whereas the last plot extends oy&f00AU ;
100AU.



62 4. Protostellar disks in low-mass star formation |

VR is not perfectly zero within the disk region. This can beibittied to the spiral structure of
the disk, which is constantly changing. The transition leetw centrifugally supported region
and infalling region is less pronounced, and the inflow wyoeaches an absolute maximum
value of Mach 2 at = tg+ 20kyr. The profile is finally altered when fragmentation setlear
signitures of a circumfragmentary disk surrounding the firesgment, which is located at a radii
of about 200AU, are also found in Fig.4.15 as well as in Fid.44.1t causes the transition of
sub- to super-equilibrium disk rotation around 200AU. Dadlte fragment's self-gravity, gas
which is close to the fragment is deflected and dragged tanmardrherefore, with respect to
the fragment, the circumfragmentary disk is rotating inghee counter-clockwise direction as
the big protostellar disk. Within the circumfragmentargldigas at intermediate radii (between
fragment and central object) is counter-rotating with ezspo the big disk and thus appears to
be rotating more slowly, whereas rotation appears to berfastradii larger than the fragment’s
position. Efficient angular momentum transport is causethis/effect. At intermediate radii
angular momentum is lost efficiently, whereas at large m@auljular momentum is gained and gas
is moving outwards. Circumfragmentary disks seem to playrgortant role in the redistribu-
tion of angular momentum within large protostellar disks.

Also in case of high angular momentum, the resulting vertdeasity profile of the disk is
similar to the low angular momentum case. In Fig. 4.16 we stimwertical density profiles
at three different radii atnq = 1304kyr = to+ 26kyr. However, in Run 7, the half mass radius
of Rhair = 317AU is much larger thaR;3 = 79AU, which is about 20AU smaller than in Run 1.
Thereforep(z Ry3) is the only profile, which exceeds the critical densitypgf= 1013g cm 3.
Nevertheless, for both profiles (Ri3 and atR,g) we obtain the best fitting vertical profile by
superposing twsech functions. Again, folRyg = 952AU, only onesech function is required
to fit p(z). We obtain the following parameters for all three radii:

e Ri3=79AU:
po =10"13g cm 3, Hp = 7AU
p1 = 8-10 14g cm 3, Hy = 20AU.

o Rnq=317AU:
po = 4-10"1%g cm 3, Hp = 44AU
p1 = 6-10"16g cm3, H1 = 120AU.

e Rig =952AU:
po=0,Ho=—
p1=3-1016g cm 3, Hy = 190AU.

At smaller radii the pressure scale heidht is smaller in this case than in Run 1. The inner
disk of Run 7 is thinner and cooler than in Run 1. This also ergl#ie different fragmentation
properties.
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Figure 4.14: Disk rotation curve of Run 7. The disk is slowlpkeing towards centrifugal equi-
librium (grey line). The shallow profile within the disk regj is perturbed due to fragmentation
att =t0O+ 20kyr. Close to the fragment (200AU) some gas undergoes dréastition from
highly sub- to superkeplerian rotation driving gas inwattdward, respectively (see Fig.4/15).
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4.4 Mass Infall and Accretion:
Detailed comparison of low and high angular momentum
(Run1vs Run7)

The seal on the fate of a single molecular cloud core is sebtagion, gas thermodynamics and
of course gravity. Since all the cores in our sample have dngesinitial mass, gravity should
intrinsically act alike in all simulations. In this sectiove discuss the influence of rotation and
gas thermal behaviour on the disk structure and state offeagation as well as on the mass of
the forming star. Here all particles with a density highearti011g cm2 will be considered
to contribute to the forming central star. As mentioned fesly, we do not use sink particles
but resolve the system down to a minimum smoothing length ¢setion 3.8). We distinguish
betweerthecentral object, which we define to be located at the most massilection of dense
particles and possibly existing fragments, if these havad#l distance of at least 20AU from
the central star. We do not define the disk geometrically,fund it more physical to study
certain density components within the collapsing clouekcam order to disentangle the detailed,
stratified disk structure, we look at different components:

e Star or fragment:
p>10"tgcm3

e The densest, adiabatic disk component:
10 gem3 > p > 10 3gem3

e Other disk components, which successively contain morespmflow density gas is en-
veloping the densest component:
10 Mg cm3>p>101gcm3to
10 g em3>p > 1016 cm 2

We also discuss the way the central object and protostaBaratcumulate their mass. There-
fore, we differentiate between 1) gas infall, as infallingtter from the surrounding molecular
cloud core, which has not been part of a certain density compiovithin disk or star before, and
2) gas accretion as matter, which has been moved throughdgkebdt has already been part of
the disk or a certain density component at the previous ttepe $or instance the mass accretion
rate onto the central object is defined as the amount of masgfdject has accumulated within
a certain time, divided by the time.

We stop the simulations at the point, where the central olhjas a mass of roughly. &M .
Also accounting for the disk, the total mass of the formedesyssaries between 1.2 and®®i....
In Figi4.17 and Fig. 4.18 we illustrate that the formatioraafense central object differs in Run
1 and 7:Run 1:
Run 1 quickly collapses to form a dense center with a massidfi 0 at to = 94kyr (see Fig.
4.17). From this point on, the mass of the central object asvigrg at a roughly constant rate
of Macer~ 2.1- 10‘5M@/yr. It should be noted, that aftég all the mass is gathered through
pure disk accretion! Direct gas infall onto the center isligdge. In Figl.4.18, we show the
ratio of mass accretion rate onto the center vs. the infal@dgas onto the disk. As previously



66 4. Protostellar disks in low-mass star formation |

Run 1 :
rf =--- Run 7, prim : )
——————— Run 7, frag : b

0.10

Mass [Mg,.]

[ # i m e Ee

0.01 I

1.4x10°

Figure 4.17: Time evolution of the stellar masses in Run 1 and'Run 1 a seed star of TM,

is formed via direct gravitational collapse (solid line)heveas all the stellar mass is accreted
through a protostellar disk in Run 7 (dashed line). 7 also fofragments after 131kyr (dash-
dotted line), which eventually merge with the central obja¢he last view timesteps.
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Figure 4.18: Ratio of accretion to infall rate as a functiortiofe. Different line colours de-
note different disk definitions, utilizing various thres&thaensities. For example in case of
p > 10~14g cm 3, all the mass within 10 > p > 10"1%g cm 2 is considered to belong to
the disk component. The mass accretion rate onto the cehjedt remains the same for all dif-
ferent threshold densities within one simulation. Onlyghs infall rate is changing for different
threshold densities.
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motivated, we use various threshold densities to defineittke Hor a threshold of 10-3g cn3,

all the gas mass at densities in betweentg cm3 and 1013g cm 2 is considered as disk
mass, for 1014g cm3 the mass between 1d'g cm 2 and 101%g cm 3 is integrated, and so
forth. During most of the simulation, mass accretion andlimate keep a roughly constant ra-
tio, the accretion rate reaching a mean value of 0.1 timemfth# rate for the highest threshold
density ofp > 10713g cm~3. Hence in these early evolutionary stages the protosteiékr is
constantly growing in mass. For lower density threshol@sitifall rate is also lower and there-
fore Maccr/ Mintanl is Somewhat increased. This behaviour can be explainedditiahl adiabatic
contraction within the disk region, promoting the formatiof high density gas within the disk.
Due to gas equilibration, the contraction process appedog fperiodic at an amplitude of 0.1
and a period of 30kyr. The disk is literally pulsating in veat direction. The redistribution
of angular momentum and thus the accretion of gas is a rekghagitational torques, which
are caused by the formation of weak spiral arms. Afiger 18kyr(=112kyr) the disk surface
density is high enough to generate stronger spiral armssetéon 5.3 and Fig. 5.4) and the
mass accretion rate is temporarily increased to abell05°M, /yr. ThereforeMaccr/ Minfall 1S
raised to 0.8 . This effect seems to be stronger for low detisiesholds wher#line remains
roughly constantMaccr/Minfa|| is only slightly increased for the high density componeiise

to the formation of spiral arms, which leads to additionaltcaction, the infall rate onto the high
density component appears to be increased

Run 7:

On the other hand, in Run 7, the dense central object develowl/s At tg = 116kyr a mass
of 0.00M, has accumulated. From Fig.4.11 we drew the conclusion ai@atcan speak of a
protostellar disk dominated phase beftye case of high angular momentum. The disk domi-
nated phase starts 104kyr after the collapse has commendddsts for about 12kyr untih. A
direct gravitational collapse phase is missing in this c&dleof the stellar mass is continuously
accumulated through disk accretion.

Beforetq the average mass accretion rate onto the center is three simaller (6 10-5M., /yr),
and the infall rate is with 510—5M@/yr similar to the rates in Run 1 right aftgy(Run 1).
Regarding Flﬂ&/laccr/M,nfa” seems to be large at a threshold of %) cm 2 before 110 kyr,
because the mass infall rate for this component is smally-\aly little mass is accumulating at
p > 10 13y cm3 (see Fig.4.4). After 114 kyr spiral arms grow within the jiellar disk, and
generate local high density regions within them. As a reldiity on the high density compo-
nent increases arMaccr/ Mintan drops. After 114kyr, the mass accretion rate.i55110°M, /yr
and the average gas infall rate is£®.,/yr), thus leading to a roughly constant ratio of 0.1.
Despite the strong spiral arms in this case the disk is againigg continuously in mass.

At t = 131kyr the disk is so massive that it becomes gravitatignaiktable and fragments (see
Figi4.17). In all plots from 4.17 to 4.20 the transition tagmentation at roughly 131 kyr is
marked with a dashed vertical line. Disk fragmentation gsoap gas, which has already been
sitting at high densities more quickly than it can be repliac@nce fragmentation happens on
a short time scale. However, the dense disk component refafter it has been depleted. At
1.42- 10Pyrs the closest formed fragment merges with the centralasidrthe stellar mass is
rapidly increased by.QM, (see Fig. 4.17). This leads to a very high apparent masstamtre
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rate and causédaccy/Minfanl ~ 1.4.

Both simulations do not intrinsically enter a 'self-regeldt stage, where the ratio of mass
infall and accretion is balanced. However, in case of lowmusargmomentum, the formation of
weak spiral arms is sufficient to sequentially Incremcr/M.nfau to 0.8, at least for the low
density disk component. But this is not an equilibrium featum case of high angular mo-
mentum, spiral arms do not transport enough mass towardsetiter to significantly influence
Maccr/ Minsai- In this case the gravitational instability grows and lbcahuses fragmentation.
We will further discuss the disks’ fragmentation propestés a function of angular momentum
in section 5.3.

Altogether, speaking about only one specific disk mass itecuivague concept in a 3-
dimensional calculation. The disk scale height is not wettistrained as it would be required for
an unequivocal definition. The variation in disk mass on thgidof several disk threshold den-
sities (as in Fig.4.18) is illustrated in Fig.4.4. In caséogf angular momentum (Run 1) the disk
mass in the densest component is final§\., smaller than the disk mass for> 10-14g cm 2
or lower threshold density. This is a difference of 50%. Titwegion is more extreme for Run 7.
Here, the fraction of disk mass at high densities stays loauthout the simulation and doesn’t
exceed BM.,, whereas I’M, reside withino > 10~16g cm~3 when fragmentation is just about
to set in (dashed vertical line). This is a difference of atm@00%! We conclude, that we can
draw a clear distinction between Run 1 and Run 7, and we quahgfdifference in disk struc-
ture depending on initial core angular momentum by anafysiedisk concentrationThe disk
concentration will be precisely defined in the following pler (5).

In addition Fig.4.4 shows how the disk mass is altered by dh@tion of spiral arms and frag-
mentation. Spiral arms self-regulate gas accretion og@émter. In Run 7 the rapid initial disk
growth is reduced by gas accretion through spiral arms l&ttg€7a) and 131kyr. When frag-

mentation sets in, the disk mass decreases because maed te bsiild up the fragment. Later
on it again grows due to further gas infall from the parenecor

4.5 Temperature evolution

Figure 4.20 and 4.21 complete the picture of the two diffet@pes of disk. It shows the mean
disk temperature as a function of time, again consideriffgréint density thresholds. The phase
transition from hot concentrated disks in case of low cogugar momentum towards cold disks
of low concentration in case of high core angular momentuwlgarly visible. In Run 1 we
find an average disk temperature of 400K throughout most efstmulation. In Run 7 the
gas temperature stays below 150K for all components, or beéow 90K for a threshold of
p > 1015g cm3, respectively. The first step-like growth in the disk tengtere of Run 7, hap-
pens at = 114kyr ~ tp, and can be explained by the formation of spiral arms togetith a
dense disk component (see Fig.4.4: At the same il (p > 10 3g cm‘3)) increases. After
131kyr, fragmentation causes a temporarily significanfemrature increase in Run 7. However
this raise might well be an artifact of our disk definitiome it disappears after the most mas-
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Figure 4.19: Disk masses as calculated within differergghold densities as a function of time.

sive fragment (formed at R=200AU) merges with the centralatta 42- 10°yrs. Fig. 4.21 shows
the distribution of SPH particles in temperature and dgniase space. In both cases, the max-
imum temperature reached is similar and between 2000K ad@k3WNevertheless, the resulting
distributions are completely different for these two caskscase of low angular momentum
(Run 1, top panel), most particles are found at high disk diessiTherefore the average temper-
ature of the disk is dominated by the dense and adiabatic aoemp, which is warm~ 300K).
The maximum temperature is reached everywhere througheuténse component. At lower
density (between 10— 10~ 14g cm2) the distribution shows a clear transition from the warm,
dense component to a cold component of low density. The teatpe in the cold component
is relatively well defined and the scatter is small. In sumyntdre dense, warm component can
be attributed to the protostellar disk, whereas the coldpmment is made up by the gas of the
parental core, collapsing and enveloping the disk. Theobofianel shows the high angular mo-
mentum case, Run 7, &ha. As we have shown before, the disk is much less concentnatbdsi
case and harbours a lot of mass within the the low density coemt withp > 10-16g cm 3.
Therefore there is no clear transition separating the dsk fthe core envelope. On the con-
trary, disk and envelope merge smoothly. Maximum tempegatare only reached close to the
adiabatic component, where shocked material is heatedeetliz 1t should be noted, that ice
and dust chemistry is very sensitive to temperature chawghs the disk and core envelope.
Therefore we can expect disk chemistry variations depgnaimthe initial angular momentum
of cold molecular cloud cores (Dullemond et al., 2006).
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Figure 4.20: Mean disk temperature evolution. The domieariche dense and hot component
in Run 1 is clearly visible. Run 7 stays overall cool throughtetsimulation.

4.6 Conclusions

In this chapter we compared the evolution of collapsing sareslow or fast rigid rotation
in detail. We found that slowly rotating core€ (< 10-13s1) result in normally sizedR ~
100— 200AU), but relatively warm disks. Most of the disk mass iswanulated at densities
higher thanpgrito = 10-13g cm~3 in this case. Since gas, which is denser tpafio behaves
adiabatically and cannot cool efficiently the disk heats impRun 1 the midplane temperature
exceeds 800K within the inner 15-20AU in radius. Due to tighltemperature as well as fast
azimuthal velocities within the disk, fragmentation is sgsed. However, angular momentum
is transported through weak spiral arms, allowing for a nsssetion rate of approximately
M, = few- 10-°M,/yr. We find the disk to be in vertical hydrostatic equilibriuifihe vertical
density profile can be fitted by a sum of twecH-functions through which the disk pressure
scale height is defined. Due to the way the cores are collgpia forming protostellar disks
have a ’flaring’ structure: The ratio of pressure scale hefgtradius is roughly constant and
equal to 4. This behaviour is typically expected for protoplanetdisks which are heated by
stellar irradiation. The irradiation causes the disk steflayer to expand and flare. In these early
stages of circumstellar disk evolution the flaring struetisra secondary effect. The inner disk
region (close to the rotation axis of the system) is deplefefhs as material close to the rotation
axis has low angular momentum and is collapsing first.

Disks formed from rapidly rotating core€(> 10 3s71) are large R ~ 500— 1000AU) and
cold. The average disk temperature is below 100K within tis& cegion. Although their total
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Figure 4.21: Temperature of SPH particles as a function &f &hsity. We show the distribution
for Run 1 attsing in the top paneland the distribution for Run 7 d§ng in the bottom panel
Colour-coded are the different disk components: All SPHiplag marked with the pink colour
belong to the adiabatic disk componept$ 10~13g cm3), in purple we show

10~13g cnm3 > p > 10" 14g cm2 and so on.
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mass is comparable to the total disk mass accumulated in Rilneit structure is completely
different. Their radial density profile is flatter than in easf low angular momentum (flatter
thanR~2). The disks show strong spiral arms. Within the spiral arrasall fraction of the core
gas locally exceedggito. Fragmentation occurs within the spiral arms if the locain®emass
is exceeded. The spiral arms are surrounded by a massivildisginvelope of low density gas.
As most of the disk is made up of low density gas (10> p > 101%g cm3) it can still cool,
thus allowing for disk fragmentation. They grow by mass aton through circumfragmentary
disks, which are important for the redistribution of anguteomentum. Afteity, the average
mass accretion rate in this case is abdyt= 10-5M, /yr. Therefore the growth of the central
object is somewhat slower in this case. BefeyeM is lower by a factor of two. It should be
noted that we find a pure protostellar disk phase in Run 7 befeentral object is formed &.

It should also be noted that the disk pressure scale heigiftesent for different components in
Run 7. This is however the case because the outer disk radibdegge in this case. At large
radii the vertical density profile is very flat and the derigeadle height is large.

In both simulations the radial velocity is close to zero wittine disk region and exhibits fast
infall velocities at radii larger than the disk radius. Th#o of azimuthal velocity profile changes
completely during collapse. Whereas [1 Rinitially, ve rather decreases with increasing radius
after a disk has been formed. Therefore the disk is diffeaytrotating and shear flows are ex-
pected to play an important role in redistributing the aagahomentum of the gas. At the same
time, the disk is massive and it’s self-gravity cannot beleegd. A Keplerian velocity profile
calculated according to the mass of the central object doesmatch the calculated results. The
ratio of rotational velocity to local velocity dispersioapgproximately equal to sound speed) is
close to one within the disk region in both simulations, i a clear sign of rotational sup-
port. The central object is not spherical, even though predsecomes more and more important
towards smaller radii. Instead, the central object hashhge of a nuclear disk - a sign that not
enough angular momentum has been transported outward Jth&loss of angular momentum
of the central object is of great importance. The spin-ugefdentral object by collapse and ac-
cretion of material without a sufficient loss of angular morioen may halt gravitational collapse
when accelerating the central object to break-up speadi{df2® km/s for T Tauri stars) It is a
strong observational contraint that protostars have arageetotal specific angular momentum
of 10-7c?s~1 and T Tauri stars rotate with a velocity 20 km/s, respectively. Moreover,
within our solar system most of the angular momentum is ¢oethin a very small amount of
mass. Jupiter carries most of the angular momentum of théevdlystem. This transport is not
found in our simulations.



Chapter 5

Disk structure as a function of core angular
momentum

In this section, we discuss the resulting disk structureafbthe runs in our sample. After giv-
ing an overview over all included simulations in section, Btte most important paramters like
disk radius, disk scale height and stellar mass will be copghaWe also give an qualitative
overview over the disk structure as a function of angular mioam by showing the surface
density profiles of all simulations &t,4. In addition, a new parameter, thésk concentration
will be introduced. We will show that the disk concentratism powerful parameter in describ-
ing the disk structure in case of rigid rotation. Furtherenare will discuss the stability of the
disk towards fragmentation as a function of initial core @lag momentum in section 5.3. For
this purpose we calculate the local Toomre Q parameter ®ditks and compare the cooling
time scale to the local dynamical time scale. We find thatgliskmed from high angular cores
frequently become unstable to local gravitational indtigtand fragment. On the other hand,
higher temperatures and rotational velocities prohiskdiragmentation in case of low angular
momentum core collapse. In the next chapter (chapter 6),ilplace this finding in the context
of recent observations.

5.1 Core sample

All cores have a total mass ®flp = 6M.. Their radial density profile follows a BES with
a central density opp = 10 8g cm 3.  The initial temperature is 20K and we use a mean
molecular weight of 2 (predominanthy; gas). The cutoff radius is.083pc, which corresponds
to a dimensionless radius 6f,; = 6.9 (see 2.1.2).
Following previous studies (Matsumoto & Hanawa, 2003), eeameterise our setups according
to the energy budget of each simulation. We define the ratibesmal to gravitational energy
to be the same for all cores:

a_ 2GR

= Som = 0268 (5.1)
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Qo[s Y | IMen?s ™Y | Beonst Bees | tolkyr] | tfinal
1.0-10 | 1.7.10°° |0.0007| 1.5-10% | 92.6 -

6.0-1014| 1.03-1021 | 0.025| 45-10° | 94.5 | 114.8
8.0.-1014| 1.37.10** | 0.045| 8.0-10°% | 94,5 | 1154
1.0-1018| 171104 | 0.071| 1.3-102 | 96.5 | 1184
1.2-1018| 206-1021 | 0.105| 21-102 | 96.5 | 119.2
15-1018| 2571071 | 0.159|28-10°2. | 985 |123.3
1.6-1013| 274.10?1 | 0.181 | 3.2-10°2. | 102.4 | 126.7
1.8-10°13| 3.00-10?' | 0.229 | 5.0-102 | 104.4 | 130.4
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Table 5.1: We list the various initial rotational frequessf)y and resulting specific
angular momenta J/MBconstgives the ratio of rotational to gravitational energy ac-
cording to equation 5.ges the one calculated from equation 5.3 respectively. A
wide range of observef's is covered by the simulations, wherel® 2 < 8 < 1.4
following Goodman (1993) or even smaller (Caselli et al.,20Qll runs feature
430000 'core’ SPH particles, are evolved with the artifisisicosity implementa-
tion of Balsara (Balsara, 1995), and have a spatial resoliitronof 2AU.

Herecs denotes the isothermal sound speed, G is the gravitationatant. Instead, we vaty
and, as a result, the ratio of rotational to gravitationargg 3 is varied throughout our sample.
We introduce two definitions fgB: The standard definition, which only includes the total mass
of the sphere, but which does not incorporate informatiothermass distribution (respectively
the central condensation of the core), is given by

02
Beonst= —3((;':”8 (5.2)

For a Bonnor-Ebert-like mass distribution, a more exact fdation of the importance of
rotational velocities is given by:

16 Zczut(rff QO)Z

. 53
157T2 CDC—I-qc—dD ( )

BeEs =

@ is the total gravitational potential art is the potential at the critical radius of the sphere (at
{uit = 6.451). The integrated dimensionless mass fagterc?®’ was introduced by

McLaughlin & Pudritz (1996), and is proportional to the gtational acceleratio®’ at a certain
radius.

In Table 5.1 we list bothB.onstandfBges, in order to illustrate the influence of central condensa-
tion on the energy budget. Taking into account the centnatiensation of the sphere, the ratio
of rotational to gravitational energy is on average smdilien factor of 5 than calculated from
the standard definition - a rather non-negligible factorthiefollowing we will still adoptBconst

as our standar@}, simply because observational estimatef afre based on this prescription.
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Figure 5.1: Comparison of the evolving disk masses as caédilbor ap >
10~13g cm 3, b)p > 10 14g cm 3, ¢)p > 10~1%g cm 23 and dp > 3-10 16 cm 3.

5.2 Disk structure, mass and evolution

First we compare the evolution of the disk masses for fodediht density thresholds in Fig.
5.1. On average the time, at which a dense disk componenineth is systematically increas-
ing with core angular momentum. Even though all cores hagestime freefall timescale, we
see a difference of a few 1000 years between the runs. Tleistéfécomes more and more pro-
nounced, the denser the disk component of interest (frora d))t In all runs the disk mass is
smoothly growing with time at lower threshold densities) @ad d)). Only for Run O - 4 the
growth is similar at high densities. In these cases the disgss dominated by the dense com-
ponent (see Fig.5.1). In addition, these disks are warm t@adesagainst gravitational instability
and fragmentation. However, for Run 5 - 7 mass variations aite gignificant within the dens-
est disk components. In a) and b) strong local minima occhiGlware caused by fragmentation.
Fragments grow from the densest component, and thus cdugssesdng variations therein as it
is depleted and reformed.

On the other hand most of the disk mass in Run 5 - 7 is locatednaatfow density 'disk enve-
lope’. Therefore the variations seen in a) and b) play onlyreonrole with respect the total disk
mass (see c) and d)), which is finally abow1in all simulations. In summary, disks from high
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Figure 5.2: Stellar mass as a function of time for all simaola of the sample

angular momentum cores are cooler and feature a massikeedi®lope’ surrounding a light
but dense disk component, which undergoes fragmentation.

For all simulations, we list the mass of the central objestywall as the disk madglgisk and
the disk radiusRgisk for two threshold densities in Table 5.2. We yse> 10~13g cn2 and

p > 10-16g cmi~3, respectively. These are the highest and the lowest of théqusly used den-
sity thresholds. All given quantities are of course chagginth time. We decided to compare
the results at timéjng), the time at which 28% of the total core mass40t.8M.) has collapsed
to densities greater than g cm 3. ts,4 is listed in Table 5.1. We determine the disk ra-
dius from the radially averaged density profilessas. We also compare the mean disk surface
densityZ as calculated from:

Maisk
T[Rgisk
in Table 5.2. We directly obtain the disk heidtisk from fitting the vertical density profile at
the corresponding radii (see Fig.4.7 and Fig. 4.16). Forpaoion, we illustrate all calculated
parameters in Fig. 5.6.
First, even though the same amount of mass has collapsedsiiids greater than 18%g cm3
attsina, the mass of the central object is systematically decrgasith increasing core angular
momentum. We find/l, = 0.53M,, for Run 1 withQ = 6-101*s~1 andM, = 0.16M, for Run
7 with Q = 2-10 1351, The same trend is present for the gas mass locatedat +0p >
10~13g cm3. Here we findM13 = 0.75M,, for Run 1, but onlyM;3 = 0.19M, for Run 7 -
almost a difference of a factor of 4. AccordingM;g is larger in Run 7, ab;g andM, add up
to give 28% of the total core mashlg = 1.54M, for Run 7, butM, = 1.17M., for Run 1. In
summary, in simulations with high core angular momentumtrobshe mass of the emerging
disks is allocated at low densities. The dense disk compga@atthes in a small circular accretion

S —

(5.4)
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disk around the center, around a forming fragment or in timtereof strong, established spiral
arms. Most of the disk is however low density material enprlg the dense component. On the
other hand, disks formed from slowly spinning cores are ligighncentrated, which means that
most of the disk mass is located at high densities. There extemded disk envelope present. In
fact about 90% of the totalisk massresides ap > 10~ 14g cm 2 in Run 1.

The disk radiiRngf and Ryg are again systematically increasing with core angular nmuome.
JustRy3 is slightly decreasing for larger angular momenta. Howeasmentioned previously,
the detailed structure including spiral arms is very défdrin all simulations. As a result, the
disk surface density is decreasing with increasing corellangnomentum. This trend is clearly
visible in 216 =16 is an order of magnitude smaller in Run 7 (53 gfgras compared to Run
1 (5 g/cnf). The high surface density in case of low angular momenturasponsible for the
significant heating of the disk in this case (see|Fig.4.20).

The fitted disk pressure scale heighg is also roughly constant, wheredgs is again increasing
with increasing core angular momentum. High angular moorardisks only seem to be more
extended, because they are in general less concentratei@atncte a massiveisk envelope
Fig. /5.6 shows the ratio dflgisk/Rgisk. For all non-fragmenting disks (Run 0-4) we find the
sameH /R~ 0.25 in all density components. For all fragmenting runs (Ruf) §ie components
behave differently. For instance Run 6 appears to be ver thigR~ 0.5) atp > 10 13g cm 3
and within the half mass component, but very flaf R~ 0.1) in the total disk component.



p>10 g cm3 p>101%g cm3 Half Mass
Run M, [Mg] frag
M13[Meo] Rig[AU]  Hy13[AU] Mig[Mo] Rig[AU] Hy16[AU] Ra[AU]  Hyp[AU]

0 0.66 0.095 27 - 0.24 233 - 34 - -
1 0.528 0.750 96 28 1.17 250 65 64 19 -
2 0.311 0.746 110 25 1.39 344 85 89 20 -
3 0.250 0.518 92 24 1.45 433 110 125 27.5 -
4 0.229 0.427 102 23 1.46 567 135 155 30 yes
5 0.174 0.277 69 21 1.52 739 155 246 50 yes
6 0.244 0.114 50 24 1.46 1091 155 271 120 yes
7 0.161 0.185 79 20 1.542 952 190 317 120 yes

Table 5.2: Final stellar mass and disk parameters for ali mmour sample. We compare all rungsgaty, where 28% of the
total core mass has collapsed to densities 10-1%g cm2. Run 0 is the only exception to this rule. In this case the argul
momentum is so low that the collapse is unhindered and noisliskmed. Due to numerical limitations the evolution could
only be followed until 15% of the total core mass has colldpsehe small amount of results in a flattening of the central
object which contains most of the collapsed mass wikhi 15AU. The definition of a disk scale height makes no sense in
this case and is skipped. The disk mass compordgsndMie, radii Ri3 andRye, and disk scale heights; 13 andHj 16 at
tina are listed for two threshold densities: For the higheststhoéd of 10 13g cm 3 and the lowest threshold of 18fg cm3.

In addition we give the half mass radiB and the scale heighi; ;, at Ry, whereMng = 0.5M16. The disk scale heights
were obtained by fitting the vertical density profiles acaugdo Eq. 4.3. More precisely we gitéy, the scaling parameter
of the secondechl-function. Hy is always between 5 and 9AU and is therefore less interesTihg fragmentation state of
the disks is given in the last column. We don’t constrain tretean’s final multiplicity, because it may be changed conghe
by secular evolution.
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We define thalisk concentration according to

Maisk (0 > 10~13g cn?)

¢ Maisk (0 > 10-16g cm?)

(5.5)

is illustrated in Fig.5.3. The concentration gives the patage of disk mass, which resides at
high densities g > 10~13g cn®) and builds up the warm, almost adiabatic disk component. It
should be noted that the disk concentration stays appragiyneonstant with time after an initial
disk formation phase, which is rather short compared towatimes. Therefore the average
concentration is a robust measure of disk structure. Orageethe concentration is decreasing
with increasing core angular momentum. More precisely in Bu, 40% to 80% of the disk
mass is in the warm component. In all other runs, the averageentration is of order 0.1, with
relatively strong variations due to fragmentation. Fotanse in Run 7 fragmentation sets in at
131kyr. From this time on the concentration is decreasing tire fragment merges with the
central object at 140kyr.

Compared to Run 7, fragmentation starts earlier in Run 5 anccediyein Run 6. In Run 5
and 6 the disk is a little more concentrated than in 7, but atstime time cooler than in the
first three runs. In Run 7 the onset of gravitational instapiirst leads to the formation of
extended spiral arms. Once enough mass has been acquiréduasyubrted through the spiral
arms, fragmentation sets in. For intermediate angular mémevhere the surface density is
still moderately high, but low enough to allow for short dogl timescales, fragmentation sets
in immediately. There is no phase of spiral arm formatiorhaitt fragmentation. We thus find
a critical amount of specific angular momentum above whiskslare fragmenting and below
which they remain stable. This critical core angular momenis between 2 - 10?lcmPs 1
and 26-10%lcn?s 1 | corresponding to a rotational frequency betwegh 101351 and 15.
1013571 respectively.

5.3 Disk Fragmentation

Disk fragmentation is important for the formation of binanyd multiple stellar systems, brown
dwarf companions (Whitworth & Goodwin, 2005) or even for tleenfiation of gas giant plan-

ets (Kuiper, 1951; Boss, 1998; Mayer et al., 2004). Therefaeefocus on the fragmentation
properties of our sample in this subsection. In general wekthat the warm & compact disks,
which are formed from cores with low total angular momente,sdable against fragmentation,
whereas extended disks formed within high angular momernes fragment easily. In order
to quantitatively explore the gravitational stability bktforming protostellar disks we utilize the

Toomre criterion (Toomre, 1964):
CsK

Q= TGz
Herecs is the local sound speed within the diskis the epicyclic frequency; the gravitational
constant and denotes the surface density. Differentially rotating ation disks are expected to
be gravitationally unstable towards non-axissymmetritysbations for 3> Q > 1. In this case
the formation of large spiral arms is promoted. EbK 1 (Liverts et al., 2000, , and references

<1 (5.6)
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Figure 5.3: Time evolution of the disk concentratofor the whole sample

therein) the disk will be unstable towards axissymmetridyybations and disk fragmenation
may occur locally. Therefore a gravitationally unstabkkdian either fragment into one or more
gravitationally bound objects, or it can evolve into a gestable state in which gravitational
instabilities lead to the outward transport of angular motmm. In Figure 5.4 we show the
Toomre Q parameter for the face-on projection of the twoqstetlar disks formed in Run 1 and
7, respectively. In Run 1, which is stable against fragmentathe Q-isocontours reveal a spi-
ral arm structure within the inner disk region, which is nigaely visible in the surface density
distribution. More detailed analysis shows, that the dgnserturbation is of the order of 10%.
Q stays above 1 everywhere in the disk. However, Q is belowt@inva significant fraction of
the inner disk. This demonstrates that angular momentumspiat due to gravitational torques
in spiral arms is an important effect within the disk in Run tthaugh 1 is stable to local disk
fragmentation. In Run 7, Q is also3 throughout the pronounced spiral arm structure. However,
Run 7 is unstable towards fragmentation and shows two regibese Q drops below 1 (green).
Within this part of the disk two gravitationally bound fragnits are forming.

The detailed evolution of a gravitationally unstable regaepends on the rate at which it
may cool or at which it heats up. It has been suggested (GokdgeLynden-Bell, 1965) that a
feedback loop may exist through which Q is maintained at aevaf~1. Gammie (2001) has
shown using a local isolated disk model that a quasi-stahte san only be maintained if the
cooling timetcyq is longer than the local dynamical timescalg, = Q-1 by at least a factor
of 3. For shorter cooling times, the disk fragments. Thisifigds consistent with Pickett et al.
(1998, 2000), who noted that "almost isothermal’ condisi@re necessary for fragmentation.
It has been suggested, however, that self-gravitatingsdgsactly require a global treatment
(Balbus & Papaloizou, 1999), and while global effects ardalyiginlikely to stabilize a locally
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Figure 5.4: Toomre&) parameter and ratio of cooling time scale over dynamical
time scaletoQ as calculated for the face-on projections of Run 1 (uppe) plot
to+ 18.3kyr and Run 7 (lower plot) ab + 21.5kyr. The warm and concentrated
disk in Run 1 shows a non-axissymmetric structure. The To@rieegreater than 1
everywhere, but drops below 3 within the disk. In Run 7 thedagiral arm, which

is also clearly visible in the surface density distributi@ee Fig.4.10), is dense
enough to be gravitationally unstable and undergoes fratatien in the region
whereQ < 1.
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unstable disk, they could well allow fragmentation withisks that would locally be stable. In
2003, Rice et al. (2003) roughly confirmed the result of Gami2®1) in 3D SPH simulations
of isolated disks. However, they found that more massivisdi®uld still be fragmenting for
even longer cooling times{5Q). In their setup the disk undergoes a viscous evolutiooyatig

for heat production by gravitational instabilities as wadl turbulence. Heating by shocks and
PdV work of infalling gas was not considered.

In the formation phase of a protostellar disk, the parentalecular cloud core, which en-
velops the disk, is still massive. Mass is falling onto thekdat a total rate ofc 10~°Mg/yr.
According to the virial theorem, 50% of a gas element’s epéggransformed into heat while
moving inwards. In this stage of disk formation one has tosaer efficient additional heating
through the release of gravitational energy as well as bgkshovhich occur once the rapidly
infalling gas is decelerated at the disk surface and outge.eHere we find that fragmentation
is suppressed in a young protostellar disk, which wouldyike fragmenting in isolation. In
Fig. /5.4 (right plots) we show the stability criteriagyoQ (Gammie, 2001) and overplot the
corresponding Toomre Q isocontours of the disks. We caiedlthe theoretical cooling time
according to =

Tcool = tl;\ermy (5.7)
whereEierm = %ka is the current thermal energy. In order to calculate theingaiate/ for
every SPH particle according to its current density and eatpire, we again utilize the imple-
mented cooling prescription (following the table of Nedfel al. (1995)). If left in isolation the
disk would therefore cool at a rate
Interestingly, even though the disk in Run 1 is not fragmeptine find 7500 Q < 3 within all
of the inner disk region in this case. We may therefore catehlinat the disk is predominantly
heated by the infalling parental envelope and accretiois fieans that concentrated protostel-
lar disks are initially stabilized against fragmentatioa keating by infall and accretion. Stable
protostellar disks may therefore be more massive in calgpsnvelopes than disks studied in
isolation. On the other hand the structure of the coolingikty criterion correlates well with
the Toomre Q-isocontours found in Run 7. In this caggQ is also below 3 within a large disk
region, but drops below 1 only within the fragmenting panttiis case heating by infalling ma-
terial is less efficient than for Run 1 because the disk is largkgas infall is hence distributed
over a much larger surface area. The disk behaves more liksodated disk’, which leads to a
better applicability of the cooling criterion.

Whether or not concentrated disks will undergo fragmentatiithin some later evolutionary
stage requires further investigation. One might arguetti@infall phase (1Dyears) is rather
short compared to the typical disk lifetime (few x®lyears) and that subsequent disk fragmen-
tation is eventually happening after the parental envelgggemostly vanished. A comparison
of prestellar core and stellar initial mass function poioisards the fact that the star formation
efficiency of a core is about 30% (e.g. Alves et al., 2007) sTheans that 2/3 of the initial core
mass are not involved in the star formation process. So f&nivt clear, which physical process
is responsible for shutting down gas infall onto the diskahen exactly this is happening. Most
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likely gas infall is stopped by efficient feedback (irrathat winds, jets and outflows) from the
central star. On the other hand, once the parental envelapdden destroyed, protostar and
disk become observable. The disks, which are then callempenetary disks, typically have
rather small masses (about®, within a 100AU disk). This means that most of the original
protostellar disk mass is probably accreted before a digthe protoplanetary phase. Binary
star formation within a protoplanetary disks is thus uriikbowever, the formation of brown
dwarf companions or gas giant planets is still possible.

5.4 Summary: Disk formation as a function of core angular
momentum

In this section we summarise the most important resultsigarg 5.5 we show the surface den-
sity profiles of all runs at,5 on the same scale of [-1000AU,1000AU]. From top to bottom the
initial core rotation rate is increasing. Cores in slow aditiotation Q < 10-13s1; Run 0-4) do
not form fragmenting protostellar disks, whereas diskrmagtation is happening frequently for
higher angular momenta (Run 5-7). More quantitatively, wajgare the most important charac-
teristic disk quantities as a function of core angular motmenin Fig./5.6. The data within Fig.
5.6 corresponds to the values given in Table 5.2. Concerhiaglisk structure, slow rotation
results in relatively smalll{ 200AU), highly concentrated disks, which have accumulatetrof
their mass at densities 10~1%g cm3. Since gas at these high densities cannot cool efficiently
anymore, low angular momentum disks are significantly naokian their high angular momen-
tum counterparts. Disks formed from high angular momentaresare large (up to 1000AU in
radius) and form extended spiral arms, which harbor densewghin them. Most of the disk
mass is located at lower densities (3®— 10-16g cm3), enveloping the the spiral arm struc-
ture. Thus, as the disk mass in the low density componergases with increasing core angular
momentum, the mass accumulated in the high density compasewell as the mass of the
formed central object are decreasing. The radial exterteohigh density component is roughly
constant, whereas the outer disk radiBgsf and the half mass radiuR{y) are systematically
increasing. Surprisingly the ratio of pressure scale heighisk radius is roughly constant and
around 0.25 for all non-fragmenting simulations and alfestént density components. The disk
pressure scale height was obtained from fitting the vertieakity profiles at the corresponding
radii. In simulations with ongoing fragmentatidt/R is less well-defined and varies between
0.1 and 0.5 in the most extreme case (Run 6). In summary, tke dpgpear to have a flaring
geometrical shape, like typical protoplanetary disks. kv, in this case, the flaring is not
caused by stellar irradiation, but rather by the way mastéaliing onto the disk.

The infall rate of gas onto the disk from the parental molacaloud core is roughly constant in
time and rather independent of initial core angular momantMipsy &~ 7- 10> — 10~*Mg /yr

for p > 10~16g cn?. Infall is dominated by the global gravitational potentihe mass accretion
rate onto the central object is between 5-10-°M, /yr. In case of low angular momentum,
the mass accretion rate is on average twice as high as in tagghcangular momentum, even
though spiral mode perturbations have a strenght of only kD#is case. In general, gravita-
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All results are listed in Table 5.2.
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tional torques seem to transport angular momentum moreegifig in the low angular momen-
tum runs, where the disk surface density is higher.

5.5 Conclusions

In this section we investigated the change of the most inapodisk properties with increasing
core angular momentum. We find the disk half mass radius dsas/éhte outer radius of the low
density component to systematically increase with inéngg8. The outer radius of the adiabatic
componentR;3, wherep(R) > 1013g cn3) stays roughly constant or is slightly decreasing,
respectively. This behaviour results from the change ik siisicture with3. When studying the
disk mass evolution within different density componenta &snction of time, one finds that the
dense, adiabatic component contains less mass in casehoamiglar momentum at all times.
However, the low density component is much more massiveisircese, resulting in a total disk
mass (mass in gas at> 10~%g cm3) which is comparable in all simulations. We conclude
that the total disk mass accumulated at high densities isetkfiy the depth of the gravitational
potential of the core or the total initial core mass, respelst We quantify this finding by the
definition of thedisk concentrationwhich relates the mass in high and low density component.
Thus, disks formed from low angular momentum cores have la ¢agcentration (up to 80%),
whereas the extended disks formed from high angular momrentwes have a low concentra-
tion (as low as 10%). Still, only large disks with low conaatibn undergo fragmentation. The
fragments feed from the high density component, which isméd within the extended spiral
structure. Therefore we see strong variations within thaeksdic component as a function of
time. Similar to the adiabatic component, the central dbjesrm earlier in case of low angular
momentum andp increases witl8. After to the central objects also grow much faster in case of
low angular momentum, since a larger reservoir of low angulamentum gas is present, which
is rapidly accreted during collapse.

In summary it is the disk concentration, from which we canutedwhether or not a protostel-
lar disk will undergo subsequent fragmentation. The logmentation properties can be well
understood by applying the Toomre criterium. Fragmentatiocurs if the Toomre parameter
Q is below 1, whereas the formation of spiral arms is promoted< Q < 3. We can there-
fore conclude that spiral arm formation is enabled in allidated protostellar disks allowing
for the redistribution of angular momentum via gravitaibtorques. In the early evolutionary
stages of protostellar disks mass accretion and viscodatewois dominated by these effects.
In addition, we find that the local disk stability against\gtational fragmentation is more accu-
rately described by the Toomre criterium than by a comparidocal cooling and dynamical
timescales. The cooling time scale criterium (fragmeatataking place ifr¢q0,/Q < 3) is prob-
ably only accurate for non-accreting disks in isolation. fikiel that the stable disk formed in
Run 1 would actually be gravitationally unstable in isolatas it would cool further. Additional
heating by accretion and infall stabilises the disk in eaviylutionary stages. Nevertheless, these
disks might be able to undergo fragmentation during a laégyeswhen gas infall is reduced. The
fragmentation into binary or multiple stellar systems cilhlse expected to happen during early
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embedded stages of protostellar evolution (Class 0), as\@serotoplanetary disks typically
have very small masses:(0.1M). Late disk fragmentation thus might be in favour of brown
dwarf and gas giant planet formation.
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Chapter 6

Mean disk density and fragmentation
properties of observed molecular cloud
cores

From the SPH simulations of core collapse we find a clear &dioa of disk structure and to-
tal core angular momentum, as long as rigid rotation is assufsee previous chapters). The
difference in disk structure results in a transition frorskdi which are stable against local gravi-
tational instabilities and fragmentation to disks, whicé ragmenting frequently. Thus, we use
our simulations to determine the critical amount of angalamentum that defines the transition
of fragmenting to stable disks. We find that this transitian be linked to a critical mean density
of the disk (see section 6.1). With this result, we are abfgédlict whether or not a certain core
will form a fragmenting protostellar disk and is therefoldeato form a binary or multiple stellar
system, if core mass, size and ratio of rotational to grawital energyB are known. We apply
our finding to observed core samples and compare the expietpeency of multiple stellar
systems to observations. We find that disk fragmentatiorhtmgt be the dominant mode of
multiple star formation within collapsing dense cores. Wevg that -with this ansatz- a high
mass core will more likely form a disk which can fragment iatoultiple stellar system than
a low-mass core which contains the same total angular mamenfs observations indicate a
higher stellar multiplicity fraction the higher the massloé constituents of the system, this trend
is expected from an observational perspective. Howevieastnever been shown in simulations.
This trend will be discussed in section 6.2

6.1 A critical mean disk density for fragmenation -
Application of 3D SPH results

In Figl4.7 we showed, that the thick disk is in approximateigal hydrostatic equilibrium. The
local gas pressure is given by the adopted equation of statreas the disk properties (mass &
radius) are set by the initial core conditions and the csligjime scale.

We found that cores in slow rotation form small, compact slisikhich accumulate most of their
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mass at high densities. Therefore we expect these disksemzgher mean disk densjiythan
the extended disks formed from rapidly rotating corescould thus be considered as a critical
indicator for the concentration and gravitational stépibf a protostellar disk. Intuitively we
can defingo as

2 Maisk
Haisk  TTRG;qHaisk
We found the disk pressure scale height and the disk outersramlhave a roughly constant ratio
of

p= (6.1)

Hgisk = N - Rgisk, With n =~ 0.25. (6.2)
With this relation,p is
p— AMaisk
n‘%isk
If we assume that the angular momentum of each gas elememtseived during collapse we

can connect the disk radius to the properties within thergaleloud core. In case of rigid core
rotation, the dimensions of the disk are given by the cargaf radiusR;:

QZRéOI’e (6 4)
GMcore ’

(6.3)

RC:B'RCOI’e:

where the centrifugal radius is defined as the equilibriusk dadius, at which gravitational and
centrifugal forces are balanced in a central potentMboe is the total core mass, arf@gre
the initial radius of the molecular cloud core. Moreover, fivel in our simulations that the
actual outer disk radius, which we define to be equal to theradtentR,¢ of the low density
componenp > 10~16g cm3, is always about a third d®:

1

Rig= 3R (6.5)

Combining Eq. 6.3, Eq. 6.4 and Eqg. 6.5 leads to

- 12Mgisk
HBSRgore

For the same critical core mass and core radius, we expeatdlss infall rate onto the disk to
be roughly constant (e.g. solution by Shu (1977) and resoith four numerical simulations).
Accordingly,Mgisk is only a function of time, and rather independengair initial core rotation
(compare to Fig.4/4). We calculat@dat iy for all our simulations (see Fig. 6.1). For the
disk mass we usell;g from Table 5.2. In our sample of equally large and massive;fris a
direct measure of rotational energy or angular momentuntoiting to Eq.6.6, the mean disk
density is rapidly decreasing with core angular momentura.pvébed, at whiclp we find the
transition from non-fragmenting to fragmenting disks, &ind that disks with a mean density of
P > Perit1 = 3- 10-16g cm2 are gravitationally stable and do not undergo fragmentaicany
time during their evolution (Run 0-4). On the other hand, we efficient disk fragmentation in

(6.6)
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Figure 6.1:p as a function of core rotation as calculated from our runs. déféved thato [
B~3. The red dashed line @tyir1 = 3- 10-16g cm~3 indicates the critical density, below which
fragmentation is found in our calculations. Assuming aedtéht cooling prescription, in which
the gas behaves isothermally updigi o = 10 13g cm3, fragmentation might be possible up to
this limit (red dotted line). We will use both critical detiss for comparison with observations.

Runs 5-7, which all have < pgit1. Disks with a mean density @f > pgit 1 are always gravi-
tationally stable, compact disks, whereas disks with a fawean density are always extended,
less compact and will undergo disk fragmentation. At firghsour findings may seem counter-
intuitive. 1t would rather be more intuitive to assume thairsmmcompact disks with higp are
fragmenting more effectively than less compact ones, sirhptause the Toomre Q parameter
is inversely proportional to the disk surface dengityl hese considerations however neglect the
thermal behaviour of the gas, which is heated due to infallaotretion.

In our prescription of the gas thermodynamics, there are dvitecal densities: pgrit1 = 3-
10-1g cm 3, and perio = 107 13g cm 3. As we have mentioned (see section/ 3.7) cooling by
molecular lines slowly becomes inefficient at densitieshbigthanpgit 1. In other numerical
simulations which include a barotropic EOS (e.g. Bate, 1@&dwin et al., 2004b) the gas is
assumed to undergo a sudden transition between isothenahaldzabtic behaviour ayit 0. For
Run 1 - 4 (orQcore between 610 14s~1 and 12-10713s71) the disks’ fragmentation properties
might therefore be different in simulations with a barotooROS. Therefore we will discuss
both, perit 0 andperit 1 in the framework of recent core observations.

6.2 Application to observations

Our findings can be applied to observed prestellar cores. $&etwo samples observed by
Barranco & Goodman (1998), Goodman et al. (1993) and Caselli €002). Both studies list



92 6. Fragmentation properties of observed molecular cloudores

core radii and estimate the ratio of rotational to gravatadil energy3 from fitting velocity gra-
dient maps. We calculate the expected mean disk densitytfrese values according to Eq.6.6.
However, the core mass changes throughout the observedesaivgtherefore assume the disk
mass to be dependent on the core mass. For every core the dsskisnvaried between 1%
and 30% of the core mass. A maximum disk mass.8Mqre iS motivated by the typical star
formation efficiency of prestellar cores &f33% (e.g. Motte et al., 1998).

In Fig. [6.2 the theoretically expected dependence oh core radius is depicted by the solid
lines (for a disk mass of.QMcqre¢) and the dot-dashed lineMl§isx = 0.3Mcqre) for three different
values off3. For these theoretical curves, we assihge 0 Rin the upper panel d¥lcore 0 R?

in the lower panel of Fig. 6.2, respectively. We use ourahitionditions (61, and 0.083pc) to
normalise the powerlaws. Observations indicate a poweiriaex of around 2. An index of 3
would correspond to a sphere of constant density. The deédital lines indicate core masses
of 3Mg, the mass at which the core mass function reaches its maxifiatie et al., 1998),
and of M.,. In order to indicate the sensitivity of the problem withpest to the critical density
regime (310 1%g cm 3 < p < 1013y cm3) we overplot these two critical densities (red dotted
lines).

Fig.6.2 shows that for the sample of Goodman et al. (1993)Bardanco & Goodman (1998)
between 19% (foMgisk = 0.3Mcore) and 31% (forMgisk = 0.05Mcqre) Of all cores are predicted
to undergo subsequent fragmentation, whereas 0% of alkcame expected to fragment in
Caselli et al. (2002). On average 13% of all cores should thus fprotostellar disks, which
will fragment within the first 1Byrs of their evolution. For an isothermal collapse of the gps
to Pcrito We infer that 75% - 81% of all cores in Goodman et al. (1993)308b-45% of all cores
in Caselli et al. (2002) would form gravitationally unstablisks. This results in an average of
58%.

According to a high resolution near-infrared imaging syreé Duchéne et al. (2007), of low-
mass embedded Class | sources located in Taurus-Aurigaécbplk, Serpens and L1641 in
Orion, the observed multiplicity rates within the sepamtiange of 45-1400AU are 3%6% and
474+8% within 14-1400AU, respectively. These rates are mudelathan our predicted results
including cooling by thin molecular lines, and smaller tharcase of isothermal cooling down
to 10 13g cm 3. This means that 1) either gas cooling in molecular clouésd much more
efficient than assumed in our prescription or 2) that disgrfrantation is not the dominant mode
of fragmentation to form binary or multiple stellar systentor example low levels of turbu-
lence within prestellar cores may efficiently alter theagmentation properties (Goodwin et al.,
2004b). However, in this case we speak of core fragmentaéithrer than disk fragmentation.
The effects of initially sub- or transonic turbulence widl discussed in the next chapter. In addi-
tion, the physics of gas cooling within the density regimé®f1® and 10 13g cm 2 is extremely
important for disk fragmentation. In order to ascertaindhgcal disk density for fragmentation
our findings deserve further numerical investigation withrenrealistic dust cooling and radia-
tion transport.

Nevertheless - even from our simple approach - we concluatddrge and massive cores frag-
ment more easily than small, less massive cores, providsdlile concept of a 5%-30% star
formation efficiency is applicable. In this case one canm@mssthatMgisk [ Mcore Observations
find Mcore D R *, with 1 < p < 2.3 (Larson, 1981; Myers, 1983; Hubber & Whitworth, 2005). In
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Figure 6.2: Mean disk densities calculated for the observate samples of
Barranco & Goodman (1998) and Goodman et al. (1993) (blaclksishas well as Caselli et al.
(2002) (blue symbols). We also shgwfor three constant values @f(8 = 103, 1072, 10 D).
For every the disk mass is assumed to be betwedlqqe (solid lines) and BMcore
(dash-dotted lines). For the derivation of the theoreticpbwerlaw dependency of core masses
and core radius has been assumégse proportional to aR and b)R?, respectively. We used
our setup to calibrate the mass-radius relation. The detetital line indicates a core mass of
3M.. It should be noted that the initial core mass function iseobsd to peak atM.. For the
observed cores we used core masses published in Casell{22@2). The red dotted lines show
the fragmentation limit®crit 0 andperit 1, Wherepgrit 1 was determined from our simulations.



94 6. Fragmentation properties of observed molecular cloudores

Fig./6.2 two example powerlaw indices are discussed. M@) (1 Rcore Was assumed, whereas
Mecore 0 Rcorée? in b). From Eq| 6.6 it follows thab [ ﬁ in a) andp O m in b).

In general, the highep < 3, the smaller the dependencoéeﬁ)bn core radius. For cores of con-
stant density |f = 3), we infer the fragmentation properties of the formed diske completely
independent of core size. Foxlp < 3 smaller, and thus less massive cores form more concen-
trated disks, as compared to larger and more massive caitesgualB. The more concentrated

a disk, the less likely it will form fragments during its eadvolution. Asf is observed to be
roughly independent of core size (Goodman et al., 1993, 1998 ansatz is able to explain the
observational trend that stellar multiplicity seems to lghlr for more massive stars (e.g. Lada,

2006).

6.3 Conclusions

In this chapter we presented a simple analytical presornigiredicting the fragmentation proper-
ties of collapsing prestellar cores in dependence on thitalicore properties: Core mass, radius
and ratio of rotational to gravitational enerfly From these three parameters the mean density of
the forming protostellar diskp, can be deduced. The simulations show that disk fragmentati
is enabled if this mean disk density is below a critical dgngi,i;, whereas it is prohibited if

P > Perit- We ascribe this behaviour to the cooling properties of thg gn our prescription,
gas cooling mimics complete isothermal behaviour for dezssbelowpcit 1 = 3- 10 16g cm 3.
Above pgrit 1 cooling slowly becomes inefficient and the gas finally besane completely adia-
batic manner gbgrit 0 ~ 10~ 13g cm—3. Many other authors employ a barotropic equation of state,
which employs a rapid transition from isothermal to adiabgas at a critical density, which is
typically equal topcito. From our numerical calculations, we find the critical dgn&or disk
fragmentatiorpeit to be roughly equal t@git 1. A mean disk density obcit 1 corresponds to a
critical core rotation ofx Q = 1013571 or 3 ~ 0.1 for the simulated prestellar cores ol at a
radius of 0.083 pc. When this finding is applied to observatigamples of prestellar cores, one
finds that -with this simple prescription only - an importabervational trend can be reproduced.
Observations show that the stellar binary or multiple fesgy increases with the mass of the
system’s constituents. One additional assumption had tedhéded to arrive at this conclusion.
In order to calculat® the mass of the disk has to be known. We therefore assumedsthmdss

to be a fraction of the core mass, i.e0@M¢ore < Myisk < 0.3Mcore AS the typical star formation
efficiency for prestellar cores is of the order 9f3] the upper limit of the disk mass is well ap-
proximated by BMcqre Observations show th#tis roughly independent of initial core radius.
For constanB, p 0 MgiskReee The observed mass-radius relation for prestellar corggesis a
powerlaw dependence Mcore 0 Rbore, With a powerlaw indexp of 1 < p < 3. In many studies

p ~ 2 has been found. In this cageis inversely proportional to the core radius. Therefore a
low-mass core, which is typically small, is less likely fang a protostellar disk which is able
to fragment, than a larger, high-mass core with the s@mew-mass cores are hence more sta-
ble towards disk fragmentation than high-mass cores. Iptiveiple of a global star formation
efficiency (typically 30%) is applicable, the mass of thestahich form within a certain core is
on average correlated to the total initial core mass. Thiana¢hat lower-mass cores also form
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lower-mass stars and vice versa. Therefore low-mass staneél from low-mass cores tend to
be singles rather than multiples. In casgoef 3 the core would have a constant density profile.
In this casgop =const for the sam@, and the fragmentation properties of every core are preset
by the amount of angular momentum it contains.

We apply our findings to observational samples of prestethaes for which mass, size and
core3 are known. For the critical densify,it 1, which was extracted from our numerical sim-
ulations, the fraction of predicted multiple stellar sysgeis too low. On average only 13% of
all cores are predicted to undergo subsequent disk fragiti@mt However, since the critical
density is probably related to the specific description &f gaoling, a second critical density
(Pcrit,o) has been investigated. The applicationogf o can e.g. be motivated by further dust
cooling in regions where all molecular lines are opticafick. In this case 58% of all cores in
the sample are expected to undergo disk fragmentation ighlhinass cores (apart from 1) but
also many cores of intermediate mass (féw). This fraction agrees well with observations.
Dust cooling has not been included in these simulationgesinwould require the inclusion
of radiation transport, dust chemistry and dust grain dwaiu Currently numerical limitations
prohibit consideration of dust physics in core collapseudations. However, also in our sample
of simulationspcrit = pcrito Would imply the fragmentation of all but one formed protdiste
disks. (Run 0 would form a single star).

Our conclusions from this study are threefold:

1) If perit,1 is assumed to be the more realistic critical density, diagrtentation cannot be the
dominant mode of binary or multiple formation. In the nexapter we will show that low lev-
els of turbulence in a prestellar core may lead to core fragatien instead of the formation of
larger protostellar disks and subsequent disk fragmemtati

2) Fragmentation within later evolutionary stages (th&’lahases of hot disks’) cannot be ex-
cluded. In protostellar disks which are further evolvedtimgaby accretion and infall subsides,
since the gas infall from the parental envelope decreasdsth@ disks become less massive as
most of their mass has been accreted. Observed protoptadehs typically have small masses
(=~ 0.1M). However, the late fragmentation of low mass disks will l@eimportant for brown
dwarf and gas giant planet formation, rather than for thenédron of multiple stellar systems,
simply because most of the gas reservoir is gone. The foomafimultiple stellar systems thus
has to take place during early evolutionary stages of youatpgtars (Class 0 phase).

3) We found that gas cooling within the density regime of %@ cm 3 to 10-13g cm3 is of
immense importance to the fragmentation properties obgteliar disks. Therefore the compar-
ison of different numerical treatments of the gas thermadyics within core collapse simula-
tions plays a key role in improving our understanding of &amation and fragmentation. This
problem has to addressed in further studies.
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Chapter 7

Protostellar disks in low-mass star
formation - Il. Collapse of turbulent
molecular cloud cores

The isolated collapse of turbulent prestellar cores andsthesequent formation of embedded
protostellar disks is investigated in this chapter. Thigjgxt is based on the idea that sub- or
transonic turbulence may cause a net specific angular momentithin prestellar cores. Vari-
ous authors have already suggested the connection betweatence and apparent core rotation
(Goldsmith & Arquilla, 1985; Goodman et al., 1993; Dubinskal., 1995). With a large sam-
ple of turbulent setups Burkert & Bodenheimer (2000) showed tandom Gaussian velocity
fields with power spectr®(k) 0 k=2 to k—* are a viable source of net angular momentum for
dense molecular cloud cores. In addition, turbulent powercsa of this form can reproduce
both, the observed line width-size relationship and theenkesl projected rotational properties
of molecular cloud cores. Hence, such initial conditiongvpde a powerful tool to generate
turbulent prestellar cores with rotational propertied tgree with observations. In very dense
cores the line widths of observed molecular emission tenshttergo a 'transition to coherence’
(Barranco & Goodman, 1998), implying that turbulence hasilibgsipated to sub- or transonic
levels on core scales. For this reason we focus on the impémivdevels of turbulence on the
protostellar disk formation process. More details on thmbulent nature of molecular clouds and
cores can be found in chapter 2.1.2.

We show, that the structure of the whole core becomes signtficdifferent in a moderately tur-
bulent environment as soon as it collapses. As a resulpgadtar disk formation and evolution
is also heavily affected. The formed disks are on averagdlenzand stable against fragmen-
tation. Core fragmentation is in favour over protostellaakdiragmentation in this case. Core
fragmentation only happens in three out of 11 simulatidmes, is in 27% of all cases. This result
is not in agreement with calculations by Goodwin et al. (20)Q4vho tested the fragmentation
properties of moderately turbulent cores with a Plummier-initial density profile and a poly-
tropic EOS with the SPH code DRAGON. They found fragmentatida binary or multiple
stellar systems in 80% of all cases. However, they use sirticles and evolve the simulations
for a much longer time scale.
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In section 7.1, the turbulent initial conditions are briedlgscribed. The effect of turbulence on
the global core structure will be discussed in section 7.3uRe on protostellar disk formation
from turbulent prestellar cores will be shown and discussegction 7.4. We will also compare
turbulent and non-turbulent case in this and the followiegtion. Conclusions are drawn in

section 7.6.

7.1 Turbulent velocities as a source of core angular momen-
tum

On scales of: 0.1pc velocity gradient maps observed protostellar corew siath, irregular as
well as regular, motions (Caselli et al., 2002), and prestelbres are known to have fairly nar-
row, hence thermal, line widths (Barranco & Goodman, 1998ld8&E et al., 2001; Anéret al.,
2007). The former indicates, that the internal motions ofyneores are not likely to be caused
by ordered rotation, but rather by turbulent motions. Hosvethe magnitude of any internal
velocities is constrained to be at most transonic.

Unlike the conditions on molecular cloud scales, the abseha more pronounced line-broadening
on core scales indicates that turbulent pressure is at nsash@ortant in supporting the core
against its own self-gravity as its internal thermal pressurherefore MCCs feature sub- or
transonic levels of internal turbulence. According tondijet al. (1999) the observed ratio of
turbulent to gravitational energy= Eyn/Egray Within dense cloud cores is between 0 and 0.3,
but always smaller than 0.5. Burkert & Bodenheimer (2000) slibtihat these low levels of
turbulence still cause total specific core angular momembach are in good agreement with
the observed rotational properties of prestellar core® tdtal amount of specific angular mo-
mentumj in a low-mass MCC is typically of the order ¢f; ~ 10?lcn?s! (Goodman et al.,
1993). Following Burkert & Bodenheimer (2000) this amount péafic angular momentum
is easily generated via a superimposed, turbulent powestmetrum ofP(k) = k", where k is
the wave number and = [—3, —4] denotes the power spectral index= —3 results in more
power on smaller scales than emy= —4, which corresponds to Burger's power spectrum for
supersonic turbulence. The correspondance between thédnt spectrum with random relative
phases for the spectral components and Larson’s line-widéhrelation has been suggested by
Myers & Gammie (1999). Their work is based on Larson’s findingt the observed internal
velocity dispersioro of a molecular cloud region is correlated with its lengthlsda(Larson,
1981):

o(A)OAC. (7.1)

Larson suggesteq = 0.38. This results in an approximate Kolmogorov scaling, Wwhg ex-
pected in case of ideal, incompressible hydrodynamicsrlaiservational work however found
g= 0.5 on scales larger than.Xpc (see e.g. Goodman et al., 1998). Finally, the power sgiect
indexnis unequivocally related tgasn = —3— 2q. It follows thatq = 0.38 results im= —3.76
(close to Kolmogorov's power spectral index( = —%1)), whereas = —4 forq=0.5.
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Figure 7.1: Calculategyo distributions of turbulent BESs. Each sample contains 1Qfaleq
cores, on which we apply random Gaussian velocity fields thighpower spectrurR(k) O k=4

and a mean absolute velocity of Machl. Different random ggsebrators (sample hb,hr) or a
population of the 8 largest modes (h8), instead of the 4 &rgees (hb,hr) does not influence
the distribution significantly. Howeveyiot is on average reduced by a factor 10, when the spatial
scale of the largest mode corresponds to the radius (hrrtitan the diameter of the core.
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Figure 7.2: The observed specific angular momentum distoibbwf molecular cloud cores by
Goodman et al. (1993) is shown as the dashed histogram. Tied binary-star population,
depicting the result of prestellar core collapse and fragaten, is plotted as the solid histogram.
It evolves into the dot-dashed histogram after passingutitrca typical star cluster (Kroupa,
1995). Figure taken from Goodwin et al. (2006).
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We only populate the largest modes of the system, allowinthiturbulent cascade to estab-
lish naturally over time. In Figure 7.1, we show four diffetelistributions of initial core angular
momenta, each resulting from a powerlaw spectral index—4 and a mean absolute value of
Mach1. For every shown distribution, we apply 100 diffeneatiisations of the turbulent velocity
field to our standard core setup. The turbulent setups gekt@produce the four distributions
differ slightly in populated modes and/or random seed g&oerIn samples 'hb’, 'hr’ and 'h8’
the largest mode corresponds to the diameter of the sphesgribDtions 'hb’ and ’'hr’ only
differ in the turbulent seeds employed for every individsetup. In both samples the initially
populated modes are the four longest orles (L..4), whereas modds= 1..8 are populated in
sample 'h8’. All of these distributions result in approxitely the same mean specific angular
momentum it ~ 10?lcn?s—1). However, the mean value of sample 'h2’ is about an order of
magnitude lower, even though 'h2’ resembles 'hr’ or 'hb’ tinemgth, power spectral index and
turbulent seeds. The only difference is the population ofevaumbers = 2..4, starting from
the second longest mode or the radius of the sphere. For cmopahe distribution of specific
angular momenta of molecular cloud cores observed by Goodinal. (1993) is shown in Fig.
7.2. The initial binary-star population for late-type st@¥lyimary < 1IM) and the evolution of
the binary-star population when passing through a typitzal duster are also included in Fig.
7.2. This figure was taken from Goodwin et al. (2006), who ssteed that the distribution of
J/M of molecular cloud cores forms a natural extension to thigalrstellar binary population,
possibly suggesting an evolutionary sequence. In 2001ypa@& Burkert inferred that the ini-
tial binary period distribution, which is correlated withet jioi-distribution of the initial binary
star population, is a result of core fragmentation. Theygoered N-body computations studying
the influence of stellar-dynamical interactions in embeldstar clusters.

It should be noted that the cores included in the sample ofti@am et al. (1993) are low-mass
dense cores, but have different sizes and masses. Thetleéoobserved distribution of specific
core angular momenta is broader than the distribution nbthby superimposing turbulent ve-
locity fields on a single core realization. Moreover, theesoobserved by Goodman et al. (1993)
are typically somewhat larger than the core in our examplechvcould explain that the aver-
agejiot is a factor of 10 smaller in our calculated samples. The makangular momentum in
our sample could however only be increased by shifting tesgnic turbulence (Mach number
M > 1).

On scales of 0.1pc, low-mass molecular cloud cores are wixdéo have net specific angular
momenta of approximately 28cn?s~1. Thus, the idea that prestellar cores ought to be subject
to turbulence on core diameter scales is suggestive. Rrdvltht turbulence is indeed the only
source of net angular momentum present, the typical cote seems to be set by the turbulent
dissipation scale or the scale corresponding to the tianditom super- to subsonic turbulence,
respectively. These results have to be tested in the frankes¥anolecular cloud and core for-
mation, which is left to future work.
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Run| Sample| Qo[s™l] | IM[cn?s™Y] | Bory | to[kyr] AV
0 - 1.0- 10| 17.10° |[7-10%| 926 Balsara
TOa| h233 - 1.0-10%° 0.39 | 160.7 Const
TOb| h88s1l - 1.3-10%0 0.36 98.7 Const
TOoc| hr5 - 2.2.10%0 0.33 | 130.8 Const
TOd | hb6 - 6.34-10%° 0.28 96.7 Const
la - 6.0-1014| 1.03.1021 | 0.025 | 91.0 Const
1b - 6.0-1014| 1.03.-1021 | 0.025 | 92.6 Balsara
1c - 6.0-1014| 1.03.-1021 | 0.025 | 90.6 Bals+Time
Tla| hb27 - 1.0-10% 0.41 | 145.8 Const
Tib | hb27 - 1.0-10% 0.41 | 151.7 Balsara
Tlc| hb58 - 1.0-10%1 0.284 | 109.5 Const
Tid | hb58 - 1.0-10%1 0.284 | 110.3 Balsara
Tle| hr3 - 1.0-10%1 0.393 | 137.7 Const
Tif | hr3 - 1.0-10% 0.393 | 135.9 Balsara
2 - 80.-1014| 137.10°1 | 0.045 | 92.6 Balsara
T2a| h81 - 1.3-10% 0.466 | 132.6 Const
T2b| h81 - 1.3-10% 0.466 | 137.9 Balsara
3 - 1.0-1018| 1711021 | 0.071 | 945 Balsara
T3a| hb66 - 1.7-10%1 0.327 | 126.1 Balsara
4 - 15-10°18| 257.1021 | 0.159 | 96.5 Balsara
T4a| hr66 - 2.59.10%1 0.63 | 152.3 Const
T4b| hr66 - 2.59.10%1 0.63 | 1595 Balsara
6 - 1.6-1018| 274.1021 | 0.181 | 100.5 Balsara
T6a| hbl7 - 2.72-10°1 | 0.483 | 99.07 Const
Téd | hbl7 - 2.72-10°1 | 0.483 | 112.3 Balsara
T6f | hbl7 - 2.72-10°1 | 0.483 | 99.07 | Const+BigHmin
7 - 1.8-10°13| 3.00-102' | 0.229 | 116.6 Balsara

Table 7.1: We list the various initial rotational frequess{)y and resulting spe-
cific angular momentd /M = jior. For the turbulent cores, we give the sample
number of each core. For all rigidly rotating corgsgives the ratio of rotational
to gravitational energy according to Eg. 5.2, whereas fertthtbulent cores we
list y, the ratio of turbulent to gravitational energy containethim the core. Fur-
thermore, we calculated the time of central object formrmatyp The last column
contains information on the employed implementation of $#Picial viscosity as
discussed in section 3.3. With these setups, we roughlythgasbserved ranges of
1074 < B < 1.4 (Goodman et al., 1993; Caselli et al., 2002yer 0.5 (Jijina et al.,
1999), respectively. Run 5 is missing, as we did not calcwdateturbulent setup
with a corresponding angular momentum.
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7.2 Core sample

Apart from a different velocity setup, the same density peptemperature, cooling prescription
and numerical resolution as in the previous chapters is@edl Several turbulent setups are
picked from the four distributions shown in Fig. 7.1. Evegfested turbulent core setup has a
total angular momentum, which is comparable to a core in pgi@ rotation, which has already
been discussed in detail in the former chapters. In casegyf rotation, we found the most
important disk properties to be a function of core angulammaotum. All calculations are listed
in Table 7.2. The structure is as follows: The same core numlike naming convention implies
equaljit. In addition, runs whergyt is based on a turbulent velocity field are marked with a ' T’
in front of the core number. Runs with equaj; but different implementations of SPH artificial
viscosity or more than one turbulent realization are dggtished by an additional letter 'a’-'f’.
The sample from which we took the turbulent velocity fieldiggdd in the second column of
Table 7.2. The differences between the four named samptebden introduced in section 7.1.
In case of rigid rotation, we list the rotational frequerizyn column 3. jit for all cores is given

in the fourth column. Furthermore, in case of rigid rotatithe standard definition @ = Bconss
the ratio of rotational to gravitational energy, has bedautated according to

g22R§0I’e (72)

Bconst: 3G Mcore,

whereRqore and Mcore are outer radius and total core mass, respectively. G isrdnatgtional
constant. In case of turbulence, we giyehe ratio of turbulent kinetic energy to total gravita-
tional energy within the prestellar core insteagBofWWe calculated/ from

Npart 1 2
Eturb - 2i-1 ?mvi,turb

= (7.3)
e 3mo

Y=

where®; is the initial gravitational potential of particleV; ¢y is its turbulent velocity andy its
mass.Npart is the number of particles within the sphere’s outer radius.

Finally, we list the time of central object formatidg which is defined to be the time of the
first snapshot at which the gas density excegds 10 11g cm 3. The last column shows the
specific SPH artificial viscosity (AV) implementation. Wedithe general trend, that it takes
slightly longer fot the core to readh when using the Balsara implementation as compared to
the standard constant AV. However, we do not find any coioglaif y with tg or jior with tg in
the turbulent cases, wherdgss clearly correlated witl®2, B and jio; in case of rigid rotation. In
general, central object formation happens later in theuterii cases. This results from the early
braking of the radial symmetry of the core collapse in theses.

Run 1b and Run 7 have been accurately studied in chapter 4.tuUnébely none of the turbulent
cores has atotal specific angular momentum as high as in Run the@ther hand, the evolution
of the rigidly rotating core of Run 6 is very similar to Run 7. Tém®re we will use Run 6 to
study the core collapse in case of high angular momentum.
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7.3 The global structure of turbulent core collapse: Warm fil-
aments

In the following the evolution of three cores (Runs T1b, T1df)Twith equally low initial
angular momentunjyt = 10?1cm?s™1, which is comparable to the rigidly rotating case with
Q =6-10"1s1 (Run 1), and one core with high initial angular momentum (Ruxd W6th
jtot = 2.72- 10%1cmPs 1), which is comparable t® = 1.6- 10 13s~1 (Run 6a) will be shown.
We picked three different realizations of the same angulamentum in order to demonstrate
the dependence on the turbulent velocity field - despitelegsa

We start by comparing the global core structure of turbutert rigidly rotating cores after
they have collapsed to form one or more dense central objébis collapse of a super-critical
BES is initiated at the outer boundary of the sphere. In casiof core rotation, the BE hy-
drostatic equilibrium profile is soon changing towards adla¢d core region surrounded by an
1/R?-envelope, which is continuously growing in size. The qudawave, which forms the edge
of the flattened central region, accelerates towards thieicand precedes the free-falling enve-
lope material. In that stage the cooling time scale is vegrtstompared to the local free-fall
time (Tco01/ T < 1) and the gas behaves rather isothermal. On global scale®libpse ini-
tially proceeds in a spherically symmetric manner. Latercamtrifugal forces lead to a further
collapse in cylindrical symmetry (see Fig. 7.7 for compamis In a turbulent scenario, the col-
lapse symmetry is broken early on during the simulationekdéd dense filaments are forming
before the formation of a central object is possible. As altewe do not find any correlation
of the time of central object formatiag with the relative amount of turbulent energyor the
total specific core angular momentupg; in the turbulent cases. In the following, the mass and
dimensions of the forming filaments will be discussed.

As the dense central object is typically forming offset frtime core center and the emerging
protostellar disks are oriented in an initially unpredutéadirection, the data has been shifted
and transformed. First, the forming central object is skiifto the origin of the new coordinate
system. Second, all particle coordinates have been tnanstbto the system of inertia of the
dense central region at every time step. For this purpos@wlfthe dense central region to be
well represented by thé; s component which contains all SPH particles with- 10-16g cm 2.
For T1b-T1f as well as T6d, the resulting distributions oH5Particles in the face-on and the
two edge-on projections are shown in Fig. 7.3 - 7.6. The glagiare colour-coded according
to their current temperature. Black: cold gas with< 20K, OrangeT > 20K, Red:T > 50K.

In all simulations most of the core gas belongs to a cold, lewsity component surrounding
one filamentary structure which is forming within the coree fvd the embedded filament to be
somewhat warmer than the average core @as Q0K). In the following, gas witil > 20K will

be defined athe filament The filament always has an elongated, prolate shape. Ifig&mavn,
that the substructure within star-forming molecular clowften appears to be filamentary (e.g.
Narayanan et al., 2008). Dense prestellar cores are olosere embedded within filaments,
and themselves can have dynamically complicated shapesl(i@sl., 2002). However, the
resolution of recent observations is not good enough tdvesloe internal structure of prestellar
cores.
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Figure 7.3: Face-on (top panel) and
two edge-on projections of SPH par-
ticles for Run T1b (hb27+Balsara) af-
ter 168 kyrs. Different colours de-
note different temperature regimes:
Grey: T < 20K; Orange: T > 20K,
Red: T > 50K. The forming pro-
tostar has been shifted to the ori-
gin and the whole system has been
transformed to the system of iner-
tia of the Mg density component,
which includes all SPH particles with
p > 10 g cm=3. In this coordi-
nate system the disk is oriented along
the long axis of the filament struc-
ture. The[x,y|-plane shows the face-
on projection of the small forming
disk. The circle indicate¥ace-on’,
whereas the twedge-onprojections
are indicated by the solid black line
plotted in the[x,z] and|y,z projec-
tions. Neither the length of the solid
line nor the radius of the circle are
correlated with the actual size of the
disk, simply because the rotationally
supported disk is too small to be vis-
ible here Ryisk &~ 60AU). The black
vector depicts the direction of the to-
tal angular momentum of th&lg
density component, and is normalised
t0 jrotm,s = L.03AU?/s. As the total
angular momentum vector does not
point in the direction of any of the
principal axis of inertia, th&,5 com-
ponent is precessing.
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Figure 7.4: Face-on and two edge-on projections of SPHabestfor Run T1d (hb58+Balsara) at
the last snapshot of the simulation (120 kyrs). Colour-cg@ind projections are similar to Fig.

7.3. In this case, no disk but a rather spherically symmetitral object is forming. Therefore

the black solid line indicating the disk plane is not showmeBngular momentum vector has
been normalised tfotm,, = 0.012AU2 /s, which is much smaller than in Run T1b.
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Figure 7.5: After 152 kyrs a small disk, which is again orezhalong the filament has formed in
Run T1f (hr3+Balsara). The total angular momentum helgis,, = 0.21AU?/s.
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Figure 7.6: The largest of all disks is formed in Run T6d (hiB&lsara). Shown is the last
simulation snapshot at 138 kyr. The setup of T6d contain$itpeest initial core angular mo-
mentum of all setups in our four samples. This time the diskeiy well defined by thévi g
component and the angular momentum vector is almost pirfglagned with the z-principal
axis of inertia. Again, the disk is aligned along the filaméFtie angular momentum vector has
been normalised tfot v, = 0.19AU?/s.
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Figure 7.7: The global struc-
ture of rigidly rotating col-
lapse Run 6d is shown for
comparison. In this case no
filament is forming. The col-
lapse results in a well-defined
disk, which is warmer than
the rest of the core. The
output shows the disk after
130kyrs, where a warmer spi-
ral arm has already formed
within the disk. Close to
the central object the gas
temperature locally exceeds
100K (dark red). The disk
IS not pressesing and the an-
gular momentum vector has
been normalised t@yt M, =
0.40AU?/s in this case.
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We also include the angular momentum vector offhg component for all projections, as well
as the disk plane for both edge-on projections. Solely in thgédangular momentum vector is
aligned with one principal axis of inertia. For all other siwe do not find perfect alignment,
which is a clear sign of precession of thekg component. T6d is also the only run in which an
extended protostellar disk is formed. The precession se€hb-T1f result from this component
not being in centrifugal equilibrium. However, the dewatiof the angular momentum vector
from the principal axis of inertia is small.

In all simulations, the forming protostellar disks are rblygaligned with the long axis of the
filament. This result can be tested against observation®ohg stellar objects. Under the
assumption that a disk’s orientation does not change dreafigtonce it has formed (i.e. if
angular momentum is conserved), one can expect the prib@osibjects formed in our simu-
lations to launch jets and outflows which are oriented petjwerar to the filament. It is gen-
erally presumed that protostellar outflows, which are pobpdriven by torsional MHD waves
propagating along magnetic field lines anchored in the nistellar disk, are directed close to
its rotation axis, along its angular momentum vector, ardagonal to any attendant accretion
disk, respectively (Pudritz & Norman, 1986). Anathpind&&Vhitworth (2008) studied the ori-
entation of observed outflows from young protostars retativthe filament within which they
were born. These observed filaments are larger than the filmnyestructure which is form-
ing in the turbulent simulations. Regarding the way filamgn#iructure forms in a turbulent
environment, it is however plausible that the filaments, alvhfiorm within the cores are ori-
ented along rather than perpendicular to the larger filasnsatrounding the prestellar cores.
Anathpindika & Whitworth (2008) found that about 72% of outflowere within 48 of being
orthogonal to the filament in cases where the directionsefithaments and outflows were well
defined. Even though circumstellar disks are not directseotable within the dense filaments,
they concluded that most of the disks must be aligned alam{jldments. In this framework, our
results are in agreement with observations of embeddedyystetiar objects. Unfortunately, the
launch of jets and outflows is not directly included in themeutations because the employed
numerical method does not feature the prescription of magfelds. In addition, the required
resolution of sub-AU scales is not included. As this probiemumerically very ambitious, it
has not yet been addressed in any simulation of presteltaraatiapse.

It has already been mentioned, that all protostellar objeciour simulations form offset
from the original center of the Bonnor-Ebert sphere. Thealgasitions of all central objects
are illustrated in Fig. 7.8 (red symbols, using sphericdius). The underlying blue-shaded
contour plot shows the initial density profile of the prelstecore with a maximum, central
density ofpg = 10-18g cm 3. The outer radius of the sphere, which is cut off at the diriens
less radiu€max = 6.9, is Rees = 17.2- 103AU. When studying the radial offset of the forming
young stellar objects from the original center of mass ofggaeental prestellar core, we find a
remarkable trend: As the parental core is set up to follow anBoitbert density distribution,
the core features a flat density profile within the inner feautand AU and an outer envelope,
wherep falls of proportional toR~2. In our case this transition is found at a radial distance of
5000AU-7000AU from the original core center. 45% of the calnbbjects formed in our sample
are located close to this transition region, which is shadegtey in Fig.| 7.9, where all radial
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Figure 7.8: The blue-shaded contour plot shows the inigakity profile of the simulated prestel-
lar cores: A BES withog = 107 18g cm 3, T = 20K and{max = 6.9 or Rggs = 17.2- 10°AU,
respectively. The density profile of this BES is flat out to auadf 5000 - 7000AU, and falls
of proportional toR~? at larger radii. Red points show the radial position of eacmfog proto-
stellar object.
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Figure 7.9: Histogram of the radial positions of all formipigptostars. The radius at which the
BE density profile undergoes the transition from flat centeglon top(R) 0 R=? is shaded in
grey. The outer radius of the sphere is marked by the dashiédaldine.

positions are summarised in a histogram. Furthermore, 2784 central objects form at radii
smaller than 6000 AU. 18% of these are setups which resukiiy w total core angular mo-
menta. Equally many (27%) collapse at larger radii. Onecilgeen forms beyonBggs, which

is marked by the dashed vertical line. The origin of theséataudfsets will be explained in the
following.

In order to understand the generated offset, several aspktirbulent collapse have to be con-
sidered. First, unlike the collapse of a singular isothéisphere, or a core with a Plummer-like
powerlaw density distribution, the collapse of a Bonnor4Elsphere is initiated at its outer
boundary, rather than at the core center. The collapsetgde-in This means that even without
the disturbing influence of an additional velocity field, thense central region would roughly
stay in hydrostatic equilibrium, while the outer parts o ttore are already collapsing towards
the center. As the collapse wave is driven towards the carecehe effective pressure at the
shrinking boundary of the unperturbed region within thdajmde wave is increased. In order to
retain hydrostatic equilibrium the pressure increase mspEnsated by an increase in the central
density of the BES. In case of rigid core rotation (and betgyehe radial collapse proceeds
more or less unhindered because the rotational velocityastty proportional to the cylindrical
radiusr. Thus, at small or along the rotation axis, respectively, the kinetic ejeagded by
rotationEyi, is small Exin O Qr?). However, in case of turbulent core collapse the velocgigfi
and consequently the kinetic energy does not simply depemddius. Fig. 7.10 shows two cuts
through the turbulent velocity fields of T1b and T1d in thenglaefined by = 0. The absolute
value of the three-dimensional velocity field has been ntsed to the isothermal sound speed
of the setupcs = 0.29kmy/s (according tal = 20K). One clearly finds regions containing high
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Figure 7.10: Cut through the 128urbulent velocity cube a = 0. Top: Setup for T1b.Bot-

tom: Setup for T6d. Colour-coded is the absolute value of the tbnewensional velocity vector
relative to the local soundspeeglof the systemcs is initially constant and equal to 0.29 km/s
within the core region. Within the hot ambient medium, whighot involved in the collapse, all
velocities are set to zero.
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Figure 7.11: Density distribution of SPH particles plottaghinst spherical radius. The first time
step reflects the initial setup. In this plot, the collapselbeen followed until a dense protostellar

object has formed d§.
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Figure 7.12: Shown is the evolution of surface density arldcitees of T1b in the first few
thousand years after the start of the simulatioh-atOkyr. From top to bottom at every output
time the three cuts shoyx,y|- (left), [x,Z- (middle), and]y, z-plane (right) within a quadratic
region of[—12000AU +12000AU. Every slice has a thickness of 1000AU, resulting in a serfac
density. It should be noted that the actual boxsize is altfwee times larger than the plotted
region.
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Figure 7.13: Early core evolution of Run T6d. The size of thatpld volume, the slice thickness
and colour-coding as well as the output times are equal to/&i@. In T6d, the core seems to be
compressed rather than torn apart in thg|-plane. Therefore a dense, elongated filament forms

quickly.
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Figure 7.14: Ratio of turbulent kinetic to potential energyadunction of spherical radius for the
initial conditions of 11 different collapse simulationshd positions of forming central objects
are indicated by the red stars. Formed binaries are notvekoMore than half of the setups
show a strong increase Bfy/Epot With decreasing radius.

and low amounts of turbulent kinetic energy. Within islandiigh kinetic energy, the local ab-
solute velocities even exceed the local sound speed by ufatiia of two. As the velocity field
has been setup to be anisotropic in all three spatial dinestiregions withv| > v/3cs = 1.73cs
contain slightly supersonic velocities. The energy buddget! turbulent initial conditions is fur-
ther explored in Fig. 7.14, which shows the ratio of turbulinetic energy to potential energy
of the BES as a function of radiustat 0. The relatively large amount of kinetic energy, which
has been superimposed onto the inner core regions causesritez to expand in an irregular
manner. Fig. 7.12 shows cuts through density and velocily iERun T1b within the first few
thousand years of evolution. The distributions have nohlimsformed to any system of iner-
tia, but rather show the structure in the original coordinatstem of the setup. The expansion
is fast at radii wheré&y,n/Epot is high, which is the case around a radius of 5000AU in run T1b.
Fig.7.12 also illustrates how a filamentary structure isagity forming in turbulent collapse
simulations. The symmetry of the system is already brokethbyturbulent initial conditions,
which enforce the elongation of the prestellar core. Withimfirst few thousand years, the ex-
pansion results in a slight decrease of the central coreitgleasseen in Fig. 7.11. The upper
panel of Fig, 7.11 shows the density profile of Run T1b, whetleaprofile of T6d is depicted
in the lower panel for comparison. In T1b the collapsing oatee shells are halted and pushed
together due to the turbulent energy stabilising the inoee cegion. In T6d the collapse is also
altered, but the overall expansion of the central regiomtsas strong. In théx, y]-plane the core
even appears to be compressed rather the torn apart (seeFay. Therefore the prestellar core
is directly forced into the filamentary shape. In this caspraostellar object can form much
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closer to the center of the original cloud. However, the pp#ats of the cloud are also affected
by turbulence and the formation of a second protostellagaibg initiated at a radius of about
10*AU. The reason for the slight offset between the positiorhef ¢entral object which is no-
ticeable when comparing Fig. 7/14 and Fig. 7.11 is the maifdhe "protostar’ with respect to
the core. However this relative velocity is very small (af thrder of 0.1 km/s) - a velocity which
is comparable to the relative motions of young stellar aisjderived from SCUBA observations
by Jagrgensen et al. (e.g. 2007).

Fig.|7.15 shows the further evolution of the whole core. Timg, the density and velocity
field within a cube of volumg12000AU)2 is shown in three projection$x(y], [x,Z andly, ).
Whereas outflowing velocities completely dominate the dyinaraf the core in the beginning
of the simulation, the overall collapse takes over afterualaofree-fall time. The core, which
has been violently shaped by turbulence is reformed to oh@psing dense filament. The last
snapshot in Fig. 7.15 shows the core structure right afteeresel prestellar object has formed
within the high density region in the lower left corner of phojections. At this stage of the
collapse gas is falling onto the filament from all sides. Whstte velocities within the filament
are relatively low. A protostellar object may thereforewrby direct gas infall onto it or by
accretion of gas through the filament.

In summary, the interaction of gravity and turbulence caubke core to adopt a global filamen-
tary shape. Then the collapse to a dense protostellar abj#tjgeredsomewherealong the
filament, just at a place where the local Jeans mass is exttebdease of T1b the protostellar
object is formed at the edge of the filament. However, the &ion of a protostar is not always
initiated at the edge of the filamentary structure as woul@éXjgected in case of the collapse
of finite, self-gravitating, gaseous sheets with an etigdtouter boundary (Burkert & Hartmann,
2004). For instance in Run T6d, where we find the largest pigtas disk, the protostellar
object forms well within the filament (see also Fig. 7.6).

7.4 Protostellar disk formation in turbulent core collapse

It has already been mentioned that all of the turbulent pe#asimulations evolve differently
and, in most cases, independently of the initial core amgnamentum. Concerning the numer-
ical calculations, the evolution time scale of the collajssgetermined by the maximum density
and the amount of mass accumulating at high densipies p,). SPH particles sitting at high
densities significantly slows down the calculation. In tbkolwing it will be shown that many
of the turbulent cores quickly form central objects. Due twnerical limitations, it has hence
not been possible to follow the collapse to a stage wheretét&% of the total core mass has
collapsed to densities higher than#6g cm2 in all simulations. Therefore the criterion, which
has been used to constragp, in case of rigid rotation cannot be applied in the turbulexrsec

In case of rigid rotation we found the mass of the centralal{)d,) attsing to be around @23M,
for all simulations except Run 0 and Run 1. In Run 1, whigges low, M, (tsinar) is about twice
as high M, ~ 0.54M.). In Run OM, is even higher. In all turbulent simulations, a mass of
M, = 0.23M,, is reached (see Fig. 7.4). Even in Run T6d, where the centi@ttodrows slowly,
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Figure 7.15: Further evolution of Run T1b. Here, we show tipregections of a cube of volume
(12000AU)® around the original center of the core at every output tiggestAccordingly, the
velocity arrows depict the mean projected velocities witthie whole volume. The first three
snapshots still show the core before a protostellar objastideen formed. The last snapshot
(lowest panel) shows the systemt@t- 0.6kyrs, right after a protostellar object has just formed
at (-7911.AU, -8425.AU, -8216.AU) from the center. In thése the protostellar object forms in

the focal point of the collapsing filament.
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Figure 7.16: Mass of the forming central object as a funatibtime for all turbulent runs.

M, = 0.23M, after 138.1 kyrs. Thid/, is the maximal protostellar mass, which all turbulent
simulations have in common . Thus, we defifgym to be the time at whicM, = 0.23M, for
the first time in a simulation. Though the masses of the fognpirotostellar objects are com-
parable in turbulent and rigidly rotating collapse simigas, the disks forming in the turbulent
case are much smaller. Thus the disk component gvith10~18g cmi3 is missing in most cases
andMgig contains less mass than in the rigidly rotating case. Fsrrason, the 28% criterion
applied to compare all rigidly rotating calculations canhhe used in the turbulent case, even
though the simulations were evolved for a comparable timéh vespect to physical and CPU
time.

All turbulent simulations evolve individually, and a sineplniversal behaviour concerning proto-
stellar disk formation cannot be identified. Therefore twpra@aches will be used to disentangle
the dynamical evolution of turbulent core collapse. On the dand tsn turp Will be used to
guantitatively compare the evolutionary stage of the psilag gas as well as the protostellar
disk formation stage. Thoudin wr Might be short aftety in rapidly collapsing setups, and
later information is not taken into account in this cédggiurm, represents a robust parameter for
all simulations. On the other hand, many simulations rarafanuch longer time thaty, trbo.

In order to include this information, some runs will be dissed qualitatively by analysing the
evolution betweety and the time at which the simulation has been stopggl)( We find that
some systems evolve significantly betwegnumn andtsiop, Whereas others don’t. Nevertheless,
in all cases where a disk is formed from a turbulent setup,atrieady visible &, wr, (See Fig.
7.18). In this respect the comparison of the simulatiorighain can be justified.
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Figure 7.17: The most important properties like collapseeticollapsed mass and radial extent
at tn wrb are summarised for all turbulent simulations. Three d#féercomponents have been
studied:M13, which contains all mass in SPH particles at densjties p > 10~13g cm3, My
with p, > p > 10718 cm2 and Mhat = 0.5M16. ConcerningMyaf, the corresponding radius
Rhaif is especially interesting. Different colours of the plobdgyols indicate the final outcome of
each simulation. Yellow symbols stand for cores which fon prestellar objects, purple sym-
bols indicate the formation of a protostellar disk and rurith Wwlack symbols neither fragment
nor form a protostellar disk. The only run which is simply lepking to a single protostellar
object is T1d.
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Figure 7.18: Evolutionary stage of turbulent coresqat,m,. All panels on the right hand side
show a region of—500AU;+500AU] around the forming protostellar object, whereas on the left
hand side somewhat bigger regions 1000AU;+1000AU) of the same simulations are plotted.
The plot demonstrates that - if a disk is forming at all - itli®ady visible atp 1y, €ven though

at this stage only small parts of it are rotationally supgart
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7.4.1 Quantitative Analysis

In Fig. [7.17 the most important properties like collapseetig and tfin turb, collapsed mass
and radial extent & wyrp are summarised for all turbulent simulations. Three déffércom-
ponents have been studiei3, which contains all mass in SPH particles at densipess
10 g cm3 > p > 1073g cm 3, Mg with p, > p > 10~ 18g cmi 3 andMy,as = 0.5My6. Con-
cerningMpgais, the corresponding radiug, s is especially interesting. Different colours of the
plot symbols indicate the final outcome of each simulatiorellosv symbols stand for cores
which form two prestellar objects, purple symbols indicdte formation of a protostellar disk
and runs with black symbols neither fragment nor form a miatidar disk. Disk formation is
found in 82% of all cases, fragmentation in only 12% of allesasA disk frequency of about
80% fits very well to observed values (e.g. in Chamelaeon d, Akeala et al., 2008). The only
run which is simply collapsing to a single protostellar abjes T1d.

First of all, there is no correlation between the collapsetand the total amount of angular mo-
mentum contained in the prestellar cores. The central bhgcacquired a masshdf, = 0.23M,
afterty + 5kyrs totg + 20kyrs. The shortest time differences are found in the tvwsesavhere
the core is fragmenting early on during the simulation, oectly collapsing to form one single
protostellar object without a circumstellar disk. In alhet cases, the formation of a protostellar
disk is initiated and the central object grows somewhat stovrhe largest time difference is
found in Run T6d afio; = 2.7- 10?1cn?s L. This run, which contains the largest initial angular
momentum also forms a large disk, which contains a signifiaarount of mass in the lowest
density component. The fraction of gas accumulated ifMigcomponent is quite low in this
case. For some disks half mass angs are approximately equal. In these cases the half mass
radiusRngif is also comparable tB;3 and around 40AU - 60AU. The radius of the lowest density
componenRyg is always much larger thaR;3 andRngr. Ryg is larger than 200AU and between
200AU-300AU in most cases. In case of fragmentaftyg cannot be attributed to one of the
objects but rather surrounds both protostellar objectslaaefore appears to be very large. For
Run TO0a withjir = 10?%m?s ™1, the second fragment even affects all density componemts an
Ri3 as well asRygf seem to be equally large. In summary, turbulence influernweptestellar
core collapse in a nonlinear manner. Close to the core cdmedutbulent velocities are much
higher than the rotational velocity in a rigidly rotatingse. Therefore the hydrostatic equilib-
rium close to the core center is impetuously disturbed leefavity takes over and the central
regions collapse. As a result, Fig. 7.17 shows that the deaelation of collapse time, disk
mass and radius with the initial core angular momentum whashbeen found in case of rigid
rotation is not at all present in turbulent collapse simala. We will however discuss the mass
evolution of the different components as well as mass imé&ks and disk concentration as a
function of time in the next section. This will be done in arde demonstrate that the results
depicted in Fig. 7.17 are not biased by the choicgfib.

Evolution of the collapsed mass

Fig. 7.19 illustrates the mass evolution in three differdgsity componentdV;3 in black,M1g
in pink andMgjlament IN blue) as well as the mass infall rates oMes andMyg. Msilament repre-
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sents the mass of the warm filament forming within the corecamdiains all the mass in gas with
T > 20K. An increasing amount of gas is accumulated fidfymentto M13, or from the bottom

to the top panel on the left hand side of Fig. 7.19, respdytivd the end of each simulation, at
tstop €ach filament typically contains betweeM and 18M.. Only a fraction of the filament
(between 20% and 50%) has a densitypof 10-16g cm3, and just a small amount of mass
assembles within the adiabatic density componkht only contains between 0.04 and M4.

In generalMy3 is low if Myg is also low and the other way round. The evolution of the filatne
mass also seems to be correlated with the evolutidgf In some cases all components emerge
at approximately the same time (e.g. in Run T1d between 103 2d#tyr, where a dense central
object is forming rapidly). In general this is however nat ttase. Lower density components
typically grow first. In summary, the growth of the differetgnsity components is not correlated
with the presence or size of a protostellar disk but is radie@endent on the turbulent gas infall
onto and accretion through the filament. In the right colurifig. 7.19, the gas infall rates onto
the Mg and theM13 density component are depicted. No significant differenddijry can be
found between different runs. Only in Run T1d and T2b, wheoggstellar objects are rapidly
formed - either through core fragmentation like in T2b or digect gravitational collapse as in
T1d - the infall rates are strongly increasing towatgs, On averagel,\?lima” onto M13 IS be-
tween 4 10-°M, /yr for T6d and 104M, /yr for e.g. T1b. The mass accretion rate afggs not
explicitly shown as it is roughly constant, though it hasrgéescatter. The mean mass accretion
rate onto any forming protostellar object isI®—>M., /yr. In case of direct gravitational collapse
(T1d) the average rate is a factor of two higher and equal 4°M, /yr. ThereforeMiza is

a factor of 2-5 higher than the average mass accretion rdtetbe central object. A similar
result was found when studying the collapse of rigidly rogtores. Furthermore, as compared
to Minsa (M13), the infall rate onto thél;5 component (lower right panel) is on average lower,
which means that thiel;g component itself is collapsing, thus increasing the apgandéall onto
the M3 component.

To complete the picture of turbulent core collapse, Fig..I7ilustrates the concentration
parametec, which has already been defined in the previous chapterséstien 5.2, Eq. 5.5).
c relates the mass in gas at high densities to the mass acdechatdow densitiesM13/M1g). In
case of rigid rotation, we found high disk concentrationsase of low core angular momentum,
with a maximum oft ~ 0.8. High concentrations of up to 0.8 are not found in any of tibulent
simulations. In case of rigid rotationwas continuously decreasing with increasing core angular
momentum and reached a value of only 0.1 for extended anché&ating disks. In the turbulent
case the well-defined, large disk found in T6d also has loveentration oic =~ 0.1. However in
T1d, where no disk is formedlalso stays below 0.1. In T1d the collapse happens so quicéty t
no adiabatic disk component is established. All the gas mediately used to contribute to the
forming protostellar object. On the other hand, in the tlebticasec is biased by the filament,
which contains a significant amount of gas with- 10~16g cm3. This gas does not belong to
the protostellar disk. In a nutshell, due to the unstructwvay the gas is collapsing, islands of
low angular momentum which are big enough to allow for thenation of a very concentrated
disk are not present. As we do not find any simulation wheesolves to values as high as
0.8, one can conclude that concentrated disks do not formongression of extended, poorly
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concentrated disks. This is reasonable as the subsequeration of a highly concentrated disk
would require the viscous time scale for the redistribubdmngular momentum to be shorter
than the collapse time scale, which determines the time smalwhich theMig component is
replenished. This is not the case in common disk theory.

Disks of low concentration have been found to be on averatgecthan concentrated disks
formed in case of rigid rotation. In the following sectiohetradial density, temperature and az-
imuthal velocity profiles will be discussed for four exanglé will be shown, that the tempera-
ture profiles are rather similar to the ones which have beemddor extended, low concentration
disks in the previous chapters (see e.g. section 4.3, Fig) 4.

Radial Density, Temperature and Velocity Profiles

In order to compare the dynamics and structure of the coligpsbjects in greater detail, we
compare the evolution of the radial density (Fig.7.21),pemature (Fig.7.23) and azimuthal ve-
locity profiles (Fig.7.22) shortly before and aftgr Again, we show three realizations (T1b, T1d,
T1f) of the turbulent version of the low angular momentum (Run 1), together with T6d, a
core with high total specific angular momentum. Like befove take the average of the density
of all SPH particles found within a certain spherical radius

Radial Density Profile:

The three cases with low core angular momentum lead to véfierelit results, which are also
different compared to the rigidly rotating case. In Run T1lica motating disk is forming around
a single central object. At the latest output time, the dgnmiofile in the inner disk region
(about 10AU - 70AU) resembles a shallow powerlaw structgr@) 0 R~13), which is much
flatter than in case of rigid rotation whepgR) 0 R=2° within all of the disk region. On the
other handp(R) is very steep in the outer disk regiop(R) O R™4). The change within the
density structure during the disk formation stage is a cteg for accretion and the redistribu-
tion of angular momentum, which will be discussed later ae(section 7.5). At radii larger
than~300AU, p(R) stays roughly constant at a value@fament~ 7 - 10-17g cm3, instead of
falling off proportional toR~2, the typical powerlaw expected within the outer regions silaer-
ically symmetric, collapsing Bonnor-Ebert sphere (see Ryn This flattened structure can be
attributed to the extended filament that formed in Run T1b.

In Run T1d the evolving density structure is essentiallyedéht from Run T1lb. Throughout
the inner 100 - 200AUo(R) O R3, followed by a flattened density region BRt> 200AU.
This time, the average density within the outer region is eshat higher than in Run T1b
(Prilament =~ 10~16g cn?), and slightly decreasing with radius. The decrease isethby the
asymmetric position of the filament relative to the centitgkot. In this case the central object
does not form within, but rather at the edge of the dense fitnfeurthermore, we do not find
any signs of ordered rotation or flattening within the inreew tens of AU around the central ob-
ject. Instead of a disk, a rotating, rather spherically sytimo region is surrounding the central
object.

A similar density profile is developing in Run T1f, where thesghstribution surrounding the
central object is almost spherically symmetric right afterin T1f, p(R) is constantly chang-
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Figure 7.19:Left column:Mass evolution of different density components. The topgbahows the
dense, adiabatic paigs in black), the middle panel illustraté;¢ (in pink) and the bottom panel
shows the mass contained within the filament Witk 20K, Mjamentin blue. The filament typically
grows before a dense protostellar object is formBight column:Infall rate onto theM13 (upper
panel in black) and thi&l, component (lower panel in pink).
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Figure 7.20: Concentration as a function of time for all tuelt runs.

ing, until a very small (R:20-25AU), flattened and hence disk-like feature is formihg a

to -+ 15kyr. At intermediate radii (25AU< R < 200AU) the small disk is surrounded by a
spheroidal 'disk envelope’. At even larger radii, we agade s flattening op(R) at a con-
stant value ofjament~ 7- 10" 17g cmi3. Here, the filament is again a little less dense than in
Run T1d. The central object also does not form exactly in theidieiof the elongated filament,
but is offset from the filament's center as well as from theteeaof the parental cloud core.

In the turbulent cases, the disk components reside at vghydensitiesg > 10~ 13g cm3). The
gas at densities as low as 8g cm2, which could be clearly attributed to a rotating disk in case
of rigid rotation, is now building up the filaments, within wh central object and protostellar
disk are forming. Therefore, we will have to extend our diskimition criterion for all turbulent
cases.

Like in rigid rotation, the largest of all protostellar dsskormed from turbulent cores is found
in the simulation which features the highest amount ofahitore angular momentum: Run T6,
with jiot = 2.72- 10?1cns™1. The radial density profile of Run T6d exhibits clear signs of a
relatively large (R< 700 - 800AU) disk-like structure surrounding the denseregiobject. The
density profile of the disk region can be well fitted by two poaes. Within the central disk
(20AU < R < 80AU) p(R) follows a flat powerlaw oR~1, whereas within the outer disk (90AU
< R < 700-800AU) the density powerlaw is a little steepe(R) 0 R21). Interestingly, these
results are consistent with the disk structure found in ca#sst rigid rotation (Run 7), which has
been discussed in chapter 4. Also the typical filamentagelacale structure is less pronounced
in this case ang(R) is continuously decreasing with increasing radius (up teva Z000AU),
approximately proportional tR3.
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Figure 7.21: Radial density profiles at different times befand aftettg until tsiop At every
output time the density was spherically averaged over 1080 [&#ticles. Moreover the coordi-
nate system has been centered onto the position of the fgqnatostellar object. In T1b (upper
left panel) and T6d (lower left panel) a protostellar diskosming. Within the disk regions, the
resulting density profile follows a powerlaw more shallowrik-2.1. In Run T1d (upper right
panel) and T1f (lower right panel) the density profile is dyusteep p(R) O R~3). No disk is
forming in T1d. In T1f,p(R) is even steeper between 20AU and 150AU. Instead, a very small
disk ( 20AU) starts to form in the last timestep.
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The evolution of the azimuthal velocity profiles as a functiorof radius:

Fig.7.22 shows the azimuthal velocity component as a fanaif cylindrical radius\s(r)) and
the ratio of azimuthal velocity component to local soundesper velocity dispersiong(r)/cs(r)),
respectively. For all simulations, we find the center (inB&U) to be increasingly supported by
pressure rather than rotation. Thus, the structure of thealebject appears to be similar in all
simulations. However, when taking a closer look one finds @ absolute value ofp as well
asve/Cs at r<5AU is somewhat higher in T1b and T6b than in T1d or T1f. In h&bn T1b and
T6b, we found the formation of a protostellar disk, whereadisk was found in T1d, and a very
small one was found in T1f, respectively. This is in agreetwath disk forming calculations
from the rigidly rotating sample, where the absolute valisemas higher by roughly a factor of 2
within the inner 5AU as compared to T1d. By looking at the dsition of SPH particles build-
ing up the central object we find a disk-like structure in atigations with rigid rotation as well
as in Run T1b, T1f and T6b: In short, all simulations which depea circumstellar disk, also
have a central object which has the shapemdieear disk On the other hand, the central object
in T1d, the only run of these four where no circumstellar dvsls formed, is spherical. At larger
radii, v /Cs Shows clear signs of rotational support within the disk@agrithin 5SAU<r<150AU

for T1b, 5AU<r<25AU for T1f and 5AU<r<700AU for T6b. In T1f, the rotational support is
only developed within the last few time steps. In Run Tiglr > 5AU) is well approximated
by a single powerlawg 0 R~2. Therefore, at a radial distance of more than a few hundred AU
from the central object, the azimuthal velocity is largefird than in all other cases. The variety
of azimuthal velocity profiles demonstrates the influencthefrandom turbulent velocity field,
due to which the prestellar core is restructured immedjiatieér the simulation has been started.

The radial temperature profiles:
The radial temperature profiles of the four discussed terfiuluns are depicted in Fig. 7.23.
Within all formed disk regiond (R) O R=%7, similar to the disks formed from rigidly rotating
cores. However, the temperature profiles are a little biteftah case of rigid rotationT{(R) O
R0€ for Run 1b andl (R) 0 R-%° for Run 7). We find the hottest temperatures in Run T1d,
where the collapse results in rather spherical centrabre@s discussed above). It should also
be noted, that the temperature profile of T1d stays rouglgteon afterty. At tg+ 10kyr, the
protostellar object has a mass ofll.,. The collapse proceeds fast, and thus the adiabatic central
region is efficiently heated by shocks. Compared to T1f, whieeeprotostellar object is about
equally heavy in the last snapshot, the protostellar olgjemtrs much faster in T1d. Therefore
the central regions are less heated in T1f as compared toQm.the other hand, the temperature
also falls off rapidly in T1d such that at a radius of aboutAOQT (R) is approximately equal
in all runs. At 100AU the temperature is between 100K and 150kl simulations. The
lowest temperatures are seen in T6b, where we also find theskaprotostellar disk. Again,
this behaviour is similar to what we found in case of rigicatan, where the temperature was
significantly lower within the large disk formed in Run 7, asmared to the small, hundred
AU disk formed in Run 1b. Overall the disk temperature profitesnd in the turbulent collapse
simulations are similar to the ones found in simulation$uding rigid rotation. Only one detalil
is missing. Except for T1b, where a well-defined small diskosnd, the local temperature
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Figure 7.22: The evolution of the azimuthal velocity prafibg different times. Again, the mean
value derived for 100 SPH particles is shown at every outpinttpIn the left columnvg, itself is
shown, whereasq /Cs is plotted in the right columncs was derived for the same SPH particles
asve and is therefore an average over the local sound speed ofAld@&rticles.
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Figure 7.23: Radial temperature profile at different timethandisk formation stage. We show
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ically and heat up rapidly. Soon a powerlaw temperature lprifiestablished within the disk
region. In addition, there is shock heating at the outer dawnof the adiabatic core.
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maximum at the outer edge of the disk, which was caused byentdefall onto the outer disk
regions in case of rigid rotation, is missing in the turbtailerenario. Again, this implies that the
way a protostellar disk is growing in a turbulent environrisminpredictable. Locally, the details
of heating and cooling however dominate the vertical diskcstire as well as the fragmentation
properties of a protostellar disk.

7.4.2 Qualitative Analysis

In this section, the protostellar disk formation and eviolubf two examples (Run T1b and T6d)
will be shown and discussed in greater detail. In Fig. 7.24 gvolution of Run T1b is followed
beyond the comparison tim@, wrn, Which is equal to 163.5kyr for T1lxn wrb has been defined
in the previous section. In the upper three panels of Figé, &t formation of the protostellar
object shortly before and &t is shown. In the first panel, two density enhancements asepte
within the filament. These quickly merge to form one centtgkot attg (third panel). As the
inflowing material contains a non-negligible amount of dagmomentum, the infalling gas is
winding up in a protostellar disk surrounding the growingtcal object. Shortly aftey the disk
appears to be warped. Gas is falling onto the disk from aéssitut mostly from the filament.
At tsiop a rotationally supported disk component has been establighextends out to a radius
of approximately 150AU.

In case of T6d, where the largest of all protostellar disks feand, the collapse has been
followed until tfin i, Which is equal tdstop in this case tgop = 1381kyr). In Fig. 7.25 the
early formation and evolution of the central object is showhereas Fig. 7.26 illustrates the
subsequent formation of an extended protostellar diskirAdpeforety two adjacent density en-
hancements are present within the filament. This time on@gtallar object forms dp (second
panel) shortly before the second dense blob merges withehtat object after 114 kyrs. As
more gas is falling in, a small disk component is forming. @rek becomes large and massive.
The development of weak spiral arms is enabled. Althougk slisicture and size is similar to
the extended disks formed in Run 5-7 of the rigidly rotatingipke, disk fragmentation does
not take place in this case. This is probably caused by thmilemt infall, which constantly
perturbs the disk within the outer parts. The outer parte@flisk could undergo local fragmen-
tation more easily than the inner parts, where the temperathigher (the local Jeans mass is
Myeandd p~Y/2T3/2). Due to turbulent infall the disk is not well concentratéorg the disk mid-
plane, but appears to be thick in vertical direction. Acaagdo Toomre (1964) thick disks are
more stable towards fragmentation than thin disks. Theeetfwe outer parts of the disk seems
to be gravitationally stable. However, by studying the Toer® parameter, one finds a small
region within the central spiral arm where Q is close to 1 (Sige/7.27). Fragmentation might
take place within this region (& 300AU from the center) during further evolution of the disk.
The simulation is still running.

Interestingly we always find more than one density enhanoemihin the filament before
to. The initial density enhancements are frequently closeatth e@ther and merge before they
collapse to individual protostellar objects. However, imRit2b or TOa, individual density en-
hancements collapse within the filament before they aretabteerge.
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follow the formation of a protostellar object and circuntistedisk starting frontg — 4kyrs up to
tfin turb + 4.6Kyrs. Shown are slices ¢+500AU; 500AU and a thickness of 100AU each.
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In general, the process of fragmentation in turbulent satmoms is remarkably different from
fragmentation in case of rigid rotation: Not the forming festellar disks but rather the initial
filaments are fragmenting. Disk fragmentation is rathee i@during early evolutionary stages.
Only Run T6d with maximalj;ot resulted in an extended protostellar disk, which will prallga
undergo fragmentation in the near future aftgy, So far we were not able to follow the sim-
ulation until disk fragmentation due to numerical limitats. However, the simulation is still
running.

In collapsing turbulent cores the frequency and multipliof systems could therefore be depen-
dent on the properties of the turbulent velocity field, aslaslon the local gas thermodynam-
ics. Goodwin & Kroupa (2005) suggested that the observediptiaity frequency in young star
forming regions can be explained if roughly half of the cdieesn two stars, and half form three
stars. So far it is unclear why nature seems to be in favourexd statistics. In previous studies
fragmentation in turbulent core collapse simulations Hasys been too efficient to fulfill this
estimate. In a series of three papers Goodwin et al. (2002@06) investigated the influence of
the turbulent power spectrum on the outcome of core collajpsalations featuring a Plummer-
like initial density profile. They used a barotropic EOS tptae the gas thermodynamics. We
find two major differences between the results of Goodwin.etrad the simulations performed
during this PhD thesis: First, Goodwin et al. (2004a,c) diMg fragmentation to occur within
the protostellar disk (which they call circumstellar a¢icne region). This is not the case in our
simulations, where fragmentation of the core itself, retipely of the filament, is the dominant
way of fragmentation. Second, they note that fragmentatEpends on the details of the col-
lapse, but find the turbulent cores to form between 1 and 18.9bm average one star per initial
Jeans mass is formed ML in their setup). The number of forming stars even increastés w
increasing turbulence (Goodwin et al., 2006). Therefoeerthmber of formed stellar objects is



7.5 The (re-)distribution of angular momentum 135

too high in their sample, whereas it seems to be too low iniooulations. Only 12% of all cores
in our sample form fragmenting filaments and evolve into ipldtsystems. Triple systems are
not formed at all. Atsiopthe filaments still contain a lot of mass and may undergo fegat
tion. However, the embedded (Class 0) stages of a young paotosly last for 18yrs. For
this reason, subsequent fragmentation of filament andsérttis to happen quickly to account
for the observed stellar multiplicities in Class 1 or lateaxg&ts. In general, we find much more
(disk) fragmentation in case of rigid rotation than in caeidbulent collapse. One should keep
in mind that the core collapse proceeds in an outside-in eranrour simulations in contrast to
the simulations performed by Goodwin et al.. This diffehas to be further investigated.

Finally, the outcome of turbulent and rigidly rotating ca@lapse is compared in Fig. 7.28.
From top to bottom, the total core angular momentum is irggnga Adjacent panels belong to
runs with equaljiot. In general we find no correlation of disk presence or sizé ¥ in case
of turbulent core collapse. In case of rigid rotation, digkse formed in all simulations and the
disk size is increasing with increasing angular momentuanthérmore we find the larger disks
shown in the lower two panels (right column) to undergo dislgientation, whereas smaller
disks are more concentrated, warm and gravitationallylestai the turbulent scenario the form-
ing filament, rather than the protostellar disk, is fragrnmenindependent of the strength of the
initial core angular momentum. It might well be a coincidericat the largest disk formed in all
turbulent simulations corresponds to the setup with thbdsginitial jio;. From our simulations,
the formation of such large disks seems rather unlikelyabse we find only one case where
the disk radius is greater than 200AU. However, once an detidisk is formed, it would be
expected to become gravitationally unstable and fragmWatfind disk fragmentation to be de-
layed by turbulent gas infall, which continuously distuthe disk. The turbulent infall results in
a vertical 'turbulent pressure’, which stabilises the diglinst local gravitational instabilities.

7.5 The (re-)distribution of angular momentum: Influence of
the Atrtificial Viscosity implementation

Observations show that angular momentum must be lost atagies of the star formation pro-
cess. The total specific angular momentum estimated forculale clouds is of the order of
10?3c?s 1, for prestellar core it is reduced to 4@n?s 1, and for protostarst is as low as
10cn?s~1. A typical solar-type main-sequence star figs~ 10°cn?s~1. In addition, most
of the angular momentum contained in our solar system igsechloy Jupiter, even though Jupiter
only contributes a small fraction to the total mass of thesel/stem. Assuming that angular
momentum has been distributed rather uniformly amongsgésecloud out of which our so-
lar system has formed, this finding suggests very efficietistiebution of angular momentum
during formation. A differentially rotating accretion &ignables the efficient redistribution of
angular momentum in shear flows and by various instabilitiks the gravitational instability
(Durisen et al., 2000), the magneto-rotational instab{italbus, 2003), the baroclinic instability
(Klahr & Bodenheimer, 2003), and others.

This section is focused on examining the way angular monmensuredistributed and on the
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Figure 7.28: Disk formation from the collapse of turbuldeft] vs. rigidly rotating (right) BESs
for different initial core angular momenta. For every siatidn we show the surface density and
the velocities within the inner core region at the same s¢al00Q +1000)AU. From inside

out, the overlayed isocontours correspond. @3 and 01g cni 2.



7.5 The (re-)distribution of angular momentum 137

10° * 10° *
t0-143.8 k 3 E t0-149.7 k
| gmelr Ha ] | gmer =
Sl 2D 10500 kb i Sl 2D 105006 kb
1078 Z777 (0 +9.2 Kyr 1 10778 777 (0 v9.2 Kyr
t0+16.3 kyr ; 1 E t0+16.3 kyr
5§ 107%L 5§ 107%L
= =
Z 10 Z 10k
= ; ! = ;
Eood ] i
107*E | i ] 107k i
£ i A ] F it iy
Fo il @5 ] i i
1075 (‘ L L "H\r“ L 1075 L L B By
12 14 16 18 20 22 12 14 16 18 20 22
. 2 . 2
logo(j [em®/s]) logo(j [em®/s])
10°F ‘ E 10°F ‘
E t0-107.5 k 3 E t0-108.3 k
T (0-545 kb Tic |7 | T (0650 kb Tid
F| —--- t0-13.0 kyr 1 F| ---- t0-13.8 kyr
101 - 10 +0.0 kir i 10°1H - 10 +0.0 kir i
E| —-— t0 +4.0 kyr E E| —-— t0 +9.3 kyr E
£ t0 +8.5 kyr ] £ t0 +9.9 kyr
§107%¢ §107%¢
= g = g
Z 100k Z 100k
p= : p= :
U 1074
107°[ 0%

12 14 16 18 20 22
log (] [sz/s])

Figure 7.29: Mass vs specific angular momentum at differeoluéonary stages for Run Tla
(upper left panel), T1b (upper right panel), T1c (lower |edinel), and T1d (lower right panel).
In (T1la and) T1lb a disk was formed, whereas T1d only collafisese dense prestellar object.
Only particles which finally end up witp > 10-16g cm™3 attsop are considered. The first time
step shows the original distribution of angular momenturthinithis particle subset.
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amount of transport that occurs during collapse as well asmgearly protostellar disk evolu-
tion shortly aftertg. In Fig, 7.29 the time evolution of the gas mass distributissna function
of specific angular momentuiv( ) is illustrated for two examples. All gas contained in SPH
'core’ particles which will accumulate at densities> 10-16g cm 3 attstop have been included
for this purpose. Only these particles contribute to thenttion of protostellar object and disk.
Before calculatingV(j) for these particles, the coordinate system has been cdmete the
forming protostellar object and all particles have beendfarmed to the center of inertia frame
of the relevant subset. In the upper row we shdyj) for Run T1a and T1b, a case in which a
protostellar disk is formed. In the lower row T1c and T1d dreven. In T1c and T1d the core
is directly collapsing to form a single protostellar obje8n accretion disk is not formed. The
difference between left and right column of Fig. 7.29 is tiipliementation of the SPH Atrtificial
Viscosity (AV) which has been used to evolve the systems. Rumahd T1b feature equal core
and turbulent velocity setups, but T1a was calculated usiegtandard prescription of SPH AV
(Gingold & Monaghan, 1983) whereas T1b employs the modiéoatof (Balsara, 1995) (see
chapter 3 for more details on the SPH AV). In the followingg # implementation including
the changes of (Balsara & Norman, 1990; Balsara, 1995) wilpkirbe called 'Balsara-AV'.
The special characteristics of the Balsara-AV is the fadt ith@duces the amount of spurious
numerical angular momentum transport in shear flows. Shaek$reated equivalently with ei-
ther standard AV or Balsara-AV. In both cases, standard sdimethe AV parameters for bulk
(o =1) and shearf§ = 2) terms are employed.

For T1a and T1b equal output times relative to the collapseti are shownty is different for
the two simulations. T1lhbt{ = 1517kyr) collapses about 6kyr later than Tka £ 1458kyr).

In principle Fig.| 7.29 illustrates that the amount of anguteomentum redistribution befotg

is negligible. In T1a, the whole distribution ®(j) is slightly shifted to smaller values gfat

to. In T1b,M(j) becomes more narrow befage In this case most angular momentum is redis-
tributed between the two snapshots taketg at13.8kyr andty+ 9.2kyr. At this time protostellar
object and disk are quickly formed. In T1a, angular momennedistributed most efficiently
aftertp. In this case the transport gfwithin the forming protostellar object and disk are most
efficient. The low angular momentum component formed in Bleompletely missing in T1b.
Therefore the central object in T1b has the form of a 'nuctksk’. The same has been found in
case of rigid rotation and has been discussed in sectiondP1d, where no protostellar disk
has been found, the evolution bf(j) is comparable to T1b. However, also T1c is comparable
to T1a even though no disk is formed in T1lc. When analysing yimawhics close to and within
the protostellar object in T1c more closely, one finds thele/keentral object to be differentially
rotating. Therefore, even though no disk is formed, anguleamentum is redistributed in shear
flows.

From Fig.| 7.29 it is obvious that different AV prescriptiostsongly influence the evolution
of M(j). In order to clarify whether the redistribution of angulaommentum is different in
turbulent and rigidly rotating setups, or whether the nuoa¢prescription dominates, we show
the cumulative mass distributiavi (< j) at tsiop for all runs with initial jiot = 10%%cm?s 1 in
Fig. [7.30. Again only 'core’ particles which form the > 10-16g cm 2 at tstop are taken into
account for each simulation. For every simulation, all ipltpositions and velocities have been
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Figure 7.30: Cumulative mass distribution as a function ac#c angular momentum with
respect to the forming protostellar object. All analyseltalations have the same initial core
angular momentunjt = 10°lcn?s 1.
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transformed to the center of inertia frame for the considigrarticle subset. The two profiles
(Tla and la) where the Balsara-AV was employed clearly exkignificantly differentM (<
j)-distributions than all other runs. Thus, the AV implemeiota seems to dominate the way
angular momentum is redistributed once a prestellar olgefcirmed. Whether turbulence or
rigid rotation forms the basis of a setup seems to be unirapbm this respect. In summary,
employing the standard AV, too much angular momentum issprarted in shear flows. As the
shock treatment is equivalent in the standard and the Bategtamentation the differences have
to be caused by shear. This demonstrates that shear flowdeosich more important for the
transport of angular momentum than shocks. The conclusitnsh can be drawn from this
result are twofold: First, for the same AV implementatidhyj) is similar in turbulent and non-
turbulent collapse calculations. Moreover, the simulaishow that direct gravitational collapse
can only be important for the formation of very low mass otgewr in case of very low initial
core angular momentum. Therefore angular momentum hasredisributed in order to allow
for the growth of the central object - no matter if the corewdagmomentum originates from
turbulence or rigid rotation. As accretion disks represkatmost efficient way to redistribute
angular momentum, they are essential to allow for the furginewth of a protostellar object
in any scenario. Second, the SPH viscosity prescriptiond&® used with caution. Most of
the simulations performed to date (in star as well as in gafakmation) consider the effects
of particle resolution but do not study the influence of nuoarcharacteristics like SPH AV.
However, solutions to a specific problem are usually deggaemnd increasing the resolution of
a simulation does not necessarily improve the result.

7.6 Conclusions

In this chapter the collapse of turbulent prestellar coseslieen investigated. Sub- or transonic
turbulence has been found to provide a natural and elegartesof core angular momentum. In
general, the collapse of turbulent cores is fundamentifigrént from the collapse of a prestel-
lar core in ordered, rigid rotation. In the beginning, thebtuent velocity field superimposed
onto the BESs causes random outflowing and inflowing motiotis mspect to the core center.
Therefore the initial density distribution is disturbedlamentary structure emerges and is en-
hanced due to the overall collapse. Always one main densedilais formed. It typically is
prolate and its length is comparable to the initial radiuthefcore (17000AU). Within or at the
edge of the filament the local Jeans mass is exceeded at samarmdfurther collapse to one or
more protostellar objects is triggered. The protostellgects always form around a radial offset
of 5000AU from the original center of the cloud. This is whére BES density profile changes
from being flat within the central region m(R) 0 R~2 at larger radii R > 5000— 7000AU in this
setup). The origin of this result has been investigated. Byyamg the amount of kinetic energy
induced within the central core regions one finds that fortrsesupsEin/Epot is large within
the core center. This causes irregular flows within the eéntgions, which locally disturb the
hydrostatic solution in an irregular way. However, one im@ot characteristical feature of a
BES is that it always collapses outside-in. Therefore gas tite outer core regions is swept up
and falling onto the turbulent central region. Locally epiée to a protostellar object is triggered
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where outstreaming and infalling gas flows collide. Thaahdensity profile plays a crucial role
in the outcome of molecular cloud core collapse, as it datesmthe way a core is collapsing
(e.g. outside-in or inside-out).

In total, protostellar disks are formed in 82% of all turbnileases. This frequency fits very well
to the observed frequency of circumstellar disks surraumgioung low-mass stars in near-by
star forming regions. In addition, the disks are on averaggllsr than in case of rigid rotation.
Like all other disk parameters, the disk size is in generalcoorelated with the initial angular
momentum of the parental core. In many cases the radius @diadatic disk componeiR;3

is comparable to the half mass radius of the digki:. Here we findR,g¢ to be between 40AU-
60AU andR;¢ to be around 200AU-300AU. In some casqg appears to be very extended. This
is the case for both runs which formed two fragments withenfttament, because the gas which
determinediyg is surrounding both protostellar objects. In both fragrnmentases no protostel-
lar disks were found to surround the fragments updg This can be explained by the transfer
of angular momentum into orbital angular momentum of thakjinFurthermore, only one setup
resulted in a single protostellar object without a circugtiat disk. In this case the angular mo-
mentum within the collapsing region is low enough to allow dlirect gravitational collapse.
Even though disk size and mass seemed to be uncorrelategigwithr all turbulent simulations,
the most extended disk can be found in the setup featuringiginest angular momentum (T6).
The large, rotationally supported disk has an outer radius/@0AU.

In contrast to the disks formed from rigidly rotating coreihwji; > 2- 10?1cm?s 1, the disks
formed from turbulent cores did not become gravitationafigtable and were never fragmenting
during runtime. The disks are not well concentrated to thdphane because turbulent gas infall
causes perturbs the disk structure, escpecially in védicaction. Therefore local fragmenta-
tion seems to be suppressed. In the two cases (TOa and T2b@ wioee than one protostellar
object was formed, the filament rather than the disk was feadimg. Asjiot is relatively low
for these two cases, there is no correlation between therrerme of filament fragmentation
and initial core angular momentum. Fragmentation is tloeeetompletely different in turbulent
simulations and should lead to different statistics, e.ith vespect to binary frequency and sep-
aration, which will be separately addressed in a future papaddition, filament fragmentation
is highly non-linear and not correlated with the total amguhomentum of the parental core. In
general, the current simulations produce too few protiastebjects as compared to observed
multiplicity rates of young stellar systems. However, thbsequent fragmentation of at least
one protostellar disk cannot be excluded. The Toomre #tabilalysis of e.g. the extended disk
formed in T6d showed tha) is very close to 1 within the most massive of the present kpira
arms. Thus, this disk should become unstable to disk fratatien in the near future. Due to
numerical limitations none of the disks could actually beleed far enough to study disk frag-
mentation in turbulent core collapse. We also found the flat® to be collapsing at opposing
ends in some simulations, which might cause the formatiomiadé binary systems.

It should also be noted that the forming protostellar digksadways oriented in such a way that
the disk plane is roughly parallel to the long axis of the féarn Thus, the disks are oriented
along the filament. Protostellar jets and outflows, whichessentually forming within later evo-
lutionary stages would then be oriented perpendiculargdithment. This is in agreement with
observations of protostellar outflows (see Anathpindika &Weorth, 2008).
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Concerning mass infall and accretion rates, the valuesagttdrom turbulent collapse simu-
lations are comparable to the ones found in case of rigidioota In general the mean mass
accretion rate onto the central object is a factor of 2-5 loiwan the mass infall rate onto the
disk (between fewk 10~ and 10%M, /yr. Hence the dense disk component is constantly grow-
ing and we do not find an equilibrium state, in which the disklddransport mass as efficiently
as it grows Minfa” = Maccretio,). The gas is stratified in different density components. \ivd fi
a smooth transition between the gas mass contained witbiadtabatic, dense component, the
low density componenlg, which is formed by protostellar disk and parts of the filairemd
the the filament, which contains all the gas within the coggore atT > 20K. By analysing the
time evolution of these three mass components, one findgshteajrowth of the densest com-
ponent is dictated by the growth of the filament. Gas from tieocore regions is collapsing
onto the filament, which is contracting. Mostly gas is aamethrough the filament onto disk
and central object. Once a disk is formed, its density prafdpears to be flatter than in case
of rigid rotation. This is caused by the dense filament whecburrounding the protostellar disk
and alters the radial density profile at intermediate radie disk temperature profiles are always
comparable to the temperature profiles found for the exe itk formed in case of fast rigid
rotation. Even though turbulent disks are typically snthkty don’t ever become as concentrated
and warm as the small protostellar disks formed from slowtgting cores.

When studying the time evolution of the mass distributionpesc#fic angular momentu ( j ),
one finds most of the angular momentum to be redistributedrarty. However, major dif-
ferences inM(j) or in the cumulative mass distributiovi(< j) are caused by different imple-
mentations of the SPH Atrtificial Viscosity, rather than b ttifferent mechanisms of angular
momentum transport in turbulent setups. The standard Agapigtion (also called constant
AV) leads to strong numerical angular momentum transpad,thus enables the formation of a
slowly rotating gas component. This component with low ggeangular momentum belongs
to the forming protostellar object. Therefore in simulagowith constant AV, the distribution
of SPH particles within the central object is spherical eattmnan disk-like. This is however not
physical. A central or 'nuclear disk’ has been found in athsglations with Balsara AV. In this
case angular momentum is slowly redistributed within thiewsnstellar accretion disk. In case
of Balsara AV the numerical viscosity is reduced for shear $lowhis shows that the correct
numerical prescription of shear flows rather than shockeusial for the correct numerical pre-
scription of a circumstellar accretion disk. In summaryasioeen found that turbulence does not
alter the redistribution of angular momentum as compareayid rotation and therefore cannot
explain the change iN(j), which is observed from prestellar cores to protostars.



Chapter 8

Summary & Outlook

Star formation is a highly non-linear process. It involvesplex gas dynamics, determined by
the interplay of turbulence, gravity, pressure, radiadod magnetic fields on more than seven
orders of magnitude in space as well as over more than twedgr®oof magnitude in density.
Even the process of single and multiple low-mass star faomdtom individual dark molecu-
lar cloud cores is still an unresolved problem in modernogtysics. Since observations show,
that the total angular momentum contained within densetg@tascores is non-negligible, the
collapse of a prestellar core will naturally result in thenf@tion of a circumstellar disk. In the
early and embedded stages of protostellar evolution ticermistellar disks are called protostel-
lar disks. On a time scale of few10° years they evolve into low-mass protoplanetary disks
which are frequently observed. In general, protostellakgliare accretion disks, and thus are
most important for the redistribution of angular momentubespite substantial numerical and
observational progress in the field of star formation, thedAmental properties of the forming
protostellar disks have not yet been satisfactorily linteethe initial conditions prevailing within
prestellar cores. In this thesis, three of the most impoaen questions in low-mass starfor-
mation have been addressed:

1) Which physical process determines the protostellar magsaw is it accreted?

2) What determines the (fragmentation) properties of fogpirotostellar disks and how do they
depend on the given initial conditions in the parental ceres

3) Is the protostellar disk formation and evolution procgigmificantly altered in a moderately
turbulent environment?

In this thesis the collapse of prestellar cores and the fabomand early evolution of pro-
tostellar disks has been investigated in fully three-disn@mal SPH simulations performed with
the Smoothed Particle Hydrodynamics code VINE (Wetzsteal.e2008; Nelson et al., 2008).
As this thesis was aiming for insight into the basics of thaaiyical evolution of the systems,
the calculations do neither include magnetic fields norradliation transport or feedback from
the forming central star. The prestellar cores are modedesightly supercritical Bonnor-Ebert
spheres, which provide density profiles that are in well agrent with recent observations. A
Bonnor-Ebert sphere is an isothermal sphere of gas in hydirosiuilibrium confined by exter-
nal pressure. The internal velocity dispersion of prestelbres is observed to be small and com-
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parable to the isothermal soundspeed of gas with a tempei@aftli = 10K. Internal core motions
are hence sub- or transonic, but not supersonic like theyhigrbulent motions observed within
molecular clouds on parsec scales. The projected rotdpooperties of individual cores can be
explained by either ordered (rigid) rotation or mildly tulent motions. For this reason both, the
collapse of rigidly rotating as well as turbulent molecutésud cores has been studied within
the framework of this thesis. In case of rigid rotation, gas rotational frequencieQ have
been chosen, each resulting in a different total specificl@angnomentum of the prestellar core.
The choice of the total angular momentum of the simulated<@ also based on recent obser-
vations. After defining a sample of cores in rigid rotatiorfea turbulent setups (each with a
total core angular momentum that is equivalent to a setup rgtd rotation) have been selected
out of a sample of 400 generated turbulent initial condgioAll turbulent setups are based on
random Gaussian velocity fields generated for Burger’s pepectrum of supersonic turbulence
(P(k) O K" in Fourier space witm = —4). Burger's i = —4) and Kolmogorov'sif = —11/3)
power spectral inidces were found to provide turbulent eigydfields which are in well agree-
ment with observations and recent numerical models of sopé molecular cloud turbulence
over three orders of magnitude in spatial scale. Therefoeecan assume that the power spec-
trum is also established at core scales and below. In piedipe physical scale of the longest
populated modég can be chosen freely. Here, both radikg € 2) and diameterky = 1) of
the initial sphere have been tested in different setupgréstingly, the mean total core angular
momentum (i) resulting from setups witkg = 2 is an order of magnitude lower than the mean
observediot, as well as an order of magnitude lower thigga for setups withkg = 1. This result
indicates that the typical scale of prestellar cores isdihto the turbulent dissipation scale or
the typical scale corresponding to the transition from sujgesubsonic turbulence, respectively.
Here, most of the relevant simulations are based on turbuéacity fields withkg = 1.

The gas thermodynamics has been described by assumingahgadeequation of state with an
adiabatic indexy = 1.4, which is appropriate for diatomic gas like molecular lpghkn. Apart
from Hy, the most abundant molecules found in molecular clouds areg30g H,O, HCI, HCN,
O2. Infact, more than 118, partly complicated molecules haenlzletected in molecular clouds.
They typically radiate at sub-mm and mm wavelengths in tdereegime and are used as trac-
ers for the mostly unvisbile cold molecular hydrogen. Assgstandard molecular abundances
Neufeld et al. (1995) calculated and tabulated the gasmgaoéites of prestellar cores resulting
from optically thin molecular line emission of the most innfamt coolants. In addition to the
adiabatic equation of state, these cooling rates whereemmgted in the SPH code to approx-
imately capture the gas thermodynamics. The integratiathiefcooling prescription into the
numerical scheme was part of this thesis.

Three chapters (chapter|4, 5, and 6) are purely dedicatdtetdiscussion of the collapse
of rigidly rotating molecular cloud cores. In chapter 4, ttidlapse of two prestellar cores has
been studied in detail. Both cores are identical apart froenatmount of initial core angular
momentum they contain. In the first case the constant ro@tivequency i) = 6-10 14s1,
resulting in a low total core angular momentutij= 1- 10?lc?s1). In the second case,
Q=12-1013s1 and i = 2.72- 10*cm?s L is high. In case of slow core rotation a moder-
ately sized R~ 100— 200AU), relatively warm, and highly concentrated prottatedisk was
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formed. Most of the disk mass is accumulated at densitigsehithanperito = 10~ 13g cm 3.
Since gas, which is denser thpgit o behaves adiabatically and cannot cool efficiently the disk
heats up and the midplane temperature exceeds 800K withimtier 15-20AU in radius. Due
to the high temperature as well as fast azimuthal velooigsin the disk, fragmentation is sup-
pressed. However, angular momentum is transported thrawaglk spiral arms, allowing for a
mass accretion rate onto the central object of the ordéf,of a few-107°M, /yr. The disk

is in approximate vertical hydrostatic equilibrium. Theti@al density profile can be well fitted
by a sum of two hyperbolic secants. Typicalbpthermal, self-gravitating disks in hydrostatic
equilibrium are expected to develop a vertical density fgofihich follows asecH-function.
Although the simulated protostellar disks are not isotladrthe temperature difference between
disk midplane and disk surface is small compared to the ahandensity in this range, which
can be greater than four orders of magnitude. The densdyatiaisk component formed close
to the disk midplane is typically hotter than the surfacestay Therefore one setprofile rep-
resents the disk midplane, and a second one is adjustedhe fitdk surface layers. The vertical
scale height necessary to fit the disk surface layers wasoskdine a disk pressure scale height.

In case of rapid core rotation a largR £ 500— 1000AU), a less concentrated and thus
colder disk has been formed. The average disk temperatinedosy 100K within the disk re-
gion. Although the total disk mass is comparable to the witt mass accumulated in case of
slow rotation, the resulting disk structure is completeiffedent. The disks show strong spi-
ral arms, within which only a small fraction of the core gasdlly exceedgoito. Most of
the gas contributing to the total disk mass is located withdisk-like envelope of low density
gas p > 10 1%g cm3) surrounding the denser spiral arms. Therefore the ovéisitl concen-
tration is low in this case. Furthermore, as most of the dssknade up of low density gas
(10716 > p > 10-14g cm3), it can still cool and disk fragmentation is promoted. Fragtation
occurs within the spiral arms once the local Jeans mass happde exceeded. The fragments
grow by mass accretion through circumfragmentary disks;lwére important for the redistribu-
tion of angular momentum. Compared to the case of low angutenemtum, the average mass
accretion rate is a factor of 2-5 lower in this case, thusiteqatb a slightly slower growth of the
central protostellar object. It should be noted that a @teltar disk has already accumulated
before a central object is formed. Therefore a pure prdtasidisk dominated phase is present
in case of high initial core rotation.

Due to the structured way a core is collapsing the formingqgstellar disks have a ’flaring’
structure: The ratio of pressure scale height to radiustighty constant and equal tg'4. This
behaviour is typically expected for protoplanetary disksal are heated by stellar irradiation.
In the latter scenario, irradiation causes the disk surfager to expand and flare. In our case
the flaring structure is a secondary effect. The inner diglore(close to the rotation axis of the
system) is depleted of gas as low angular momentum matéosse to the rotation axis collapses
first. At larger radii gas is rapidly falling onto the disk atiek disk appears thicker. This results
in a flaring structure.

Both disks are rotationally supported and radial velociwkin the disks are small. More-
over, they are massive, thus self-gravitating, and in dgfidal rotation. Angular momentum
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can be transported by gravitational torques. In diffeediytirotating disks, shear flows are ex-
pected to play an important role in redistributing the aaguhomentum of the gas. In the
SPH formalism a numerical trick - the so-called Artificials\@osity (AV) - is necessary to treat
shocks and describe the transport of angular momentum ar flogvs. As shear flows are im-
portant in every differentially rotating system, the résilave been tested against two different
AV implementations. On scales of a few hundred AU, the diskpprties appear to be mostly
unaffected by the employed AV prescription. The SPH AV hasnbieund to significantly in-
fluence the redistribution of angular momentum close to aitdinvthe central object. With
the standard implementation angular momentum is transipeifficiently and the central object
becomes circular. However, with the improved implemeatatf Balsara & Norman (1990);
Balsara (1995), which was designed to reduce spurious angudenentum transport in shear
flows, the central object retains the shape of a 'nuclear.digkus, assuming the implementa-
tion of Balsara to be more advanced, the protostellar objeatsed in our simulations cannot
loose angular momentum efficiently enough to avoid the spiref the forming protostar. In
setups based on turbulence rather than ordered rotatiomethillt remains the same. However,
observations suggest that most of the angular momenturaicedtwithin a prestellar core must
be lost or redistributed, since young T Tauri stars typychlve a specific angular momentum
of jiot &~ 10 7cm?s—1, which is four order of magnitude lower than the averagel tgular
momentum contained in a prestellar core. Within our solatesy most of the angular momen-
tum is contained in a very small amount of mass: Jupiteresuriost of the angular momentum
of the whole system. The reasons why this transport andtréxigon is not found in these
simulations has to be further investigated. A possibletgsmiumight be the represented by the
inclusion of magnetic fields. The magneto-rotational ibsity has been found to provide an
efficient mechanism to transport angular momentum in disggecially close to the central star
where the disk temperature is high.

In chapter 5 the structure of the forming protostellar dis&s been investigated as a func-
tion of angular momentum. There is a clear correlation betwaisk structure and core angular
momentum in case of rigid rotation. On the one hand, at the @ntentral object is form-
ing, the disk half mass radius as well as the outer radius eflatv density disk component
(o > p > 10 18g cm23) are systematically increasing with increasifg. On the other hand,
the disk concentration, which relates the amount of massnaglated within dense gas to the
total disk mass, is decreasing with increasjgg Disks formed from low angular momentum
cores have a high concentration (up to 80%), whereas thadededisks formed from high an-
gular momentum cores have a low concentration (as low as.1@6vly rotating cores with
Q < 1.2-10 13s 1 are found to form gravitationally stable disks. Only largekd with low
concentration found in simulations wifd > 1.2-10~3s~1 form spiral arms and undergo frag-
mentation once the local Jeans mass is exceeded withina apin. The local fragmentation
properties can be well understood by applying the Toomteraon. The Toomre criterion means
that fragmentation can only occur in regions where the TeoparameteQ drops below 1,
whereas the formation of spiral arms is promoted & < 3. The stability of the disk against
local fragmentation is found to be more accurately desdriibethe Toomre criterion than e.g.
by a comparison of local cooling and dynamical timescalé® dooling time scale criterium has
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been used by other authors to investigate the local stabilisolated self-gravitating disks, and
is probably not accurate here because continuous gas firtfallthe parental envelope disturbs
the local balance of heating and cooling. Stable prot@steisks might still be able to undergo
fragmentation during later evolutionary stages when mbigteocore has collapsed and gas infall
onto the disk is ceasing. However, if late disk fragmentatakes place, it must happen within
the early embedded stages of protostellar evolution (Clags @rder to result instellar com-
panions of the primary protostar, and thus change the stalli#tiplicity of the forming system.
Otherwise disk fragmentation might only be relevant for fitrenation of brown dwarf and gas
giant planets rather than the formation of companion stnge there is only little mass left
within the protoplanetary disks (typicalky 0.1M.,).

In summary, the simulations of rigidly rotating core collepshow that protostellar disk
fragmentation is only enabled if the parental core was irmjawvith Q > 1.2-103s1 or
B > 0.1. In this case the resulting disks have a mean disk depsishich is smaller than
Perit1 = 3- 10~ 16g cm 2 (see chapter|6). Fqr > Perit,1 fragmentation is prohibited (see chapter
7). We ascribe this behaviour to the cooling properties efhs. In our prescription, gas cooling
mimics complete isothermal behaviour for densities bebgny1. Abovepgit 1 cooling becomes
increasingly inefficient until the gas behaves in an adialvaanner aboveeit o ~ 10-13g cm3.
Many other authors use a barotropic equation of state, wénmsploys a rapid transition from
isothermal to adiabatic gas at a critical density which sidglly equal topgito. Therefore
both, perit,1 and perito have been applied to predict the fragmentation propertiesbserved
prestellar cores in chapter 6. Two samples of dense molecldad cores were considered
(Goodman et al., 1993; Caselli et al., 2002). For every cbeecbre mass, radius and rotational
energy fractiorB is known. From these three parameters the mean density tdrtihéng proto-
stellar disk p, can be deduced. One additional assumption has to madeentordalculatep,
since the mass of the disk has to be known. We therefore assilvaelisk mass to be a fraction
of the core mass, i.e..0Mcgre < Mgisk < 0.3Mcore AS the typical star formation efficiency for
prestellar cores is of the order bfs, the upper limit of the disk mass is well approximated by
0.3Mcore
Observations show thd is roughly independent of the initial core radius. For cansp it
follows thatp 0 MgiskReae The observed mass-radius relation for prestellar corggesis a
powerlaw dependence &cqre [ Rlore With @ powerlaw index p of X p < 3. In many studies
p ~ 2 has been found. In this cageis inversely proportional to the core radius. Therefore a
low-mass core, which is typically small, is less likely fang a protostellar disk which is able
to fragment, than a larger, high-mass core with the sBméow-mass cores are hence more
stable towards disk fragmentation than high-mass cordbelprinciple of a global star forma-
tion efficiency (typically 30%) is applicable, the mass of stars which form within a certain
core is on average correlated to the total initial core m&éks means that lower-mass cores also
form lower-mass stars and vice versa. Therefore low-mass &rmed from low-mass cores
tend to be singles rather than multiples. As a result, themBsional trend that the frequency
of binary or multiple stellar systems increases with thesyathe system’s constituents, can be
reproduced with this simple analytical prescription. Omlycase of p= 3, which corresponds
to a core with constant density, it follows that=const for the sam@, and the fragmentation
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properties of every core are preset by the amount of angudanentum it contains.

When these findings are applied to observations, the fraotipredicted multiple stellar sys-
tems forp = pgit 1 is too low as compared to observations. On average only 13#b cfres are
predicted to undergo subsequent disk fragmentation. Hexyvsince the critical density is prob-
ably related to the specific description of gas cooling, @sédcritical density @crit o) has been
investigated. The application @kito can possibly be motivated by further dust cooling in re-
gions where all molecular lines are optically thick. In tbése 58% of all cores in the sample are
expected to undergo disk fragmentation - all high-masssc@eart from 1) but also many cores
of intermediate mass (feM). This fraction agrees well with observations. Dust caplivas
not been included in these simulations, since it would mechie inclusion of radiation transport,
dust chemistry and dust grain evolution. Currently numeétigatations prohibit consideration
of dust physics in core collapse simulations. However, mlsur sample of simulations a higher
critical density likepit o would imply the fragmentation of all but one formed protdistedisks.
Concerning disk fragmentation our conclusions from thiglgtare threefold:

1) Fragmentation within later evolutionary stages (th&’lahases of hot disks’) cannot be ex-
cluded. In protostellar disks which are further evolvedtivey by accretion and infall subsides
since the gas infall from the parental envelope is shut alftae most of the disk mass has been
already been accreted (observed protoplanetary disksayypphave small masses ef 0.1M.,).
However, the late fragmentation of low mass disks will be enianportant for brown dwarf and
gas giant planet formation, rather than for the formatiomattiple stellar systems, simply be-
cause most of the gas reservoir is gone. The formation ofipheilstellar systems thus has to
take place during early evolutionary stages of young ptategClass 0 phase).

2) We found that gas cooling within the density regime of %@ cm 3 to 10713g cmi 3 is of
immense importance to the fragmentation properties obgtetiar disks. Therefore the compar-
ison of different numerical treatments of the gas thermadyics within core collapse simula-
tions plays a key role in improving our understanding of &amation and fragmentation. This
problem has to be addressed in further studies.

3) If perit,1 is assumed to be the more realistic critical density, diagrnentation cannot be the
dominant mode of binary or multiple formation. This resgltfound to be unaffected by low
levels of turbulence, as 20% or all turbulent cores were found to be fragmenting.

The collapse of turbulent prestellar cores has been imagsti in chapter/7. In many respects
the collapse of turbulent cores is fundamentally diffefesrin the collapse of a prestellar cores in
ordered, rigid rotation. Right after the simulations haverbstarted the turbulent velocity field
superimposed onto the Bonnor-Ebert sphere causes randdiowing and inflowing motions
with respect to the core center. Therefore the initial dgrdistribution is disturbed. Filamen-
tary structure emerges and is enhanced due to the overalbsel Only one main dense filament
is formed in all setups. It typically is prolate and its lemgé comparable to the initial radius
of the core (17000AU). As the collapse proceeds the localslesass happens to be exceeded
within or at the edge of the filament and the formation of onenore protostellar object(s) is
triggered. The protostellar objects always form at a radistance of a few thousand AU from
the original center of the cloud. The origin of this resulsthmeen investigated. By analysing
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the amount of kinetic energy induced within the central geggons one finds that for most se-
tupsExin/Epot is large within the inner few thousand AU. This causes irfagfiows within the
central regions, which locally disturb the hydrostatiausioln in an irregular way. However, one
important characteristical feature of a BES is that it alwey#apses outside-in. Therefore gas
from the outer core regions is swept up and falling onto thieuient center. Locally, collapse to
a protostellar object is triggered where outstreaming afalling gas flows collide. Therefore,
the initial density profile plays a crucial role in the outa®of molecular cloud core collapse, as
it determines the way a core is collapsing (e.g. outsida-ingide-out).

In total, protostellar disks are formed in 82% of all turmtleases. This frequency agrees very
well with the observed frequency of circumstellar disksreunding young low-mass stars in
near-by star forming regions. In addition, the disks are@mrage smaller than in case of rigid
rotation. Like all other disk parameters, the disk size igeneral not correlated with the initial
angular momentum of the parental core. In many cases thasraflithe adiabatic disk com-
ponentR;3 is comparable to the half mass radius of the digkr;. Here we findR,4¢ to be
between 40AU-60AU. The radiuR;g of the low density disk component is typically around
200AU-300AU but appears to be very extended for both rungevtiee filament broke up into
two fragments, as the gas which determiRggis surrounding both protostellar objects. In both
cases neither a circumbinary disk nor individual protdstedisks were found to surround the
fragments untitsiop. Only one setup resulted in a single protostellar objedtevit a circumstel-
lar disk. Even though disk size and mass seemed to be uretedelith jio; for all turbulent
simulations, the most extended disk can be found in the deaipring the highest angular mo-
mentum. The large, rotationally supported disk has an gatdius of~700AU. It should also
be noted that the forming protostellar disks are alwayseein such a way that the disk plane
is roughly parallel to the long axis of the filament. Thus, theks are oriented along the fil-
ament. Protostellar jets and outflows, which are eventdalijming within later evolutionary
stages would then be oriented perpendicular to the filanidmis is in agreement with observa-
tions of protostellar outflows (see Anathpindika & Whitwqr2®08).

In contrast to the disks formed from rigidly rotating coragtwjiot > 2- 10°1cn?s 1, none of
the disks formed from turbulent cores was fragmenting durimtime. In the two cases where
more than one protostellar object was formed, the filameherahan the disk was fragmenting.
As jiot IS relatively low for these two cases, there is no corretakietween the occurrence of fil-
ament fragmentation and initial core angular momentumgentation is therefore completely
different in turbulent simulations and should lead to d#éf& statistics, e.g. with respect to bi-
nary frequency and separation. In addition, fragmentatioot correlated with the total angular
momentum of the parental core. In general, the current sitimms produce too few protostel-
lar objects as compared to observed multiplicity rates afngpstellar systems. However, the
subsequent fragmentation of some protostellar disks ¢dmexcluded, since the disks formed
within turbulent cores are relatively cold and have intediate concentrationsy{0.3—0.4). The
Toomre stability analysis of e.g. the extended disk formmed@6d showed tha® is very close
to 1 within the most massive of the present spiral arms. Ttmisdisk should become unstable
to local gravitational stability in the near future. We afeand the filaments to be collapsing at
opposing ends in some simulations, which might cause timegton of wide binary systems. It
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should finally be noted that the fraction of turbulent, fragming cores is comparable to the total
number of cores which are predicted to undergo fragmemtatyaapplying the analytical ansatz.
In both cases, this fraction is around 15% only. Even thobhghdtynamics and disk properties
of turbulent and rigidly rotating collapse are significgndiifferent, fragmentation seems to be
determined by local gas cooling properties. This questasith be further investigated, e.g. by
varying the critical density for fragmentation in the simtibns. On the other hand, the initial
core density profile could be responsible for the low frattod fragmenting cores in the tur-
bulent case. Goodwin et al. (2004a) have tested the fragiemtof cores with Plummer-like
initial density profile which collapse inside-out. They falthe cores to fragment into three to
twelve stars and fragmentation is thus too efficent as coaaptar observations. The initial den-
sity profile of a core might therefore strongly influence rsgmentation.

Both, the collapse of cores in rigid rotation as well as théapsle of turbulent prestellar cores is
discussed in two papers, which will be submitted by the entlisfyear.

The simulations still contain a lot of additional informaii For instance it would be in-
teresting to place the numerical results in an observdtiooatext, in order to constrain the
observability of the forming young stellar objects. Espégithe warm inner regions comprising
the forming central object and the inner protostellar disghthprovide a theoretical explana-
tion for observed so-called Very Low Luminosity Objects (MEDs) (Andre et al., 1993, 2000).
VELLOs are rare and therefore they are thought to evolve amea $cale which is very short
compared to the time scale on which a system evolves from Glas€£lass | stage, which is of
the order of a fewx 10°yrs. Spectral energy distributions (SEDs) of the simulaiees will be
calculated with a three-dimensional Monte-Carlo radiatransport code. The resulting spectra
will be compared to observed spectra of deeply embeddeg,ywemg stellar objects. Apart
from SEDs, molecular line profiles can be constructed inoi@éelp disentangling the compli-
cated dynamics of observed molecular cloud cores.

Furthermore, the correctness of the cooling prescriptiopleyed in these simulations can be
further investigated via crystalline dust, which is a trafme high temperatures. Observations
show, that crystals are found at radii of up to 20AU from thetd star in some protoplanetary
disks (PPDs). However, PPDs are much too cold at these mthi allow for the formation of
crystals. The formation of crystalline silicate via thefraanealing is enabled within regions
where the temperature exceeds 800K. Within the protosteitk such high temperatures are
only reached in concentrated disks and at small radii. Toezalifferent fractions of crystalline
dust will be obtained in dependence on the disks’ tempezatuucture. As long as the tempera-
ture does not exceed 1500K, the formed crystals are magtagan survive and become observ-
able in protoplanetary disks. Following the fraction ofstatline dust formed in our simulations
and comparing the results to observations of prototplapetsks would allow for constrain-
ing the cooling prescription. In case the simulations waqarkedict crystallinity fractions which
are too high, cooling is not efficient enough. The formatiérerystalline silicate has already
been investigated in a simple 1D model for protostellar éisknation (Dullemond et al., 2006).
These simulations provide the possibility to dynamicadilydw the formation and destruction of
crystalline dust in 3D.

In the near future, it will be necessary to study the effe¢tiilb radiation transport. The de-
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velopement of an extension to the SPH code VINE, includirggtteatment of full radiation
transport with a three-dimensional Monte-Carlo schemeriseatly under construction. Once it
is working many new physical effects can be explored. Onengkaiis the photoevaporation of
core and disk surface around the forming protostar by ingisadiation from the young source.
lonising radiation is already known to shape a moleculaudion larger scales and induce turbu-
lence into dense and cold gas of neutral hydrogen (Gritstdret al., 2008). Of course, also the
effects of magnetic fields have to be included to completittere of low-mass star formation.
Magnetic fields are probably increasingly important theffer the forming protostellar object
evolves.

In addition, the generation of better turbulent initial ddions will play a major role in my future
work. There seems to be no way to setup turbulent Bonnor-Epdetres in a self-consistent,
equilibrium state. It would hence be much better to follow tollapse of a core, which was
formed in a large-scale simulation of molecular cloud fotiorg like e.g. in a colliding flow.
During my PhD, | was already involved in studying the coltigiflow scenario (Heitsch, Naab
& Walch, submitted).
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